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Abstract

The transient sky is a goldmine of enigmatic violent astrophysical phenomena. Fast

radio bursts (FRBs) are one of such mysterious transients with millisecond-duration

bright radio flashes originating from beyond our galaxy. Most of FRBs have not been

observed to repeat and such non-repeating FRBs may be explained by pulsar-like

emissions expected from the merger of double neutron stars. In the Chapter 2, by

using numerical-relativity simulations of a BNS merger, we examine this scenario

with particular focus on the spatial distribution of the matter ejected during the

coalescence, which may prohibit the FRB signal to propagate. We show that the

formation of ejecta occurs about 1 ms after the rotation speed of the merged neutron

star becomes su�ciently high enough to produce an FRB. Furthermore, we propose a

new scenario that a super young (1–10 yr) neutron star left after the binary neutron

star merger could be an origin of repeating FRBs. In Chapter 3, we highlight one

of the key observable quantities of FRBs, the dispersion measure (DM), which is

defined as an electron column density from the source to the observer. Thanks to

their extragalactic origin, FRBs o↵er a unique approach to probe the unknown matter

distribution inside and outside galaxies. We provide a new model for the hot gas

distribution inside our Galaxy, thereby estimating its contribution to the DM of

FRBs. Since our model predicts relatively large DM values over the whole sky, this

strong DM signal would be imprinted onto the DM of FRBs, which could be tested

by using an increasing sample of nearby FRBs with a small DM.

The second half of this thesis is dedicated to magnetars, a class of highly mag-

netized isolated neutron stars, which may be related to FRBs. Magnetars are dis-

tinguished by their violent flaring/bursting activities in X- to soft gamma-rays with

luminosity ranging over ten orders of magnitude. Huge amounts of magnetic energy

are released as a hot electron-positron pair plasma (fireball), observed as a flare.

We begin Chapter 4 by stressing possible relationship between magnetar flares and

radio transients. We particularly investigate how magnetar flares influence on the

coherent radio pulsations and find that radio pulsations would be absorbed by the
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expanding plasma flow launched by magnetar flares. Since the plasma frequency

would decrease with time, the timescale for the radio suppression would be shorter

for higher frequencies. Namely, an unambiguous test of our model would be provided

by future simultaneous observations of radio-emitting neutron stars at X-ray and at

multiple radio frequencies during a period of magnetar flares. Finally, in Chapter 5,

we present our recent progress on the spectral formation of magnetar flares in terms

of the resonant inverse Compton scattering, which is the most e�cient process in

the magnetospheres. We predict that the original thermal spectrum arising from the

magnetosphere should be mildly Comptonized, which is in good agreement with the

observed spectra of magnetar flares observed in 2006 March from SGR 1900+14.
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Chapter 1

Introduction

1.1 Preface

Since the serendipitous discoveries in the 2000s (Lorimer et al. 2007; Thornton et al.

2013), Fast Radio Bursts (FRBs) has been receiving increasing attention during the

last decade, growing up to be a new forefront fields in modern astronomy. Since the

discovery of the so-called Lorimer Burst (Lorimer et al. 2007) and four additional

bursts (Thornton et al. 2013), about 100 FRBs have been reported by various radio

transient surveys to date (see Petro↵ et al. 2016 and references therein). Interestingly,

their dispersion measures DM ⌘
R
neds (a line-of-sight integration of electron number

density ne), typically hundreds of pc cm�3, far exceed that accumulated through the

interstellar medium (ISM) of the Galaxy or its halo, suggesting their cosmological

origins at z = 0.1–2 (Ioka 2003; Inoue 2004) provided that the dominant contribution

to DMs is induced by electrons in the ionized intergalactic medium (IGM).

Observationally, some FRBs are seen to repeat multiple times, while the bulk of

FRBs so far do not show the evidence of repetition (⇠ 90% as of late 2019). The

first repeating source, FRB 121102, has been observed to repeat, allowing it to be

localized (Spitler et al. 2016). A persistent radio counterpart and host galaxy were

identified at a redshift of z = 0.19, confirming extragalactic origin for FRBs (Section

1.2.3). With the advent of other powerful FRB surveys, such as the Canadian Hy-

drogen Intensity Mapping Experiment (CHIME; CHIME/FRB Collaboration et al.

2018) and Australian Square Kilometre Array Pathfinder (ASKAP; Johnston et al.

2008), there have been additional landmark discoveries (Section 1.2.4), contributing

to the FRB phenomenology. Along with these observational advances, a range of

progenitor models for FRBs have been actively proposed by theorists. Most remark-
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Chapter 1. Introduction 2

ably, observations of FRB 121102 gave a great boost to the interpretation of FRBs

as the activity of young neutron star (possibly with strong magnetic fields, called

“magnetars”) produced through some sort of formation channels (Section 1.2.3).

Considering and predicting potential origins of FRBs is one of the important

themes in this thesis. This is because such models connect FRBs closely to other ex-

treme transient phenomena in modern astrophysics, such as magnetars, gamma-ray

bursts (GRBs), supernovae (SNe), compact stellar mergers and gravitational waves,

making important links across di↵erent wavelengths and research fields. We will par-

ticularly investigate the existing binary neutron star merger model for FRBs (Section

2). On the other hand, whatever their origins are, the observed dispersion and rota-

tion measures of FRBs itself provide unique probes of baryons and magnetic fields in

and outside galaxies (Section 1.2.6), which will certainly yield more accurate informa-

tion about the local environment of FRBs (i.e., amounts of local dispersion) and thus

help us constrain the origins of FRBs in the long run. As the first step toward this

aim, we will carry out a complementary study on the Galactic baryon distribution in

this work (Chapter 3)

The second theme of this thesis is uncovering the origins of magnetar flares, which

are invoked to explain some extreme transients in the Universe, such as GRBs, SNe

and FRBs (as mentioned above). Magnetars (Duncan & Thompson 1992, see also

Paczynski 1992; Usov 1992) represent an enigmatic subclass of strongly magnetized

neutron stars. They possess the strongest magnetic fields known in the Universe, with

polar surface values of Bp ⇠ 1013–1015 G, which are typically a few orders of magni-

tude higher than that for normal radio pulsars, and also exceed the quantum critical

field strength at Schwinger limit BQ ⌘ m
2
ec

3
/(~e) ⇠ 4.4⇥1013 G. This high field value

makes them quickly spin down and thus spin periods for Galactic magnetars are the

longest among all isolated pulsars that are generally powered by rotation. Intrigu-

ingly, magnetars are uniquely characterized by its violent flaring/bursting activities

across a wide range of luminosity (Section 1.3.1).

Though the field of magnetar flares have already reached a certain level of ma-

turity (at least its progenitor is known), the emission mechanism still remain unclear

(e.g., Kaspi & Beloborodov 2017; Section 1.3.2). This may be partly due to the

limited number of energetic flares with su�cient photon statistics and simultaneous

multiwavelength observations. In this work, we will consider two fundamental prob-

lems that remain properly unanswered: “What is the relationship between magnetar

flares and radio emissions?” and “What shapes the magnetar flare spectra inside

the magnetosphere?”. Regarding the former question, a focus will be on the genera-

tion of electron-positron plasma at the onset of flares and its subsequent expansion

which bring about the absorption of the radio emission (Chapter 4). Meanwhile, for
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the latter, we will consider the possible spectral distortion due to the resonant in-

verse Compton scattering, which is the most e�cient process in the magnetospheres

(Chapter 5).

In summary, this thesis will examine the origins and nature of possibly connected

two violent stellar transients: FRBs and magnetar flares in the spirit of revealing their

origins individually (i.e., instead of attempting to reveal the connection between FRBs

and magnetars, which could be a future work). The remainder of this introductory

chapter is organized as follows. We begin in Section 1.2 and in 1.3 with the phe-

nomenological and theoretical aspects of FRBs and magnetar flares, respectively. In

addition, we also provide subsections describing important observations that moti-

vate the works in the subsequent chapters. We then conclude in Section 1.4 with an

outline of the remainder of the thesis. During writing this chapter, we have greatly

benefited from most recent reviews (Katz 2016; Keane 2018; Popov et al. 2018; Cordes

& Chatterjee 2019; Petro↵ et al. 2019 for FRBs, and Rea & Esposito 2011; Kaspi &

Beloborodov 2017; Enoto et al. 2019 for magnetized neutron stars). More specific

details and references will be o↵ered in the tailor-made introduction sections of each

chapter.

1.2 Fast Radio Bursts

1.2.1 Diagnostics by Propagation E↵ects

The following review of the basic plasma physics follows the one given by Rybicki &

Lightman (1979). Maxwell’s equations for a uniform plasma that consists of electrons

with number density ne yields to the dispersion relation connecting the wave number

k and the wave frequency ! as

!
2 = !

2
p + k

2
c
2
, (1.1)

where the plasma frequency !p is defined as

!p =

s
4⇡nee

2

me
⇠ 5.6⇥ 104 Hz

⇣
ne

cm�3

⌘1/2

. (1.2)

One can see that the wave number becomes imaginary when ! < !p. In this case,

the plane wave function  can be expressed as

 / e
i(kx�!t) = exp

⇣
�

q
|!2 � !2

p| x/c

⌘
e
�i!t

, (1.3)
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and thus its amplitude decreases exponentially on a negligible scale length of 2⇡c/!p.

This is why !p is often referred to as “plasma cuto↵ frequency”, below which any

waves are prevented from propagating through media. Conversely, when ! > !p, the

electromagnetic radiation propagates with the group velocity, defined as

vg ⌘
@!

@k
= c

r
1�

!2
p

!2
⇡ c

✓
1�

!
2
p

2!2

◆
, (1.4)

where
q
1� !2

p/!
2 is the refraction index. The last approximation holds when

!p ⌧ !, which is the case for a MHz–GHz radio pulse propagating through typi-

cal interstellar media (ISM) with ⌫p . 103 Hz. Since vg is always less than the speed

of light, a radio pulse traveling through a plasma with a length scale D arrives later

than in pure vacuum by

�t =

Z D

0

ds

vg
�

D

c

⇠ 4.150 msec
⇣

⌫

GHz

⌘�2
✓

DM

pc cm�3

◆
, (1.5)

where we have replaced angular frequency ! with frequency ⌫ for observational con-

venience and defined the DM as

DM ⌘

Z D

0

ne ds, (1.6)

which is normally measured in units of pc cm�3. In terms of observation, the above

dispersion law (�t / ⌫
�2) is known to hold within 1% accuracy (see Cordes &

Chatterjee 2019 and references therein), and thus the DM can be determined by the

slope of the pulse sweep seen in the ⌫–t plane (e.g., see the upper panel of Figure

1.1). The DM as a distance modulus will be discussed in Section 1.2.2 and Chapter

3.

When the intervening plasma has a density fluctuation due to the turbulence, the

frequency-dependent scattering e↵ects, such as temporal broadening and di↵ractive

scintillation, also come into play. The former in the broadening of the pulse width

(the broadening time scales with / ⌫
�4.4), while the latter results in the intensity

modulation in time (Rickett 1990; Cordes et al. 2017).

For a linearly-polarized wave, the polarization angle rotates as the wave prop-

agates through a magnetized medium, which is so-called “Faraday Rotation”. The
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Figure 1.1: Dynamic spectra (⌫-t plane) and light curves (burst flux versus t) of
FRB 010125 originally reported by Lorimer et al. (2007) (the data are available at the
FRB Catalogue: Petro↵ et al. 2016). The lower panel is for the same event but after
the de-dispersion (removing frequency-dependent time delays due to the dispersion
e↵ect) at the correct DM value of 790 pc cm�3.
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Faraday Rotation is expressed by

 = RM�
2
, (1.7)

where  is the polarization position angle of the wave in radians with respect to its

infinite-⌫ limit of � = 0 (� is the wavelength in m). Here we define the rotation

measure (RM) as

RM =
e
3

2⇡m2
ec

4

Z D

0

neB · ds

⇠ 0.810 rad m�2

Z D

0

⇣
ne

cm�3

⌘✓ B

µG

◆
·

✓
ds

pc

◆
, (1.8)

where B denotes the vector magnetic field at each position on a line-of-site, and

ds is the vector line-of-site element. Therefore the RM gives a useful measure of

the line-of-sight component of the magnetic field and the electron number density

of the medium. At the time of writing, eight sources, FRBs 110523 (Masui et al.

2015), 121102 (Michilli et al. 2018), 150215 (Petro↵ et al. 2015), 150807 (Ravi et al.

2016), 151230, 160102 (Caleb et al. 2018), 180301 (Price et al. 2019) and 181226

(CHIME/FRB Collaboration et al. 2019) have been reported to show a significant

degree of linear polarization (30–100%), which allows for a measurement of the RM.

Some of them show a negligible RM with absolute values ⇠ O(10 rad m�2) (FRBs

150215 and 150807) and/or comparable to the Galactic foreground contribution with

⇠ O(100 rad m�2) (FRBs 110523, 160102 and 181226), whereas FRB 121102 exhibits

a larger RM of ⇠ O(105 rad m�2) as much as four orders of magnitude in excess of

the Galactic contribution, implying that the burst had traveled through a highly

magnetized, dense plasma near its origin. Such a diversity in the RMs might be

used as a discriminator between di↵ering progenitors, since the RM has a tendency

to directly reflect the local surrounding environment of the source than the DM does

(see also Chapter 2).

1.2.2 Distance, Rate and Energetics

Distance

One of the most astounding natures of FRBs is their large DM, which significantly

exceeds the DM contribution from the Galactic cold electrons. Figure 1.2 illustrates

the observed DMs for FRBs in comparison with the Galactic pulsar population. Ac-

cording to the ATNF Pulsar Catalogue (Manchester et al. 2005), the median DM of
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Figure 1.2: All-sky map (Galactic coordinates) of FRB (FRBCAT: Petro↵ et al.
2016) and Galactic pulsar (The ATNF Pulsar catalogue: Manchester et al. 2005)
DMs. One can see that FRBs have almost isotropic spatial distribution in the sky
and show higher DM values compared to Galactic pulsars.

all Galactic pulsars is DMpulsar = 133 pc cm�3, with a maximum of 1778 pc cm�3 in

the Galactic center. Meanwhile, FRBs typically show DMFRB = 100–2600 pc cm�3

at significantly high Galactic latitudes, where the Galactic contribution to the DM

is negligibly small. Therefore, the distance to FRBs should be extremely large if

the DM excess is responsible for the intergalactic medium whose density is several

orders of magnitude smaller than the typical ISM. Given the simplified DM-redshift

relation (Ioka 2003; Inoue 2004; Deng & Zhang 2014), z ⇡ (DMFRB � DMMW)/900,

the cosmological distance of FRBs at z . 2 is immediately inferred. The more ex-

tensive discussion on the DM-redshift relation will be given in Chapter 3. The above

prediction is also supported by the almost isotropic sky distribution of FRBs, which

is in stark contrast to pulsars that are concentrated on the Galactic Stellar disk as

demonstrated in Figure 1.2. This is in fact a reminiscence of cosmological GRBs. As
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will be further presented in Section 1.2.4, the cosmological distance scale of FRBs is

now being nearly established thanks to successful localization of FRBs to their host

galaxies.

Detection Rate

FRBs are also uniquely characterized by its high occurrence rate around GHz fre-

quencies (0.8–8 GHz). At 1.4 GHz, Thornton et al. (2013) first derived all sky rate

of FRBs as NFRB = 103–104 sky�1 day�1 above the burst fluence of O(1 Jy ms).

The results for di↵erent surveys at ⇠GHz frequencies are broadly consistent with the

above figure with a trend toward the lower-end value NFRB ⇠ 103 sky�1 day�1 (see

Table 1 of Cordes & Chatterjee 2019), and no strong Galactic latitude dependence of

burst detection rates has been reported so far (Petro↵ et al. 2014; Spitler et al. 2014;

Keane & Petro↵ 2015; Champion et al. 2016; Scholz et al. 2016; Bhandari et al. 2018).

Assuming the maximum comoving distance of observable FRBs is Dmax ⇠ 3 Gpc (cor-

responding to a redshift of z = 1), the above all-sky detection rate is translated into

the intrinsic FRB event rate density of

RFRB ⇠ 3.2⇥ 103 Gpc�3 yr�1

✓
NFRB

103 sky�1 day�1

◆✓
Dmax

3 Gpc

◆�3✓
fb

1

◆�1

. (1.9)

Here fb is the beaming factor of FRBs defined by fb ⌘ �⌦/4⇡, where �⌦ is the solid

angle over which an FRB is emitted. As one can see, a small beaming fraction would

significantly a↵ect the estimate of the rate density. The above qualitative estimate

indicates that the FRB event rate density is roughly a hundred times higher than

typical GRB rate (e.g., Zhang 2018).

Coherent Process

Despite the large uncertainty regarding the nature of FRB progenitors (see Section

1.2.5), there is a wide consensus on the necessity for a coherent emission process.

In the radio astronomy, it is useful to estimate the brightness temperature Tb of the

source to distinguish whether the process is thermal or non-thermal (i.e., coherent).

The brightness temperature is defined as an e↵ective blackbody temperature of the

Planck spectrum with the Rayleigh-Jeans approximation: kBTb = c
2
/(2⌫2)I⌫ , where

kB and I⌫ are the Boltzmann’s constant and the specific intensity (brightness) of

the source, respectively. Let us consider a source at a distance D with its observed

duration �t, the observed solid angle of the beam ⌦s and the fluence F⌫ . Then the
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specific intensity of the source is written as

I⌫ =
F⌫

�t⌦s
⇡

F⌫

�t

✓
�x

D

◆�2

, (1.10)

where �x is the observed source size. The brightness temperature is

kBTb ⌘
I⌫ c

2

2⌫2
⇡

F⌫

2⌫2
D

2

�t3
, (1.11)

where we have assumed �x ⇡ c�t. Typical parameters for an FRB yield

Tb ⇠ 3.5⇥ 1035 K

✓
F⌫

Jyms

◆✓
�t

ms

◆�3 ⇣
⌫

GHz

⌘�2
✓

D

Gpc

◆2

, (1.12)

which far exceeds the upper-limit on the brightness temperature for an incoherent

electron synchronton radiation called inverse Compton catastrophe limit Tb = 1011–

1012 K (Readhead 1994)1. Therefore, there is little doubt that FRB emission is not

from thermal process but from coherent process like the pulsar radio emission.

Energy and Power

The true (beaming-corrected) emission energy of an FRB can be estimated by as-

suming a flat radio spectrum (F⌫ / ⌫
0) over the observing band width �⌫ as

E ⇡ 4⇡D2
F⌫�⌫fb ⇠ 1.2⇥ 1039 erg

✓
F⌫

Jyms

◆✓
�⌫

GHz

◆✓
D

Gpc

◆2✓
fb

1

◆
. (1.13)

This translates into a peak luminosity of ⇠ 1.2 ⇥ 1042 fb erg s�1 for bursts with

millisecond duration. This huge energy release makes FRBs one of the brightest

radio transients in the Universe.

1.2.3 Repeating Sources

FRB 121102 was the first FRB discovered by Arecibo Radio Telescope at 1.4 GHz

band (Spitler et al. 2014) when only several FRBs had been reported by the Parkes

Radio Telescope. This therefore supported the astrophysical origin of FRBs. Light

was shed on the FRB mystery in 2016, when FRB 121102 was seen to repeat multiple

1In fact, this is the case even if the relativistic beaming e↵ect of the source is taken into account,
which would significantly decrease the rest-frame brightness temperature (see e.g., Katz 2014).
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times (Spitler et al. 2016; Scholz et al. 2016) with all burst DMs consistent with the

single value ⇠ 560 pc�3 pc, implying that they are the same in origin. This repeating

nature of FRB 121102 enabled an extensive follow-up by the Karl G. Jansky Very

Large Array in 83 hours over six months, which eventually led to the detection of

recurrent FRBs with a high precision of ⇠ 0.100 and thereby localizing FRBs to a

star-forming (⇠ 0.4M� yr�1) dwarf (M? ⇠ 6 ⇥ 107M� where M? is the total stellar

mass) galaxy at a redshift of z = 0.193 (Chatterjee et al. 2017; Tendulkar et al. 2017;

Marcote et al. 2017; Kokubo et al. 2017). This was the first unambiguous confirmation

that, at least some FRBs have extragalactic origins.

Furthermore, FRB 121102 is known to associate with an unusually bright, quasi-

steady (in time), compact (< 0.7 pc) radio source that coincides with the location of

FRB 121102 but o↵sets from the nucleus of the host galaxy (Tendulkar et al. 2017).

The currently favored interpretation of this bright radio source is a nebula powered

by a young (with age ⇠ 10-100 yr) neutron star born from SNe (Murase et al. 2016;

Kashiyama & Murase 2017; Metzger et al. 2017; Beloborodov 2017; Omand et al.

2018) or a super-young (with age ⇠ 1-10 yr) post-merger remnant neutron star of

binary neutron stars (Yamasaki et al. 2018; Chapter 2, see also Margalit et al. 2019).

FRB 121102 have shown to have an extremely large and variable (⇠ 10% decrease

over seven months) RM of ⇠ 105 rad m�2 (Michilli et al. 2018) with almost 100%

linear polarization, indicating a highly-magnetized plasma environment.

Recently, additional nine repeating sources have been discovered by CHIME

(CHIME/FRB Collaboration et al. 2018, 2019), which broadly share the complicated

time-frequency pulse characteristics seen in FRB 121102 (Spitler et al. 2016; Hessels

et al. 2019). Intriguingly, the study on a sample of CHIME FRBs detected at 400–

800 MHz implies that repeating FRBs statistically have a much wider pulse duration

than for FRBs that have not repeated, suggesting di↵erent emission mechanisms

(CHIME/FRB Collaboration et al. 2019). Finally, FRB 171019 originally detected

by the ASKAP survey (Shannon et al. 2018) has been seen to repeat by Green Bank

Telescope (Kumar et al. 2019). Accordingly, the repeating FRBs are no more big

news to the community, underpinning the notion that any FRBs may potentially

repeat.

1.2.4 Host Galaxies

As seen in the history of cosmological GRBs, the great revolution in FRB astronomy

should be directly linked to localization (Kulkarni 2018), which is about being proven

correct. As of late 2019, the total number of localized FRBs is four (including re-

peating source FRB 121102 as mentioned in Chapter 1.2.3), out of about a hundred
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total detected bursts. We summarize and show these landmark discoveries in Figure

1.3. The first two examples of host galaxies for thus far non-repeating FRBs 180924

(Bannister et al. 2019) and 190523 (Ravi et al. 2019) have been identified to more

massive (M? ⇠ 1010–1011 M�) and quiescent galaxies than that of FRB 121102 at

z = 0.32 and z = 0.66, respectively.

Most curiously, FRB 180924 was found to lie in the outskirt of the host at ⇠ 4

kpc from the galaxy center (1.4 times the half-light radius) thanks to ASKAP’s sub-

arcsecond accuracy for localization. Another interesting feature of this event is that

it is not associated with a persistent radio source with an upper-limit of ⇠ 3 times

fainter than FRB 121102, and it has a small RM of 14 rad m�2. Regarding the other

event FRB 190523 detected by Deep Synoptic Array (DSA), the localization power

(roughly arcsecond resolution) is not as good as that of FRB 180924 by ASKAP.

Nevertheless, the probability that FRB 190523 occurred in the outskirt of galaxy

is high according to their FRB error ellipse (see black contours shown in bottom

right panel of Figure 1.3). These two galaxies are in stark contrast to the host of

FRB 121102, being a hundred to a thousand times more massive, with a greater

than a hundred times lower specific star-formation rate (Bannister et al. 2019; Ravi

et al. 2019). The properties of these galaxies highlight the possibility of an FRB

production channel associated with older stellar populations such as binary neutron

stars, which preferentially occur in elliptical galaxies with a relatively large o↵set

from the galactic center presumably due to its high systemic velocity reflecting past

two supernova explosions (e.g., Margalit et al. 2019).

Meanwhile, the arcsecond localization of FRB 181112 to an intermediate-mass

(⇠ 2.6⇥ 109 M�) star-forming (⇠ 0.6M� yr�1) galaxy at z = 0.48 was subsequently

followed (Prochaska et al. 2019). These discoveries, along with some unpublished news

of additional host galaxy identifications, imply potential diversity in the properties of

FRB host galaxies and progenitors. Namely, it is crucial to uncover more examples

of their host galaxies to ultimately determine their causes.

1.2.5 Binary Neutron Star Coalescence Model

The millisecond duration and the enormous energy release of FRBs allow for a broad

range of progenitor models particularly involving compact objects (see a comprehen-

sive review for Platts et al. 2018). Roughly speaking, these models are classified by

how many FRBs they are capable of producing, a single or multiple bursts. The former

includes binary neutron star (or black hole) mergers (Totani 2013; Mingarelli et al.

2015), binary white dwarf mergers (Kashiyama et al. 2013), binary black hole merg-

ers (Liu et al. 2016) and collapsing supermassive neutron stars (Falcke & Rezzolla



Chapter 1. Introduction 12

2014). Meanwhile, the latter includes giant flares from highly magnetized neutron

stars (magnetars; Popov & Postnov 2010a; Thornton et al. 2013; Lyubarsky 2014;

Kulkarni et al. 2014), giant radio pulses from pulsars (Connor et al. 2016; Cordes &

Wasserman 2016), repeating FRBs from a young neutron star (Kashiyama & Murase

2017; Metzger et al. 2017; Beloborodov 2017), collisions of asteroids with a neutron

star (Geng & Huang 2015; Dai et al. 2016), and pulsars interacting with plasma stream

(Zhang 2017). Above all, the binary coalescence models are especially attractive be-

cause, if this were the case, FRBs would be promising electromagnetic counterparts

to GW signals produced by compact binary mergers, and would be ideal targets for

future multi-messenger studies. Since the majority of the models postulates that

the FRB generation would take place only once through the merger process, obvi-

ously they cannot explain the repeating sources (but see Chapter 2 for the possible

generation of repeating FRBs from the post-merger remnant).

Here we specialize to a binary neutron star (BNS) coalescence model proposed by

Totani (2013), in which an FRB signal is explained as the pulsar-like coherent emission

generated by the synchronization of the magnetosphere at the time of merger (see

Wang et al. 2016 for a unipolar inductor model in which the energy is extracted from

its orbital motion, not from rotation). During the last in-spiral of the merger, two

neutron stars are expected to start to rapidly rotate at spin period of P ⇠ 1 ms due

to the conservation of the binary orbital energy. The characteristic duration of FRBs

is explained by the dynamical timescale of the merger (or the spin period of neutron

star). The total power available through this process is limited by the energy loss

rate due to magnetic dipole rotation

LMDR = 3.9⇥ 1044 erg s�1

✓
Bp

1012.5 G

◆2✓
P

1 ms

◆�4✓
R

106 cm

◆6

, (1.14)

where Bp is the polar surface magnetic field strength and R the stellar radius. There-

fore, if the neutron stars have a rotation power (LMDR) to radio luminosity ratio

(radio conversion e�ciency) of ⇠ 10�3, which is broadly consistent with the median

value for conventional radio pulsars (see e.g., Figure 13 of Enoto et al. 2019), the

FRB luminosity ⇠ 1042 erg s�1 (see Chapter 1.2.2) can be reasonably accounted for.

As discussed in Totani (2013), the BNS merger rate density was thought to

be su�ciently high (RBNS = 1.26 ⇥ 104 Gpc�3 yr�1; Abbott et al. 2016) enough

to accommodate FRBs (RFRB = 103-104 Gpc�3 yr�1, see Section 1.2.2). However,

after the first GW detection of GW170817 from a binary neutron star merger, the

BNS merger rate estimate went down to RBNS = 1540+3200
�1220 Gpc�3 yr�1 (Abbott et al.

2017), which is only marginally consistent with the FRB event rate density. Therefore,

although both RFRB and RBNS should su↵er from a large uncertainty, the event rate
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in this model might not be high enough to account for all FRBs. As will be discussed

in Chapter 2, if FRBs are produced after the merger by the activity of a stable

remnant neutron star, then each remnant will produce multiple FRBs, which might

significantly contribute to the FRB rate through BNS merger channel.

1.2.6 Galactic Baryon Census with FRB

In general, the observed total DM (Section 1.2.1 and 1.2.2) for an FRB DMFRB can

be roughly split into the four components as

DMFRB = DMISM +DMhalo +DMIGM +DMhost/(1 + z), (1.15)

where DMISM is the contribution from the warm ionized medium (WIM; T . 104 K)

of ISM in the MW disk, DMhalo is that from the extended hot Galactic halo (T ⇠ 106–

107 K), DMIGM is that from IGM, and DMhost is that from the host galaxy including

the local surrounding environment of the source in its rest frame at redshift z. In

addition to the above four component, the DM contribution form intervening galaxy

halos should be taken into account depending on the siteline configuration (McQuinn

2014; Shull & Danforth 2018; Prochaska & Neeleman 2018; Prochaska & Zheng 2019).

Breaking the degeneracies between di↵erent DM components appearing in the

right-handed side of Equation (1.15) is a di�cult task. We are still at a stage where it

is only possible to estimate the rough contribution of Galactic electrons (i.e., DMISM

and DMhalo) for the direction of an observed radio source, thereby obtaining a rough

estimate of the maximum source distance through the analytic DMIGM–z relation

(Ioka 2003; Inoue 2004; Deng & Zhang 2014; McQuinn 2014; Shull & Danforth 2018;

Li et al. 2019, for simulation study see also Dolag et al. 2015; Pol et al. 2019). For the

ISM contribution, the warm electron density distribution models, such as NE2001

(Cordes & Lazio 2002, 2003) and YMW16 (Yao et al. 2017), have been developed

and widely used, whereas less attention has been paid to the halo contribution (often

ignored for the sake of simplicity), whose relative importance to the IGM contribution

increases for nearby FRBs. This motivated theoretical investigations of the extended

hot gas halo (Prochaska & Zheng 2019; Yamasaki & Totani 2020) in mind of FRBs

(see Chapter 3).

Historically, on the other hand, the convincing evidence for the existence of such

an extended hot gas halo around the MW and other galaxies (see e.g., Bregman 2007)

have been provided mainly by X-ray (and UV) studies. The information about its

spatial distribution and the total mass content is crucial to understand the cosmo-

logical missing galactic baryon problem (e.g., Fukugita & Peebles 2004; Shull et al.
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2012). However, it is still challenging to obtain strong constraints on them due to

the insu�cient sensitivity of current X-ray observations. Since the key observable

quantity of FRBs, the DM, traces the information of all baryons along the siteline,

FRBs o↵er an entirely new approach to assess the baryon distribution in galaxies

(McQuinn 2014; Prochaska & Zheng 2019).

An illustrative example that demonstrates the potential power of FRBs to probe

the halo gas distribution was recently given by the localization of FRB 181112 to a

host galaxy at z = 0.48 (Prochaska et al. 2019). As shown in the top right panel

of Figure 1.3, the exceptional feature of this event is that the FRB sightline coinci-

dentally passes the intervening massive galaxy (at z = 0.37) at an impact parameter

R? ⇠ 29 kpc from its center, which is well within the typical halo size (a few hundreds

kpc) for such a massive galaxy (M? ⇠ 1010 M�), allowing them to probe the halo of

this foreground galaxy. Because an observation of this kind informs us of physical

properties of di↵use gas in the halos of galaxies, which is ideally given back to the

modeling of DM contribution from both the MW and host galaxies.

Another interesting avenue to test models for the MW hot gas halo is to uti-

lize nearby FRBs with a small total DM of . 100 pc cm�3 (e.g., FRB 171020 with

DMobs = 114 pc cm�3 found by ASKAP; Shannon et al. 2018; Mahony et al. 2018,

FRB 110214 with DMobs = 169 pc cm�3 by Parkes; Petro↵ et al. 2019 and FRB

181030.J1054+73 with DMobs = 104 pc cm�3 by CHIME; CHIME/FRB Collabora-

tion et al. 2019). Since such a low DM value is already comparable to the total

Galactic DM contribution, it can set a strong limit on the existing models even with-

out localizing its host galaxy. This perspective will be emphasized in Chapter 3 in

line with the results obtained by the theoretical modeling of the Galactic halo DM.
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FRB 180924 (non-repeater)

a massive quiescent galaxy 
(S1) at z = 0.66 [Ravi+19]

FRB

FRB 190523 (non-repeater)

FRB

a massive quiescent galaxy 
at z = 0.32 [Bannister+19]

FRB 121102 (repeater)

[Chatterjee+17, Nature]
Arecibo error regions

opt.radio

persistent radio 
counterpart

FRB (×)

1” = 3.4 kpc

a dwarf star-forming galaxy 
at z = 0.19 [Bassa+19]

FRB 181112 (non-repeater)

an intermediate star-forming 
host galaxy at z = 0.48

FRB

[Prochaska+19]

a massive foreground 
galaxy at z = 0.37

Figure 1.3: Images of galaxies that host FRBs 121102 (top left, Bassa et al. 2017,
adapted by permission from the AAS), 181112 (top right, Prochaska et al. 2019),
190523 (bottom left, Bannister et al. 2019) and 180924 (bottom right, Ravi et al.
2019, adapted by permission from Springer Nature).
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1.3 Magnetar Flares

1.3.1 Burst Phenomenology

Magnetars spend most of their time in a quiescent state, when they are observed as

persistent quasi-thermal hot (typically ⇠ 0.3 keV) X-ray sources with thermal X-ray

luminosity of

LX = 4⇡R2
�SBT

4
⇠ 1.0⇥ 1035 erg s�1

✓
R

106 cm

◆2✓
kT

0.3 keV

◆4

, (1.16)

where an isotropic radiation from the stellar surface is assumed, and �SB represents

the Stefan-Boltzmann constant. This far exceeding their spin-down luminosity

Lsd = �I⌦⌦̇ = 3.2⇥ 1033 erg s�1

✓
P

5 s

◆3
 

Ṗ

10�11 s s�1

!
. (1.17)

Here I = 1045 g cm3 is the typical momentum of inertia of the star, and the timing

properties (the neutron star spin period P and its time derivative Ṗ ) can be directly

measured (but not always visible) via the pulsation of the persistent X-ray emission

(e.g., Kouveliotou et al. 1998; Kouveliotou et al. 1999). Consequently, magnetars can-

not be powered by rotational energy loss alone, but instead extract their power from

the immense storage of magnetic energy (Thompson & Duncan 1996). In contrast,

normal radio pulsars are believed to have their emission powered by the rotational

energy loss. Transient magnetars are known to exhibit repeated and/or sporadic

bursting activities2, which span a wide range of luminosity. They can be roughly

classified into following three classes:

• Giant Flares are the most intense flares with total power of LX = 1044–

1047 erg s�1. In general, a single giant flare consists of two successive compo-

nents. Initially, a short (. 1 s) hard (⇠ MeV) spike appears, subsequently

followed by a gradually decaying pulsating tail which shows intense pulsations

over several minutes. The pulsations clearly visible during the decaying tail

phase are at the spin period of the underlying neutron star (Kouveliotou et al.

1998; Kouveliotou et al. 1999). In terms of energetics, majority of the total

2Originally, they have been called “Soft Gamma Repeaters (SGRs)” and “Anomalous X-ray
Pulsars (AXPs)”, respectively for decades. Nowadays, however, the wide agreement that they are
merely a di↵erent manifestation of the same object makes these terminologies slightly out-of-date
(Kaspi & Beloborodov 2017).
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energy released during the giant flare is carried away by the initial hard spike

(over 1046 erg within ⇠ 0.2 s).

Kaspi & Beloborodov (2017) characterize the spectral evolution of giant flares

as follows. The initial spike (at t . 1 s after the burst onset) shows a blackbody

with temperature kBT ⇠ O(100) keV. The subsequent spectrum is a combina-

tion of a low-temperature blackbody with temporary decreasing kBT . O(10)

keV and a non-thermal power-law component with index3 of � = 1–2 extending

up to 100 keV–1 MeV. The non-thermal spectral component gradually disap-

pears and the soft-thermal component remains at t & 40 s.

Giant flares are extremely rare; the only three giant flares from three di↵erent

sources (SGR 0526�66 in 1979; Mazets et al. 1979, SGR 1900+14 in 1998;

Hurley et al. 1999, and SGR 1806�20 in 2004; Hurley et al. 2005; Palmer et al.

2005) have been recorded in the last decades.

• Intermediate Flares are intermediate in duration (typically a few seconds)

and luminosity (LX = 1041–1043 erg s�1) between the short bursts (see be-

low) and the giant flares. They are observed episodically from four di↵erent

sources (SGR 1900+14; Mazets et al. 1999; Olive et al. 2004; Israel et al. 2008,

SGR 1806�20; Göǧüs, et al. 2011, SGR 1627�41; Mazets et al. 1999, SGR

J1550�5418; Mereghetti et al. 2009; Savchenko et al. 2010, SGR 1935+2154;

Kozlova et al. 2016). Similarly to the giant flares, some brightest bursts exhibit

a short hard spike, followed by a soft extended tail with 1-10 s duration, which

occasionally shows pulsations at the spin period of underlying source (Savchenko

et al. 2010). However, this picture is not necessarily valid for all bursts. Burst

spectra are often fitted by multi-component spectral models comprising one or

two blackbodies (e.g., Olive et al. 2004; Israel et al. 2008; Mereghetti et al. 2009;

Göǧüs, et al. 2011).

• Short Bursts are the most frequent event among magnetar flares with typi-

cal duration of ⇠ 0.1 s, peak luminosity of LX = 1038–1041 erg s�1, and soft

thermal spectra. Similarly to the intermediate flares, the bursts spectra can be

phenomenologiocally reproduced by multi-component di↵erent models contain-

ing at least one blackbody (see Enoto et al. 2019 and reference therein), which

makes it di�cult to distinguish di↵erent models (Kaspi & Beloborodov 2017).

In addition to the above, magnetars occasionally show transient enhancements (up to

1036 erg s�1 lasting months to years) of the persistent emission named “outbursts”,

3Here the power-law index � is defined by N(✏) / ✏��, where N(✏) is the spectral photon flux
(the number of photons emitted per unit energy).
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which often accompany a variety of anomalies in radiative behaviors. It is remarkable

that the fluence of magnetar flares (from short bursts to giant flares) broadly follow

a single power-law distribution (N / F
�↵) with an index of ↵ ⇠ 1�2 (Cheng et al.

1996; Göǧüs, et al. 2001; Woods & Thompson 2006; Nakagawa et al. 2007). Those

bursts with enormous energies can be readily a↵orded by the magnetic energy stored

inside the magnetosphere:

EB & 1

8⇡

Z 1

R

|B|
2
dV ⇠ 3.4⇥ 1047 erg

✓
Bp

1015 G

◆2✓
R

106 cm

◆3

, (1.18)

where a dipole field B(r) = Bp(r/R)�3 is assumed and the magnetic energy inside the

star is not included. To date, 29 magnetars (including 6 candidates) are reported and

the more details and references are available at McGill Online Magnetar Catalogue4

(Olausen & Kaspi 2014) and Magnetar Burst Library5.

1.3.2 Burst Emission Mechanism

There is a wide consensus that the underlying cause of the bursting activities is the

decay of the strong magnetic field in the star (Thompson & Duncan 1996; Woods &

Thompson 2006). This makes the field deformed (twisted or sheared), which even-

tually leads to an unstable field configuration. Such a rapid reconfiguration of the

magnetic field results in the dissipation of magnetic energy and the formation of a

copious plasma, which are believed to be responsible for generating magnetar flares.

Burst Trigger

It remains still opaque how magnetar flares are triggered. There is a variety of models

proposed for the trigger mechanism of flares; some of them are related to internal

trigger mechanisms, such as a MHD instability inside the core or a fracture of the

rigid stellar crust, leading to the sudden deposition of magnetic energy from stellar

interior into magnetosphere (Thompson & Duncan 1995, 1996, 2001), while others

to an external release of magnetic energy through magnetic reconnections (Lyutikov

2003; Gill & Heyl 2010; Yu 2012; Parfrey et al. 2013; Yu & Huang 2013).

4http://www.physics.mcgill.ca/⇠pulsar/magnetar/main.html (Last accessed on Jan. 30, 2020)

5http://sta↵.fnwi.uva.nl/a.l.watts/magnetar/mb.html (Last accessed on Jan. 30, 2020)
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Burst Radiation

One of the keys to understanding the nature of flare emissions is the formation of an

optically-thick electron-positron (e±) photon (�) plasma dubbed “fireball”. A huge

and sudden energy release into the magnetosphere triggered by either the solid crust

failure or magnetic reconnections generates strong Alfvén waves, which will quickly

cascade into smaller scales and dissipate (Thompson & Blaes 1998). Thompson &

Duncan (1995) argued that such dissipation would immediately result in the formation

of a fireball. The most common pair creation process is the photon-photon interaction:

�+�0 ⌦ e
++e

�. Under a strong magnetic field, the field feeds its energy to a photon,

which also leads to the creation of pairs: � +B ! e
+ + e

�. Moreover, the above two

processes can be e�ciently catalyzed by providing additional seed photons via photon

splitting expected in a strong magnetic field: � + B ! �
0 + �

00. Consequently, the

interior of the fireball becomes extremely optically-thick and the radiation dominates

the total pressure.

Thompson & Duncan (1995) argued that the initial spike of the giant flare should

be produced by the relativistic outflow arising from fireball. Since the initial radia-

tion pressure of such an energetic fireball should far exceed the magnetic pressure,

the fireball is expected to expand at the relativistic speed. As a consequence, the

pair creation inside the expanding plasma becomes ine�cient and thus thermalized

photons start to escape from the photosphere, which would be observed as a main

spike (see also Chapter 4). The discovery of a bright radio afterglow from the histor-

ical giant flare from SGR 1806�20 on 2004 December 27 also supports the existence

of such a plasma outflow launched during the giant flare (e.g., Gaensler et al. 2005;

Cameron et al. 2005; Granot et al. 2006; Gelfand et al. 2005).

Right after the initial hard spike, the remaining population of fireball plasma

around the star is confined onto the stellar surface (so-called “trapped fireball”),

and gradually evaporates by radiating a quasi-thermal emission from its thin surface

layer (Thompson & Duncan 2001). This is possible if the radiation pressure of the

fireball is a fraction of the local magnetic pressure, which is likely the case for most

flares. Although the trapped fireball model can qualitatively account for the temporal

characteristics of the extended tail of giant flares (Feroci et al. 2001), theoretical

models expected from the trapped fireball (e.g., Lyubarsky 2002) cannot fully explain

the observed flare spectra (e.g., Olive et al. 2004; Israel et al. 2008, see Chapter 5;

Figure 5.1). The hard non-pulsating spectral component visible only during the early

extended tail phase (t . 40 s) requires an additional explanation, such as emission

from the heated corona around the trapped fireball (Thompson & Duncan 2001).

It is tempting to speculate that a similar dissipation process may well operate
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in lesser flares. However, observations suggest that the rate of energy dissipation for

smaller bursts may be relatively lower (e.g., Göǧüs, et al. 2001). Therefore, whether

the fireball successfully forms in the smaller bursts is not yet clear due to the lack

of theoretical developments (Watts et al. 2010; Kaspi & Beloborodov 2017). One

of the alternative models to explain the thermal spectra of less-energetic bursts is

the formation of “hot sopts” on the neutron star surface by the bombardment of e±

plasma (Yamasaki et al. 2019), which will be presented in Chapter 4.

1.3.3 High-B Radio Pulsars as Quiescent Magnetars?

The bursting/flaring activity in X-ray and gamma-ray bands has been preferentially

found in sources with Bp > BQ ⇠ 4.4 ⇥ 1013 G, with exceptions of SGR 0418+5729

(Bp ⇠ 6⇥ 1012 G; Rea et al. 2010) and Swift J1822.3�1606 (Bp ⇠ 2.7⇥ 1013 G; Rea

et al. 2012), and such an activity may be correlated with magnetic field as is likely

the case for quiescent emissions from magnetars. It has been argued by Kaspi &

McLaughlin (2005) that if the magnetic field is a key prerequisite for such a bursting

activity, there is such a possibility of magnetar-like bursts from high-B radio pulsars6,

that has later proven to be correct (Gavriil et al. 2008; Archibald et al. 2016, 2017).

Meanwhile, four magnetars are thus far known to exhibit transient radio pulsa-

tions during the X-ray outbursts, although temporal and spectral characteristics of

magnetar radio emission is quite di↵erent from that for canonical radio pulsars. In the

curious case of the first detected radio-emitting magnetar XTE J1810�197, the radio

flux density clearly correlates with the spin-down power (P ) over years (Camilo et al.

2016). This implies that the radio emission in magnetars might be also powered by

rotation as ordinary radio pulsars are, although theories remain inconclusive whether

and how radio emission in magnetars is produced (e.g.,Beloborodov 2009; Szary et al.

2015).

In short, a handful of observations all strongly suggest that there should be a link

between the two populations: “classic” magnetars and high-B radio pulsars. One of

the most ideal and unique targets to investigate such a relationship is the high-B radio

pulsar PSR J1119–6127. Archibald et al. (2017) reported the detection of three short

bursts from this source on 30 August 2016. This alone is an intriguing finding that

confirms the magnetar-like activity from a high-B radio pulsar. More interestingly,

they also found that these short bursts temporally coincide with the disappearance

of persistent radio emissions (see Figure 1.4). This underlying connection will be

6Although “high-B radio pulsar” is not a well-defined (established) concept, it often refers to a
rotation-powered radio pulsar with Bp & 1013 G in the literature (e.g., Enoto et al. 2019).
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Parkes 1.4 GHz

XMM & NuSTAR
0.5-20 keV

Short bursts

Radio suppression for O(100 s)

Observations of PSR J119-6127 [Archibald+17]

Figure 1.4: The simultaneous X-ray and 1.4 GHz radio observations of PSR J1119–
6127 (Archibald et al. 2017, reproduced with permission by AAS). (a) The combined
XMM and NuSTAR 0.5–20 keV count rate over time. (e) The total pulsed radio
fluence over time. The red line shows the best-fit exponential recovery model for the
persistent radio emission with a timescale of ⇠ O(100 s). Note that the time delay
due to dispersion has been corrected for the observed dispersion measure of 706.5(3)
pc cm�3. The red vertical lines indicate the duration of the three X-ray bursts.

explored in Chapter 4 with particular emphasis on the radio disappearance at the

time of magnetar flares.

1.4 This Dissertation

1.4.1 Outline

This thesis is organized into four main chapters, most of which have been adopted

from previously published papers (except for Chapter 5). In the first part, the origin
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of FRBs is probed in terms of BNS mergers in Chapter 2, and the Galactic halo DM

model for FRB is developed in Chapter 3 for future application. The second half of

this thesis is related to magnetar flares. In Chapter 4, we explore the relationship

between magnetars and radio pulsars. This chapter is motivated by the disappearance

of radio pulsations observed simultaneously with the onset of magnetar-like short

bursts (Archibald et al. 2017). We consider the instantaneous expansion of the fireball

plasma as a plausible mechanism that can suppress the radio emission. We also

proposed a qualitative explanation for the short burst. In Chapter 5, we model the

X-ray spectra of energetic magnetar flares. A summary of the outcome of this work

is provided in Chapter 6.

1.4.2 Contribution of Authors

I would like to acknowledge the contributions of my coauthors:

• Chapter 2 (Yamasaki, Totani, Kiuchi, 2018)

Tomonori Totani suggested investigating the simulation. The BNS merger sim-

ulations used in this work was fully performed by Kenta Kiuchi who provided

me with data, helped my analysis a lot. The guiding of Tomonori Totani was

crucial to formulate our model and to interpret the simulation results.

• Chapter 3 (Yamasaki, Totani, 2020) Tomonori Totani played an important

roll in the formulation of the model proposed in this chapter.

• Chapter 4 (Yamasaki, Kisaka, Terasawa, Enoto, 2019) Shota Kisaka

suggested the basic idea of the model. Toshio Terasawa and Teruaki Enoto

provided useful comments and suggestions on the manuscript.

• Chapter 5 (Yamasaki, Lyubarsky, Granot, Göğüs, , 2020, in prep)

Yuri Lyubarsky played a crucial role in guiding the project. Jonathan Granot

significantly provided useful comments and suggestions on the early manuscript,

which improved the formulation of the model proposed in this chapter. Ersin

Göğüs, performed the spectral and temporal analysis of the SGR 1900+14 bursts.
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Chapter 2

Repeating and Non-repeating
FRBs from BNS Mergers

This chapter was adapted from a paper published in the Publications of the Astro-

nomical Society of Japan called “Repeating and Non-repeating Fast Radio Bursts from

Binary Neutron Star Mergers” (Yamasaki et al. 2018). It might be worth noting that

this paper was written and submitted before the discovery of the first binary neutron

star merger event GW 170817 by LIGO/VIRGO (Abbott et al. 2017). Our model

explicitly predicts repeating and non-repeating FRBs from early-type/passive host

galaxies, which had not been observed when the paper was published. In order to

make the motivation for this work clear, we have left the language as it is, even

though some parts of it (e.g., Section 2.1) appear to be obsolete in contrast to the

recent unfolding discoveries introduced in Section 1.2.4.

2.1 Introduction

The enigmatic millisecond-duration radio transients, the fast radio bursts (FRBs)

were first discovered by Lorimer et al. (2007), then confirmed with additional four

bursts by Thornton et al. (2013), and now it is an intensive field of research in

astronomy. About 20 FRBs have been reported to date (Petro↵ et al. 2016), but their

origin and physical mechanism still remain mysterious. Their dispersion measures

(DMs) DM ⌘
R
nedl = 300–1500 pc cm�3 (Petro↵ et al. 2016) are much larger than

those expected for objects in the Milky Way, and a cosmological distance scale of

z ⇠ 1 is inferred if the dominant contribution to DMs is from electrons in ionized

intergalactic medium (IGM). Counterparts in other wavelengths (e.g., Yamasaki et al.

25
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2016) or host galaxies have not yet been detected in most cases. Keane et al. (2016)

reported a radio afterglow of FRB 150418 and identification of an elliptical host galaxy

at z = 0.492, but there is a claim that the radio afterglow may be an AGN activity

that is not related to the FRB (Williams & Berger 2016). Further radio monitoring

with high resolution will be needed to settle these disputes (Bassa et al. 2016).

The majority of FRBs do not show evidence for repetition, in spite of the fact

that some of them have been intensively monitored to search possible repeating bursts

(Lorimer et al. 2007; Petro↵ et al. 2015). The only exception is FRB 121102, which

is the only FRB discovered by the Arecibo observatory (Spitler et al. 2014) and later

found to repeat (Spitler et al. 2016; Scholz et al. 2016). The repetition allowed sub-

arcsecond localization and the first unambiguous identification of the host galaxy

(Chatterjee et al. 2017; Marcote et al. 2017; Tendulkar et al. 2017; Bassa et al. 2017).

FRB 121102 was discovered by a high-sensitivity search of Arecibo, and its burst flux

(⇠ 0.02–0.3 Jy) is smaller than that of other FRBs (⇠ 0.2–2 Jy) mostly detected

by the Parkes observatory (Spitler et al. 2016). If we take into account the distance

(z = 0.193 for FRB 121102 and the DM-inferred redshifts of z = 0.5–1.0 for other

FRBs), the absolute luminosity of FRB 121102 is two orders of magnitude smaller

than other FRBs. This implies a possibility that FRB 121102 belongs to a di↵erent

population from other FRBs.

In this chapter we consider mergers of binary neutron stars (BNS, i.e., a binary

of two neutron stars) as a possible source of FRBs. Apparently non-repeating FRBs

can be explained by radio emission at the time of merger. The exceptionally bright

FRB 150807 shows a small amount of rotation measure (RM) implying negligible

magnetization in the circum-burst plasma (Ravi et al. 2016), which may favor the

clean environment expected around BNS mergers. There is still a large uncertainty

in both FRB and BNS merger rates, but the FRB event rate is close to the high end

of the plausible range of BNS merger rate, 1⇥ 104 Gpc�3 yr�1 (Abadie et al. 2010).

The latest upper bound on the BNS merger rate by LIGO (Abbott et al. 2016) is

also close to this: 1.26 ⇥ 104 Gpc�3 yr�1 (90% C.L.), indicating that a BNS merger

should be detected soon if non-repeating FRBs are produced by BNS mergers1. The

observed FRB flux can be explained by magnetic braking luminosity and a radio

conversion e�ciency similar to pulsars (Totani 2013). Wang et al. (2016) investigated

radio emission based on the unipolar inductor model (Piro 2012; Lai 2012, see also

Hansen & Lyutikov 2001).

1Shortly after the submission of this work, the first gravitational wave event GW170817
from a binary neutron star merger was reported, and the BNS merger rate is estimated to be
1540+3200

�1220 Gpc�3 yr�1 (Abbott et al. 2017), see also Section 1.2.5.
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A theoretical concern of the BNS merger scenario is, however, that the environ-

ment around the merger would be polluted by matter dynamically expelled during

the merger process, which may prohibit the radio signal to be transmitted. The first

aim of this work is to investigate this issue by using a numerical-relativity simulation

of a BNS merger. We will compare the rise of rotation power that may produce an

FRB and the timing of dynamical matter ejection, and examine whether there is a

time window in which an FRB is produced and transmitted to an observer.

It is obvious that a radio burst at the time of a BNS merger cannot explain the

repeating FRB 121102. A young neutron star possibly with strong magnetic field

(i.e., a magnetar) is then popularly discussed as the source of FRB 121102, which

is surrounded by a pulsar wind nebula (PWN) that is responsible for the observed

persistent radio emission. Therefore, a core-collapse supernova, especially in the class

of superluminous supernovae (SLSNe), is discussed as the progenitor of FRB 121102,

because formation of a rapidly rotating magnetar is one of the possible explanations

for the extreme SLSN luminosity, and because of the host galaxy properties (dwarf

and low metallicity; Kashiyama & Murase 2017; Metzger et al. 2017).

However, a fraction of BNS mergers may leave a massive neutron star which

is indefinitely stable or temporarily stable by a rotational support (e.g., Gao et al.

2013; Metzger & Piro 2014; Piro et al. 2017). The fraction strongly depends on the

equation of state (EOS) for nuclear matter as well as neutron star mass distribution,

which may be either negligible or the majority2. The latter requires that EOS is sti↵

enough to support a spherical neutron star with the maximummass of& 2.7M�. Such

remnant neutron stars should be rapidly spinning by the large angular momentum of

the original binary, and their magnetic field can be amplified by the merger process

(e.g., Kiuchi et al. 2014), possibly to the magnetar level. The ejecta mass from a BNS

merger is much smaller than SLSNe, making the transmission of radio signal easier.

The estimated event rate of BNS mergers is higher than that of SLSNe by 1–2 orders

of magnitude (Abadie et al. 2010; Quimby et al. 2013), and hence the production rate

of rapidly rotating neutron stars by BNS mergers may be higher than that by SLSNe.

The second aim of this work is to examine merger-remnant neutron stars as the

origin of repeating FRBs like FRB 121102. We make order-of-magnitude estimates of

various physical quantities and compare with the observational constraints for FRB

121102. We then propose a unified scenario for repeating and non-repeating FRBs

2After the detection of GW 170817, there have been several attempts to constrain the nature of
the merger remnant and the maximum mass of neutron stars, but an unambiguous conclusion has
not yet been obtained and the fraction of merger events leaving a long-lived neutron star is still
highly uncertain.
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from BNS mergers. Non-repeating and bright FRBs are produced as a single catas-

trophic event at the time of merger, while repeating and faint FRBs are produced by

young and rapidly rotating neutron stars left after BNS mergers. We then present an

FRB rate evolution model including these two populations, and examine the relative

detection rate as a function of search sensitivity. This may give a hint to explain the

fact that the only repeating FRB was detected as the faintest FRB.

The outline of this chapter is as follows. In Section 2.2, we describe the details

of the BNS simulation used in this work. We then examine ejecta formation by

the merger and discuss the possibility of producing a non-repeating FRB in Section

2.3. The merger-remnant neutron star scenario for repeating FRBs is compared with

the available observational constraints in Section 2.4, and the FRB rate evolution

model is presented in Section 2.5. Conclusions will be given with some discussions

in Section 2.6. The adopted cosmological parameters for a flat universe are H0 =

67.8 km s�1 Mpc�1, ⌦M = 0.308, and ⌦⇤ = 0.692 (Planck Collaboration et al. 2016).

2.2 BNS Merger Simulation

Methods of the BNS merger simulation used in this work are presented in Kiuchi et al.

(2014). The simulation employs the moving puncture gauge, and the spatial coordi-

nates (denoted by xyz) are defined so that they asymptotically become the Cartesian

coordinate system towards a point at infinity from the center. The simulation is per-

formed in a cubic box and the centers of two neutron stars are located in the z = 0

plane. A reflection symmetry with respect to the z = 0 plane is assumed. A fixed

mesh-refinement algorithm with seven levels is adopted for the spatial coordinates to

resolve the wide dynamic range of a BNS merger. The outermost (i.e., the first level)

box has 469⇥ 469⇥ 235 grids in x-y-z, with a grid size of ⇠ 9.6 km. (the number of

z-direction grids is only for the upper half of the cube). In the second level, the box

of half size (i.e., 1/8 in volume) with the same box center is simulated with a two

times finer grid size, while the grid number is the same. This is repeated in the same

way to the seventh level where the mesh size is 1/26 of the first level (⇠ 150 m).

We employ the H4 EOS of Glendenning & Moszkowski (1991), with which the

maximum mass of neutron stars is 2.03M�. Two neutron stars have the same ADM

mass of 1.35M� when they are isolated. This simulation does not include magnetic

fields; there are no known BNS simulations in which dynamical ejecta mass is sig-

nificantly changed by the e↵ects of magnetic fields. The simulation starts with an

orbital angular velocity ⌦orb ⇠ 1.7 ⇥ 103 s�1 and a binary separation of ⇠ 50 km,

and the merger occurs after several in-spiral orbits. The simulation finishes at 15 ms



Chapter 2. FRBs from BNS Mergers 29

after the merger, and at that time the merged hypermassive neutron star (HMNS) is

still rotationally supported against a gravitational collapse.

Our purpose is to investigate the time evolutionary properties of matter ejected

to outer regions, and we do not have to examine quantitatively the general relativistic

e↵ects that are important around the merger center. Therefore in this work we present

physical quantities assuming that the simulation grids are on the classical Cartesian

coordinate system throughout the box, and the simulation time grids are on the

classical time coordinate.

For computational reasons, numerical simulations of a BNS merger usually set an

artificial atmosphere around stars, and in our simulation the density of atmosphere

is 103 g cm�3 within r  70 km and it decreases as / r
�3 in outer regions, where r is

the radius from the simulation center. The central density of the atmosphere is 1012

times smaller than the nuclear matter density found inside the neutron stars. Further-

more, the minimum density that the simulation can reliably resolve is ⇠ 108 g cm�3.

Therefore we consider only matter whose density is higher than the threshold value,

⇢th = 108 g cm�3, when calculating the rest-mass column density of ejecta. Even if

calculated column density allows transmission of FRB signals, we cannot exclude a

possibility that lower density material than ⇢th absorbs FRB signals. However, our

results shown below indicate that the matter density rapidly drops at a certain radius

from the HMNS, and material of ⇢ < ⇢th would unlikely a↵ect our main conclusions.

2.3 Circum-merger Environment and FRB Visibil-

ity

2.3.1 Orbital Evolution and Neutron Star Spin-up

Figure 4.1 presents time snapshots of density contours and velocity fields of the sim-

ulation, spanning from 0.71 ms before to 4.26 ms after the merger, where the merger

time tmerge is defined as the time when the density peaks of the two neutron stars

merge into one.

FRBs are expected to be generated by rotation, either the orbital motion of the

two neutron stars or spins of individual neutron stars. The rotation angular velocity

of the orbital motion (⌦orb) and that of the individual neutron star spin (⌦spin) are

shown as a function of time in Figure 2.2. For this calculation, we first calculate the

angular velocity at each grid from the rotation-direction component of fluid velocity,
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as

⌦(r) =
1

|rxy|
v ·

✓
nz ⇥ r

|nz ⇥ r|

◆
, (2.1)

where r is the position vector measured from the rotation center on the z = 0 plane,

v the three velocity of fluid, nz the unit spatial vector to the z direction, and rxy the

projection of r onto the xy plane. Then the average rotation velocity is calculated as

the mass-weighted mean:

⌦av =

R
⌦(r)⇢(r)drR
⇢(r)dr

, (2.2)

where ⇢ is the rest-mass density. The orbital rotation velocity ⌦orb is simply calculated

by setting the rotation center at the center of the simulation box and integration

over the whole simulation box. The spin of each neutron star ⌦spin is calculated by

setting the rotation center at the density peak of one of the two neutron stars. For

the integration region of ⌦spin, we separate the simulation box into two by a plane

including the simulation box center and perpendicular to the line connecting the two

centers of the neutron stars. Then the integration of ⌦spin is performed only over the

half side including the neutron star considered. As expected, ⌦spin of the two neutron

stars are almost the same, and it becomes the same as ⌦orb after the merger.

Though the calculation of ⌦orb is completely Newtonian, we compare this with the

angular frequency of the dominant quadrupole mode of gravitational wave radiation

(⌦gw) calculated from the simulation by a relativistic method using the Weyl scalar

(Yamamoto et al. 2008). We then confirmed that the expected relation, ⌦orb = ⌦gw/2,

holds within a 10% accuracy.

It can be seen in Figure 2.2 that ⌦orb gradually increases to the merger, but ⌦spin

suddenly rises up at ⇠0.5 ms before the merger. Our simulation does not include

viscosity, and hence a tidal lock by viscosity does not occur. A tidal lock is not

expected to occur even if viscosity is taken into account (Bildsten & Cutler 1992).

After the sharp rise, ⌦spin is almost the same as ⌦orb, and energy for FRBs can be

extracted by the spin of magnetic fields of the merging star with a rotation period

of about 1 ms. A coherent dipole magnetic field may be that of neutron stars before

the merger, or may be formed during the merger process. The energy loss rate of the

dipole emission formula is proportional to ⌦4
spin, and hence the chance of producing

an FRB rapidly increases at ⇠0.5 ms before the merger.
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Figure 2.1: Time snapshots of density contours for the binary neutron star merger
simulation used in this work, in the xyz coordinates which are approximately the
classical Cartesian coordinates. The velocity fields are also shown by black vectors.

Figure 2.2: Evolution of angular velocities of orbital motion (⌦orb) and spin of each
neutron star (⌦spin) are shown by solid and dotted black curves, respectively (see the
left-hand ordinate for labels). The horizontal dashed line indicates ⌦ corresponding
to a rotation period of 1 ms. Color curves show rest-mass column density ⌃ in regions
of r > remi towards the direction polar angle ✓ from the z axis, for several values of
✓. The left and right panels are for remi = 30 and 50 km, respectively, and a median
about the azimuth angle � is taken for ⌃.
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2.3.2 Ejecta Formation

Next we consider ejecta distribution. Figure 2.2 shows the time evolution of the

rest-mass column density,

⌃(✓,� ; remi) =

Z 1

remi

⇢(r)dr , (2.3)

which is integrated over the radial direction from the simulation center excluding the

inner region of r < remi, where r, ✓, � are spherical coordinates. As mentioned in

Section 2.2, low density grids with ⇢ < ⇢th are excluded from this calculation. We

show the cases of remi = 30 and 50 km, for several values of polar angle ✓ from the z

direction. The light cylinder radius becomes ⇠50 km for a rotation period of 1 ms,

and hence it is reasonable to expect that FRB radiation occurs at 30–50 km from

the center. The column density also depends on the azimuth angle �, and here we

take the median of ⌃(�i) to show a typical column density, where �i is the 360 grids

in � = 0–2⇡ to calculate ⌃. (We avoid a simple mean because it is biased when a

high density ejecta exist into one direction, though its covering fraction on the sky is

small.)

This figure shows that ⌃ significantly increases 0–1 ms after the merger. Ejecta to

the equatorial directions (✓ ⇠ 90�) appear earlier, because dynamical mass ejection is

driven first by tidal force, and then shock heated components are ejected to the polar

direction from the HMNS (Sekiguchi et al. 2015). Since the minimum density resolved

in the simulation is 108 g cm�3, column density of ⌃ . 1014 g cm�2 cannot be resolved

on the scale of 30–50 km. Once ⌃ becomes larger than this, there is no chance for

an FRB emission to escape, because the optical depth of electron scattering is many

orders of magnitudes larger than unity. The rapid increase of ⌃ by many orders of

magnitude occurs at about 1 ms after the merger to most directions, implying that

the environment before this is similar to that of isolated neutron stars.

Figure 2.3 shows time snapshots of radial profiles of rest-mass density and veloc-

ity. Here, again the median is plotted about the azimuth angle. Except for the equa-

torial (✓ = 90�) direction, the density sharply drops from 1014 to ⇠ 109 g cm�3 at the

surface of newly born HMNS. An extended tail of the density profile at ⇢ ⇠ 108 g cm�3

is seen, but it may be an artifact because this low density is close to the simulation

resolution. Well-resolved ejecta with ⇢� 108 g cm�3 and positive radial velocity are

seen only into the equatorial direction at the time of merger, and those into other

directions appear a few ms after the merger. The ejecta velocity is at most 0.1–

0.2 c, and it takes about 1 ms for such an ejecta to expand into the outer regions of

r > remi ⇠ 30–50 km.
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These results imply that a significant ejecta formation and expansion to the

scale of 30–50 km occurs about 1 ms after the merging neutron stars start to rapidly

spin. Therefore there is a short time window of t� tmerge ⇠ �0.5 to 0.5 ms in which

the ejecta is not yet formed but the magneto-rotational energy production rate is

su�ciently high to produce an FRB emission. This also gives a possible explanation

for the observed ⇠ 1 ms duration of non-repeating FRBs.

2.4 Repeating FRBs from a Post-merger Remnant

2.4.1 Formation of the Remnant Neutron Star and Its Con-

sequence

Hereafter we consider the case that a BNS merger leaves a merged neutron star that is

indefinitely stable without rotation or rotationally supported for a time scale longer

than the repeating FRB lifetime. Its initial spin period is Pi = 2⇡/⌦i ⇠ 1 ms,

mass ⇠ 2.6M�, and radius R ⇠ 15 km. If there is a loss of rotation energy by e.g.

gravitational wave emission, initial rotation period may be larger. The rotational

energy of the star is

Erot =
1

2
I⌦2

i ⇡ 9.2⇥ 1052 erg, (2.4)

where I is the momentum of inertia of the star. The spin-down timescale by magnetic

breaking is given as

tsd =
3c3IP 2

i

4⇡2B2
⇤R

6
⇠ 2.7 B

�2
12.5 yrs, (2.5)

where B12.5 = B⇤/(1012.5 G) is the strength at the star surface. We adopt 1012.5 G as

a reference value that is typical for isolated pulsars, but the magnetic field strength

may be enhanced by the merger process to B & 1013 G as suggested by numerical

simulations (e.g., Kiuchi et al. 2014), and in such a case tsd could be smaller.3

Consider ejecta mass Mej = 10�2
M� and velocity �ej,0 = �ej,0/c = 0.1, which are

within the typical ranges for a BNS merger. The dynamical ejecta mass decreases

3It should be noted that the rotation energy Erot is quickly converted into pulsar wind if magnetic
field is as strong as magnetars (1015 G) and the neutron star survives longer than the spin-down time.
This is excluded for the particular case of GW 170817, because such a large energy is not observed.
However, a low magnetic field of . 1012.5 G is not excluded because of the longer spin-down time.
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Figure 2.3: Time snapshots (corresponding to Figure 4.1) of radial profiles of rest-
mass density (solid colored lines) and radial fluid velocity (dashed colored lines), for
several values of polar angle ✓ from the z axis. These quantities are the median about
the azimuthal angle �. The radius is measured from the merger center.
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with sti↵er EOS (Hotokezaka et al. 2013), and the ejecta mass may be enhanced

by disk wind (Shibata et al. 2017). The ejecta kinetic energy would be changed

when the rotation energy of the newly born massive neutron star is injected into

the merger ejecta in the form of pulsar wind, within a time scale of tsd. Assuming

that an energy of Erot is injected as relativistic particles or Poynting flux at a radius

rinj = �ej,0 tsd, we can estimate the accelerated velocity and internal energy of ejecta

(pulsar wind nebula) to be �PWN = 0.85 and Uinj = 4.0⇥ 1052 erg, respectively, from

energy and momentum conservation. This bulk motion speed is mildly relativistic,

but we ignore the relativistic e↵ect for simplicity in the order-of-magnitude analysis.

We assume that ejecta is freely expanding except for the velocity change at r = rinj.

The expanding ejecta would be decelerated by interstellar medium (ISM) when a

comparable ISM has been swept up, but this e↵ect can be ignored if we consider

evolution before the deceleration time tdec ⇠ 15 M
1/3
ej,�2 n

�1/3
ISM,�3 �

�1
PWN yr, where nISM =

10�3
nISM,�3 cm�3 is the ISM density. In this work we do not consider the interaction

with ISM for simplicity.

The energy injection by pulsar wind would heat up the ejecta matter and also

generate magnetic fields in the ejecta, Bej. We assume that a fraction ✏B of the

internal energy density uinj = Uinj/(4⇡r3inj/3) is converted into magnetic fields at the

time of energy injection, as B
2
ej,inj/(8⇡) ⇡ ✏B uinj. After the injection Bej evolves by

adiabatic expansion and conserved magnetic flux, i.e., Bej = Bej,inj(r/rinj)�2. This

reduces to

Bej = 5.6⇥ 10�2
✏
1/2
B,�2 B

�1
12.5 �

�2
PWN t

�2
yr G , (2.6)

where tage = tyr yr is the time elapsed from the merger, and we use ✏B,�2 = ✏B/10�2

that is inferred from the magnetization parameter of the Crab nebula (Kennel &

Coroniti 1984). Here we assumed the shell thickness �r ⇠ r to calculate uinj. The

dependence on B⇤ appears by tsd (smaller rinj for stronger B⇤). Note that we made

an approximation of tage ⇠ r/�PWN, which is exactly valid only when tage � tsd. This

does not a↵ect the conclusions in this section from order-of-magnitude estimates.

This magnetic field strength will be used in the next section to discuss the energetics

of synchrotron radiation and rotation measure.
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2.4.2 Comparison with FRB 121102 Observations

Free-free absorption

First we estimate the time scale for the ejecta to become transparent to the free-

free absorption of radio signals. Before energy injection by pulsar wind, the opacity

becomes less than unity at a time

t
↵
tr ⇠ 4.2 (Z/26) f 1/5

ion ⌫
�2/5
9 T

�3/10
e,3

⇥ M
2/5
ej,�2 (�ej,0/0.1)

�6/5 yr (2.7)

after the merger, where ⌫9 ⌘ ⌫/(GHz) is the frequency of the radio signal, fion is

the ionization fraction, Z the mean atomic number of matter in ejecta, and Te,3 =

Te/(103 K) the temperature of ejecta. Here we used �ej,0 = 0.1 as the ejecta velocity

before the energy injection by the pulsar wind, which is valid when tsd > t
↵
tr. Therefore

this t↵tr is a conservative upper-limit, and t
↵
tr can be smaller by the accelerated ejecta

speed when tsd < t
↵
tr. After the energy injection by pulsar wind, electrons in the

ejecta may have relativistic energies if energy conversion from ions to electrons is

e�cient. Since the free-free opacity of relativistic electrons is reduced compared with

non-relativistic ones (Kumar et al. 2017), the environment would be transparent after

the energy injection.

Synchrotron self-absorption

High energy electrons and positrons produced as the pulsar wind would form a neb-

ular after interaction with the ejecta. Synchrotron self-absorption by these electrons

and positrons may prohibit early radio signal to transmit (Murase et al. 2016; Yang

et al. 2016). Following Murase et al. (2016), we assume the injected electron energy

spectrum of the nebula to be a broken power-law, dNinj/d�e / �
�q with q = q1 (< 2)

at �m  �e  �b and q = q2 (> 2) at �b  �e  �M, where �e is the Lorentz factor of

injected electrons. This is motivated by observations of Galactic pulsar wind nebulae.

The break Lorentz factor is typically �b ⇠ 104–106, and �m ⇠ 100 ⌧ �b ⌧ �M .

At su�ciently late times, the radiative cooling is governed by the synchrotron

radiation with its timescale

tsyn =
3mec

4�T UB �e
⇠ 1012 s ��1

e B
2
12.5 �

4
PWN t

4
yr ✏

�1
B,�2 , (2.8)

where UB = B
2
ej/(8⇡) is the magnetic energy density at a given time. Equating



Chapter 2. FRBs from BNS Mergers 37

the synchrotron cooling time given by Equation (2.8) with the dynamical timescale

tdyn ⇠ r/vPWN, the cooling break Lorentz factor is found as

�c = 3.2⇥ 104 B
2
12.5 �

4
PWN t

3
yr ✏

�1
B,�2 . (2.9)

Therefore, electrons are in the slow cooling regime (�m ⌧ �c) for typical timescales

of interest (& yr) due to the large velocity of the ejecta, which is in contrast to the

fast cooling case expected for the SN scenario (e.g., Kashiyama & Murase 2017).

The injection electron spectrum is then conserved at �e < �c, and the synchrotron

absorption is dominated by electrons with �m < �e < �c. The spectrum is normalized

so that a fraction ✏e ⇠ 1 of the total internal energy U [= Uinj(r/rinj)�1] is carried

by relativistic electrons and positrons, since it is generally believed that the pulsar

wind is dominated by e
± (Kennel & Coroniti 1984; Tanaka & Takahara 2013). We

numerically calculated the absorption optical depth

⌧
sa
⌫ =

r

8⇡mec ⌫
2

Z �M

�m

1

�2e

d

d�e

⇥
�
2
ePs(⌫, �e)

⇤
ne(�e) d�e , (2.10)

where Ps(⌫, �e) is the synchrotron emitting power and ne(�e) is the emergent electron

energy spectrum in the steady state which is the same as the injected spectrum at

�e < �c. For a parameter range of q1 = 1–1.5, we find that the nebula becomes

transparent to 1 GHz radio emission at tsatr ⇠ 1 yr. See Appendix A for the details of

assumption and calculation.

Therefore the environment around a BNS merger would become transparent for

a repeating FRB with a time scale of order years, though the uncertainty is more than

one order of magnitude. After the appearance of a repeating FRB for an observer,

the activity would decrease with time if the neutron star is already in the spin-down

phase. Then the highest activity of a repeating FRB would last on a time scale similar

to that of the appearance, i.e., of order years. It should be noted that the spin down

time would become shorter if B⇤ is stronger, but a repeater FRB can be formed even

in the case of tsd < ttr, if the remnant neutron star exists on a time scale longer than

tsd and FRBs are produced using e.g. magnetic field energy.

The persistent radio source

The source size of the persistent radio emission from FRB 121102 is limited to . 0.7

pc (Marcote et al. 2017), and this gives an upper limit on the age tage of this source.

Assuming that the ejecta is expanding with �PWN from the beginning (i.e., tsd ⌧ tage),
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we find

tage < 2.7

✓
�PWN

0.85

◆�1

yr, (2.11)

which is comparable with the minimum age ⇠ 5 yr of FRB 121102. Therefore,

expanding size evolution of the persistent radio source may be observed in the near

future, though a realistic morphology must be considered for a more quantitative

prediction. The source size may be smaller if �PWN is smaller by a larger ejecta mass,

or tsd is comparable to the age. Another possibility to make the size smaller is a

confinement by dense ISM.

The observed luminosity of the persistent radio emission from FRB 121102

(1.9 ⇥ 1039 erg s�1 at 10 GHz, Chatterjee et al. 2017) can be used to estimate the

minimum electron energy emitting synchrotron radiation. Following the formulation

of Kashiyama & Murase (2017) and the magnetic field strength estimated above, we

find the minimum electron energy as ⇠ 1.2 ⇥ 1049 t3yr ✏
�1/2
B,�2 �

3/2
PWN erg. This is su�-

ciently smaller than the maximum energy available by the rotation of the merged

neutron star, Erot ⇠ 1053 erg, if the age is less than ⇠ 10 yrs. Even if there is a

significant loss of rotation energy at the stage of the merger, the rotation energy is

still su�ciently larger if Pi . 10 msec.

Dispersion and rotation measures

Next we consider dispersion measure (DM) around the remnant neutron star. DM of

ejecta matter (after energy injection by the pulsar wind) using the standard formula

becomes

DMej ⇡ 5.2⇥ 10�1
Mej,�2 fion �

�2
PWN t

�2
yr pc cm�3

. (2.12)

The DM contribution from the host galaxy of FRB 121102 is estimated as DMhost <

55–225 pc cm�3 (Tendulkar et al. 2017; Kokubo et al. 2017), and the DM changing

rate is constrained as < 2 pc cm�3 yr�1 (Piro 2016). These constraints can be easily

met in our model if the age is larger than ⇠ 1 yr.

Though rotation measure (RM) is not yet measured for the repeating FRB

121102,4 it has been observed for some FRBs. Masui et al. (2015) found a rela-

4After the submission of this work, a high (⇠ 105 rad m�2) and variable (10% decrease on a
half year) rotation measure of FRB 121102 has been reported (Michilli et al. 2018), which is a
few orders of magnitude higher than our plausible estimate in eq. (2.13). However, the high RM
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tively large RM contribution from the host galaxy (& 160 rad m�2) of FRB 110523,

which favors a dense and magnetized environment like star forming regions or super-

nova remnants. On the other hand, small or negligible RMs from the host galaxy

and IGM were observed for the exceptionally bright FRB 150807 (. 2 rad m�2, Ravi

et al. 2016) and FRB 150215 (< 25 rad m�2, Petro↵ et al. 2017), which favor a cleaner

environment.

We can calculate RM of the ejecta matter in our model assuming that the mag-

netic field is ordered along the line of sight to an observer, which becomes

RMej ⇠ 1.2⇥ 104 ✏
1/2
B,�2 B

�1
12.5

⇥ Mej,�2 fion �
�4
PWN t

�4
yr rad m�2

. (2.13)

This can be consistent even with the low RMs of FRB 150807 and FRB 150215 if

we take tyr ⇠ 10, though dependence on model parameters is large. Therefore it is

possible that these apparently non-repeating FRBs are also remnant neutron stars

after a BNS merger, and repeating has not yet been detected because of a search

sensitivity and/or limited monitoring time. Of course, another possibility is that

these FRBs were produced at the time of a BNS merger, for which we expect even

smaller RM.

It should be noted that here we used the standard classical formulae for DM

and RM calculations. However, electrons may have relativistic energy after the en-

ergy injection from pulsar wind. The relativistic e↵ect reduces both DM and RM

(Shcherbakov 2008), and hence this does not a↵ect the consistency between our model

and observations.

2.4.3 Comparison with the Supernova Scenarios

Supernovae, especially the class of SLSNe, have been proposed as the progenitor of a

young and rapidly rotating neutron star to produce repeating FRBs (Kashiyama &

Murase 2017; Metzger et al. 2017; Beloborodov 2017; Dai et al. 2017). Here we com-

pare the SN scenario with our BNS merger scenario. Besides the event rate di↵erence

between SLSNe and BNS mergers mentioned in Section 2.1, a large di↵erence is the

ejecta mass of SLSNe that is much larger than that of BNS mergers. Here we dis-

cuss using typical parameter values of Mej,1 ⌘ Mej/(10M�) and �ej,9 ⌘ �ej/(109 cm/s)

may be explained if we consider a highly clumpy density structure (e.g., dense nebula filaments),
which would enhance magnetic fields. The observed short variability timescale may favor a young
progenitor (. 10 yr). Further investigation should be done as future work.
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(i.e., an explosion energy of 1052 erg) for a SLSN (Metzger et al. 2017). The di↵erence

would be smaller in the case of ultra-stripped SLSNe (Mej ⇠ 0.1M�, Kashiyama &

Murase 2017), although the event rate and the ejecta mass are highly dependent on

how to interpret the light curve of rapidly rising transients (e.g., Drout et al. 2014;

Arcavi et al. 2016).

Because of the larger mass ejecta and slower speed, it would take a longer time

for the environment to become transparent for radio signals. The previous studies

about the SLSN scenario then considered a time scale of 10–100 yrs as the age of

FRB 121102. Assuming that the spin-down time of a newly born neutron star is less

than ⇠ 10 yrs, the rotation energy is decreasing with time and hence we expect that

the BNS scenario has a larger available rotation energy to produce FRBs than the

SLSN scenario. Therefore even if the event rate of the two populations is the same,

we expect brighter and more active FRBs from neutron stars produced by a BNS

merger, and hence a higher chance of detection.

DM, source size and energetics of persistent radio emission in the SLSN scenario

have been discussed in the previous studies, and they are consistent with observational

constraints of FRB 121102. Compared with the BNS merger scenario, DM is larger

and hence DM variability would be stronger, while the persistent radio source size is

smaller and hence the size upper limit is more easily met. RM in the SLSN scenario

has not been discussed in the previous studies, and from our formulations we find

RMej ⇠ 1.7⇥ 1011 ✏1/2B,�2 B
�1
14

⇥ Mej,1 fion v
�4
ej,9 t

�4
yr rad m�2

. (2.14)

Here we assumed that the ejecta has an internal energy of ⇠ 1052 erg at the time of

the energy injection from pulsar wind, but the velocity is not accelerated because the

original supernova kinetic energy is comparable with the energy injected by the pulsar

wind. This RM is much larger than the maximum RM found for FRB 110523, even if

we assume an age of 100 yrs and a strong stellar magnetic field of B⇤ = 1014 G. This

implies that all FRBs cannot be a young neutron star produced by a SLSN, unless

the net magnetization is largely cancelled by small scale fluctuations of magnetic field

directions.
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2.5 Rate Evolution of Repeating and Non-repeating

FRBs

2.5.1 Cosmic BNS Merger Rate Evolution

In order to discuss the FRB detection rate as a function of a search sensitivity, we

first determine the cosmic BNS merger rate as a function of redshift. The comoving

volumetric BNS merger rate at a redshift z [corresponding to a cosmic time t(z)] is

a convolution of the comoving star formation rate density  SFR and the delay time

distribution (DTD) of BNS mergers from star formation:

RBNS(z) =

Z t(z)

0

 SFR(t� ⌧)fD(⌧)d⌧ , (2.15)

where ⌧ is the delay time (the time elapsed from the formation of a stellar binary to

the BNS merger), and fD(⌧) is DTD normalized per unit mass of star formation.

We use a functional form of cosmic star formation history,

 SFR(z) = 0.015
(1 + z)2.7

1 + [(1 + z)/2.9]5.6
M� yr�1 Mpc�3 (2.16)

in 0 < z < 8 derived by Madau & Dickinson (2014). DTD of compact object mergers

generally becomes fD / ⌧
�↵ with ↵ ⇠ 1, when it is controlled by gravitational

wave radiation as in the cases of BNS or binary white dwarfs (e.g., Totani et al.

2008). Here we set fD / ⌧
�1 at ⌧ � ⌧min and zero otherwise, with ⌧min = 10

Myr, which is roughly consistent with that calculated by Belczynski et al. (2006)

using a binary population synthesis model. The BNS merger rate is normalized as

RBNS(0) = 1⇥ 104 Gpc�3 yr�1, which is the “plausible optimistic” rate estimate for

local BNS mergers by Abadie et al. (2010). It should be noted that the following

results on the ratio of repeating to non-repeating FRB rates is not a↵ected by this

normalization. The calculated  SFR(z) and RBNS(z) are shown in Figure 2.4.

2.5.2 Repeating versus Non-repeating FRB Detection Rates

The FRB luminosity function is hardly known, and for simplicity we adopt the stan-

dard candle approximation both for the non-repeating and repeating populations.

There is a large variation in radio spectral index of FRBs (e.g., Spitler et al. 2014),

and here we simply assume L⌫ / ⌫
0, and hence S⌫ / (1 + z)DL(z)�2, where L⌫ is
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the absolute FRB luminosity per unit frequency, S⌫ the observed flux density, and

DL the luminosity distance. The absolute luminosity is fixed so that S⌫ = 1.0 Jy at

z = 1 for non-repeating FRBs based on fluxes and DMs observed by Parkes, while

S⌫ = 0.1 Jy at z = 0.19 for repeating FRBs based on the case of FRB 121102.

Then the all-sky rates for single (i.e., non-repeating) FRBs (NsFRB) and repeating

FRBs (NrFRB) that are brighter than a limiting flux density S⌫,lim are calculated using

RBNS(z) as:

NsFRB(> S⌫,lim) =

Z zs

0

dz
dV

dz

RBNS

1 + z
, (2.17)

NrFRB(> S⌫,lim) =

Z zr

0

dz
dV

dz

RBNS

1 + z
fr Nr , (2.18)

where dV/dz is the comoving volume element per unit redshift, (1+z)�1 is the cosmo-

logical time dilation factor, and zs(S⌫,lim) and zr(S⌫,lim) are the redshifts corresponding

to single and repeating FRBs with a flux S⌫,lim, respectively. In the case of repeating

FRBs, the formation probability of a repeating FRB source after a BNS merger (fr)

and the number of repeating bursts during its lifetime (Nr) are multiplied. Here we

assumed that all BNS mergers produce a non-repeating FRB at the time of merger,

and assumed the same beaming factor for the two populations. These assumptions

also a↵ect the ratio NsFRB/NrFRB, and uncertainties about these can be included in

the parameter fr.

No repeating FRBs have been detected by Parkes, and it implies

NrFRB

NsFRB

����
S⌫,lim=1 Jy

. 0.1, (2.19)

which translates into an upper limit on the product frNr . 400. The parameter Nr

can be written asNr = ⌧lt k ⇣, where ⌧lt is the lifetime of a repeating FRB source, k the

repeat rate during the active FRB phase, and ⇣ the active duty cycle. Observationally

inferred values are k ⇠ 3 day�1 and ⇣ ⇠ 0.3 (Nicholl et al. 2017), and we get fr⌧lt . 1.2

yr. In order for the lifetime to be consistent with that discussed in Chapter 2.4, a

weak constraint of fr . 0.1 is obtained, though there is a large dependence on model

parameters.

In Figure 2.5, a logN–log S plot for sFRBs and rFRBs is shown. Both popu-

lations show the trend of N(> S⌫,lim) / S
�1.5
⌫,lim in the bright flux limit, as expected

when cosmological e↵ects are negligible. The curve of non-repeating FRBs becomes

flat at S⌫,lim . 200 mJy by the cosmological e↵ects (cosmic volume and the BNS rate

evolution), but such a behavior is not seen for repeating FRBs because their redshifts
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are lower and hence cosmological e↵ects are small. The ratio NrFRB/NsFRB is also

plotted in Figure 2.5. This rapidly increases with improving sensitivity at S⌫,lim . 1

Jy, because the cosmological e↵ects work only on non-repeating FRBs. This gives

a possible explanation for the fact that the only repeating FRB was discovered by

Arecibo that has a better flux sensitivity than Parkes.

2.6 Discussion and Conclusions

In this chapter, we investigated BNS mergers as a possible origin of both repeating

and non-repeating FRBs.

Non-repeating and bright FRBs mostly detected by Parkes may be produced at

the time of a BNS merger, but the environment around the merger may be polluted

by dynamical ejecta, which would prohibit radio signals to propagate. We therefore

investigated the BNS merger environment using a general-relativistic hydrodynamical

simulation. It was found that a significant mass ejection that can be resolved by the

current simulation occurs about 1 ms after the merger, and hence there is a time

window of about 1 ms in which the magneto-rotational energy production rate has

become the maximum to produce an FRB emission and the environment is not yet

polluted. This also gives a possible explanation for the observed short duration (. 1

ms) of non-repeating FRBs.

A fraction of BNS mergers may leave a stable remnant neutron star, and such an

object may produce faint and repeating FRBs like FRB 121102 detected by Arecibo,

after the environment becomes clear for radio signals. We showed that the environ-

ment becomes clear on a time scale of order years, and after that FRB activities

would become weaker on a similar time scale by the pulsar spin-down. The persistent

radio emission of FRB 121102 can be explained by a pulsar wind nebula energized

by the remnant neutron star. The expected radio source size is marginally consistent

with the observational upper limit, implying that a source size evolution may be ob-

served in the future. DM expected for the radio emitting nebula is smaller than the

observational estimate of DM from the host galaxy of FRB 121102, and the nebula

RM is not significantly larger than those measured in some FRBs. Compared with

the supernova scenario for young neutron stars to produce repeater FRBs, the BNS

merger scenario predicts a shorter time scale for the appearance after the merger (or

supernova) and a shorter active lifetime as a repeating FRB source. The environment

around the young neutron star is more transparent with smaller DM and RM, while

the source size of persistent radio emission is larger. Especially, the expected large

RM implies that the supernova scenario cannot be applied to all FRBs because some
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FRBs show small RM.

We then constructed an FRB rate evolution model including these two popula-

tions. Requiring that the discovery rate of a repeating FRB source is less than 10%

of that for non-repeating FRBs at the search sensitivity of Parkes, the lifetime of

repeating FRB sources ⌧lt is constrained as fr⌧lt . 1.2 yr, where fr is the fraction

of BNS mergers leaving a remnant neutron star that is stable on a time scale longer

than ⌧lt. Then we obtain fr . 0.1 from ⌧lt ⇠ 1–10 yrs obtained in Section 2.4, which

is not a strong constraint because it is an order-of-magnitude estimate. Since non-

repeating FRBs are brighter and hence more distant at a given sensitivity, the slope

of FRB source counts (logN -logS) is flatter than that of repeating FRBs. Therefore

the relative ratio of repeating to non-repeating FRB source counts should rapidly

increase with improving search flux sensitivity. This gives a possible explanation to

the fact that the only repeating FRB 121102 was discovered by the most sensitive

search using Arecibo, and such a trend can be confirmed with more FRBs detected

in the future. It should be noted that this trend is expected even if repeating FRBs

originate from supernovae rather than BNS mergers.

In addition to some predictions already mentioned above, the following predic-

tions can be made based on our hypothesis. Originating from BNS mergers, both

repeating and non-repeating FRBs should be found both in star-forming and elliptical

galaxies. FRB 121102 was found in a dwarf star forming galaxy with low metallic-

ity, and this may favor the SLSN scenario. However, a strong conclusion cannot be

derived from only one event; BNS mergers should also occur in such galaxies. It is

plausible that FRBs showing negligible RM (FRBs 150807 and 150215) occurred in

quiescent galaxies such as elliptical galaxies.

If non-repeating FRBs are produced at the time of BNS mergers, the BNS

merger rate must be close to the high end of the possible range discussed in the

literature, and gravitational wave from a BNS merger should be detected soon by

LIGO/VIRGO/KAGRA. A non-repeating FRB can in principle be detected coinci-

dentally with gravitational wave from a BNS merger, but a wide-field FRB search

covering a considerable fraction of all sky will be the key. If the location of a BNS

merger detected by gravitational wave is accurately determined by electromagnetic

wave counterparts, there is a good chance of discovering repeating FRBs ⇠ 1–10 years

after the merger, though the probability of leaving a stable neutron star depends on

EOS of nuclear matter. A repeating FRB may also be found 1-10 years after a

non-repeating FRB or a short gamma-ray burst (GRB), but they are generally more

distant than BNS mergers detected by gravitational waves and hence repeating FRBs

may be too faint to detect.
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Though the fraction of BNS mergers leaving a stable neutron star is currently

highly uncertain, gravitational wave observations may constrain the nuclear matter

EOS in the near future (Lattimer & Prakash 2007). Such constraints would be useful

to examine the validity of our scenario for repeating FRBs. If a repeating FRB

is detected after a BNS merger, it would be an unambiguous proof of a surviving

remnant neutron star, which would give an independent constraint on EOS. Another

possible signature of a surviving neutron star is a persistent radio emission from the

pulsar wind nebula like FRB 121102, or that from interaction between ejecta and

ISM (Horesh et al. 2016).

Finally, we comment on some intriguing recent observational studies. Ofek (2017)

reported 11 luminous radio sources in nearby (< 108 Mpc) galaxies with o↵sets

from the nucleus, whose luminosities are similar to the persistent source associated

with FRB 121102. The number density of these is ⇠ 5 ⇥ 10�5 Mpc�3. Using the

typical lifetime of repeating FRBs (10 yrs) in our hypothesis, a birth rate of ⇠ 5 ⇥

103 yr�1 Gpc�3 is inferred, which is interestingly similar to the non-repeating FRB

rate and the high end of the possible BNS merger rate range. Furthermore, 2 of the

11 sources are in the galaxies of old stellar population (passive and elliptical), which

cannot be produced from young stellar populations.

Perley et al. (2017) reported a new radio source (Cygnus A-2) at a projected o↵set

of 460 pc from the nucleus of Cygnus A (z = 0.056), which was detected in 2015 but

was not present until 1997. The origin of this source is not yet clear, and a repeating

FRB was not discussed as a possible origin in Perley et al. (2017). However we noticed

that the unusually bright radio luminosity as a supernova, ⌫L⌫ ⇡ 6⇥ 1039 erg s�1, is

interestingly similar (within a factor of a few) to that of the persistent radio emission

of FRB 121102, while Cygnus A-2 is about three times closer to us. The luminosity

and the appearance time scale imply that Cygnus A-2 may also be a pulsar wind

nebula produced by a BNS merger remnant, and a radio monitoring of this may lead

to a discovery of another repeating FRB source.
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Figure 2.4: Cosmic star formation rate  SFR (dashed line, right-hand-side ordi-
nate) and cosmic BNS merger rate RBNS (solid line, left-hand-side ordinate) per unit
comoving volume in our model are shown as a function of redshift z.
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Figure 2.5: Occurrence rate of FRBs that are brighter than a search flux sensitivity
limit, for non-repeating (single) FRBs (NsFRB) and repeating FRBs (NrFRB). The
repeating FRB rate is normalized as 10% of non-repeating FRBs at S⌫,lim = 1 Jy
(i.e., frNr = 400). The ratio NrFRB/NsFRB is also plotted (see ordinate on the right
handed side).
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Chapter 3

Galactic Halo Contribution to the
Dispersion Measure of FRBs

The work presented in this chapter appeared in:Yamasaki, S., & Totani, T. The

Galactic Halo Contribution to the Dispersion Measure of Extragalactic Fast Radio

Bursts. ApJ, 888, 105.

3.1 Introduction

As introduced in Section 1.2.6, FRBs opened up an entirely new way to probe the

di↵use hot gas halo in and outside the Galaxy. This thus motivates theoretical in-

vestigations of the extended hot gas halo distribution inside galaxies with FRBs in

mind. Historically, the distribution of hot gas (kT ⇠ 0.3 keV) in the MW halo has

been studied based on analytic gas density profile or numerical simulations, with ob-

servational constraints from oxygen absorption lines in UV or X-ray bands, emission

measure (EM) of di↵use X-ray emission, and DM toward the Large Magellanic Cloud

(LMC; Maller & Bullock 2004; Sommer-Larsen 2006; Yao et al. 2009; Fang et al. 2013;

Nuza et al. 2014; Dolag et al. 2015; Tepper-Garćıa et al. 2015; Roca-Fàbrega et al.

2016; Faerman et al. 2017; Fielding et al. 2017; Li & Bregman 2017; Nakashima et al.

2018; Shull & Danforth 2018; Prochaska & Zheng 2019). The DM value estimated

by these modelings is DMhalo ⇠ 30–80 pc cm�3. Most of these studies considered a

spherically symmetric halo, but recent X-ray observations of di↵use halo gas revealed

a significant directional dependence of the EM, which motivated several studies to

introduce a disk-like halo gas distribution (Yao et al. 2009; Fang et al. 2013; Li &

Bregman 2017; Nakashima et al. 2018). It should be noted that this hot disk-like

49
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halo component is completely di↵erent in physical properties (such as temperature

and geometrical shape) from the so-called “warm thick disk”, which is included in the

warm ISM models and generally constrained by Galactic pulsar DM measurements

(see Section 3.5.1).

However, such a disk-like model results in a scale radius of less than 10 kpc and

the associated gas mass much smaller than that of total halo gas expected from the

total dark matter mass of the MW halo and the cosmic ratio of baryons to dark

matter. This indicates that we need to incorporate two components for a realistic

model of MW halo gas distribution: a spherical component extending up to the virial

radius (⇠200 kpc) and a more compact disk-like component responsible for the di↵use

X-ray emission1. Both components may have significant contribution to the DM, and

the purpose of this work is to construct such a two-component, direction-dependent

model of the MW halo gas distribution and DM.

This chapter is organized as follows. In Section 3.2, we describe the framework

of our model for spatial distribution of the hot gas halo. The modeled EM and DM

are compared with observational constraints in Section 3.3. We then provide a fitting

formula of the halo DM as a function of the Galactic coordinate for a convenient use

in FRB observations in Section 3.4, and discussion on our newly proposed model is

given in Section 3.5, followed by conclusions in Section 3.6. The adopted cosmological

parameters for a flat universe are H0 = 67.8 km s�1 Mpc�1, ⌦m = 0.308, ⌦⇤ = 0.692

and ⌦b = 0.0483 (Planck Collaboration et al. 2016). Our choice of the Galactocentric

distance of the Sun is D� = 8.5 kpc (Kerr & Lynden-Bell 1986). When calculating

the number density of gas particles, we take a mean molecular mass per electron,

µe ⌘ ⇢/(mpne) = 1.18 (⇢, mp and ne are gas mass density, the proton mass and

electron number density, respectively), a mean particle mass µ ⌘ ⇢/(mpn) = 0.62

(n denotes the number density of all particles, including baryonic particles and free

electrons, that contribute to the gas pressure), and a number density ratio of hydrogen

to electron �H = 0.82 (independent of gas metallicity, see Appendix B). These were

calculated assuming fully ionized hydrogen and helium with a helium mass abundance

of 30%.

1Fang et al. (2013) explored the Galactic gas distribution by combining warm thick disk and hot
spherical halo, which is in contrast to our idea of combining two hot gas halo components.
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3.2 A Model for the Hot Gas Halo

Hot gas existing in the MW halo can be probed by EM (EM ⌘
R
nenHds) of di↵use

X-ray emission, where nH is the hydrogen number density and s is a coordinate

along the line of sight (e.g., Snowden et al. 1997; McCammon et al. 2002; Yao &

Wang 2007; Yao et al. 2009; Gupta et al. 2012; Yoshino et al. 2009; Hagihara et al.

2010; Henley & Shelton 2013; Nakashima et al. 2018). Most recently, Nakashima

et al. (2018) (hereafter N18) have estimated EM to 107 sightlines by the Suzaku X-

ray observations at 75� < l < 285� and |b| > 15�. They found that the observed

EM distribution over the entire sky cannot be described by a spherically symmetric

electron density distribution, but can be reproduced by a disk-like distribution

n
disk
e (R, z) = n

disk
0 exp


�

✓
R

R0
+

|z|

z0

◆�
, (3.1)

whereR and z are the cylindrical coordinates, and n
disk
0 = 3.8+2.2

�1.2⇥10�3(Zhalo/Z�)�1 cm�3

(Zhalo denotes the halo hot gas metallicity), R0 = 7.0+2.1
�1.7 kpc, and z0 = 2.7+0.8

�0.7 kpc.

The metallicity dependence appears because X-ray emissivity is dominated by oxygen

ions.

However, the total mass of this disk-like component is only⇠ 2⇥108(Zhalo/Z�)�1
M�,

which is much smaller than the total halo gas mass expected by the MW dark halo

mass and the cosmic mass ratio of dark to baryonic matter (e.g., Yao & Wang 2007;

Fang et al. 2013; Miller & Bregman 2015; Li & Bregman 2017). Although such a

more massive, more spherical, and more extended (up to the virial radius) halo may

not significantly contribute to the observed EM of di↵use X-ray emission, it should

exist theoretically (e.g., Spitzer 1956; Cen & Ostriker 1999) and it is also supported

by observations of absorption lines (e.g., Nicastro et al. 2002; Tumlinson et al. 2011).

Therefore in this work we perform a new fit to the observed EM of N18 with the two

components of the compact disk-like halo and the extended spherical halo.

For the spherical component, we therefore introduce a theoretical density profile

that is modeled as the isothermal gas in hydrostatic equilibrium with a Galactic dark

matter halo. In our model, MW’s dark matter halo has a virial mass ofMvir = 1012 M�

and a virial radius of rvir = 260 kpc according to the model by Klypin et al. (2002). We

assume that the dark matter distribution follows the Navarro–Frenk–White (NFW)

profile gravitational potential � with a concentration of cvir ⌘ rvir/rs = 12 with rs

being an NFW scale radius (Navarro et al. 1997; Bullock et al. 2001). The gravita-

tional potential of the Galactic stellar disk is neglected since it has little e↵ect on

the resulting density profile. Assuming the ideal gas with a constant temperature

Thalo, gas pressure is given by P/⇢ = kThalo/(µmp) and hydrostatic equilibrium (HE)
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rP = �⇢r� reduces to

n
sphe
e (r) = n

sphe
0 exp

⇢
�⌥


1�

ln (1 + r/rs)

r/rs

��
, (3.2)

where ⌥ = 4⇡Gr
2
s⇢sµmp/(kThalo) is a dimensionless constant with ⇢s = ⇢(rs) being the

NFW scale density. We assume the same temperature for the disk-like and spherical

components as kThalo = 0.3 keV based on the X-ray observation (N18). The central

electron density n
sphe
0 is determined so that the enclosed gas mass of the spherical

component within rvir is equal to the Galactic baryon mass Mb:

Z rvir

0

4⇡r2µemp n
sphe
e (r) dr = Mb. (3.3)

We choose the fiducial total baryon mass to be Mb = 1.2 ⇥ 1011 M�, assuming the

baryon fraction Mb/Mvir of the MW is ⇠ 75% of the cosmic mean ⌦b/⌦m ⇠ 0.16,

which is the same value as adopted by Prochaska & Zheng (2019). These figures

are roughly consistent with an estimate that ⇠ 26% of galactic baryons reside in

the stars and ISM (Fukugita et al. 1998), if the remaining ⇠ 74% of baryons are

in the galactic halo. Combining the above assumptions, we obtain ⌥ = 2.6 and

n
sphe
0 = 3.7⇥ 10�4 cm�3 as fiducial values for our model.

3.3 Observational Constraints

Here we construct our nonspherical hot gas halo models by fitting to the observed X-

ray EM. Then we present our model in comparison with existing theoretical models,

and examine its consistency with DM of LMC pulsars and absorption line observa-

tions.

3.3.1 Fit to X-Ray EM

Observations of the di↵use X-ray EM have benefits of a large number of sightlines.

To construct a direction-dependent model of the MW halo DM, we utilize the mea-

surements of halo gas EM, EMN18,�, which are presented as EMhalo in Table 1 of

N18. The EMN18,� for each siteline was determined, along with gas temperature and

[O/Fe], by spectral fittings. The medians of temperature and [O/Fe] over all sitelines

are 0.26 keV and 0.25, respectively (N18). The metallicity of the halo gas is not well

constrained by the X-ray data, and it was fixed to the solar abundance. However,

X-ray emissions are dominated by continuum recombination emission from oxygen
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Figure 3.1: Emission measures of the hot halo gas as a function of Galactic latitude.
Each panel corresponds to four di↵erent regions in Galactic longitude. The halo gas
metallicity is assumed to be Zhalo = 0.3Z� for the observed EM data points. Two
data points in 107 sightlines in Table 1 of Nakashima et al. (2018) with an upper
limit are removed in this figure and model fitting. Model predictions are plotted for
(a) |l| = 90�; (b) |l| = 120�; (c) |l| = 150�; (d) |l| = 180�. Here |l| is defined such that
|l| = l (0�  l  180�) and |l| = 360� � l (otherwise).
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Figure 3.2: Emission measures of the hot gas halo as a function of radius. The grey
shaded region denotes the full range of variation in data, and the horizontal dashed
line is the mean. Model predictions are plotted for the same Galactic longitude as
Figure 3.1 with Galactic latitude chosen to the mean of data |b|mean as shown in each
panel.
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ions. Therefore the true EM should scale with the halo gas metallicity as:

EMN18 =

✓
Zhalo

Z�

◆�1

EMN18,� . (3.4)

Throughout this work, we adopt Zhalo = 0.3Z� as suggested by cosmological simu-

lations (Cen & Ostriker 2006) and observations of high velocity clouds (e.g., Gibson

et al. 2000; Fox et al. 2005). Distribution of EMN18 is shown in four panels of Figure

3.1 as a function of Galactic latitude. Despite the large scatter seen in the data, N18

statistically confirm the trend of decreasing EMs as Galactic latitudes increase.

We construct an empirical model for the entire electron density distribution of

the hot gas by combining Equations (3.1) and (3.2): ne = n
disk
e +n

sphe
e . Since the mass

ratio between the disk-like and spherical halo components within rvir is expected to

be small, a naive summation of these barely a↵ects the HE assumption. The modeled

EM of the halo gas toward a given Galactic coordinate (l, b) is computed by

EMmodel(l, b) ⌘

Z smax

0

ne(s)nH(s) ds, (3.5)

where nH = �H ne is the hydrogen number density, and we integrate the hot gas halo

density profile along the line of sight from the solar system out to the maximum

distance smax(l, b) corresponding to the virial radius of the MW halo.

Since the spherical component is already fixed by Equation (3.3), the remaining

parameters to be determined are n
disk
0 , R0 and z0 that characterize the disk-halo

component. These are determined by fitting EMmodel to EMN18 using Markov Chain

Monte Carlo (MCMC) sampling with emcee, a Python based a�ne invariant sampler

(Foreman-Mackey et al. 2013). The likelihood function is ln (L) = ��
2
/2, where the

standard deviation associated with each data is defined by the geometric mean of the

asymmetric errors. We adopt a flat prior distribution for all of our parameters in the

n
disk
0 /(10�3 cm�3) 2 [0.1, 100], R0/(kpc) 2 [0.1, 100], and z0/(kpc) 2 [0.1, 100]. We

generate 105 samples and obtain the best set of parameters with n
disk
0 = 7.4+2.2

�1.6 ⇥

10�3(Zhalo/Z�)�1 cm�3, R0 = 4.9+0.6
�0.5 kpc, and z0 = 2.4+0.4

�0.4 kpc, where errors are

estimated by the 16th and 84th percentile of the MCMC realizations.

The EMs predicted with best-fit parameters as a function of Galactic latitude

and distance are presented in Figure 3.1 and Figure 3.2, respectively. In Figure 3.1

we see that the modeled EM is dominated by the disk-like component, and our model

matches the trend of EM against spatial directions. Figure 3.2 indicates that the

total EM reaches the observed EM at . 5 kpc from the Sun, reflecting the dominance

of the disk-like halo. The large scatter of the data from the mean might be due to a
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density fluctuation in the disk-like halo.

3.3.2 Comparison with Previous Studies

Here we compare our model with three models of previous studies in the literature: (1)

an isothermal model with multiple gas phases (the fiducial model with Zhalo = 0.5Z�

of Faerman et al. 2017; hereafter F17), (2) an adiabatic gas model with polytropic

index 5/3 (Fang et al. 2013, hereafter F13, see also Maller & Bullock 2004) and

(3) a modified NFW profile with ↵ = y0 = 2 of Mathews & Prochaska (2017) and

Prochaska & Zheng (2019) (hereafter PZ19). Figure 3.3 shows density (left panel)

and mass (right panel) profile of the hot gas for di↵erent models. Since the disk-like

component in our model has directional dependence, profiles to two directions (along

R- and z-axis) are shown. The spherical component of our model is quantitatively

similar to the F13 model.

3.3.3 LMC Pulsar Dispersion Measure

The dispersion measurements of pulsars outside the Galactic disk provide us the most

direct tool to reveal the gas distribution in the MW. While most Galactic pulsars

lie in the Galactic disk, some of them have been found in the LMC at a distance

of 49.97 ± 1.3 kpc (Pietrzyński et al. 2013) from the Sun. Because of the large

o↵sets from the Galactic disk, LMC pulsars have been used to probe the hot halo

gas distribution in the literature (e.g., Anderson & Bregman 2010; F13). Here we

focus on three LMC pulsars with the lowest DMs of 65, 68, 69 pc cm�3 (McConnell

et al. 1991; Manchester et al. 2006). To estimate the hot gas halo contribution to

LMC pulsar DMs, we need to subtract the contribution from the ISM in the MW

disk and spiral arms. We find DMISM = 53 pc cm�3 for NE2001 model (48 pc cm�3

for YMW16 model), thereby obtaining upper limits on the hot gas halo DM at the

LMC location as DMhalo = DMPSR � DMISM = 12–16 pc cm�3 for NE2001 (17–

21 pc cm�3 for YMW16). Here we assume that the measurement uncertainty and the

DM contribution from local gas within the LMC are both negligible. The uncertainty

arising from DMISM models is conservatively taken to be 20% (Cordes & Lazio 2002).

Figure 3.4 shows the hot gas halo DM profiles along the LMC sightline (l =

280�, b = �32.9�) for di↵erent halo gas models. Given the large uncertainty of warm

ISM models, most of the models are marginally consistent with the upper-limits

established by the LMC pulsar DM. It should be noted that the DM predicted by

our model is dominated by the disk-like component, which is not taken into account
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Figure 3.3: Hot gas profile as a function of Galactocentric radius. Upper panel:
electron density; lower panel: enclosed hot gas mass within Galactocentric radius
< r. For density profiles of the disk-like halo component of our model, two profiles
into vertical (z-axis) and in-plane (R-axis) directions are shown. The density profiles
of F17 and PZ19 are shown only at r > D�, according to their definitions. The
horizontal gray dashed line shown in the lower panel indicates the fiducial baryon
mass of the MW.
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Figure 3.4: Hot gas halo dispersion measure as a function of distance in the LMC
direction. LMC pulsar data are randomly distributed at s 2 [50, 60] kpc (denoted
by the gray shaded region) for display purposes. The two data points for the same
pulsar but assuming the two di↵erent DM models of the Galactic disk are placed next
to each other. The region around the data points is also shown as inset zoom-in.
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in previous models. This implies that gas density of the previous models by F17 and

PZ19 is too high compared to that of the spherical component of our model.

3.3.4 Absorption Line Measurements

Another observational constraint comes from the X-ray absorption lines of highly

ionized oxygen (O vii and O viii) and a UV absorption line (O vi) by MW halo gas

seen in distant active galactic nuclei (AGN) or blazar spectra (e.g., Nicastro et al.

2002; Fang et al. 2002, 2003; Rasmussen et al. 2003; Sembach et al. 2003; Collins

et al. 2004; McKernan et al. 2004; Wang et al. 2005; Bregman 2007; Bregman &

Lloyd-Davies 2007; Hagihara et al. 2010; Gupta et al. 2012; Miller & Bregman 2013,

2015; Fang et al. 2015). These observations have been used to constrain the MW halo

gas models (e.g., F17 and PZ19).

However, we only utilize data of the di↵use X-ray EM in this study for the

following reasons. First, since the absorption lines are not fully resolved with grating

spectrometers, the same line velocity width often needs to be assumed for di↵erent

sitelines, and thus the inferred ionic column density (i.e., DM) strongly depends on

the assumed gas kinematics. The other reason is that absorption line measurements

tend to be limited to the direction of bright AGNs or blazars, which would lead to

a smaller size of sample per each measurement (N . 30, Gupta et al. 2012; Miller

& Bregman 2013, 2015; Fang et al. 2015) compared to di↵use X-ray observations

(N & 100, Henley & Shelton 2013; N18). Therefore we chose to fix the spherical

component of our model by the total gas mass theoretically expected from the MW

dark mass.

One of the most recent study of OVII absorptions toward nearby AGNs at high

Galactic latitudes |b| & 30� (Fang et al. 2015) suggests that typical column densities

through the Galactic halo are NOVII = 1015.5–1017 cm�2 with large scatters likely due

to the measurement uncertainties. Assuming that O vii is the dominant state among

ionized oxygens with the hot gas metallicity of Zhalo = 0.3Z�, this translates into a

dispersion measure of

DMOVII = 82 pc cm�3

✓
NOVII

1016.5 cm�2

◆✓
Zhalo

0.3Z�

◆�1

, (3.6)

where we adopt a rough median value for NOVII (see also Shull & Danforth 2018 and

PZ19 for similar estimates). Meanwhile, our model predicts DMhalo = 30–70 pc cm�3

over the same region of the sky. Therefore, the di↵erence between F17, PZ19, and

the spherical component of our model is within the uncertainty in using absorption
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lines, and hence our model is fully consistent with the absorption line observations.

3.4 Analytic Formula for MW Halo DM

Based on our new hot gas halo model, here we aim to provide a convenient analytic

formula of the hot gas halo DM to any given direction to an extragalactic object. We

calculated a full-sky map for DMhalo by integrating ne until the sightline intersects

the sphere of the virial radius r = rvir. Figure 3.5 describes the derived DM profile for

selected Galactic latitudes. The halo DM of our model spans the range DMhalo = 30–

245 pc cm�3 over the whole sky, with a mean of 43 pc cm�3. A choice of larger

integration limits corresponding to r = 1.5 rvir–2.0 rvir increases the mean DMhalo

value only by 14%–26%. If we attribute the scatter seen in the X-ray EM data (0.4

dex) to the fluctuation of the hot gas density, DM should have a scatter of 0.2 dex

as DM / ne and EM / n
2
e. Figure 3.6 shows the ratio of the two components of the

halo DM, disk-like to spherical, and it ranges in 0.4–9 over the full-sky region, which

demonstrates the highly nonspherical nature of our model.

Figure 3.5: Hot gas halo DM (disk-like halo plus spherical) as a function of the
Galactic longitude. Ten curves are shown corresponding to the Galactic latitude of
|b| = 0� to 90� with a step of 10�.
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Figure 3.6: Same as Figure 3.5, but the DM ratio of the disk-like halo to the spherical
component is shown.

The fitting formula of the halo DM as a function of the Galactic coordinate is

obtained with the 7th-order polynomial as

DMhalo =
nX

i, j=0

cij |l|
i
|b|

j
, (3.7)

where cij is the fitting coe�cient in units of pc cm�3, l and b are Galactic coordinates

measured in radians, and n = 7. The fitting result is summarized in Table 3.1. We

confirm that this formula reproduces the theoretical prediction within 4% accuracy,

and the regions of an accuracy better than 1% amount to 98% of the entire sky. This

formula for DMhalo can be used in combination with existing DMISM models (NE2001

and YMW16) to estimate the total DM by electrons in the MW. In order to separate

the DMhalo contributions by disk-like and spherical component, we also show a fitting

result only for the spherical halo component with n = 3 in Table 3.1, which achieves

a higher model accuracy (within 2%) due to a smaller directional dependence of the

spherical halo.
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3.5 Discussion

3.5.1 Relation to the Warm Electron Models

The spatial distributions of WIM in the Galactic ISM have been modeled by the

observed DMs toward Galactic radio pulsars (Taylor & Cordes 1993; Cordes & Lazio

2002, 2003; Yao et al. 2017), and the di↵use component of WIM is known to dis-

tribute in the so-called “warm thick disk” with a vertical scale height of . 2 kpc and

a mid-plane electron number density of ⇠ 0.01 cm�3 (see, e.g., Readhead & Du↵ett-

Smith 1975; Reynolds 1989; Gaensler et al. 2008; Savage & Wakker 2009). Figure 3.7

illustrates the density profile of warm thick disks (NE2001 and YMW16) in compar-

ison with our hot disk-like halo. Since the gas distribution of the hot disk-like halo

component evidently overlaps with those of thick disk models, there is a possibility

that the hot disk-like halo has already been taken into account partly in the modeling

of the thick disk by NE2001 and YMW16.

In Figure 3.8 we show the spatial distribution of 189 Galactic pulsars having

independent distance constraints (mostly by parallax measurements) that have been

used to model the warm thick disks (YMW16, see also the ATNF Pulsar Catalogue

documented in Manchester et al. 2005). The average distance from the Sun to those

pulsars is 3.4 kpc, and most of them lie in the vicinity of the Galactic plane (|z| . 2

kpc and 5 kpc . R . 15 kpc). Figure 3.9 compares the predicted DM for these

pulsars by the warm thick disks and the hot disk-like halo. It clearly indicates that

for the majority of these pulsars, DM contribution from warm thick disks is at least a

few times larger than that from the hot disk-like halo. The geometrical shapes of the

thick disks and our disk-like halo are significantly di↵erent, and it is unlikely that the

disk-like halo is properly taken into account in the warm disk models. Therefore, we

recommend to simply add DMhalo of our model (presented in Chapter 3.4) to DMISM

of NE2001 or YMW16 to estimate the total DM of the MW.

3.5.2 Model Uncertainties

Based on our fiducial hot gas halo model, we estimate the mean halo DM of DMhalo =

43 pc cm�3. We note that this number should only be considered as a benchmark

due to the following systematic uncertainties. First, since the observed EMs can be

almost fitted with the disk-like halo component alone, the major source of uncertainty

originates from the modelling of spherical halo component (i.e., the total gas mass

of the spherical halo within the virial radius Mb). We find that the fraction of the

cosmic baryons in the Galactic halo fb, defined as Mb/Mvir = fb(⌦b/⌦m), needs to be
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less than unity (a fiducial value of fb = 0.75) to be consistent with the DM toward the

LMC with the best-fit disk-like halo component being unchanged. If we consider the

possible range of fb 2 [0, 1] (although fb = 0 is a rather extreme limit), the mean halo

DM over the whole sky ranges DMhalo = 21–50 pc cm�3. This means that a choice

of di↵erent fb (or Mb) change the estimate of |DMhalo| by at most . 20 pc cm�3.

By contrast, statistical uncertainties in the best-fit parameters of the disk-like halo

component is negligible. Secondly, it is found that a choice of larger integration limits

corresponding to r = 1.5 rvir–2.0 rvir increases the mean DMhalo value only by 14%–

26%. Lastly, if we attribute the scatter seen in the X-ray EM data (0.4 dex) to the

fluctuation of the hot gas density, DMhalo should have a scatter of 0.2 dex over the

whole sky, as DM / ne and EM / n
2
e.

3.5.3 Application to Host-identified FRBs

Here we focus on two non-repeating sources FRB 180924 (Bannister et al. 2019) and

FRB 190523 (Ravi et al. 2019) for which the redshifts are known. In order to discuss

the DM budget for these sources, we utilize the DMIGM-z relation (Ioka 2003; Inoue

2004; Deng & Zhang 2014):

DMIGM(z) = ⌅IGM

Z z

0

fe(z0)(1 + z
0)dz0p

⌦m(1 + z0)3 + ⌦⇤

,

⌅IGM ⌘
3cH0⌦bfIGM

8⇡Gmp
⇡ 1100 fIGM pc cm�3

. (3.8)

Here fe = 1/µe is the ionization factor, and we neglect the redshift dependence, and

fIGM denotes the fraction of baryons that reside in the ionized IGM, which has yet

to be constrained well. The current cosmic baryon census suggests that fIGM & 0.6

(Shull et al. 2012) and fIGM could be as high as ⇠ 0.9 (e.g., Fukugita & Peebles 2004)

provided that all the missing baryons (⇠ 30%) exist as a form of di↵use IGM. Here

we set fIGM 2 [0.6, 0.9] as a plausible range. The systematic errors in our halo model

is conservatively taken to be ±20 pc cm�3 (see Section 3.5.2).

FRB 180924.—The host is an massive galaxy with stellar mass of M⇤ ⇠ 2.2 ⇥

1010M� at z ⇠ 0.32 (Bannister et al. 2019). The total DM is reported to be DMobs =

361 pc cm�3 (Bannister et al. 2019), and an upper limit on DMIGM is obtained by

DMIGM  DMobs� DMISM� DMhalo, where the equality holds when DMhost = 0. The

ISM contribution to this direction [(l, b) = (0.74�,�49�)] is estimated as DMISM =

41 (NE2001) or 28 pc cm�3 (YMW16) by the two di↵erent models. The MW halo

contribution to this direction by our model is DMhalo = 46+20
�20 pc cm

�3, compared to

50–80pc cm�3 estimated by PZ19. Compared with the theoretical value of DMIGM =
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320 fIGM pc cm�3 from Equation (3.8), the observation gives a constraint on fIGM.

Our DMhalo model predicts a lower value than PZ19, and hence a weaker constraint

of fIGM < 0.79–0.96 depending on the DMISM models, which should be compared

with fIGM < 0.75–0.79 when the high end value of PZ19 is adopted.

FRB 190523.—The host is a massive (M⇤ ⇠ 5.0 ⇥ 1011 M�) galaxy at z ⇠ 0.66

(Ravi et al. 2019). The total DM is reported to be DMobs = 761 pc cm�3 (Bannister

et al. 2019), with warm ISM contribution averaged over two models DMISM = 37

(NE2001) and 30 pc cm�3 (YMW16) for the FRB direction (l, b) = (117�, 44�). The

MW halo DM of our model is DMhalo = 32+20
�20pc cm

�3. Compared with the theoretical

DMIGM = 682 fIGM pc cm�3, fIGM is constrained to fIGM < 0.99–1 using our halo DM

model, while fIGM < 0.94–0.95 is derived using the high end value of PZ19.

3.6 Conclusions

In this chapter, we constructed a new model for DM associated with the extended hot

gas halo in the MW, by taking into account the recent di↵use X-ray observation. Our

hot gas halo model comprises of the two components: disk-like and spherical halo.

The former is suggested by the recent di↵use X-ray observations, while the latter is

theoretically introduced to make the total baryonic halo mass consistent with the

cosmic baryon-to-dark-matter ratio. The radial profile of the spherical component

is modeled by an isothermal gas under dynamical equilibrium with the dark matter

halo potential of the MW. It is shown that the inclusion of the disk-like component

is essential to explain the directional dependence of the observed EMs, which is in

contrast to the previous models considering only the spherical halo.

Based on the newly proposed hot gas halo density profile, we derive the halo DM

along any line of sight. Our model predicts a full range of DMhalo = 30–245 pc cm�3

over the whole sky, with a mean of 43 pc cm�3, which is slightly higher than the

prevailing value (30 pc cm�3) based on cosmological simulations (Dolag et al. 2015),

but lower than the range preferred by a recent model of PZ19 (50–80 pc cm�3). We

provide a convenient analytic formula for the MW halo DM, which enables an easy

estimate of DMhalo along any siteline toward extragalactic sources.

With the advent of large field-of-view surveys, such as CHIME and Apertif (van

Leeuwen 2014), the number of nearby FRBs with DMobs . 100 pc cm�3 (e.g., FRB

171020 with DMobs = 114 pc cm�3 found by ASKAP; Shannon et al. 2018; Mahony

et al. 2018, FRB 110214 with DMobs = 169 pc cm�3 by Parkes; Petro↵ et al. 2019

and FRB 181030.J1054+73 with DMobs = 104 pc cm�3 by CHIME; CHIME/FRB
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Collaboration et al. 2019) is expected to increase in the foreseeable future. Since the

total DMs of nearby FRBs might be dominated by the contribution from Galactic

electrons, the estimate of DMISM and DMhalo would be more important.
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Figure 3.7: Upper panel: electron density plotted against Galactocentric radius in
the in-plane (R-axis) direction from the Galactic center for the warm thick disk models
and the hot disk-like halo; lower panel: electron density plotted against distance in
the vertical (z-axis) direction from the Sun.
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Figure 3.8: Spatial distribution of the 189 Galactic pulsars with DM-independent
distances used to constrain the warm thick disk model of YMW16, which include a
smaller (N = 112) sample of pulsars used for NE2001. The direction and distance
information are adopted from Tables A1–A5 of YMW16.
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Figure 3.9: Histograms of DM ratio of the warm thick disk to the hot disk-like halo
for the full sample of 189 Galactic pulsars shown in Figure 3.8.
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Chapter 4

A Missing Link Between Magnetar
Flares and Radio Pulsations

The work presented in this chapter originally appeared in:Yamasaki, S., Kisaka, S.,

Terasawa, T., & Enoto, T. Relativistic Fireball Reprise: Radio Suppression at the

Onset of Short Magnetar Bursts. MNRAS, 483, 4175–4186, 2019.

4.1 Introduction

Magnetars (Duncan & Thompson 1992), an enigmatic class of highly magnetized neu-

tron star, are known to exhibit flaring activities, phenomenologically classified into

“giant flares” (1044–1047 erg s�1 emitted in several minutes), “intermediate flares”

(1041–1043 erg s�1) or “short bursts” (1038–1041 erg s�1 with duration ranging from

a few milliseconds to a few seconds), as well as large and sudden increases (factor of

10–1000 up to 1036 erg s�1, lasting . 1 yr) of the persistent emission (“outbursts”)

which often accompany a variety of anomalies in radiative behaviors (see Rea & Es-

posito 2011; Kaspi & Beloborodov 2017 for recent reviews). Among them, short

bursts are the most common events, displaying a variety of underlying duty cycles.

While some short bursts have clustered distributions in time (“Soft Gamma-ray Re-

peaters”; SGRs), others do not (“Anomalous X-ray Pulsars”; AXPs). There is a

variety of progenitor models proposed for magnetar flares; some of them are related

to an internal instability that leads to the sudden ejection of magnetic energy from

the core into magnetosphere (Thompson & Duncan 1995, 2001), while others to an

external release of magnetic energy through magnetic reconnections (Lyutikov 2003;

Gill & Heyl 2010; Yu 2012; Parfrey et al. 2013; Yu & Huang 2013).

73
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Some magnetars are known to exhibit transient coherent radio pulsations during

their burst active phases (e.g., Camilo et al. 2006; Camilo et al. 2007b), suggesting

possible connections to radio pulsars. Meanwhile, magnetar-like short bursts have

been discovered from a radio pulsar (Göğüş et al. 2016; Kennea et al. 2016; Younes

et al. 2016). Under such circumstances, any isolated neutron star with magnetar-like

activity may potentially have radio pulsations, whereas any ordinary radio pulsar

that seems in burst-inactive states can occasionally show bursting activities (Kaspi

& McLaughlin 2005). Therefore, the number of neutron stars that exhibit both

radio pulsations and bursting activities could be potentially large and considerably

increased by future wide-field transient surveys.

Furthermore, Archibald et al. (2017) have recently reported an observation of

magnetar-like short bursts from a radio pulsar PSR J1119–6127, which coincide in

time with the suppression of periodic radio emissions (see Figure 1.4). For each short

burst, the persistent 1.4 GHz radio flux initially gets suppressed, followed by the

recovery to its quiescent level on time scale of ⇠ 10–100 s, which is much longer

than the spin period of the pulsar (P ⇠ 0.4 s), requiring new explanations. Given

such relationship between radio pulsations and bursting activities, considering both

might enable us to gain new insights into the burst mechanism. In this chapter, we

propose a model for radio suppression mechanism at the onset of short bursts, getting

inspirations from the intriguing findings by Archibald et al. (2017). We give a brief

overview of our model in what follows (see also Figure 4.1).

We consider a situation that short bursts occur in an isolated neutron star with

pulsed radio emissions. Note that we do not necessarily suppose radio pulsars or

magnetars, and thus our model is of wide application. A sudden deposition of the

magnetic energy into the magnetosphere may generate an extremely optically thick,

compact photoleptonic plasma (so-called “fireball”). The fireball eruption is expected

to occur at the top of the magnetic loop in analogy with solar flares (e.g., Lyutikov

2006; Masada et al. 2010). Depending on the pressure balance between the fireball

and the magnetic field at the fireball formation site, the fireball is instantaneously

driven to expand relativistically by its own internal pressure, acquiring a bulk Lorentz

factor of ⇠ 103 (see eq. [C.20] in Appendix C).

As a consequence of the fireball expansion, the magnetosphere is covered by a

dense e
± plasma of the fireball, which would make the local plasma cuto↵ frequency

many orders of magnitude larger than radio frequencies (⇠ GHz). Pulsar radio emis-

sions are generally considered to be related to the particle acceleration above the

polar cap region, which is defined by the last open magnetic field line. We assume

that a similar radio emission mechanism is operated in bursting neutron stars. The

generation of radio pulses is expected to continue during the fireball expansion, while
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the surrounding environment becomes dense enough to prohibit the radio emission

to propagate. Therefore, whatever the radio emission mechanism is, pulsed radio

emissions (if exists) would be inevitably suppressed until the local plasma density

su�ciently decreases as the fireball expands. The recovery timescale of the radio

emission is determined by the initial fireball properties.

In addition to the outflowing plasma component discussed above, we also con-

sider the inflowing plasma component, which includes a trapped fireball that remains

confined to the stellar surface by the closed magnetic fields (Thompson & Duncan

1995). At the onset of the fireball formation, some fraction of the fireball plasma

may drift downward along the magnetic loop, bombarding the footpoints (loop base)

e↵ectively, which may in turn lead to the formation of a hot spot at the surface of the

neutron star. Depending on the energy deposited by the particle inflow, the hot spot

emanates soft X-ray emissions lasting ⇠ 0.1 s, observed as short bursts often seen in

the magnetar population. Meanwhile, the outflowing plasma component might also

emanate electromagnetic (EM) radiations, which could be observed as a smoking gun.

We consider this possibility and thereby show that the fireball itself produces photo-

spheric emission in hard X-ray to MeV gamma-ray range after entering the optically

thin regime, although the detection is challenging due to its extremely short duration

(⇠ µs).

This chapter is outlined as follows. In Section 4.2, we describe the trigger-

ing mechanism of short bursts, putting an emphasis on the fireball evolution. We

then examine the consequence of the fireball expansion, proposing a model for radio

suppression by pair plasma in Section 4.3. The temporal behavior, spectrum and

observability of the EM counterpart arising from the fireball photosphere is discussed

in Section 4.4. Our radio suppression model is applied to the high-B radio pulsar with

bursting activities (PSR J1119–6127) in Section 4.5.1, and implications for magnetar

model of Fast Radio Bursts are presented in Section 4.5.2. Some discussions on the

possibility of plasma lensing and conclusions will be given in Section 4.6. The de-

tailed analytic derivation of the fireball evolution is summarized in Appendix C. In

this chapter we often adopt a notation Qx = Q/10x in cgs units and a unit kB = 1 = c

(kB and c are Boltzmann’s constant and speed of light, respectively) regarding the

temperature of the fluid (i.e., the temperature T and the electron rest mass energy

me share the same dimension).
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Figure 4.1: Schematic pictures of the model for short bursts and the radio sup-
pression. (a) At the onset of the fireball release, a fraction of fireball plasma drifts
downward along the magnetic loop and heats the surface of the neutron star, creat-
ing a hot spot. The pulsed radio emissions are assumed to be generated at altitude
hem = 100–1000 km above the neutron star surface. (b) After the fireball expansion,
the radio emission site is covered by a dense e

±
� plasma, which makes the plasma

frequency significantly higher than radio frequencies, resulting in the suppression of
radio emissions. While the hot spot on the stellar surface emanates soft X-ray emis-
sions that is not a↵ected by a plasma flow (the light-bending e↵ect in the vicinity of
the stellar surface is neglected for the purpose of presentation).

4.2 Event Trigger Mechanism

4.2.1 Fireball Expansion

A sudden release of pure energy into a relatively compact volume in the magne-

tosphere leads to the formation of a radiation-dominated e
± pair plasma (so-called

“fireball”). We consider a situation that the fireball is not trapped by the magnetic

pressure in the magnetosphere. No sooner is the fireball formed than it frees itself

from the confinement of the magnetic pressure and starts to expand. This is possible

depending on the formation height and/or the magnetic field geometry near the sur-

face of the neutron star (e.g., a highly non-dipolar configuration discussed by Huang

& Yu 2014a,b; Yao et al. 2018).

The fireball is treated as a spherically evolving relativistic fluid composed of

e
+
e
� pairs plus � photons (possibly with some baryons as discussed in Appendix C).

Photons can be regarded as a relativistic fluid, since they are strongly coupled with

pairs due to the extremely optically thick environment. The conservation of energy
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and momentum for a steady hydrodynamical flow in spherical symmetry leads to a

set of simple scaling laws that govern the radial evolution of the bulk Lorentz factor

and temperature (Paczynski 1986; Goodman 1986). The bulk Lorentz factor increases

linearly with r as � ⇡ �i(r/ri) for r < r1, where ri is the initial fireball size and r1

the saturation radius above which the acceleration of plasma stops and fireball enters

a coasting phase with an asymptotic bulk Lorentz factor �1. Meanwhile, the fireball

temperature cools as T ⇡ Ti(r/ri)�1. The dynamical evolution of fireball is uniquely

determined by initial fireball parameters ri, Ti and �i. For the sake of simplicity, we

implicitly assume �i = 1 and di↵erent values of ri and Ti are tried.

Figure 4.2: Schematic picture of the fireball evolution with an initial fireball size of
ri = 105 cm. The photospheric emissions expected during coasting phase (phase IV)
are shown as wavy arrows, which would be observed as ultra-fast gamma-ray flashes.
Variations of ri do not significantly influence the scaling between adjacent critical
radii (only r±/rm weakly depends on ri as r±/rm ⇡ 13.4 + log ri,5). See Appendix C
for the detailed derivation of each value.

In addition to the dynamical evolution, we consider the evolution of the pair

number density, taking into account the interactions among pairs and photons (i.e.,

creation and annihilation). We denote the number density of fireball electrons (equal

to that of positrons) by ne, and hence the net lepton number density 2ne. We assume

that the fireball plasma starts to evolve from the equilibrium number density of

electrons (and positrons) given as (Canuto & Ventura 1977; Thompson & Duncan
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1995)

ne,eq(T ) ⇡
2

(2⇡)3/2
�
�3
C (T/me)

3/2
e
�me/T

⇠ 1028 (T/me)
3/2

e
�me/T cm�3

, (4.1)

where �C is the Compton length. The quantum e↵ects under the magnetic field

higher than the critical field strength BQ ⌘ m
2
ec

3
/(e~) ⇠ 4.4⇥1013 G may change the

equilibrium number density by a factor of ⇠ B/BQ (Harding & Lai 2006), but barely

a↵ect the result. To summarize, the evolution of electron (positron) number density

ne is characterized by several critical radii (see Table 4.1) that determine the physical

properties of the fireball (Grimsrud & Wasserman 1998; Iwamoto & Takahara 2002;

Li & Sari 2008):

(I)–(II) The initial fireball is at rest in pair equilibrium due to its high temperature

with its size r = ri. It immediately expands and cools down to the electron rest

mass energy at r = rm, and then the number density of pairs begins to deviate

from the equilibrium number density at r = r±.

(III) The pair annihilation dominates the pair process since the number of pair-

creating high-energy photons decreases as the fireball cools. Eventually, the

fireball reaches the photospheric radius r = rph at which the optical depth to

electron scattering becomes an order of unity.

(IV) When the fireball becomes optically thin, photons begin to leak freely out of

the photosphere. However, they still continue to supply the radiation energy to

pairs, which accelerates pairs up to the coasting radius r = r1.

(V) The photons cease to inject the radiation energy to pairs, and the fireball begins

to freely coast at constant speed � = �1. The pair annihilation no longer

occurs due to the small number density. Therefore, the total number of pairs

conserves and the pair density evolves as / r
�2.

Finally, we obtain the radial evolution of the fireball from the analytic estimates

as shown in Appendix C, which is also summarized in Figure 4.2. Hereafter, we often

relate initial fireball parameters with the total fireball energy by

Efb = aT
4
i r

3
i ⇠ 1040 r3i,5

✓
Ti

me

◆4

erg. (4.2)

Although we adopt an initial fireball size of ri = 105 cm as a reference assuming a

typical total energy for short bursts⇠ 1040 erg, the results on radii presented in Figure
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Table 4.1:: Description of critical radii that control the fireball evolution.

ri · · · Initial fireball size
rm · · · Electron temperature radius (at which T = me)
r± · · · Pair equilibrium breakup radius
rph · · · Photospheric radius (at which ⌧ ⇠ 1)
r1 · · · Coasting radius

4.2 can be easily scaled to other values of ri, since only r±/rm is weakly dependent

on ri (see eq. [C.10]). These results will be used to estimate the time scale for radio

suppression and recovery in Section 4.3.

4.2.2 Hot Spot Formation

At the onset of a fireball eruption, some fraction of the fireball plasma may be left at

the loop top and stream downward along the magnetic loop. These energetic parti-

cles immediately bombard the loop base, which leads to create an inhomogeneity in

temperature (“hot spot”) at the stellar surface which might be comparable in size to

the initial fireball. Although the formation of multiple hot spots is possible depending

on configuration and size of magnetic loops, here we consider a single hot spot as a

whole for simplicity. We assume that a fraction of the initial fireball energy Efb is

converted via the bombardment into the energy of the hot spot Erad, which is imme-

diately radiated away by the blackbody emissions. If the hot spot with radius rspot

cools by radiating thermal emissions with temperature Tspot, the phenomenological

duration of the thermal radiation from the hot spot may be estimated as

�trad ⇡
Erad

�SBT
4
spot4⇡r

2
spot

⇠ 80 Erad,38 r
�2
spot,5

✓
Tspot

10 keV

◆�4

ms, (4.3)

where �SB is the Stephan–Boltzmann constant. Here we adopt a typical blackbody

temperature ⇠ 10 keV for Erad ⇠ 1038 erg burst (e.g., 2016 July bursts of PSR J1119–

6127, Göğüş et al. 2016). While the hot spot size rspot could presumably be related to

the initial fireball size ri as rspot ⇡ ri as far as ri . 106 cm, the hot spot temperature

is expected to linearly scale with the total energy of radiation as Erad / T
4
spot. This

implies that the duration of the flare estimated above would be almost constant for

a wide range of observed radiation energy Erad = 1036–1041 erg, which is broadly

consistent with the peak ⇠ 100 ms in the duration distribution of short bursts (Kaspi

& Beloborodov 2017). The e�ciency of the surface radiation Erad/Efb(. 1) is highly
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uncertain due to the lack of knowledge on the energy dissipation process at the neutron

star surface1. Given the smaller size and the higher temperature of the hot spot

compared to the whole stellar surface, the resulting emission should be observed as

pulsed emissions, whose pulsed fraction could be either small or large, depending on

the geometry relative to the observer.

4.3 Radio Suppression by e
± Pair Outflows

4.3.1 Persistent Radio Emissions from Magnetars

Up to the present, coherent radio pulsations have been detected from only four magne-

tars, all of which are transient, emerging in coincidence with X-ray outbursts (Camilo

et al. 2007a,b; Levin et al. 2010; Kaspi et al. 2014). The high-energy radiation of mag-

netars is generally considered to be powered by the magnetic energy, since its char-

acteristic quiescent X-ray luminosity 1034–1036 erg s�1 (Rea & Esposito 2011) is in

excess of the rotational energy loss rate due to the magnetic braking (so-called “spin-

down luminosity”) Lsd = 3.9 ⇥ 1035 B2
14R

6
6 P

�4 erg s�1 = 1032–1034 erg s�1 where R

is the neutron star radius and P = P/(1 s). In contrast, radio pulsations from mag-

netars are normally well below Lsd (but brighter than for normal radio pulsars) and

might be powered by the rotational energy (e.g., Szary et al. 2015). Namely, coher-

ent radio emissions from magnetars may be generated by the relativistic plasma flow

accelerated outwards along the open magnetic field lines with an emission altitude of

hem = 10–100R above the stellar surface, as is likely the case for conventional radio

pulsars. In that case, the persistent radio emission from magnetars should be beamed

as radio pulsars although the beam size could be temporarily changed by the bursting

activity (e.g., Beloborodov 2009; Szary et al. 2015). The transient, low-e�ciency, and

anisotropic nature of radio emission all indicate that the detection rate of pulsed radio

emissions of magnetars could be low, which is consistent with observations. Given the

circumstantial evidence above, we assume that a similar radio emission mechanism

operates both in magnetars and radio pulsars.

1A larger radiation e�ciency Erad/Efb & 1 might be possible if the formation height of the fireball
plasma is so high that the inflowing plasma attains a significant gravitational energy.
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4.3.2 Radio Suppression and Recovery

When the fireball begins to expand, the surrounding environment of the radio-emitting

region is covered by a fireball plasma. In general, the motion of a charged particle

is strongly confined along the magnetic field line inside the magnetosphere, and the

fireball plasma cannot interact with particles that are responsible for radio emissions.

For this reason, we can reasonably assume that the generation of radio emissions

continues during the fireball expansion.

As a consequence of an expanding plasma flow, however, it is expected that any

radio emission at ⇠ GHz frequencies arising in the magnetosphere would su↵er from

the absorption. Here we consider a radio suppression due to the damping of waves

by the pair plasma as a relevant absorption process. The plasma frequency of the

fireball outflow measured in the observer frame is defined as

⌫p =
�

2⇡

s
4⇡n0

ee
2

me
⇠ 9.0⇥ 103 �n

0
e
1/2 Hz, (4.4)

below which the radiation in general cannot propagate through the medium. Here �

is the bulk Lorentz factor of the fireball and n
0
e the electron number density measured

in the comoving frame of the fireball plasma. The evolution of n
0
e and ⌫p under

di↵erent initial conditions is shown in Figure 4.3 and Figure 4.4. One can see that

the fireball is in the coasting phase [phase (V)] when the plasma frequency reaches

observing radio frequencies ⇠GHz. At this stage (r � r1), the bulk Lorentz factor

of the plasma stays constant � = �1, and the electron number density decreases

as n
0
e = n

0
e(r1)(r/r1)�2. Substituting these to Equation (4.4), we can express the

plasma frequency at phase (V) as a function of time (t ⇠ r/c):

⌫p(t) ⇡ 4.7⇥ 1011 r
5/8
i,5

✓
Ti

me

◆2

t
�1 Hz. (4.5)

Then, the characteristic time scale for the recovery of the pulsed radio emissions from

suppression by the pair plasma defined by ⌫p(⌧o↵) = ⌫ ⇠ GHz is estimated as

⌧o↵ ⇡ 4.7⇥ 102 r
�7/8
i,5

✓
Efb

1040 erg

◆1/2

⌫
�1
9 s, (4.6)

where we have introduced the total fireball energy Efb by using Equation (4.2) . From

the observational perspective, ⌧o↵ is directly obtained by examining a radio light

curve and ri might be related to the observed hot spot size, both of which allow us

to estimate the total fireball energy Efb. Although a baryon-free fireball is implicitly
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assumed here, the possible baryon contamination at the time of fireball formation does

not significantly change our result. We estimate that the heavy baryon loading would

increase ⌫p only by a factor of . a few (see Appendix C.3). One possible uncertainty

in our model is the assumption on the isotropic expansion of fireball. Given the

relatively large initial Lorentz factor of the fireball (e.g., �i & 3), it is expected

that the fireball may expand in a highly anisotropic manner; this could result either

in delayed radio suppression or none whatsoever. We leave the exploration of this

possibility for a future work.

Intriguingly, the spectrum of pulsed radio emissions from four magnetars is known

to be flat across wide frequency ranges (typically 1–100 GHz, Kaspi & Beloborodov

2017). A natural consequence of this is that the recovery of radio emissions from the

complete suppression would take place gradually (not abruptly) while the plasma fre-

quency passes through the spectrum energy ranges of magnetars. Given the observing

frequency band ⌫ 2 [⌫1, ⌫2] that is contained by the flat spectrum frequency ranges of

magnetars, the radio emissions are completely suppressed (⌫p � ⌫2) at early times,

and then followed by the subsequent partial recovery phase (⌫p 2 [⌫1, ⌫2]), whose time

scale could be the same order as ⌧o↵ for a band width �⌫ ⇠ ⌫.
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Figure 4.3: Evolution of the electron number density in the plasma rest frame
(upper panels, dashed lines), plasma frequency in the observer frame (upper panels,
solid lines) and bulk Lorentz factor of fireball plasma (lower panels) for di↵erent initial
sizes (left) and temperatures (right). Equations (C.6), (C.11), (C.13) and (C.22) are
combined to describe the overall evolution of n0

e, which is then translated into ⌫p by
using Equation (4.4) . The initial radius and temperature can be converted into the
total fireball energy by using Equation (4.2).
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Figure 4.4: Same as Figure 4.3 but with di↵erent initial fireball temperatures.
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4.4 High-energy Counterparts

In Section 4.2.2, we interpret observed short bursts as thermal emissions from the hot

spot that is generated by particles inflowing toward the stellar surface. On the other

hand, the expanding fireball is also expected to emanate radiations at times when it

becomes optically thin. Detecting such a signature of the expanding fireball would

be useful to examine the validity of our scenario presented in Section 4.3. Here we

consider EM wave signatures from expanding fireball component, which should be

distinguished from short bursts originated from inflowing component of the fireball

plasma. While the rest frame temperature of the fireball decreases monotonically

with increasing radius (T / r
�1), the emissions from the photosphere would be a

blackbody with the Doppler-boosted temperature

Tobs =
T

�(1� �µ)
⌘ DT, (4.7)

where �µ is the projection of the three velocity onto the line-of-site, and D being the

Doppler factor. Because of the blue-shifted temperature (by a factor of D ⇠ 2�–�

for ✓ = 0–1/�), the peak energy ranges relatively wider. The observed photospheric

emissions would peak at ✏obs,peak ⇠ 2�phTph ⇡ 2�iTi, where we have used �T = const.

The flux per energy interval received by a distant observer is given as

N (✏obs) =
4⇡✏3obs
h3c2

Z 1

�1

µdµ

exp (✏obs/Tobs)� 1

⇡
4⇡✏2obs
h3c2

T

�

n
� ln

h
1� exp

⇣
�
✏obs

2�T

⌘io
. (4.8)

Using T/� / r
�2 and �T = const, the observed spectrum at d = 10 kpc is presented

in Figure 4.5. The observed duration of the photospheric emission is expressed as

�tobs = �t(1� �µ) = �t
0�(1� �µ) = D

�1
�t

0
, (4.9)

where �t0 and �t denote the time interval of emitted two photons in the source comov-

ing frame and in the observer frame, respectively (hence �t = ��t0). We can see that

the arrival time di↵erence of the two photons is a↵ected by both the Lorentz-boost

and the purely geometrical e↵ect. The burst lasts during phase (IV) in the source

rest frame �t0 ⇠ r1/c . 10�2 s. Therefore, the observed duration is extremely short:

�tobs ⇠ �t
0
/�1 . 10�5 s.

Let Nlim be the onboard trigger sensitivity of a gamma-ray detector at observing

energy ✏obs with sampling time window texp. In general, detectors are optimized for
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Figure 4.5: Expected spectra of the photospheric emissions with di↵erent initial
fireball sizes (same as Figure 4.3). Results for the initial temperature of Ti = me

are shown in solid lines with shaded regions corresponding to a factor of two higher
and lower temperature. The initial radius and temperature can be converted into
the total fireball energy by using Equation (4.2). The trigger sensitivities of BAT
and GBM are shown in solid horizontal lines. The exposure-corrected sensitivities
estimated using Equation (4.10) are also shown in dashed horizontal lines.

transients with duration longer than the minimum sampling time window ⇠ O(ms).

In the case of ultra-fast gamma-ray flashes with typical duration �tobs ⇠ O(µs) (⌧

texp), however, the trigger threshold should be corrected for the sampling time window

as

N
app
lim = Nlim ⇥

texp

�tobs
, (4.10)

whereN app
lim is the apparent trigger sensitivity. AdoptingNlim ⇠ 0.21 (texp/1 s)�1/2 cm�2 s�1

(at ✏obs = 15–150 keV, assuming mean photon energy of 60 keV) with the minimum

sampling time window texp = 4 ms for the Neil Gehrels Swift Burst Alert Telescope

(BAT, Barthelmy et al. 2005), and Nlim ⇠ 0.71 (texp/1 s)�1/2 cm�2 s�1 (at ✏obs = 50–

300 keV) with texp = 16 ms for the Fermi Gamma-ray Burst Monitor (GBM, Meegan

et al. 2009), we estimate the apparent trigger sensitivity as shown in Figure 4.5. It
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can be seen that the event triggering onboard may be challenging unless the initial

fireball size is relatively large (⇠ 106 cm). Still, it is particularly interesting to search

the archival X-ray or gamma-ray data for photon events clustering within a sub-

millisecond time window. Conversely, the ultra-fast photospheric emission discussed

above is observable when the fireball energy is su�ciently high, and this could be the

origin of initial gamma-ray spikes of giant flares (e.g., Thompson & Duncan 2001;

Lyutikov 2006).

Another possible EM counterpart is afterglow emissions. In the case of giant

flares, radio afterglow emissions have been detected from two sources (Frail et al. 1999;

Gaensler et al. 2005). For instance, late-time observations of the radio afterglow from

SGR 1806-20 set a constraint on the total kinetic energy of ejecta ⇠ 1044 erg (Granot

et al. 2006), which is in agreement with the fireball model if we take into account a

heavy baryon loading (Li & Sari 2008) or possible magnetic loading (Lyutikov 2006).

However, at relatively lower energies considered here (Efb . 1040 erg), the expected

kinetic energy of fireball plasma in the coasting phase falls far short of the energy

required to power observable radio afterglows.

4.5 Applications

4.5.1 PSR J1119–6127

The radio pulsar PSR J1119–6127 was first discovered by Parkes 1.4 GHz pulsar

survey with a spin period P ⇠ 0.4 s, spin-down rate Ṗ ⇠ 4⇥10�12 s s�1 and spin-down

luminosity of Lsd ⇠ 2.3⇥1036 erg s�1 at 8.4 kpc (Camilo et al. 2000). These spin-down

parameters indicate that PSR J1119–6127 is relatively young (with characteristic age

1.9 kyr) and its surface dipole magnetic field strength (B ⇠ 4.1 ⇥ 1013 G) is close

to the critical field strength. Several short bursts were detected on 2016 July 27–

28 by Swift–BAT and Fermi–GBM (Göğüş et al. 2016; Kennea et al. 2016; Younes

et al. 2016) with a large flux increase in the soft X-ray band (outburst, Archibald

et al. 2016), after which the radio pulsations became undetectable for two weeks and

re-activated again (Burgay et al. 2016) with a change seen in the radio pulse profile

(Majid et al. 2017).

More recently, Archibald et al. (2017) has reported the detection of three short

bursts on 30 August 2016 (with an average energy of 1037 erg emitted within a few

seconds) that coincide in time with the suppression of persistent radio fluxes (see

Section 1.3.3; Figure 1.4). The burst spectrum is fitted with a blackbody with peak

temperature ⇠ 2 keV, and the radiative area at d = 8.4 kpc distance is estimated to
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be about 1 km. As a possible explanation for this, they interpret the short bursts as a

thermal emission from the magnetically confined fireball (Thompson & Duncan 1995),

and consider a leakage of a pair plasma from the trapped fireball into the particle-

accelerating region, which would shield the electric field, resulting in the suppression

of radio emissions. In that case, however, the cessation of particle acceleration should

occur abruptly (with at most light-crossing time of the radio-emitting region ⇠ ms)

rather than continuously once the su�cient number of e± pairs is supplied (Lyubarsky

2009; Timokhin 2010b; Timokhin & Arons 2013; Kisaka et al. 2016), which seems

contradictory with their interpretation of the “gradual” radio recovery (the radio

light curve is fitted with an exponential recovery model with a typical time scale

⇠ 70 s). Moreover, the formation of a fireball with its surface temperature (⇠ 2

keV), which is about three orders of magnitude lower than the internal temperature

me ⇠ 511 keV, is unlikely. Furthermore, the cessation of the radio emission due to

the leakage of pair plasma into polar cap region should last for at most a few seconds

(assuming that the duration of short bursts is limited by the lifetime of the fireball),

which is much shorter than the observed timescale for radio suppression ⇠ O(100 s).

Alternatively, we apply our general radio suppression model to PSR J1119–6127

below. The time scale for the radio recovery . 100 s could be accounted for by

adopting fireball parameters of ri ⇠ 105 cm and Ti ⇠ 0.5me from Equation (4.6).

This translates into an initial fireball energy of Efb = aT
4
i r

3
i ⇠ 1038 erg, which is

su�ciently large to generate short bursts from surface hot spots (i.e., with an ef-

ficiency Erad/Efb ⇠ 0.1). Substituting the observed blackbody temperature of the

short bursts ⇠ 2 keV and the size of the radiating region rspot = 105 cm (Archibald

et al. 2017) into Equation (4.3), we estimate the duration of the thermal emissions

to be �trad ⇠ 5 Erad,37 r
�2
spot,5 (Tspot/2 keV)�4 s, where we have assumed that about

10% of the fireball energy (Efb = 1038 erg) is converted into radiation energy of the

surface hot spot. This roughly agrees with the observed duration ⇠ 2–4 s and the to-

tal radiation energy ⇠ 1037 erg of three short bursts on August 30th 2016 (Archibald

et al. 2017).

Furthermore, the problem of the magnetic confinement is easily solved if we as-

sume a moderate formation height of the initial fireball. Given a dipole magnetic

field B / r
�3
, the magnetic pressure at an altitude hfb above the stellar surface

is PB = B
2
/(8⇡) ⇠ 6.4 ⇥ 1025(Bp/4 ⇥ 1013 G)2 h�6

fb,6 erg cm�3, whereas the total

pressure of the fireball with initial temperature Ti is P = Pe + Pr = 11/4Pr ⇠

1024 (Ti/0.5me)4 erg cm�3, where Pe and Pr are plasma pressure and radiation pres-

sure, respectively. The fireball therefore can escape from the magnetic trapping (i.e.,

P & PB) when the initial condition hfb & 20 km is satisfied. This critical height

could be even smaller if the magnetic field is dominated by the higher multipoles
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close to the neutron star surface. The non-detection of the high-energy counterparts

associated with these short bursts is marginally consistent with the expected burst

flux shown in Figure 4.5.

We also apply our model to the two-week disappearance of radio pulsations after

the 2016 July 27–28th short bursts (Burgay et al. 2016). Given that the two-week

radio suppression is caused by a single burst, the initial fireball energy must exceed

1048 erg, which is comparable to that of giant flares and thus seems unlikely. Instead,

a viable scenario is that a series of short bursts that are too faint to be detectable

occurred repeatedly or in succession during the initial outburst in July 2016, which

suppressed the radio pulsation continuously for up to two weeks.

4.5.2 Fast Radio Bursts

Provided that the neutron star activity is directly responsible for the FRB generation,

one possible trigger mechanism is magnetar flares (e.g., Popov & Postnov 2010b;

Lyubarsky 2014; Kulkarni et al. 2015; Pen & Connor 2015; Katz 2016; Murase et al.

2016; Beloborodov 2017; Metzger et al. 2019). The minimum requirement for these

models is that the flare energy must exceeds that of typical FRBs (1038–1040 erg). As

shown in the upper panel of Figure 4.3 and Figure 4.4, our radio suppression model

indicates that the ⇠GHz radio emission associated with an expanding plasma must

originate at the distance rem & 1013 r5/8i,5 (Ti/me)2⌫
�1
9 cm from the neutron star under

the most optimistic FRB e�ciency of order unity. This in turn rules out any FRB

models that predicts the radio wave generation in the vicinity of the neutron stars

(i.e., inside the magnetosphere . 1010 cm). In contrast, our model prefers scenarios in

which FRBs are generated outside the magnetosphere, e.g., by the maser emission due

to the termination shock (Lyubarsky 2014) or the internal shocks (Beloborodov 2017).

In such cases, our model predicts that an FRB should occur at least rem/c ⇠ 100 s

behind the giant flare.

4.6 Discussion and Conclusions

In this chapter, we investigated relativistically expanding fireball plasma as a possible

origin both for short bursts and simultaneous suppression of the persistent radio

emission from bursting neutron stars.

A sudden release of the magnetic energy inside the magnetosphere generates a

fireball composed of e± plasma and radiation. Under the condition that the radiation
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pressure of the fireball exceeds the magnetic pressure, the fireball begins to expand at

relativistic speed, covering the magnetosphere with dense e± plasma. This would lead

the plasma frequency to greatly exceed the radio frequency in the rest frame of the

plasma, resulting in suppression of the persistent (pulsed) radio emission of bursting

neutron stars. We analytically derive the radial evolution of the plasma number

density, and estimate the characteristic time scale for the recovery of radio suppression

to be ⇠ 100 s for a ⇠ 1040 erg fireball. On the other hand, some fraction of the fireball

plasma may heat the stellar surface via the particle bombardment, creating hot spots.

The particle energy is converted to the hot spot and immediately radiated away as a

thermal emission, which can give rise to a short burst with typical duration of ⇠ 100

ms. The ultra-fast gamma-ray flashes from the expanding fireball photosphere are

expected as a smoking gun, although the onboard detection by current gamma-ray

telescopes might be challenging due to its extremely short duration ⇠ µs.

Then we applied our hypothesis to the radio pulsar PSR J1119–6127 with magnetar-

like short bursts. The observed radio suppression timescale . 100 s is well explained

by fireball parameters of ri ⇠ 105 cm and Ti ⇠ 0.5me, corresponding to an initial

fireball energy of aT 4
i r

3
i ⇠ 1038 erg. This also permits ⇠ 1037 erg short bursts at ⇠ 2

keV. The expected gamma-ray counterpart has not been reported yet for J1119–6127,

presumably due to the detector’s sensitivity limit. However, an archival search for

clustered photon events in an extremely short time window contemporaneous with

the time of short burst detection would be highly intriguing. Our model can naturally

explain the J1119 observations well, and this might be one of the causes of the nulling

and mode-changing commonly seen in radio pulsars. The implications for FRBs are

also discussed. Provided that FRBs are generated by a plasma outflow that is also

responsible for magnetar flares, we argue that the radio emission must be produced

at r & 1013 cm from the neutron star, which is a minimum requirement to avoid the

absorption by the plasma cuto↵ e↵ect.

Our fireball model naturally accounts for the radio suppression associated with

bursting activities in J1119–6127. Since the plasma frequency decreases with time,

the timescale for radio suppression would be shorter for higher frequencies. Namely,

a solid proof of our model would be provided by future simultaneous observations of

neutron stars with radio pulsations at X-ray and at multiple radio bands, during a

period of magnetar flares. However, it should be noted that similar radio switch-o↵

phenomena called “nulling” and “mode changing” are commonly observed in radio

pulsars. The global change in the magnetosphere is proposed as a possible mechanism

for them (e.g., Wang et al. 2007; Timokhin 2010a). Indeed, as the duration of nulling

and mode changing varies from one or two rotations to even days, one cannot exclude

the possibility that they had played a role for ⇠ 100 s radio disappearance seen
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in J1119–6127. The change in the average radio pulse profile of J1119–6127 also

resembles those for mode changing pulsars (Archibald et al. 2017). Therefore, instead

of ruling out this possibility, we only point out that our model could be related to

nulling and/or mode changing. Particularly, a radio suppression caused by a fireball

with its energy su�ciently low to remain undetected in X-ray bands would manifest

as nulling. This might be the origin of some short-duration nulling events.

In most part of this chapter, we have treated the fireball plasma as radio absorber.

After the recovery of radio pulses, however, it might also work as a plasma lens that

leads to the light amplification, depending on the density fluctuation and the geomet-

ric configuration of radio pulses. Let us consider the simplified geometry shown in

Figure 4.6 (a), when the pulsar rotation axis is perpendicular to its magnetic momen-

tum. The observer is assumed to be located in the beam-plane which is perpendicular

to the rotation axis, and ray paths in this plane are modelled as shown in Figure 4.6

(b). We consider a radio pulse that leaves the source at t = tp (> ⌧o↵) and reaches

the lensing point at t = tlens, corresponding to a travel distance of rlens = c (tlens� tp).

For simplicity, we assume that the plasma has a local fluctuation of �ne ⇠ ne, which

leads to the light refraction at r = rlens with a pitch angle �✓. In general, the phase

of an EM wave is given by the contributions of geometrical and dispersive (group)

time delays over a whole ray path:

�(u) = �g(u) + �DM(u), (4.11)

where u is the transverse coordinate in the lens plane. A minimum requirement for

the strong lensing is ��g ⇠ ��DM so that r� = 0 at some spacial scales (Main et al.

2018).

The di↵erence in geometrical distance between the wavefronts arises from ray

paths outside the fireball plasma: OL1 � OL0 = rlens [1� cos (�✓/2)], where OL0 is

the path length of the closest approach from the lens to the observer. This results in

the geometrical phase change due to the source motion as

��g =
⌫ (OL1 �OL0)

c
= ⌫ (tlens � tp) ⇠(�✓), (4.12)

where ⇠(x) ⌘ 1� cos (x/2). Meanwhile, the dispersive phase change is expressed as

��DM(u) = �
kDM

⌫
�DM(u), (4.13)

where kDM = e
2
/(2⇡mec) ⇠ 4148.808 s pc�1 cm�3 MHz2 is the dispersion constant

and �DM =
R
nedz the excess of electron column density along the ray path. In the
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Figure 4.6: Geometries of scattering for a fireball plasma lens. (a) The observer
is assumed to be located in the beam-plane which is perpendicular to the spin axis.
The light blue sphere represents the fireball plasma that is responsible for the plasma
lensing. We assume a circular radio beam and its projection onto the lens plane is
shown as an equatorial belt (“beam-swept region”). Since the timescale for lensing
must be much longer than the spin period in order to avoid the radio suppression, this
beam-swept region can be regarded as being constantly radiating radio emissions. A
light ray which intersects the spherical lens surface by the pitch angle �✓ is assumed
to be deflected toward the observer. (b) Same as (a) but viewed in the beam-plane.

case of fireball plasma lens, the electron density evolution in the coasting phase is

estimated as (eq. [C.22] in Appendix C)

ne(t) = 2.3⇥ 109 r
�3/4
i,5 E

1/2
fb,40 t

�2 cm�3
, (4.14)

where t is the time from the burst onset, in units of seconds. The increase in the

dispersion measure along each ray path is

�DM =

Z tlens

tp

ne(t
0) c dt0 (4.15)

⇠ 20 r
�3/4
i,5 E

1/2
fb,40

�
t
�1
p � t

�1
lens

�
pc cm�3

. (4.16)

Therefore, the dispersive phase change at ⇠GHz frequencies is

��DM = 8.3⇥ 107 ⌫
�1
9 r

�3/4
i,5 E

1/2
fb,40

�
t
�1
p � t

�1
lens

�
. (4.17)

Equating Equations (4.12) and (4.17), we obtain tlens as a function of the pitch angle
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Figure 4.7: Constraints on the parameter space that might produce strong plasma
lensing event: the elapsed time t since the burst onset and lensing pitch angle �✓
with assumptions of tp = ⌧o↵ , 2⌧o↵ , 5⌧o↵ (colored). Solid lines and dashed lines rep-
resent the upper-limit (tlens) and lower-limit (tp) on the timescale of plasma lensing,
respectively.

�✓

tlens ⇠ 1.8⇥ 10�4
⌫
�1
9 r

1/2
i,5

✓
tp

⌧o↵

◆�1

⇠(�✓)�1 sec. (4.18)

The allowed parameter space for typical tp are shown in Figure 4.7. This indicates

that we can expect a strong lensing event on the order of & 103 sec after the burst

onset only when �✓ . 10�3. The pulse width for typical radio pulsars is roughly

1–10% of the spin period, so we cannot expect to find plasma lensing for ordinary

radio pulses but for a radio pulse with sub-millisecond structures. Other possible

candidates for strong plasma lensing are ultrashort duration pulses with widths of an

order of sub-millimsecond (⇠ P�✓), e.g., giant radio pulses in the Crab pulsar and

FRBs.

In addition, the following prediction can be made based on our hypothesis. The

fluence distribution of magnetar flares (from short to giant) are known to follow a

single power-law (Cheng et al. 1996; Göǧüş et al. 1999; Götz et al. 2006; Nakagawa
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et al. 2009), implying that the number of bursts should dramatically increase with

decreasing energy. In reality, however, bursts at the faint end of the energy distri-

bution remain undetected owing to insu�cient sensitivity of current X-ray detectors.

Since our model predicts association of short bursts with radio suppression, there

is a possibility that radio suppression could be used as a tracer of the short burst.

Even for an extremely low-energy fireball with Efb ⇠ 1034 erg, the corresponding

radio shut-o↵ time scale is ⌧o↵ ⇠ 30 r�7/8
i,3 (Efb/1034erg)1/2 ⌫

�1
9 s, which is much longer

than the typical spin period of magnetars ⇠ O(1 s) and thus readily resolved in the

radio light curve. Therefore, the radio monitoring of known radio pulsars or magne-

tars for which radio pulsations are confirmed would enable us to constrain the burst

rate at lower energies. Such unresolved bursts may significantly contribute to the soft

thermal component of persistent X-ray emissions from magnetars (Thompson & Dun-

can 1996; Lyutikov 2003; Nakagawa et al. 2018). The spectral similarities between

short bursts and the persistent emission during the outburst phase also support this

possibility (Enoto et al. 2012).

The Galactic search for pulsars with the Square Kilometer Array (SKA) is ex-

pected to yield ⇠ 20, 000 new pulsars (Keane et al. 2015). Statistically, a small

but significant fraction (say 1%) of these should be radio pulsars with magnetar-like

bursting activities, which could be used to test our hypothesis through simultaneous

radio and X-ray observations in the near future.



Chapter 5

Modeling the X-ray Spectra of
Violent Magnetar Flares by
Resonant Inverse Compton
Scattering

The work presented in this chapter is based on an ongoing project and will be soon

submitted to a referred journal.

5.1 Introduction

As introduced in Section 1.3, it is nearly established that magnetar flares are gener-

ated by a sudden release of the magnetic energy, which would result in the formation

of a hot electron/positron plasma. With the exception of the initial short hard spike of

giant flares, this plasma is confined to the stellar surface by the strong magnetic pres-

sure, thereby forming an optically-thick bubble called “trapped fireball” (Thompson

& Duncan 1995). The trapped fireball gradually cools by losing its energy through

the radiation from its photosphere and occasionally manifests itself as a soft extended

tail which shows high-amplitude pulsations over 1-100 s at the same spin period of an

underlying neutron star (Thompson & Duncan 1995, 1996; Feroci et al. 2001). This

is in contrast to the case of less energetic flares (Chapter 4), where the successful

formation of the trapped fireball is not clear (Watts et al. 2010; Kaspi & Beloborodov

2017) and instead we consider the formation of hot spots.

An early consideration of energy transport in the trapped fireball predicted the

95
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observed burst emission spectrum (the photon flux per unit energy) to appear al-

most flat at the Reighly-Jeans region and to remain the same as a blackbody at the

Wien region (Ulmer 1994; Lyubarsky 2002; hereafter “modified blackbody”). This

is due to the energy dependence of the opacity for photons in the extraordinary po-

larization mode expected under the presence of strong magnetic fields. This allows

the lower energy photons to escape from deeper parts of the fireball, and thus the

radiation at low energies emerges as a superposition of blackbodies, shaping the flat

spectrum. Later, as demonstrated in Figure 5.1, the observed flaring spectra at soft

X-ray energies turns out to be in good agreement with the model whereas the model

significantly underpredicts the observed spectra at hard X-ray energies (e.g., Olive

et al. 2004; Israel et al. 2008), and the discrepancy remains unsolved for more than a

decade. The spectral formation of magnetar flares remains inconclusive areas.

The resonant inverse Compton scattering (RICS) may well be a plausible process

that can interpret these observations of energetic flares. During the flare, photons

emitted from the fireball should resonantly interact with the magnetospheric particles.

At the resonance, the e↵ective cross section exceeds the classical Thomson value by a

few orders of magnitude, which makes the RICS most e�cient process in the magnetar

magnetosphere. Since scattering particles are expected to move in parallel to the

magnetic field lines at the mildly relativistic speed, the energy of scattered photons

would shift due to the relativistic Doppler e↵ect. Hence, the velocity distribution of

the scattering particles is of profound importance in the RICS.

The RICS has been primarily studied in the context of modeling the spectra of

the quiescent magnetar emission (e.g., Thompson et al. 2002; Baring & Harding 2007;

Lyutikov & Gavriil 2006; Fernández & Thompson 2007; Beloborodov & Thompson

2007; Nobili et al. 2008; Rea et al. 2008; Zane et al. 2011; Beloborodov 2013; Wa-

diasingh et al. 2018), which is less energetic (typically L ⇠ 1035 erg s�1) compared

to magnetar flares by over several orders of magnitude. However, a detailed model

of RICS during the burst phase has yet to be developed. In the quiescent state, the

magnetospheric particles with relativistic and/or ultra-relativistic velocity may be

present (Beloborodov & Thompson 2007), whereas during the flare, the intense radi-

ation from the fireball exerts a strong radiation force to the magnetospheric particles

and keeps their velocity mildly-relativistic (e.g., Thompson et al. 2002).

The aim of this work is to explain the observed spectra of energetic magnetar

flares by particularly considering the distortion of the original fireball emission spec-

trum by the RICS. We develop a toy model for the scattering process during the

flare and performing three-dimensional Monte Carlo simulation, taking into account

both the angular velocity distribution of particles that is unique to flaring magne-

tospheres, and the realistic seed photon spectrum from the trapped fireball. Since
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An intermediate flare spectrum 
from SGR 1900+14 [Olive+04]

Figure 5.1: Comparison between the observed flare spectrum from SGR 1900+40
and the theoretical spectrum (“modified blackbody”) proposed by Lyubarsky (2002)
with an e↵ective temperature of 6 keV (Figure 9 of Olive et al. 2004, adapted by
permission of the AAS). The discrepancy between them at energies higher than ⇠ 30
keV is apparent.
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our spectral model can be e↵ectively described by a single parameter; the e↵ective

temperature of the fireball, this greatly reduces the complications and allows us to

fit the observed spectra with low computational cost. Our model can be applied

to energetic flares that include giant flares (L = 1044–1047 erg s�1) and intermediate

flares (L = 1041–1043 erg s�1). Although a similar process may possibly operate in

short bursts (L = 1038–1041 erg s�1) that are most commonly observed, whether the

fireball successfully forms in short bursts remains unclear (e.g., Watts et al. 2010;

Kaspi & Beloborodov 2017) due to its smaller energy dissipation rate as hinted by

observations (e.g., Göǧüş et al. 2000).

This chapter is organized as follows. In Section 5.2, we present the formulation

of the model that we are simulating. We then describe in detail how to implement the

simulation in Section 5.3, followed by the simulation result in Section 5.4. Implications

of our model for observed burst spectra of SGR 1900+14 are discussed in Section 5.5.

5.2 Basic Formalism

Table 5.1:: Description of important quantities that control RCS.

✏i(f) · · · Initial (final) photon energy in the OF
!i(f) · · · Initial (final) photon energy in the ERF
⇥i(f) · · · Initial (final) photon angle to the particle momentum

(local magnetic field) in the OF
✓i(f) · · · Initial (final) photon angle to the particle momentum

(local magnetic field) in the ERF
k̂i(f) · · · Unit vector of initial (final) photon momentum

in the OF
# · · · Colatitude (polar angle) of initial photon
' · · · Azimuthal angle of initial photon about ẑ
⇧ · · · Azimuthal angle of scattered photon about B̂

in the ERF (⇧ = 0 in B̂-ẑ plane)

In the magnetar magnetospheres, an electron can be e↵ectively treated being

restricted to move along the magnetic field line (as beads threaded on a wire) in

its lowest Landau level since it loses its gyro-momentum through the fast cyclotron

cooling, which leads to the rapid decay of excited quantum states (Gonthier et al.

2000). In these conditions, a sequence of two independent processes; absorption and

re-emission can be regarded as a single scattering with resonant cross section (e.g.,
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Canuto et al. 1971)

�res(!) = ⇡
2
rec �(! � !B)(1 + cos2 ✓i), (5.1)

where !B ⌘ eB/(mec) is the cyclotron frequency in the electron rest frame (ERF)

with B being the local magnetic field strength, re ⌘ e
2
/(mec

2) the classical electron

radius and ✓i the angle of incoming photon measured in the ERF with respect to the

particle momentum (see also Table 5.1 and Figure 5.2 for other relevant properties

introduced in this section). As the electron’s momentum is parallel to the local

magnetic field direction, B conserves between ERF and observer frame (OF).

Let us consider the thermal radiation from a magnetically-confined fireball formed

during the magnetar flare. Here the fireball is approximated as a point-like source

with isotropic emission at the center of the neutron star (see Section 5.3.2 for details).

These photons are e�ciently scattered by magnetospheric particles if the photon en-

ergy in the ERF satisfies a resonance condition:

!i = �e✏i(1� �e cos⇥i) = ~!B (5.2)

where �e is the Lorentz factor of a scattering particle, �e the particle velocity in units

of c, ⇥i the angle of incoming photon measured in the OF with respect to the particle

momentum. In general, the location of the resonance layer depends on the magnetic

field structure and the particle velocity distribution. For a dipole field geometry, the

cyclotron energy of an electron at distance r from the stellar center can be written as

~!B ⇠ 1.1⇥ 103
✓

Bp

1014 G

◆✓
r

RNS

◆�3

keV, (5.3)

where Bp is the polar magnetic field strength and RNS the stellar radius for which

we assume a typical value of 10 km. The resonance layer, at which the resonance

condition ✏i ⇠ ~!B is met, for ✏i . 10 keV photons locates at & several stellar radii if

the factor of �e(1��e cos⇥i) is neglected. Therefore, the point-like assumption of the

trapped fireball seems valid except for the most energetic giant flares that generate a

trapped fireball with its size comparable to the altitude of resonance layer.

During the magnetar flare in the luminosity range of interest L & 1040 erg s�1,

magnetospheric particles should feel a strong radiation drag force. This is in stark

contrast to the case of persistent emissions from magnetars in quiescent state, which

is much less powerful L . 1035 erg s�1. We consider the following thought experiment

on the motion of an electron under such a strong radiation force. The incident photon

angle with respect to the local magnetic field in the ERF is related to the OF angle
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by Lorentz transformation as

cos ✓i =
cos⇥i � �e

1� �e cos⇥i
. (5.4)

Thus, an electron moving parallel to the magnetic field with speed �e ⇠ 0 (i.e., the

right-hand side of eq. [5.4] is positive) is pushed forward by the radiation force (✓i <

⇡/2), which leads to acceleration. Conversely, once the electron attains a relativistic

velocity �e ⇠ 1 (i.e., the right-handed side of eq. [5.4] is negative), it is pushed back

by the radiation force (✓i > ⇡/2), which leads to deceleration. Therefore, even if

the electron does not “see” the photon with right angle, it would be immediately

accelerated or decelerated to reach the equilibrium state, where the radiation force is

directed perpendicularly to the magnetic field (✓i = ⇡/2). Since the timescale for this

regulation is negligibly short (see Appendix D), we can reasonably assume the above

condition in the ERF, which allows us to uniquely determine the particle velocity in

resonance with an incoming photon with ⇥i as

�e = cos⇥i; �e = 1/ sin⇥i. (5.5)

A direct consequence of this angular velocity distribution might be the accumulation

of decelerated plasma near the highest point of each closed magnetic field line (e.g.,

Beloborodov 2013). Tellingly, these particles might annihilate and emit mec
2
⇠ 511

keV lines although it is highly dependent on the local plasma density and thus out of

the scope of this work.

The scattering process does not change the photon energy in the ERF; !i = !f ,

since the majority of . O(10 keV) photons satisfies ✏i ⌧ mec
2
/�e with �e ⇠ O(1)

and thus the electron recoil is negligible. The scattered photon energy in the OF, ✏f ,

is related to the emission angle in the ERF, ✓f , through the Lorentz transformation

of !f ,

✏f = �e!f (1 + �e cos ✓f ). (5.6)

The photon emission angle in the ERF, ✓f , is in a random direction. A more detailed

implementation will be described in Section 5.3.2. Finally, the photon emission angle

in the OF, ⇥f , is obtained by

cos⇥f =
cos ✓f + �e

1 + �e cos ✓f
, (5.7)

which is equivalent to Equation (5.4) via the inverse Lorentz transformation.
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(b) OF (c) ERF

(a) Global picture (OF)

Figure 5.2: Scattering geometry in (a)–(b) the observer frame (OF) and (c) the
electron’s rest frame (ERF); all relevant angles and energies are indicated. The shaded
region indicates theB-z plane and the dipole magnetic moment is taken to be parallel
to the z-axis (i.e., µ̂B = ẑ).
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5.3 A Toy Model

We aim to obtain the reprocessed spectrum of the fireball emission by injecting the

seed photons by 3D Monte Carlo method. Below, detailed implementation and key

assumptions are presented.

5.3.1 Model Geometry

In order to track a single photon trajectory, we adopt spherical coordinate r, ✓, �

centered on the star with z-axis aligned with magnetic pole. When the twist of

magnetic fields relative to magnetic poles is moderate, poloidal magnetic fields are

well approximated as dipole (Thompson et al. 2002):

B̂ =
2 cos ✓ r̂ + sin ✓ ✓̂
p
3 cos2 ✓ + 1

, (5.8)

where r̂ and ✓̂ denote basis vectors for polar coordinate. Since the scattering process

is solely dependent on the configuration of magnetic fields that uniquely determine the

particle velocity distribution (Section 5.2), no assumption is made on the magnetic

field strength.

Although the emission from the point-like fireball is isotropic, the emission ob-

served along a given line of sight might be modulated by the rotation of the star

(which will be found not to be the case in Section 5.4). As a first step to obtain the

spectra averaged over the entire rotational phase, we consider an aligned rotator in

which magnetic axis is parallel to the spin axis (⌦̂ = µ̂B = ẑ).

5.3.2 Scattering

Seed Photon Spectrum

We adopt a theoretical seed photon spectrum of a trapped fireball proposed by

Lyubarsky (2002), who considered the detailed radiation transfer in the fireball under

strong magnetic fields. The spectral formation inside the fireball is strongly a↵ected

by the presence of the two polarization modes with di↵erent scattering cross sec-

tions: the ordinary mode (O-mode: polarized in the k̂-B̂ plane) and extraordinary

mode (E-mode: perpendicularly polarized to the k̂-B̂ plane). Since the scattering of

the E-mode photons is significantly suppressed by a factor of �E/�O ⇠ (✏/~!B)2 ⇠
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10�4(✏/10 keV)2(B/1014 G)�2 (Meszaros 1992), the photosphere of the E-mode pho-

tons lies far below that of O-mode photons. This allows the observer to see deeper

into the fireball at lower energies, where each layer of E-mode photosphere should

radiate a Planckian spectrum. As a result, the emerging spectrum from the trapped

fireball has an analytic form:

N(✏) / ✏
2

(
exp

"
✏
2

Te↵

p
✏2 + (3⇡2/5)T 2

e↵

#
� 1

)�1

, (5.9)

where Te↵ is the e↵ective (bolometric) temperature of the fireball. The overall spec-

trum is characterized by a plateau at Rayleigh-Jeans region due to the energy depen-

dence of the E-mode opacity (/ ✏
2), which is in striking contrast to the commonly

assumed Planckian spectrum. Before examining the broadband seed photon spec-

trum [eq. (5.9)], a monoenergetic spectrum with N(✏) / �(✏ � Te↵) will be explored

in order to see qualitatively how our model redistributes the photon energy.

Photon Trajectory

Let us consider an initial photon emanating from the fireball located at the center of

the coordinate. We define the unit momentum vector of initial photons in the Carte-

sian coordinate as k̂i = (sin# cos', sin# sin', cos#), where # and ' are colatitude

and azimuthal angle of initial photons, respectively. Assuming isotropic emission,

cos# is chosen to be a random number in the range [�1, 1], whereas ' is uniformly

distributed in the range [0, 2⇡]. The incoming photon angle in the OF with respect

to the local magnetic field line, ⇥i, is related to the initial photon colatitude, #, via

cos⇥i = B̂ · k̂i =
2 cos#

p
3 cos2 #+ 1

. (5.10)

This allows us to determine the particle velocity (eq. [5.5]) and ERF cyclotron energy

(eq. [5.2]) in resonance with the incoming photon as shown in Figure 5.3. The

general relativistic e↵ect on the photon trajectory (i.e., the light bending due to

the gravitational redshift) is neglected because the altitude of the scattering layer is

typically high (& several stellar radii) enough to avoid this.

Scattering Probability

In general, the scattering probability depends on the local plasma density, and we

need to assume the spatial current distribution to know whether the scattering occurs
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Figure 5.3: The velocity of a particle (�e and �e) in resonance with the incoming
photon with colatitude #. Equations (5.5) and (5.10) are simply combined.

at the resonance point. This approach may be possible for the persistent emission

from magnetars in a quiescent state, if the steady electric current is induced along the

twisted field lines in a similar manner to that of the force-free magnetosphere (e.g.,

Thompson et al. 2002; Fernández & Thompson 2007; Nobili et al. 2008). However,

during the flare, when a dense cloud of particles are anticipated to be newly supplied

in the magnetosphere, the presence of such persistent currents is not trivial and hence

a self-consistent treatment of the magnetosphere is not possible anymore. In order

to avoid these complications, we presume that the plasma is su�ciently optically-

thick to the resonant scattering (but optically-thin to the non-resonant scattering

�T/�res . 10�2), which is the case for bursting magnetospheres, and that all photons

are scattered only once at 100% probability wherever the resonant condition is satis-

fied (e.g., Nobili et al. 2008). In reality, the scattered photon may meet the resonance

condition even after the first scattering, which leads to the multiple scatterings. Yet,

it seems reasonable to begin with the single scattering case and thus we leave the

exploration of multiple scattering for future work. Remarkably, these assumptions

make the scattering process entirely free from the magnetic field strength, the num-

ber density of the scattering particles and the polarization-dependence of the cross

sections, and thereby considerably reducing the complexity of the model without loss
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of generality.

Emission Angle

We follow the prescription by Fernández & Thompson (2007) to determine the direc-

tion of the scattered photons in the ERF. The di↵erential cross section of resonant

cyclotron scattering is proportional to

d�res

d(cos ✓f ) d⇧
/ 1 + cos2 ✓f , (5.11)

where ⇧ is its azimuthal angle about the local magnetic field direction. Thus, the

cumulative probability density of scattering into an angle  cos ✓f is

p =
1

8
(cos3 ✓f + 3 cos ✓f + 4), (5.12)

which can be solved for cos ✓f analytically:

cos ✓f =
n
q +

p
q2 + 1

o�1/3

�

n
q +

p
q2 + 1

o1/3

, (5.13)

where q ⌘ 2 � 4p. The distribution of cos ✓f is uniquely determined by randomly

generating p in the range [0, 1]. Regarding the azimuthal angle about local magnetic

field, we randomly choose ⇧ in the range [0, 2⇡] such that ⇧ = 0 coincides with B̂-ẑ

plane (see Figure 5.2).

5.4 Simulation

We generate a large sample (typically N = 107) of seed photons by Monte Carlo

technique and treat their resonant interaction with particles probabilistically to obtain

their post-scattering energies and momenta in the OF. Let ✓k be the colatitude of the

scattered photon in the OF such that cos ✓k = k̂f · ẑ. The observer viewing angle

is then defined as ✓ = ✓v, and photons with |✓v � ✓k| < ✓beam are sampled to obtain

the reprocessed spectra, where ✓beam is the finite angular width that is centered on

the observer orientation (we set ✓beam = 1�). Additionally, the spectra averaged over

the entire viewing angles are also extracted. Since the scattered photon direction is

axsymmetric about z-axis (magnetic axis), there is no phase dependence for aligned

rotator.

Figure 5.4 illustrates the transmitted spectra for seed photons with a single
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Figure 5.4: Spectral photon flux of RICS sampled for seed photons of energy ✏i = 10
keV (thick gray solid histogram) which is typical energy of thermal X-rays emanating
from fireball photospheres. The thick black solid histogram shows the reprocessed
spectrum for photons averaged over the viewing angles. The thin black histograms
(scaled for demonstration purposes) correspond to spectra of photons that fall into
di↵erent viewing angles. Both upscattering (✏f > ✏i) and downscattering (✏f < ✏i)
are exhibited.

energy ✏i = 10 keV. Evidently, one can see the e↵ect of both upscattering (✏f > ✏i)

and downscattering (✏f < ✏i). Remarkably, the maximum degree of upscattering

✏f/✏i ⇠ 2 is modest albeit fully consistent with the range that our model limits:

0  ✏f/✏i = 1 + cos⇥i cos ✓f  2, (5.14)

where Equations (5.2), (5.5) and (5.6) are combined. This can be qualitatively

understood as follows. Both (up- and down-) scatterings are pronounced when

| cos⇥i cos ✓f | ⇠ 1. If one considers, for example, a case of cos⇥i ⇠ 1 and cos ✓f ⇠ ±1,

this indicates a relativistic velocity of the scattering particle �e = cos⇥i ⇠ 1 (see eq.

[5.5]) in our model. Such a photon scatters the photon in a parallel direction to

the local magnetic field in the OF (i.e., the relativistic limit cos⇥f ! 1 (�e ! 1)

in eq. [5.7]) independent of the ERF emission angle ✓f . Meanwhile, cos ✓f ⇠ ±1
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Figure 5.5: Lorentz factor distribution of electrons that scatter photons in di↵erent
viewing angles (shown as thin black histograms). The result for all (integrated over
the viewing angles) resonant electrons is shown as a thick black solid histogram, which
demonstrates that the majority of scattering particles move at the mildly-relativistic
velocity.

can be realized with a certain probability since cos ✓f is uniformly sampled from the

range [�1, 1]. Therefore, the strong (up- and down-) scattering should be observed in

the near polar directions (i.e., the bimodal energy redistribution seen in the ✓v = 15�

case), whereas in the equatorial directions (see the ✓v = 90� case; there is little energy

redistribution) scattering should be relatively suppressed, which can account for the

substantial di↵erences among spectra viewed by the observer in di↵erent direction.

In Figure 5.6, we compare the reprocessed spectra with the injected fireball

spectrum given by Equation (5.9) with an e↵ective temperature of Te↵ = 10 keV.

Evidently, the injected fireball spectrum is Compton upscattered by a factor of ⇠ 2

at ✏ & 30 keV. Moreover, the lower energy spectrum also exhibits a noticeable change;

the initially flat spectrum becomes somewhat steeper due to the downscattering. De-

spite the clear angular dependence of the scattering seen in the case of monoenergetic

spectrum shown in Figure 5.4, there is little di↵erence among the reprocessed broad-

band spectra of the aligned rotator viewed in di↵erent angles, which clearly indicates
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Figure 5.6: Spectral photon flux of RICS that might be sampled during magnetar
flares. Thin black histograms are scaled for purpose of demonstration. The seed
photon spectrum (the modified blackbody spectrum proposed by Lyubarsky 2002)
with an e↵ective temperature of Te↵ = 10 keV is also shown by the thick gray solid
histogram.

that our model is almost isotropic. This is presumably due to the dominance of

mildly-relativistic scattering particles as shown in Figure 5.5; the Doppler boost of

the particle is insignificant. The almost isotropic character of our model also sug-

gests that any degree of misalignment between the magnetic moment and the spin

axis (i.e., temporal changes in the e↵ective viewing angle) would not markedly pro-

duce the modulation in reprocessed spectra. Accordingly, we adopt the ✓v-integrated

spectrum of the aligned rotator as a fiducial model. Thus we can almost accurately

characterize the model with only one free parameter; Te↵ and the flux normalization.
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5.5 Discussion and Conclusion

Table 5.2:: SGR 1900+14 Burst Properties on March 29, 2006

Burst Time Duration Luminositya Energya

(UT) (s) (erg s�1) (erg)

1 02:53:13.3 1.2 1.5⇥ 1041 1.8⇥ 1041

2 02:53:15.4 1.2 1.0⇥ 1041 1.2⇥ 1041

a Assuming a distance to the source of 10 kpc as done in Israel et al. (2008).

In order to verify our spectral model with observations, we analyzed intermediate

flares from the representative magnetar SGR 1900+14 (Israel et al. 2008) with the

surface dipole field strength Bp ⇠ 7.0 ⇥ 1014 G (Kaspi & Beloborodov 2017), which

occurred on 2006 March 291, using the data of Swift Burst Alert Telescope (BAT;

Krimm et al. 2013). Following the same methodology as presented in Israel et al.

(2008), we carry out spectroscopy in the 15–100 keV range2. Specifically, we extract

time-integrated spectra of two successive high-luminosity intermediate bursts (Burst

1 and Burst 2 hereafter; see Table 5.2), occurring at 4–5.2 s and 6.1–7.3 s (separated

in time by 2.1 s, which is in fact within the stellar spin period of P ⇠ 5.2 s) in the

top panel of Figure 1 in Israel et al. (2008), respectively. They are both classified into

intermediate bursts in terms of duration and luminosity, albeit close to the lower end

of the criteria. This may guarantee the self-consistent particle velocity distribution

(eq. [5.5]) maintained by the strong radiation force of the flare, making them ideal

targets.

Since our model implementation is purely numerical, a formal fit to the data

requires the interpolation among a dense grid of pre-calculated spectral templates,

which is computationally expensive. Instead of this, we simply overplot the model to

the observed spectra in a qualitative fashion. We generate model templates that are

calculated for a single dimension array within the range where the model parameter

Te↵ is defined (e.g., Te↵ = [1, 2, · · · , 99, 100] keV). In our model, the reprocessed

spectrum parallelly shifts to higher energies with its entire shape nearly unchanged

1We extract flares during the third trigger (Sequence 00203109000) on 2006 Mar 29 from UT
01:27:53 to 01:28:36 with a total exposure of 43 s. See Israel et al. (2008) for more details.

2Since the cross section of photoelectric absorption drops exponentially at hard X-ray energies,
the BAT spectra are not a↵ected by the interstellar (neutral hydrogen) absorption; they can be
regarded as intrinsic burst spectra.
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as Te↵ increases. Therefore, by sliding the spectral template parallelly to energy

(varying Te↵) and flux (varing normalization), one can almost uniquely find a good-

fit value of Te↵ “by eye” that can reproduce the observed spectrum.

In Figure 5.7, we compare our model with the observed burst spectra. As one

can clearly see, our model is in surprisingly good agreement with observations. We

obtain good-fit e↵ective temperatures Te↵ = 7 keV and 6 keV for the observed spectra

of Burst 1 and Burst 2, respectively. There is no characteristic di↵erences between

two bursts in terms of their spectra and light curve. The e↵ective temperature of

the trapped fireball allows us to estimate the spherical radius of the fireball rFB via

L = 4⇡r2FB�SBT
4
e↵ , where �SB = ⇡

2
/(60~3c2) is the Stefan-Boltzmann constant and

the emission is assumed to be isotropic. Adopting typical burst properties, this is

re-written as rFB/RNS ⇠ 2.5 (L/1041 erg s�1)1/2(Te↵/6keV)�2 (see also Olive et al.

2004 for a similar discussion), which is comparable to the stellar radius. Meanwhile,

a typical height of resonant layer rres for the thermal emission with Te↵ = 6–7 keV

is estimated by Equations (5.2), (5.3) and (5.5) as rres/RNS ⇠ 10 �e. Accordingly, we

can ensure that the point-like assumption of fireball is valid (rFB � rres) for these

bursts.

As demonstrated in the above, the observed hard X-ray spectra at 15–100 keV

are successfully reproduced by the RICS model. Then how about the soft-band X-

ray spectra? Since our model predicts that the downscattering e↵ect slightly steepens

the initially flat spectrum at low energy ranges, it is also interesting to compare this

with observations. Olive et al. (2004) observed a set of intermediate flares (with

average luminosity L = 6.0 ⇥ 1040 erg s�1) from SGR 1900+14 that occurred on

2001 July 2, using the data of the FREGATE (French Gamma-Ray Telescope) and

WXM (Wide-Field X-Ray Monitor) experiments aboard the HETE (High-Energy

Transient Explorer) spacecraft. They obtained a broadband spectrum over 2–150 keV,

extending down to soft X-ray energies (see Figure 5.1). We confirm that our model

appears in good agreement with their broadband spectral behaviour including the

softer part. The implication of the consistency between our model and observations

is that a single scattering is su�cient to account for the hard component of observed

spectra, and thereby suggesting that the optical depth to the resonant scattering

might be ⌧res ⇠ O(1) in the flaring magnetosphere.

Since the majority of magnetar flares have more or less thermal spectra, two

blackbody model are known to provide successful fits. This may be interpreted as a

thermalized emission from E-mode and O-mode photospheres (e.g., Israel et al. 2008;

Kumar et al. 2010; Younes et al. 2014), while it is not clear whether the observed

di↵erence in temperature and size between the two photospheres can be realized (van

Putten et al. 2016). In contrast, a seed photon spectrum adopted in this work (mod-
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ified BB) takes into account the energy transfer under presence of strong magnetic

field and two photon polarization modes (as noted in Section 5.9). Moreover, our

model is a single-component, physically meaningful model; this is an advantage over

the phenomenological multi-component models. Despite the good agreement with

theoretical predictions, we believe that it is essential to study more bursts from dif-

ferent sources, to definitely validate our interpretation of the data. Furthermore, the

two blackbody model can be tested by our RICS formalism, although this is beyond

the scope of this work. As our model can directly extract the information of the

fireball, this could be an ideal follow-up study, leading to a desired tool to investigate

magnetar bursts.
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Figure 5.7: Hard X-ray spectra of the intermediate flares from SGR 1900+14 ob-
served on 2006 March 29 by the Swift-BAT telescope (Top: Burst 1, Bottom: Burst
2). The data are overplotted by the best-fit reprocessed model spectra. The origi-
nal spectra (the modified blackbody spectrum proposed by Lyubarsky 2002) are also
shown.



Chapter 6

Conclusions

In this thesis we have carried out theoretical attempts to reveal the mysterious origins

of FRBs and magnetars. These include theoretical arguments on the origin of FRBs

and the modeling of the Galactic baryon distribution in mind of application to FRBs

which we discussed in Chapter 2 and 3, respectively. Regarding the magnetar flares,

we have answered two basic questions that are closely tied to the origin of flares:

“What is the relationship between magnetar flares and radio emissions?” (Chapter 4)

and “What shapes the magnetar flare spectra inside the magnetosphere?” (Chapter

5). Below we summarize the main findings and contributions of this thesis.

• Origin of FRBs: Most of FRBs do not show evidence for repetition, and

such non-repeating FRBs may be produced at the time of a merger of binary

neutron stars (BNS), provided that the BNS merger rate is close to the high end

of the currently possible range. However, the merger environment is polluted

by dynamical ejecta, which may prohibit the radio signal to propagate. We

examine this by using a general-relativistic simulation of a BNS merger, and

show that the ejecta appears about 1 ms after the rotation speed of the merged

star becomes the maximum. Hence, there is a time window in which an FRB

signal can reach outside, and the short duration of non-repeating FRBs can be

explained by screening after ejecta formation. A fraction of BNS mergers may

leave a rapidly rotating and stable neutron star, and such objects may be the

origin of repeating source like FRB 121102. We show that a merger remnant

would appear as a repeating FRB in a time scale of ⇠1–10 yrs, and expected

properties are consistent with the observations of FRB 121102. We construct

an FRB rate evolution model including these two populations of repeating and

non-repeating FRBs from BNS mergers, and show that the detection rate of

repeating FRBs relative to non-repeating ones rapidly increases with improving

113
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search sensitivity. This may explain why the only repeating source at that time

(FRB 121102) was discovered by the most sensitive survey by the Arecibo Radio

Telescope. Several unique predictions are made, including appearance of the

repeating FRB 1–10 years after a BNS merger that is localized by gravitational

wave and subsequent electromagnetic radiation.

• Galactic halo DM model for FRBs: A new model of the MW halo com-

ponent of the DM for FRBs, is presented in light of recent di↵use X-ray obser-

vations. In addition to the spherical component of isothermal gas (kT ⇠ 0.3

keV) in hydrostatic equilibrium with the Galactic gravitational potential, our

model includes a disk-like non-spherical hot gas component to reproduce the

directional dependence of the observed X-ray emission measure (EM). The to-

tal gas mass (1.2 ⇥ 1011 M�) is dominated by the spherical component, and is

consistent with the total baryon mass of the MW expected from the dark matter

mass and the cosmic baryon-to-dark-matter ratio. Our model predicts a mean

halo DM of 43 pc cm�3, with a full range of 30–245 pc cm�3 over the whole

sky. The large scatter seen in the X-ray EM data implies a ⇠ 0.2 dex (rms)

fluctuation of the MW halo DM. We provide an analytic formula to estimate

the MW halo DM of our model along any line of sight, which can be easily used

to compute the total MW component of DM toward extragalactic sources, in

combination with existing DM models of the warm ionized medium associated

with the Galactic disk. Since our model predicts relatively large DM values over

the whole sky (30–245pc cm�3), this strong DM signal would be imprinted onto

the observed DM of FRBs. We plan to further investigate this by using nearby

FRBs with a small observed DM (. 100 pc cm�3), and there is a good prospect

that a sample of such FRBs will increase with CHIME and other wide-field FRB

surveys. Based on the above method, our hot gas halo model will be refined and

upgraded with a new sample of FRBs, which would provide us an important

benchmark for understanding the missing galactic baryon problem.

• Connection between magnetar flares and radio pulsations: There is

growing evidence that a clear distinction between magnetars and radio pulsars

may not exist, implying that the population of neutron stars that exhibit both

radio pulsations and bursting activities could be potentially large. In this sit-

uation, new insights into the burst mechanism could be gained by combining

the temporal behavior of radio pulsations. We present a general model for

radio suppression by relativistic e
± plasma outflows at the onset of magnetar

flares. A sudden ejection of magnetic energy into the magnetosphere would

generate a fireball plasma, which is promptly driven to expand at relativistic

speed. This would make the plasma cuto↵ frequency significantly higher than
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the rest frame radio frequency, resulting in the suppression of radio waves. We

analytically show that any GHz radio emission arising from the magnetosphere

is suppressed for ⇠ 100 s, depending on the total fireball energy. On the other

hand, thermal radiation is expected from the hot spot(s) on the stellar sur-

face created by an inflow of dense plasma, which could be the origin of short

bursts. Since our hypothesis predicts radio suppression in coincidence with

short bursts, this could be an indirect method to constrain the occurrence rate

of short bursts at the faint end that cannot be detected by X-ray detectors.

Furthermore, ultra-fast gamma-ray flashes from the fireball photosphere is also

expected as a smoking gun, although the onboard detection is challenging due

to its extremely short duration ⇠ µs. Finally, our model is applied to the

radio pulsar with magnetar-like activities, PSR J1119–6127 in light of recent

observations. Our model has an implication for FRBs, which might be related

to magnetar flares. For instance, the position of FRB generation is severely

constrained to & 1010 cm from the magnetar. Finally, since the plasma fre-

quency would decrease with time, the timescale for the radio suppression would

be shorter for higher frequencies. Namely, an unambiguous test of our model

would be provided by future simultaneous observations of radio-emitting neu-

tron stars at X-ray and at multiple radio bands during a period of magnetar

flares.

• Spectral formation of magnetar flares: Although the trapped fireball

model can successfully explain the temporal behavior of energetic flares, there

has been a longstanding discrepancy between theoretical and observational flare

spectra. In this work, we attempt to resolve this problem by considering the

reprocess of the original fireball spectrum by the resonant inverse Compton scat-

terings. During the flare, photons emitted from the fireball should resonantly

interact with the magnetospheric particles. We show by a simple thought ex-

periment that such scattering particles are expected to move at mildly rela-

tivistic speed along closed magnetic field lines, which would slightly shift the

incident photon energy due to the Doppler e↵ect. Based on this idea, we de-

velop a toy model for the scattering process during the flare and performing

three-dimensional Monte Carlo simulation, taking into account both the angu-

lar velocity distribution of particles that is unique to flaring magnetospheres,

and the realistic seed photon spectrum from the trapped fireball. We find that

our spectral model can be e↵ectively described by a single parameter; the ef-

fective temperature of the fireball, which greatly reduces the complications and

allows us to fit the observed spectra with low computational cost. Our model is

applied to the Swift/BAT data of energetic magnetar flares from SGR 1900+14,

which gives a surprisingly good fit with fireball. The implication is that a single
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scattering is su�cient to account for the hard component of observed spectra,

and thereby suggesting that the optical depth to the resonant scattering might

be ⇠ O(1) in the flaring magnetosphere. As our model can extract the informa-

tion of the fireball, this could be an ideal follow-up study, leading to a desired

tool to investigate magnetar bursts.
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Appendix A

Synchrotron Absorption

Murase et al. (2016) have shown that synchrotron absorption by non-thermal electrons

in the nebula becomes important as well as free-free absorption in the ejecta, based on

the early studies on the Galactic pulsar wind nebulae (Kennel & Coroniti 1984; Tanaka

& Takahara 2010, 2013). Here we detail how we dealt with the synchrotron absorption

in deriving the timescale for nebula/ejecta around the BNS merger remnant to be

transparent to the process.

A.1 Nebula Region

The evolution of the electron energy distribution ne(�e, t) in the nebula region is given

by the continuity equation:

@

@t
ne(�e) +

@

@�e
[�̇ene(�e)] = S(�e), (A.1)

where �̇e is the cooling rate. We assume that the particle injection term S(�e) has a

broken power-law form

S(�e) /

(
�
�q1
e (�m  �e  �b)

�
�q2
e (�b  �e  �M),

(A.2)

where q1 = 1–1.5 (< 2) and q2 = 2.5�3 (> 2) are the lower- and higher-energy power-

law indices, respectively. We set the break Lorentz factor as �b = 104–106 based on

the study on Galactic PWNe (Tanaka & Takahara 2010, 2013), and �M is determined

by equating the acceleration timescale of a single electron tacc = 2⇡�emec/(eBej) with
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the synchrotron cooling timescale tsyn. Since the typical Lorentz factor of injected

particles �b is similar to �c = 104–107 at times 1–10 yr, we assume �c ⇠ �b for

simplicity. In addition, we consider a steady state and thus the first term with @/@t

in the left-hand side of the Equation (A.1) is neglected. For a slow cooling regime

(�m ⌧ �c), which is the case for the BNS-merger-produced nebula, the form of the

emergent spectrum for the particles is expressed as

ne(�e) /

(
�
�q1
e (�m  �e  �c ⇠ �b)

�
�q2�1
e (�c ⇠ �b  �e  �M),

(A.3)

where we have used the relation �̇e ⇡ �e/tsyn / �
2
e . We normalized the steady-state

spectrum such that a fraction ✏e = 1� ✏B ⇡ 1 of the total internal energy U is carried

by relativistic electrons and positrons, since it is generally believed that the pulsar

wind is dominated by e
± (Kennel & Coroniti 1984; Tanaka & Takahara 2013):

mec
2

Z �M

�m

�ene(�e)d�e = ✏e U/(4⇡r
3
ej/3). (A.4)

Consider a radiation with frequency ⌫ propagating through the nebula with physical

size of rej = �PWN c t. The optical depth to the synchrotron absorption (Rybicki &

Lightman 1979; Ghisellini & Svensson 1991) is estimated by

⌧
sa
⌫ =

r

8⇡me c ⌫
2

Z �M

�m

1

�2e

d

d�e

⇥
�
2
ePs(⌫, �e)

⇤
ne(�e) d�e , (A.5)

where Ps(⌫, �) =
p
3 e3Bej/(me c

2)F (⌫/⌫ch) is the synchrotron emitting power of a

single electron, F (x) = x
R1
x K 5

3
(⇠)d⇠ the synchrotron function and ⌫ch = (3/2)�2⌫B

the characteristic frequency with ⌫B = eBej/(2⇡me c) being the cyclotron frequency.

We numerically computed the transparency timescale t
sa
tr , by solving ⌧ sa⌫ (tsatr ) = 1. In

numerical calculation, we set �m = 100 (the result is insensitive to this value as long

as it is small enough as noted in Murase et al. 2015) and �M to be su�ciently large.

As a result, we find that the nebula becomes transparent to 1 GHz radio emission at

latest tsatr ⇠ 1.2 yr for di↵erent sets of parameters ranging q1 = 1–1.5, q2 = 2.5–3 and

�b = 104–106.
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A.2 Ejecta Region

The synchrtron absorption in the ejecta is also estimated here. We assume a single

power-law as a typical injection electron/positron spectrum at the termination shock:

S(�e) / �
�p
e (�m < �e < �M), (A.6)

where �m = (�PWN/1.9) (A/56)mp/me ⇠ 2.0 ⇥ 105 is the minimum Lorentz factor

for shock-accelerated electrons with �PWN = (1� �
2
PWN)

�1/2 and A being the atomic

number of the dominant element (i.e., iron) in the ejecta. Due to the large value of

�m, electrons in the ejecta is in the fast cooling regime �c . �m (this is the case at t10

yr), which is in contrast to the nebula region. The emergent spectrum for electrons

is given by

ne(�e) /

(
�
�2
e (�c  �e  �m)

�
�p�1
e (�m  �e  �M).

(A.7)

The above spectrum can be normalized with a similar manner in the case of the

nebula, but with a di↵erent value of ✏e ⇠ 0.01. By numerically calculating Equa-

tion (A.5) for p > 2 and a su�ciently large value of �M, it is found that the e↵ect

of the ejecta contribution to the synchrotron absorption optical depth is negligible:

⌧
sa
⌫ (1 yr) ⇠ 10�6

⌧ 1.
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Appendix B

Fully-ionized Gas

At high temperatures (T & 106 K), the hot gas can be treated as a fully-ionized gas

composed of hydrogen and helium since the electron contributions from other heavier

elements are negligible for the metallicity range of our interest (Z = 0.1�1Z� ⇠

0.001�0.01). Here we show the definition and derivation of a few important quantities

that have been used to compute the gas particle number density.

B.1 Mean Particle Mass

The equation of state (EOS) of an ideal gas relates gas pressure P , gas temperature

T and gas particle number density n as

P = nkBT . (B.1)

To relate n to the mass density ⇢, we use

n =
⇢

m
, (B.2)

where m denotes the mean mass per particle. For our purpose, it is useful to express

the m in units of proton mass mp (hydrogen atom mass). We thus define a quantity

µ called mean particle mass as

µ ⌘
m

mp
=

⇢

mpn
, (B.3)

where we have used Equation (B.2). In order to evaluate µ for an arbitrary gas

composed of di↵erent atomic species, one must average particle mass over all species.
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Let nj and mj the number density and the mass of the atom with atomic number j,

respectively. Then one finds

m =

P
j njmj + nemeP

j nj + ne
⇡

P
j njmjP

j nj + ne
=

P
j njAjP

j nj + ne
mp , (B.4)

where we have introduced the mass number Aj defined by mj ⌘ Ajmp, and the mass

of an electron me (⌧ mj) is neglected in the above approximation. The mean particle

mass is therefore expressed as

µ =
m

mp
=

P
j njAjP

j nj + ne
=

P
j njAjP

j nj(1 + j)
. (B.5)

The last equality holds when the gas being considered is fully ionized and thus the

electron number density is given by ne =
P

j jnj. In more general cases, ne must be

determined from the Saha’s equation. Next, let us introduce the mass fraction Xj of

each atomic element j by Xj = mj/m = ⇢j/⇢ (i.e.,
P

j Xj = 1). Then the number

density of atomic element j can be written as

nj =
⇢j

mj
=

⇢Xj

mpAj
. (B.6)

Substituting Equation (B.6) into Equation (B.5) yields

µ
�1 =

X

j

Xj

Aj
(1 + j) ⇡ 2X1 +

3

4
X2 +

1

2

1X

j=3

Xj = 2X +
3

4
Y +

1

2
Z, (B.7)

where we have used (1+ j)/Aj ⇠ 1/2 for heavy elements (j � 3). We define hydrogen

mass fraction by X ⌘ X1 and helium mass fraction by Y ⌘ X2. The metal mass

fraction Z is defined as a sum of mass fraction over all heavy elements j � 3. There-

fore, our assumption of 30% helium mass fraction (X = 0.7, Y = 0.3, Z = 0) yields

µ = 0.62.

B.2 Mean Molecular Mass per Electron

The ne and ⇢ can be related by the mean molecular mass per electron µe, defined by

µe ⌘
⇢

mpne
. (B.8)
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According to the discussion in Section B.1, the electron number density in a fully-

ionized gas reads

ne =
X

j

jnj

=
⇢

mp

X

j

Xj

Aj
j

=
⇢

mp

 
X1 +

1

2
X2 +

1

2

1X

j=3

Xj

!

=
⇢

mp

✓
X +

1

2
Y +

1

2
Z

◆

=
⇢

2mp
(1 +X) . (B.9)

Therefore we obtain µe = 2/(1 +X), which yields µe = 1.18 for our assumed helium

mass abundance of 30%.

B.3 Hydrogen to Electron Abundance Ratio

The hydrogen abundance relative to the electron number density (�H) is determined

by the He/H abundance ratio:

�H ⌘
nH

ne
=

nH

nH + 2nHe
=

1

1 + 2nHe/nH
⇠ 0.8�0.9. (B.10)

In particular, a primordial gas with 25% He mass fraction (nHe/nH = 1/12) has

nH/ne ⇡ 0.857. Similarly, our assumption of 30% He mass fraction (i.e., nHe/nH =

3/28) yields �H ⇡ 0.82. This is why the value of �H = 0.8 or �H = 0.9 is often

implicitly assumed in the literature.
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Appendix C

Relativistic Plasma Flows

C.1 Dynamical Pair Equations

A sudden release of pure energy into a relatively compact region around the source

generate a so-called “fireball”. We treat the fireball as a spherically expanding rela-

tivistic fluid composed of e+e� pairs and � photons (“e±� fireball”). Photons can be

regarded as a relativistic fluid, since they are strongly coupled with pairs due to the

tiny mean free path between collisions. The conservation of energy and momentum

for a steady hydrodynamical flow in spherical symmetry read

1

r2

d

dr

�
r
2(U + P )�2

�
 

= G
0
, (C.1)

1

r2

d

dr

�
r
2(U + P )�2

�
2
 
+

dP

dr
= G

1
, (C.2)

where U = Ue + Ur is the total energy density, and P = Pe + Pr being the total

pressure. Subscripts “e” and “r” denote the plasma term and the radiation term,

respectively. All the quantities are measured in the fluid rest-frame. � and � are

the dimensionless three-velocity and bulk Lorentz factor defined as � ⌘ (1� �
2)�1/2.

G
µ is the radiation four-force density (Mihalas & Mihalas 1984). Under the optically

thick condition (⌧ � 1), there is no radiation flux (G0 = G
1 = 0), and the radiation

field stays close to the blackbody spectrum since the photons experience so many

collisions that they inevitably thermalize before reaching the photosphere. Therefore

Ur = aT
4 = 3Pr, where T is the temperature of the fluid. The evolution of the

electron number density is tracked by the Boltzmann’s equation integrated over the
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momentum phase space:

1

r2

d

dr

�
r
2
ne��

�
= �h�annvi

�
n
2
e � n

2
e,eq

�
. (C.3)

The right-hand side of Equation (C.3) represents the net pair creation rate (ṅe) due

to collisions in e
+ + e

� ⌦ � + �
0 interaction. The pair annihilation cross-section

is almost constant for kT < mec
2 being approximately h�annvi ⇡ ⇡r

2
e with re the

classical electron radius (Svensson 1982).

C.2 Evolution

The evolution of e±� fireball including ne evolution has been studied in great detail

by Grimsrud & Wasserman (1998), and later developed by a number of authors

(e.g., Iwamoto & Takahara 2002; Nakar et al. 2005; Li & Sari 2008). Here we follow

their formulation. We assume that the fireball starts with initial conditions, i.e., a

Lorentz factor �i, temperature Ti and radius ri. Combining the equation of state for

a relativistic gas U = 3P , equation (C.1) and (C.2) reduce to a set of useful scaling

laws that describe the radial evolution of Lorentz factor and temperature (Paczynski

1986; Goodman 1986):

� ⇡ �i(r/ri), T ⇡ Ti(ri/r). (C.4)

As will be shown below, the evolution of the fireball falls into five phases, characterized

by the corresponding radii that determine the physical state of the fireball.

C.2.1 Phase I (⌧ � 1 and T & me)

Initially, the fireball temperature is expected to be large (T � me) so that the pair

plasma is in equilibrium state ne = ne,eq, where ne,eq is described in Equation (4.1).

The fireball is initially confined at rest and immediately start to expand at a speed

close to c, while the temperature decreases. Let r = rm be the radius at which the

temperature equals to the electron rest mass energy. Then we obtain

rm

ri
⇡

Ti

me
, (C.5)
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simply because Tr = const. from Equation (C.4). The density evolution for r > rm

is

ne(r) =
2

(2⇡)3/2
�
�3
C

⇣
rm

r

⌘3/2

e
�r/rm (C.6)

as long as the pair equilibrium is met.

C.2.2 Phase II (⌧ � 1 and T < me)

After the phase I, ne soon starts to deviate from ne,eq, since ne,eq decays exponentially

with decreasing T . Let us assume a small deviation �ne,eq from ne = ne,eq so that

n
2
e � n

2
e,eq ⇡ 2ne,eq �ne. Then Equation (C.3) yields

�ne ⇡ �
1

2r2h�annvine,eq

d

dr

�
r
2
ne,eq��

�

⇡ �
�

2rh�annvi


3 +

d lnne,eq

d ln r

�

⇡
�

2rh�annvi

me

T
, (C.7)

where we make use of � / r in the second deformation and d lnne,eq/d lnT ⇠ me/T

in the third. Let r± (T±) the radius (temperature) at which the deviation grows to

the same order as the equilibrium density (ne,eq = �ne). Then we obtain the following

equation

2

(2⇡)3/2
�
�3
C (T±/me)

3/2
e
�me/T± =

�±

2⇡r2e r±

me

T±
. (C.8)

Using T±r± ⇡ merm and �±/r± ⇡ �i/ri, this reduces to

r±

rm
= ln

np
2/⇡��3

C r
2
e ri/�i

o
�

5

2
ln

✓
r±

rm

◆
. (C.9)

It can be seen that r±/rm weakly depends on ri. Evaluating Equation (C.9) numeri-

cally, we obtain an analytic fitting formula:

r±

rm
⇡ 13.4 + log (ri,5). (C.10)
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Thus, we get r±/rm ⇠ 13 for a reference initial radius ri = 105 cm 1, and the

corresponding temperature T± = me(rm/r±) ⇠ 0.08me (weakly dependent on ri).

Consequently, the electron number density at r = r± is estimated as

ne(r±) = ne,eq(r±) + �ne(r±) ⇡ 2 �ne(r±)

⇠
1

⇡r2e

✓
�i

ri

◆✓
r±

rm

◆

⇠ 5.2⇥ 1020 �i r
�1
i,5 cm�3

, (C.11)

where we have used Equation (C.10) in the last derivation.

C.2.3 Phase III (⌧ ⇠ 1 and T . me)

For r > r±, pairs have already deviated greatly from the equilibrium state (ne � ne,eq)

and the pair Equation (C.3) becomes simply

1

r2

d

dr

�
r
3
ne

�
= �⇡r

2
e

r±

�±
n
2
e, (C.12)

where we have used � = �±(r/r±). Namely, the pair annihilation dominates the

pair creation since the number of high-energy photons decrease. This can be solved

analytically:

ne(r) =
ne(r±)

1 + (1/3)(r±/rm)[1� (r±/r)3]

⇣
r±

r

⌘3

. (C.13)

Then we can calculate the optical depth to the electron scattering as

⌧(r) =

Z 1

r

2ne(s)�T (1� �)� ds

= �
8

3
ln

⇢
1�

(1/3)(r±/rm)(r±/r)3

1 + (1/3)(r±/rm)

�
(C.14)

where �T = 8⇡/3 r2e is the Thomson cross-section. We define the photospheric radius

rph at which the optical depth becomes unity [⌧(rph) = 1]. Then we get

rph

r±
=

⇢�
1� e

�3/8
�✓

3
rm

r±
+ 1

◆��1/3

⇠ 1.4, (C.15)

1Grimsrud & Wasserman (1998) originally obtained r±/rm ⇠ 33 for ri = 106 cm, which seems
to be an overestimate because they simply neglect ln (r±/rm) appearing in the right-hand side of
Equation (C.9).
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with the corresponding temperature Tph ⇠ T±(r±/rph) ⇠ 0.06me.

C.2.4 Phase IV (⌧ . 1 and T ⌧ me)

When ⌧ . 1, photons start to stream freely, and the single fluid approximation (eq.

[C.1] and [C.2]) does not hold anymore. Nevertheless, pairs continue to accelerate up

to the point where the escaping radiation could no longer supply enough energy to

pairs. The Lorentz factor of pairs (�) evolves by the following equation of motion of

the pairs:

d�

dr
=
�TFr

mec
3
, (C.16)

where Fr is the photon energy flux that the pairs feel in their rest-frame. We can

relate the photon energy flux in the rest frame of pairs to the photon internal energy

in the rest frame of photons by a simple Lorentz transformation:

Fr = �2
rel�relc (U

0
r + P

0
r), (C.17)

where U
0
r and P

0
r(= U

0
r/3) are the radiation energy density and pressure in the rest

frame of photons, respectively. Since the photon energy density in the rest frame

of free streaming photons can be approximated by a blackbody, we can write as

U
0
r = aT

4
r , where Tr is the photon temperature in its rest frame (Li & Sari 2008). �rel

is the Lorentz factor for the relative velocity �rel of photons (�r) with respect to the

pairs (�), which can be written as

�rel = ��r(1� ��r) ⇠
1

2

✓
�r

�
+

�

�r

◆
, (C.18)

where �r is the Lorentz factor of photons. Note that photons do not completely

decouple from the pairs at this stage and thus �r has a finite value. Then we arrive

at

d�

dr
=

aT
4
r

3

"✓
�r

�

◆2

�

✓
�

�r

◆2
#

�T

mec
2

(C.19)
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Combining Tr = Ti(ri/r) and �r = �i(r/ri), the asymptotic Lorentz factor of pairs is

obtained as (Li & Sari 2008)

�1 ⌘ lim
r!1

� ⇠ 1.46

✓
3mec

2

riaT
4
i �T

◆�1/4

⇠ 1.1⇥ 103 �i r
1/4
i,5

✓
Ti

me

◆
. (C.20)

Conversely, the radius r = r1 at which � = �1 is estimated as r1 ⇡ (�1/�i)ri.

Relating r1 with rph ⇠ 18 (Ti/me) ri, we finally obtain

r1

rph
⇠ 61 r1/4i,5

✓
Ti

me

◆
. (C.21)

The electron number density at r = r1 is ne(r1) ⇠ 3.3 ⇥ 10�7
r
�3/4
i,5 ne(r±) ⇠ 1.7 ⇥

1014 r�7/4
i,5 cm�3.

C.2.5 Phase V (⌧ ⌧ 1 and T ⌧ me)

For r > r1, the pair annihilation does not occur any more due to the small pair

number density, and thus the total number of pairs preserves. Neglecting the right-

hand side of Equation (C.3), we obtain ner
2 = const. Namely, the evolution of the

electron number density is

ne(r) = ne(r1)
⇣
r1

r

⌘2

. (C.22)

C.3 Baryon Loaded Fireball

If the initial fireball forms in the vicinity of the neutron star surface, it is expected

that some amount of baryons should be contaminated, which could break the equality

of the pair number density (ne� > ne+) and might a↵ect the late time evolution.

Conservation of baryon number and energy reads

Ṁ = 4⇡r2Amp n�� = const, (C.23)

L = 4⇡r2(U + P )�2
� = const, (C.24)

where n is the baryon number density with mass number A (and atomic number Z)

and mp being the proton mass. We assume the charge neutrality ne� = ne+ +Zn and
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introduce a dimensionless entropy

⌘ ⌘
L

Ṁ
, (C.25)

which represents the radiation-to-baryon ratio. We can see that the adiabatic evolu-

tion (� / r and T / 1/r) breaks up when the kinetic energy begins to dominate the

radiation energy. This transition takes place when U+P ⇠ Ampn with a correspond-

ing radius rM = ⌘ (ri/�i), above which the Lorentz factor stays constant (�1 = ⌘).

A critical value of ⌘ is obtained as

⌘c ⇠ 200

✓
Z

A

◆1/4

r
1/4
i,5 �3/4

i

Ti

me
, (C.26)

by simply setting rM = rph
2.

In the case of extremely heavy baryon loading ⌘ . ⌘c, the number density of

positrons becomes negligible compared to that of both electrons and baryons (hence

ne ⇠ Zn). Setting (U + P )i ⇠ aT
4
i in a set of Equations (C.23)–(C.25), the radial

evolution of the electron number density may be estimated as

ne ⇠
aT

4
i �i

mp

✓
Z

A

◆
⇥

(
⌘
�1 (r/ri)

�3 (r < rM)

⌘
�2 (r/ri)

�2 (r > rM),
(C.27)

Remarkably, the observed plasma frequency ⌫p / �n1/2
e does not depend on ⌘ at

r > rM since ne / ⌘
�2 and � = ⌘.

Meanwhile, for a moderate baryon loading ⌘ � ⌘c, the coasting Lorentz factor

can be estimated in much the same manner as we employed with baryon-free fireball.

We define the e↵ective electron mass m̃e as

m̃e =
2mene + Ampn

2ne
⇠ me +

Amp

2Z
. (C.28)

Here we assume the number densities of electrons and positrons are nearly equal

outside the photospheric radius. By replacing me with m̃e in Equation (C.20), the

coasting Lorentz factor �1 is found to reduce at most by a factor of (Amp/2Zme)1/4 ⇠

6 (A/Z)1/4 compared to the baryon-free case. The inequality between electron/positron

number density does not significantly change req and rph throughout ⌘ > ⌘c (Grimsrud

& Wasserman 1998).

2Note that, the optical depth is approximated as ⌧ ⇡ Zn�T r/�, taking into account baryon-
associated electrons.
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Therefore, we conclude that the evolution of electron number density conserves

as long as the baryon contamination is small (⌘ � ⌘c). Given the heavy baryon

loading, the density at the coasting phase (phase V) would reduce by a factor of

6 (A/Z)1/4 at most, since ne(r) / r
�1
1 / ��1

1 .



Appendix D

Relaxation Timescale of Particle
Motion during Flares

Here we provide an order-of-magnitude estimate for the timescale over which relax-

ation of particle motions to dynamical equilibrium takes place. Following Thompson

et al. (2002), the radiative force Frad exerted on an electron at a give distance r from

the stellar center in the ERF is

Frad =

Z
d! �res(!)

L!

4⇡r2c
⇠
⇡
2
re

!B

L

4⇡r2

⇠ 1.2⇥ 10�6

✓
Bp

1014 G

◆�1 ✓
r

RNS

◆ ✓
L

1040 erg s�1

◆
dyne, (D.1)

where L! is the spectral intensity of the radiation and L =
R
L! d! ⇠ (!L!)!=!B is

the pseudo-bolometric luminosity. The angular dependence is neglected in the second

equation for simplicity. Consider a deviation of the incident radiation angle in the

ERF with respect to the local magnetic field from the equilibrium state ⇡/2�✓i = �✓i;

then an equation of particle motion along the magnetic field line gives

mev̇e = Frad sin�✓i, (D.2)

where v̇e is the acceleration (deceleration) along B relative to the initial ERF. Given

the size of the magnetic loop comparable to the location of the electron ⇠ r, the

dynamical timescale for electrons to acquire the equilibrium velocity distribution can

be roughly estimated as

⌧relax ⇠

r
r

|v̇e|
⇠

10�8

| sin�✓i|1/2
B

1/2
p,14 L

�1/2
40 s. (D.3)

147



Appendix D. Relaxation Timescale of Particle Motion during Flares 148

Hence, the timescale for relaxation of particle motion due to strong radiation force

is typically much shorter than the duration of the flare. One can also see that the

above estimate holds for any location inside magnetosphere because the dependence

on r vanishes.


