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Abstract

Stars form in dense cores. Initial conditions of dense cores are the most important factors to

determine formation process, masses and multiplicity of stars, and the nature of protoplanetary

disks around them. Initial conditions of dense cores can be investigated in dense cores where

star formation had has not started yet. Such dense core without star formation are often called

“starless” dense cores. It is important to understand the nature of starless dense cores, in particular

those on the verge of star formation because such starless dense cores must have the final condition

just before star formation. However, it has been difficult to identify such dense cores partly because

of short lifetime of starless dense cores on the verge of star formation and because of a lack of

evolutional indicators of starless dense cores.

In dark clouds, chemical compositions of cores have been used as an indicator of evolution-

ary stages of cores (“chemical clock”). It is not clear, however, if chemical clocks established

in cold cores also apply to warm cores whose temperature exceeds sublimation temperature of

important players of chemical reaction networks such as CO, whose sublimation temperature is

25 K. Therefore, we evaluated several molecules like carbon-chain molecules (CCS, HC3N), N-

bearing molecules (N2H+, NH3), and cyclic C3H2 as candidate tracers of chemical evolutions of

the dense cores in two typical GMCs, the Orion A cloud and the Vela C giant molecular cloud

complex, whose masses exceeding 104 M� and temperature exceeding 30 K.

Using the Nobeyama 45-m telescope and KVN 21-m telescope, we derived the molecular

abundances of CCS, cyclic C3H2, and N2H+ toward dense cores in the Orion A cloud. To detect

weak emission lines, these observations were performed with high sensitivities. As a result, CCS

emission from J = 7 − 6 transition was detected for the first time towards the Orion A cloud.

We found that the column density ratios of N (N2H+)/N (CCS) and N (c-C3H2)/N (CCS) are high

in star forming cores while they are low in starless cores. We suggested that cyclic C3H2 is
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better tracer for warm evolved cores than N2H+. Furthermore, we used CCS, HC3N and NH3

single-pointing observations data by Tatematsu et al. (2010) and Wilson et al. (1999). By these

observations with high sensitivities, CCS emission from J = 4− 3 transition was detected for the

first time towards the Orion A cloud. We found that N (NH3)/N (CCS) and N (NH3)/N (HC3N)

are high in star forming cores while they are low in starless cores. These results that the carbon

chain molecules trace the chemically young cores, while N-bearing molecules trace the chemically

evolved cores, are the same with earlier findings in dark clouds. In the case of N (NH3)/N (CCS)

and N (NH3)/N (HC3N), we confirmed that these tendencies are applied for a wide range of kinetic

temperature, Tkin=10 − 60 K.

Subsequently, we confirmed these findings also apply to other GMC cores through observa-

tions of the HC3N and N2H+ molecules toward the Vela C molecular clouds with the Mopra 22-m

telescope. Even though the spatial resolution of 53” corresponding to 0.19 pc cannot resolve in-

dividual dense cores, we found a tendency that the N (N2H+)/N (HC3N) is high in star forming

region, while it is low in starless region. This is the similar tendencies in N (N2H+)/N (CCS),

N (c-C3H2)/N (CCS), N (NH3)/N (CCS), and N (NH3)/N (HC3N) found in the Orion A cloud.

By comparing the published data of N (NH3)/N (CCS) and N (N2H+)/N (HC3N) in dark clouds

and infrared dark cloud clumps, we found the criteria between star forming and starless cores are

N (NH3)/N (CCS) ∼ 30 − 40 and N (N2H+)/N (HC3N) ∼ 1 − 2. Using the chemical reaction

network of UMIST Database for Astrochemistry (UDfA) assuming a density of 104 cm−3 and a

temperature of 10 K, we estimated a timescale of 4 × 105 − 1 × 106 yr for these column density

ratios achieve the criteria. This lifetime is several times longer than free-fall timescale and com-

parable to dissipation timescale of turbulence. Furthermore, we found a correlation between the

chemical evolution and dissipation of turbulence (R/Rcr), suggesting that the chemical evolution

can be an indicator of the dynamical evolution of the core and the timescale is determined by the

dissipation of turbulence.

Finally, we selected one of the most chemically evolved starless cores in the Orion A cloud

(TUKH122 core) by means of the N (N2H+)/N (CCS) ratio and observed it in the NH3 (J,K =

1, 1) and (J,K = 2, 2) lines with high sensitivity (rms ∼ 40 mK) and spectral resolution (∼

0.05 km s−1) by using the Nobeyama 45-m telescope. Interestingly, the NH3 dense region has a

linewidth of only ∼ 0.2 km s−1 but the CS surrounding gas has a linewidth of ∼ 0.8 km s−1. This
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indicates that the turbulent motions are dissipating in dense region. Taking into account the fact

that TUKH122 is chemically evolved and the turbulence is almost dissipated within the core, we

suggest that this core is on the verge of star formation. In the new observations using the Nobeyama

45-m telescope, we detect not only the quiescent thermal component but also a turbulent wing

component in NH3 (J,K = 1, 1), simultaneously for the first time towards this core. The detection

of both NH3 quiescent and turbulent components may indicate a sharp transition from the turbulent

parent cloud to the quiescent dense core. This chemically evolved dense core (initial conditions of

star formation) may be cold (∼ 11 K) and coherent (∼ 0.3 km s−1).
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Chapter 1

General introduction

1.1 Stars and initial mass function

Stars are one of the most fundamental objects in the universe and are the main component occu-

pying about 90% of baryons in our Galaxy.

One of the most important properties of a star is its mass. By collapsing due to self gravity,

the central materials become high temperature and high pressure, and the nuclear fusion reaction

progresses accordingly. Once initial mass of a star is determined, its evolution after that can be

almost predicatable. It is thus important to understand how stellar initial masses are determined.

Histogram of initial masses of stars are defined as the stellar initial mass function (IMF), and

has been derived from nearby field stars (e.g., Salpeter, 1955). It is also studied toward various star

forming regions in our Galaxy and external galaxies. Through these observations, it is suggested

that the IMF shape is almost universal even though some power law variations have been reported

(e.g., Scalo, 1986; Kroupa, 2001; Chabrier, 2003).

The origin of the IMF, however, remains unclear. The IMF is generally expressed as a power

law, IMF ∝ m−α, where m is the initial stellar mass and α is the slope of the logarithmic plot.

Most popular IMF is that obtained by Salpeter (1955), with slope, α = 2.35, over the entire mass

interval between 0.4 − 10 M�.
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1.2 Interstellar molecular clouds

Stars are formed in interstellar molecular clouds where interstellar medium (ISM) is cold and

dense. ISM consists of gas and dust, and the main component of the gas is hydrogen (74% in mass

fraction), helium (25%), with minor contributions of the other heavier elements including C, N,

and O. The dust grains consist of carbon, silicon, oxygen, and other heavy elements. The mass

fraction of gas and dust is generally 100:1 (Hildebrand, 1983).

Atomic hydrogen (HI) is converted into molecular hydrogen (H2) in region where density

is higher than several 100 cm−3 and the UV radiation is shielded. Such dense region is called

interstellar molecular clouds. The gas temperature is near equilibrium between heating and cool-

ing, and the gas density changes with temperature in pressure equilibrium. Molecular hydrogen

(H2) does not emit radiation in cold environment because of lack of a permanent dipole moment.

Molecules with permanent dipole moment are used to trace the distribution and kinematics of

“invisible” H2. Such molecules are called as tracer molecules.

We often use 12C16O (CO hereafter) rotational transition to trace H2 because of the following

three reasons; (1) CO is the most abundant molecule as high as 10−4 relative to H2 (e.g., Dickman,

1978), (2) CO rotational level J = 1 lies 5.5 K above the ground state and is easily excited by

collision with H2 at 10 K, (3) CO is chemically stable. The critical density of CO is ∼ 103 cm−3,

which allows us to observe most of the molecular clouds whose density is higher than several

times 102 cm−3. Therefore, CO transition is the most powerful probe to reveal molecular clouds.

However, if we look into the physical conditions of dense region with a density of & 104 cm−3,

we need other molecules whose critical densities are as high as 105 cm−3.

1.3 Dense cores and embedded star formation

Molecular cloud condensation with the density higher than ∼ 104 cm−3 is called a molecular

dense core. For a few decades, molecular spectral observations and mm/submm dust continuum

emission observations have been carried out and allowed us to understand the physical conditions

in high dense regions of molecular clouds in low-mass star forming regions. “Dense cores” are

established by a series of studies done by Benson & Myers (e.g., Myers & Benson, 1983a,b; Myers

et al., 1983; Benson & Myers, 1989). They revealed that the molecular dense cores or dense cores
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have a density of 104−6 cm−3 and a temperature of 10 − 30 K.

Dense cores are birth places of stars. This was shown in 1980s with Infrared Astronomical

Satellite (IRAS) that observed 12, 25, 60, and 100 µm wavelengths toward 93% of all-sky area. A

number of infrared point sources, or young stellar objects (YSOs) which are associated with dense

cores were identified (Beichman et al., 1986).

YSOs are classified into various stages by their spectral energy distributions (SED) from the

earliest main mass accretion phase (protostars) to the more evolved pre-main-sequence phase.

It is well known to classify YSOs into three classes (Class I, II, and III) using the slope, α =

d log(λFλ)/d log λ, of SEDs at infrared wavelengths (e.g., Lada & Wilking, 1984; Adams et al.,

1987) . The slope is classically derived from 2.2 and 25 µm energy fluxes. Class I sources are

deeply embedded and show positive values of α of 0 to 3 (broader than single black body) because

of infrared excess by their circumstellar/envelope material. Class II sources show negative values

of α of −2 to 0 and cirumstellar disk emit infrared excess. Class III sources show negative values

of −3 to −2, suggesting a single black body from central stars. Class II and III correspond to the

pre-main-sequence star, in particular classical T Tauri star and weak-line T Tauri star, respectively.

An additional class, Class 0, was introduced by Andre et al. (1993) from submm continuum

observations. Their SEDs are well fitted by black body with a temperature of ∼ 30 K. In this

phase, central stars grow via mass accretion from the envelope cores and thought to be extremely

young protostars in the main mass accretion.

When dense cores collapse, protostars are formed, which are seeds of stars. In this phase,

urrounding circumstellar materials accrete onto the protostar to increase its mass. After the ac-

cretion stops and the parent dense core is swept away by outflows and/or radiations from stars,

stars become visible at optical wavelengths. However, the protostars in early stage are still deeply

embedded in the dense cores in early stage. They emit infrared radiation by heating surrounding

circumstellar dust.

Star forming activities of Class 0 surces is characteraized by powerful bipolar outflows. Re-

cent ALMA high spatial resolution observations clearly show that Class 0 objects have not only

infall motions but also Keplerian rotational motions (e.g., Ohashi et al., 2014a; Aso et al., 2015).

Furthermore, ALMA has also discovered centrifugal barriers where the kinetic energy of the in-

falling gas is converted to rotational energy. Chemical compositions drastically change in this
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transition zone due to accretion shocks (e.g., Sakai et al., 2014; Oya et al., 2016). ALMA allows

us to study a Keplarian disk formation and chemical compositions in the Class 0 phase, which is

directly proceeding to planet formation.

1.3.1 Timescale of core evolution

The timescale of dense core evolution can be estimated with the number ratio of each stage object.

For example, Onishi et al. (2002) estimated the typical lifetime of starless dense core to be several

times 105 yr by comparing the number of protostellar cores with starless cores together with the

age of T-tauri stars estimated from the H-R diagram. Andre & Montmerle (1994) also estimated

the lifetime of Class 0 sources to be ∼ 104 yr by comparing the number of Class 0 with Class I

sources.

Accuracy of the timescale is improved through big and sensitive survey of nearby star forming

regions with space telescopes such as the Spitzer Space Telescope and Herschel Space Observatory

. The Spitzer covers the wide wavelengths of 3.6 − 70 µm to identify embedded YSOs and

to characterize the different evolutionary stages, from deeply embedded Class 0 stage to young

stars which have lost most of their disks (Class III stage). One of the Spitzer legacy projects

is “From Molecular Cores to Planet-forming Disks”, or “Cores to Disks” abbreviated to “c2d

project” (Evans et al., 2003), which obtained images and SEDs of YSOs in five large, nearby

molecular clouds. By using these complete survey, Evans et al. (2009) derived the lifetimes of

each stages. The derived lifetime for the Class 0 phase is 0.1 − 0.16 My and for the Class I phase

is 0.44 − 0.54 Myr.

These timescales are compared with the free fall time of molecular clouds, which can be

written as

tff =
(

3π

32Gρ(0)

)1/2

= 4 × 105

(
104 cm−3

n

)1/2

yr, (1.1)

where ρ is the density (g cm−3) and n is the number density (cm−3). For dense cores with density

higher than 104 cm−3, the star-formation timescale is slightly longer than or comparable to the

free fall time. The collapsing motions might be moderately supported by some mechanism such

as magnetic field.
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1.3.2 Structural and dynamical evolution of cores

The density structure of the cores can use stability equilibrium or non-equilibrium state of cores.

In the Bonnor-Ebert sphere, a density contrast (central-to-surface density ratio) of 14 is the critical

value. Cores in non-equilibrium state are on the way to gravitational collapse or stabilized by other

mechanisms such as magnetic field and/or turbulence. We also often use virial analysis to look

into a core equilibrium state because of its easy analysis. By assuming a uniform density core, the

virial mass is estimated as

Mvir = 210 ×
(

r

1 pc

)
×
(

∆v

1 km s−1

)2

M�, (1.2)

where r is the radius and ∆v is the linewidth. MacLaren et al. (1988) suggested that the coefficient

of the virial mass depends on the density profile, ρ ∝ ra, with the power-law index a. For uniform

density (a = 0) the coefficient is 210, while for a power-law index (a = −2) similar to a Bonnor-

Ebert sphere, the coefficient is 126 (see equation 1.2). The virial parameter, αvirial, is derived

by αvirial = Mvir/Mcore. If the virial parametner, αvirial is less than 1, they are not in virial

equilibrium and may be undergoing dynamical collapse. This analysis takes turbulent motions by

using ∆v, but the magnetic filed is still ignored.

1.3.3 Chemical evolution of cores

In star forming regions, ages of YSOs are often used as an indicator of ages of these regions. For

starless cores, however, we cannot use this method. For starless cores in dark clouds, “chemical

evolution” has been used as indicators of evolutionary phase. Chemical evolution is a method to

estimate ages of starless cores under some physical conditions by studying observed molecular

abundances and chemical models.

Ion-molecule gas phase reaction plays an important role to produce many kind of molecules

in low temperature regions it is because ion-molecule reaction does not depend on temperature.

Approaching ions make molecules polarized, and dipole moments are produced. As a result, the

collisional cross section increases, and reaction rate becomes fast. For example, the presence

of H+
3 allows us to explain many observational results of interstellar chemistry such as HCO+

(H+
3 + CO −→ HCO+ + H2) and N2H+ (H+

3 + N2 −→ N2H+ + H2), carbon-chain molecules,
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and the isotopic fraction such as DCO+/HCO+ (Geballe & Oka, 1996).

Now, I will estimate the time scale of chemical equilibrium. For simplicity, I assume that

molecules are produced from H+
3 as following

H+
3 + A −→ HA+ + H2 (1.3)

and HA+ is destroyed by electron

HA+ + e −→ A + H, (1.4)

where A is a molecule or an atom. H+
3 is produced by following

H2 + c.r. −→ H+
2 + e (1.5)

H+
2 + H2 −→ H+

3 + H (1.6)

Taking into account these equation (1.3)−(1.6), the reaction rate equation can be written as

following based on H+
3 and H+

2 balance, respectively

d[H+
3 ]

dt
= k1[H+

2 ][H2] − k2[H+
3 ][A] (1.7)

d[H+
2 ]

dt
= ζ[H2] − k1[H+

2 ][H2] (1.8)

where k and ζ are reaction rate constant. From equation (1.7) and (1.8),

ζ[H2] = k2[H+
3 ][A] (1.9)

Therefore, the time scale of the chemical equilibrium is

t =
1

k[H+
3 ]

=
[A]

ζ[H2]
(1.10)

Assuming A is CO, the chemical time scale will be t =
[CO]
ζ[H2]

∼ 3 × 105 yr, which does
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not depend on density. This time scale is almost comparable to free fall time of molecular clouds

and thus the chemical composition may not be in equilibrium in molecular clouds. Therefore,

the chemical evolution will be one of the powerful tools to judge the evolutionary stages of dense

cores.

A pioneering study on the chemical evolution in dark clouds was done by Suzuki et al. (1992).

They investigated the chemical characteristics of carbon-chain molecules like CCS, HC3N, and

HC5N, and a N-bearing molecule, NH3, in nearby dark cloud cores identified by Myers & Benson

(1983b). They found that the abundances of the carbon chain molecules in dark clouds are corre-

lated with each other but not with NH3, which is more abundant in evolved cores associated with

protostars. Based on the gas phase production models of carbon-chain molecules (Suzuki, 1983;

Suzuki et al., 1992) and the gas phase production models of NH3 (Herbst et al., 1987; Galloway

& Herbst, 1989), the observed CCS/NH3 ratios can be explained if dense cores form from diffuse

gas in a period of 105 to 2 × 106 years. Thus, this ratio may be useful tracer of the chemical evo-

lution in dark clouds, namely carbon-chain molecules (CCS, HC3N) are abundant in chemically

early phase, while N-bearing molecules (NH3 and N2H+) are abundant in chemically late phase

associated with protostars.

Although chemical evolution of dense cores in dark cloud is well studied, that of GMCs are

less understood. Since most stars are formed in GMCs as clusters, the chemical evolution in GMCs

is of great importance in studying the star-forming process in the Galaxy. Dark clouds and GMCs

are different in their physical properties and associated star formation. Furthermore, it has become

clear that gas phase chemistry by itself cannot explain all of the data and that gas-grain interactions

and grain surface chemistry are essential as is evidenced by the detection of ices (Whittet et al.,

1996). On the grain surface, hydrogenated species such as H2O, NH3, and CH4 are produced

because of the high mobility of atomic hydrogen on the cold surfaces. Then, energetic phenomena

such as outflow shock waves and turbulent shocks, will provide the adsorbed NH3 molecule to

evaporate into gas phase from the grain surface.

Observations of a variety of molecular lines towards dense cores, offers information on how

cores evolve. In nearby cold dark clouds, it has been suggested that molecules such as CCS,

HC3N, NH3, and N2H+, and the neutral carbon atom C0 are good tracers of the chemical evolution

(e.g., Hirahara et al., 1992; Suzuki et al., 1992; Benson et al., 1998; Maezawa et al., 1999; Hirota
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et al., 2002, 2009). The carbon-chain molecules such as CCS, HC3N, and HC5N are produced

in chemically young stage by ion-molecular reactions and are easily depleted through both the

gas-phase reactions and adsorption (Aikawa et al., 2001; Hirota et al., 2010). On the other hand,

N-bearing molecules like N2H+ and NH3 are produced in chemically late stage and their depletion

time scale is larger than the other species because the nitrogen molecule N2, which is the precursor

of, N2H+ and NH3, is produced in the late stages of the gas-phase chemistry and has a small

binding energy on a grain surface (Aikawa et al., 2001). Therefore, the carbon-chain molecules,

CCS and HC3N trace the early chemical evolutionary stage, whereas N-bearing molecules, NH3

and N2H+ trace the late stage. However, we should be careful about N2H+ molecule because

this molecule is well known to react with gas phase CO to produce HCO+ (N2H+ + CO −→

HCO+ +N2), which means that N2H+ traces quiescent cold dense regions where CO is depleted.

It is suggested that CO evaporates from dust if temperature exceeds 25 K (e.g., Lee et al., 2004).

As I explained, GMCs are warmer than cold dark clouds (∼ 30 K) and are turbulent so that CO

may be able to evaporate even in dense cores. Taking these effects, the chemical evolution in

GMCs may differ from the above scenario. Therefore, it is highly needed to investigate these

chemical evolution in GMCs.

Therefore, we evaluate some of the indicators of chemical evolution established in cold dark

clouds (CCS, HC3N, NH3 and N2H+) as well as some other molecules (HCO+, HCN), if they can

be used a chemical clock in warm environments.

1.4 Dark clouds, giant molecular clouds (GMCs), and infrared dark

clouds (IRDCs)

Molecular clouds are classified as giant molecular clouds (GMCs) and dark clouds. GMCs have

molecular mass greater than 104 M� and comprise high-mass stars and cluster forming regions

(including low- intermediate- mass star-formation). They are dominated by turbulent motions

and are relatively high temperature (10 − 30 K). Dark clouds have mass lower than 104 M� and

comprise only low-mass isolated star forming region. They have narrower linewidth (∆v ∼ 0.3

kms s−1) and are cold (∼ 10 K).

Representative examples of GMCs (high mass star forming region) include the Orion A/B
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cloud, Vela C molecular cloud complex and others. The Orion A cloud and Vela C molecular

cloud complex are our targets of this thesis.

Their mass function and lifetime can be estimated by large surveys. In Large Magellanic

Cloud (LMC), GMCs with masses larger than 2 × 104 M� have been identified by NANTEN

observations and the mass spectrum of the clouds is fitted well by a power law of Ncloud(> MCO)

∝ M0.75±0.06
CO above the completeness limit of 5 × 104 M� (Fukui et al., 2008). Kawamura

et al. (2009) derived a lifetime of 20 − 30 Myr for these GMCs by adopting the timescale of the

youngest stellar clusters,10 Myr assuming that the number of the GMCs should be proportional

to the timescale of each evolutionary stage. They also suggested that the GMCs are destroyed by

strong UV radiation from massive stars.

Objects thought to host the earliest stages of high-mass star formations in GMCs are Infrared

Dark Clouds (IRDCs). They were recently discovered as dark regions obscuring the bright mid-

infrared background (Perault et al., 1996; Egan et al., 1998; Simon et al., 2006; Peretto & Fuller,

2009). Recent studies in IRDCs show masses of 102−4 M� or higher at a scale of ∼ 1 − 3

pc. Their embedded compact clumps have an average mass of ∼ 120 M� and size of . 0.5 pc

(Rathborne et al., 2006). Molecular line studies in NH3 found that they have a temperature of

∼ 15 K and a linewidth of ∼ 2 km s−1 (e.g., Pillai et al., 2006; Sakai et al., 2008b; Ragan et al.,

2011, 2012; Dirienzo et al., 2015). Furthermore, it has also been reported that IRDCs consist of

many filamentary structures (Rathborne et al., 2006; Sanhueza et al., 2010; Contreras et al., 2016).

Although there are some evidences for active high-mass star formation at certain locations in

IRDCs such as ultracompact (UC) HII regions (Hoare et al., 2007; Battersby et al., 2010), hot

cores (Rathborne et al., 2008), embedded 24 µm sources (Chambers et al., 2009), molecular out-

flows (Sanhueza et al., 2010; Wang et al., 2011), or maser emission (Wang et al., 2006; Chambers

et al., 2009), most of the IRDCs are quiescent and have massive cold IR-dark clumps, and thus

it is suggested that star formation has not started yet. Therefore, these objects are believed to be

the best targets in the earliest phase of high-mass star formation. Recent space telescopes such

as Spitzer and Herschel improved the sensitivities at mid infrared wavelengths and succeeded in

identifying a number of YSOs in IRDCs. The initial conditions of star formation will be revealed

by investigating molecular dense core which are extremely dense but a protostar does not exist.

Therefore, we should be careful about target selections even in IRDCs to reveal the initial condi-
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tions of high-mass star formation.

Representative examples of nearby cold dark clouds (low mass star forming region) include the

Taurus, Chamaeleon, and others. On contrary to dense cores in GMCs and IRDCs, those in dark

clouds are very quiescent. Dense cores in nearby cold dark clouds (such as Taurus, Ophiuchus,

and Camaeleon dark clouds) are cold (∼ 10 K) and narrow linewidth (∆v ∼ 0.3 km s−1) because

no massive stars are formed in this region.

There are observational evidence for lack of massive star formation in dark clouds. For in-

stance, Onishi et al. (2002) identified 55 H13CO+ condensations in Taurus, of which 44 are star-

less. The steep slope of the mass spectrum of these starless condensations shows dN/dM ∝

M−2.5 for 3.5 M� < M < 20.1 M�. The most massive starless core is 20.1 M�. Assuming star

formation efficiency of 30% (Evans et al., 2009; Machida & Hosokawa, 2013), no massive stars

will be formed in Taurus.

1.5 Possible scenario of star formation

I will summarize the recent understanding on formation of the low to intermediate-mass stars and

high-mass stars, respectively in the followings:

1.5.1 Low-mass stars

Most of stars in the local universe are low-mass stars (∼ 1 M�). Formation process of low mass

stars has been investigated intensively because of the abundance of low-mass stars, proximity of

low-mass star forming regions, and its simple physics and chemistry without effects from strong

UV radiation or shock by massive stars.

Theoretical models of the formation of a single, low-mass, and isolated star have been es-

tablished since Shu et al. (1987) provided its framework. In these models, star formation begins

with contraction of rotating and self-gravitational dense cores and protostars are formed through

gravitational collapse. Angular momentum of the core makes it form an accretion disk where the

centrifugal force balance the gravitational force and accretion of the surrounding materials. The

materials of the disk can accrete to the protostar by releasing its angular momentum through an

outflow (e.g., Snell et al., 1980). This main accretion phase continues for ∼ 1 Myrs. These phases

are classified as Class 0 and I as mentioned in the previous section.
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To reveal the collapsing process, the density structure is one of the most important information.

Bok globules are good targets to measure the density profile from central dense part to outer diffuse

part because they are isolated and uncontaminated by other sources. On the basis of near-infrared

observations, Alves et al. (2001) showed that the Bonnor-Ebert Sphere model (Bonnor, 1956;

Ebert, 1955) can explain observed radial column density profile of the bok grobule Barnard 68.

The Bonnor-Ebert shape consists of flat central region surrounded by a steeper outer region of

ρ ∝ r−2. Many nearby globules have shown the Bonnor-Ebert structure revealed by Kandori

et al. (2005); Launhardt et al. (2013). When a Bonnor-Ebert sphere collapse, it is expected that

the infall velocity increase with radius in the flat dense region because free fall time does not

depend on radius and takes the same time. On the other hand, in outer part of ρ ∝ r−2, the infall

velocity decrease with radius. Larson (1969) and Penston (1969) solved the density evolution of

an isothermal uniform density gas sphere analytically with assuming that a core does not maintain

kinetic balance (LP solution). They found self-similar solutions to describe the collapse of an

isothermal gas (“runway” collapse). When a central object (first core) is formed, the density profile

reaches ρ(r) = 4.4(c2
s/2πG)r−2 and velocity field is v(r) = 3.3cs. Shu et al. (1987) also showed

the isothermal similarity solution, which assume a core that slowly increase its central density

through ambipolar diffusion with keeping equilibrium state. After the density profile achieves a

singular isothermal sphere, the core is dynamically collapse (“inside-out” collapse). This model

considers ρ(r) = (c2
s/2πG)r−2 when the core is collapse. To be exact, LP solution described infall

motion before the first core is formed, while Shu model described core collapsing motion after the

first core is formed. Therefore, Hunter (1977) and Whitworth & Summers (1985) developed LP

solution by analyzing collapsing motion after the first core formation. Hunter (1977) showed the

case of unstable Bonnor-Ebert sphere. Whitworth & Summers (1985) derived similarity solutions

for the isothermal sphere with the Shu and LP solutions.

These models suggest that the density and velocity structure show ρ ∝ r−1.5 and v ∝ r−0.5,

respectively, from the center to the outside. The outside radius expands with sound speed (cs) for

the Shu solution and with 3.3cs for the LP solution. The mass infall rate is predicated to be ∼ c3
s/G

for the Shu solution and 48 times higher than this for the LP solution. Recent observations have

reported that the infall motion can be explained by the inside-out collapse (e.g., Hogerheijde &

Sandell, 2000; Kurono et al., 2013; Evans et al., 2015) or by the isothermal collapse of a marginally
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critical Bonnor-Ebert sphere (former accretion is similar to the LP solution but the later accretion

is similar to the Shu solution) (Kurono et al., 2013).

However, this scenario has mainly been established based on observations of bok globules or

isolated low-mass dense cores where thermal motions are dominant in cores found in cold dark

clouds (e.g., Tatematsu et al., 1993; Caselli & Myers, 1995). Taking into account the fact that most

stars (70 − 90 %) are formed in GMCs as clusters (Lada & Lada, 2003), it is of great importance

to check if this scenario also applies to cluster forming regions where nonthermal motions are

dominant.

To reveal star forming process in GMCs and cold dark clouds, it is essential to compare the

initial conditions of star formation in prestellar cores (e.g., density distribution, linewidth distribu-

tion, and velocity fields) between them.

1.5.2 High-mass stars

Even though high mass stars (≥ 8 M�) are rare, they rule the energetics and chemistry of inter-

stellar matter via by strong UV radiation and supernova explosions.

Nowadays, it is widely accepted that high-mass stars are formed in dense cores (coalescence

of stars are much rare). However, there are mainly two problems to answer in high-mass star

formation. One is the accretion flow inversion problem and the other is timescale problem. The

accretion flow inversion problem is that accretion cannot proceed because the outward radiation

pressure from the central star exceeds the inward gravitational pressure. The timescale problem

is that the central star finishes the main sequence phase before the star increases its mass and

becomes high-mass stars assuming the typical accretion rate ( ∼ 10−7 M� yr−1) of low-mass star

formation. Therefore, it might be possible that high-mass stars are formed in a process different

from low-mass star-formation.

One possible solution is that high-mass stars form at a very high mass accretion rate. If the

mass accretion rate is as high as 10−3 M� yr−1, the feedback effect becomes less important by the

dynamical pressure and a several 10 M� can be formed. If this is the case, a massive outflow is

expected to release the angular momentum through accretion process. Some observations support

such massive outflow (e.g., Sanhueza et al., 2010; Zhang et al., 2015; Tan et al., 2016; Feng et al.,

2016)
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However, studies of high mass star formation are relatively few compared with that of low mass

star formation. The reason is that high-mass stars form in crowded and complex environments

(clusters) at large distances (& 2 kpc), making it difficult to resolve individual objects in clusters.

Another difficulty is their very short prestellar phase (Motte et al., 2007) in spite of the fact that

revealing the prestellar phase is very important to investigate high-mass star-forming processes.

There are currently two main models of high-mass star formation under debate: the turbulent

core accretion model and the competitive accretion model. These two models differ in how and

when the mass is gathered.

Turbulent core accretion model

The turbulent core accretion model is a scale up version of low-mass star formation. A dense core

is supported by self-gravity, turbulence, and magnetic field. The core does not have fragmentations

any more, and a single or a close multiple-star system are formed. In this model, the dense cores

must be massive, much larger than the final stellar masses, because no further accumulation from

surrounding cloud to core occur (McKee & Tan, 2003).

In this model, the star formation process is the same way as the low-mass star formation and the

efficiency (the final stellar masses per unit dense core mass) may be almost constant. In low-mass

star forming region, star formation efficiency (SFE) is estimated to be 0.3 (Evans et al., 2009). By

accepting a constant SFE, we can expect there is a direct relation between the distribution function

of core masses (Core Mass Function, CMF) and that of stellar masses (Initial Mass Function,

IMF). It is also predicted that cores that form high-mass stars should be highly turbulent McKee

& Tan (2003). These turbulent motions support the cores against gravitational instability, which

means that cores are virialized (αvirial = Mvir/Mcore ∼ 1).

In order to test this model from observations, one of the important results should be identifying

“massive prestellar core” having αvirial = Mvir/Mcore ∼ 1. Tan et al. (2013) claimed to find a

massive prestellar and virialized core that are bounded by the high pressures of their surrounding

clumps and magnetic field, consistent with the turbulent core accretion model. However, Tan et al.

(2016) reported to identify highly collimated bipolar outflow that is being launched from the core,

suggesting that the core is not prestellar. Further research is needed to test this model.
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Competitive accretion model

Alternative is competitive accretion model. According to this model, high-mass star formation

is highly dynamical. Large scale clumps (& 1 pc) fragment into cores having the thermal Jeans

mass (Bonnell et al., 2004; Bate & Bonnell, 2005). Because the thermal Jeans mass is ∼ 1 M�,

mass accretion from surrounding gas is important to form high-mass stars. If we assume high-

mass stars are formed in high density clouds, the thermal Jeans cores are embedded in a massive

surrounding cloud. Some cores are located at the center of the gravitational potential in the cloud

and may increase the mass via Bondi-Hoyle accretion. Eventually, high-mass stars are formed.

One important distinction from the turbulent core accretion model is that “prestellar core” is not

enough massive to form high-mass stars by itself. Not only gravitational collapse of the core but

also large-scale inflow from the cloud is crucial.

In order to test this model from observations, one of the important results should be identifying

“only low-mass (thermal Jeans mass) prestellar cores”. In the cores where the gravitational po-

tential is deep and high-mass stars are finally formed, the virial parameter αvirial should be much

lower than unity (Kauffmann et al., 2013).

Pillai et al. (2011) found prestellar cores having much lower values of virial parameters con-

sistent with the competitive accretion model. However, Henshaw et al. (2016) suggested that these

cores are supported by magnetic field and virialized. Zhang et al. (2009), Wang et al. (2011) and

Ohashi et al. (2016a) suggested that a continuous accretion over a large scale from 1 to 0.01 pc

onto protostars are needed to form high-mass stars. These results are inconsistent with the tur-

bulent core accretion model. Moreover, the core masses they identified are much larger than the

Jeans mass, which is also inconsistency with the competitive accretion model.

These observations do not support any of these two models and further research is needed to es-

tablish theories of high-mass star formation. To judge which scenario is true by observations, it

is highly needed to identify initial conditions of high mass star formation. In order to search for

such region (star formation has not stared yet but on the verge of star formation), we need to find

out what evolutionary phase the molecular cloud core is in. For example, in case that molecular

clouds are in very young stage, dense core formation has not started yet and chemically evolved
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massive prestellar cores should not exist even if core accretion model is true. Therefore, we should

know the evolutionary stages of massive dense cores in starless phase.

1.6 Scope of this work

In dark clouds, chemical compositions of cores have been used as an indicator of evolutionary

stages of cores (“chemical clock”). It is not clear, however, if chemical clocks established in cold

cores also apply to warm cores whose temperature exceeds sublimation temperature of important

players of chemical reaction networks. For example, CO sublimation temperature is 25 K. There-

fore, we evaluated several molecules as candidate tracers of chemical evolutions of the dense cores

in two typical GMCs, the Orion A cloud and the Vela C giant molecular cloud complex, whose

masses exceeding 104 M� and temperature exceeding 60 K. We will establish the chemical evolu-

tion in dense cores and reveal their evolutionary stages. By comparing chemically evolved dense

cores with chemically young cores, we estimate the timescale of dense cores and investigate what

is the important factor to initiate star formation. We also search for dense cores on the verge of

star formation.

To understand the star formation process in GMCs, the initial conditions of star formation

must be uncovered. For example, revealing initial conditions of star formation is quite essential to

determine formation process, initial masses and multiplicity of stars, and the nature of protoplan-

etary disks around them. However, such dense cores on the verge of star formation are very rare

because starless cores are in equilibrium state for ∼ 105 yr in dark clouds (Onishi et al., 2002). By

accepting the “inside-out” collapse of the Shu model, we can expect that a dense core with a power

law, ρ ∝ r−2 alone, may be the initial conditions of star formation even though we don’t know

whether this model can be applied to cluster formation in GMCs or not. However, spatially high

resolution and dynamic-range observations are quite important to determine the density structures

of dense cores in GMCs because GMCs are located further from the earth. Therefore, it is difficult

to determine the evolutionary stage of dense cores by judging from physical properties.

To determine the evolutionary stages of the dense cores and discover a critical dense core

having the initial conditions, I am focusing on the chemical evolution, which will be a powerful

tool to determine the evolution and search for the dense core. Therefore, the aim of this thesis is

to establish the chemical evolution of dense cores in GMCs. This will allow us to promote a new
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Figure 1.1: Schematic view of the approach of this thesis

exploration not only in our Galaxy but also in nearby galaxies. It is expected that the evolution

of clouds in nearby galaxies will become major research topics because ALMA resolution and

sensitivity will allow us to study it in great detail. However, the evolution of GMCs has not been

established in our Galaxy. I expect to obtain a new paradigm of GMC evolution study, which will

naturally lead to astrochemical study of clouds in nearby galaxies by ALMA.

1.7 Source selection

1.7.1 The nearest, best studied GMC: Orion A cloud

The Orion A cloud is one of the nearest (418 pc; Kim et al., 2008) and best studied GMCs .

Regarding the chemical evolution of the Orion A cloud, there are some recent studies. Tatem-

atsu et al. (2010) detected the CCS emission, which is known as a young gas tracer in cold dark

clouds, in the Orion A GMC for the first time. Tatematsu et al. (2014a) mapped six cores of

the Orion A GMC in N2H+ and CCS, and found that the N (N2H+)/N (CCS) ratio is low toward

starless core regions while it is high toward star-forming core regions. Thus they suggested that
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the N (N2H+)/N (CCS) ratio will be an indicator of the chemical evolution not only in cold dark

clouds (Suzuki et al., 1992) but also in the Orion A cloud if the gas temperature does not exceed

∼ 25 K. For & 25 K, N2H+ is destroyed by CO evaporation from dust (e.g., Lee et al., 2004). In

fact, Reiter et al. (2011) found that N2H+ poorly traces dust emission in high mass star-forming

regions, and suggested that CO destroys N2H+ in the warm gas phase. It is desirable to identify

new late-type tracers, which are valid even in such high-temperature regions. Benson et al. (1998)

pointed out that c-C3H2 column densities are correlated with those of N2H+ and anticorrelated

with those of CCS. It might indicate that c-C3H2 would be a late type tracer like N2H+. Sanhueza

et al. (2012) also found that HCO+ is more abundant than N2H+ in evolved Infrared Dark Clouds

(IRDCs) because HCO+ is created by a combination of N2H+ and CO.

Thanks to recent high sensitivity space telescopes like the Spitzer Space Telescope and Her-

schel Space Observatory, protostars deeply embedded in GMC dense cores have also been iden-

tified as infrared excess. For instance, Megeath et al. (2012) performed a protostar survey of

the Orion A and B molecular clouds undertaken with the IRAC and MIPS instruments on board

Spitzer and identified 488 protostar candidates.

1.7.2 Nearby GMC in different conditions: Vela C molecular cloud complex

In order to understand the chemical compositions and evolutions in GMC cores in general, it is

important to examine the chemical properties of different phases and environments of GMCs and

a lot of star-forming dense cores.

The Vela molecular clouds or ‘Vela Molecular Ridge’ (Murphy & May, 1991) is one of the

closest (700 pc; Liseau et al., 1992). GMCs within the Galactic plane, and consists of four com-

ponents labelled A through D. The Vela C giant molecular cloud complex is the most massive

component of the Vela region, and accompanies a bright HII region, RCW 36, associated with an

early type star (spectral type O5-B0) (Massi et al., 2003).

Giannini et al. (2012) also performed a protostar survey toward the Vela C molecular cloud

complex with with PACS and SPIRE on board Herschel and identified 48 sources as protostars

based on 70µm excess,. By using these protostellar catalogs, protostellar cores and prestellar cores

can be defined as association with protostars. From these definitions, I would like to investigate

how chemical compositions are changed from prestellar to protostellar cores assuming that dense
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cores evolve from prestellar into protostellar cores.

1.7.3 A starless, chemically-evolved dense core, TUKH 122

Tatematsu et al. (2014a) investigated the chemical evolution toward six dense cores in the Orion A

cloud using CCS and N2H+ emission. They found that the N (N2H+)/N (CCS) can be an chemical

evolutional tracer even in GMC with a kinetic temperature < 25 K. In their targets, TUKH122 is

a starless but takes the highest ratio of the N (N2H+)/N (CCS)∼ 2 − 3 within starless.

Here, we report new single-pointing observations of the NH3 (J,K) = (1, 1) and (2, 2) emis-

sion lines toward the TUKH122 core at 0.05 km s−1 velocity resolution using the Nobeyama 45

m telescope in order to investigate the kinematics and the physical conditions of the core. Mea-

surements of the NH3 inversion lines are ideal for temperature of dense gas (Ho & Townes, 1983).

Therefore, we will provide kinetic temperature and turbulence information from a good example

of a dense core on the verge of star formation.

1.8 Thesis outline

The outline of this thesis is as follows. In Chapter 2, I present the results of the chemical variations

of protostellar and prestellar dense cores located in the Orion A cloud and discuss the chemical

evolution and dynamical evolution of the dense cores in this prototypical GMC. In Chapter 3, I

show the results of the chemical evolution of dense cores located in another nearby GMC under

different environment, the Vela C molecular cloud complex, and test whether the indicators of

chemical evolution of dense cores in the Orion A cloud are useful for dense cores in other regions.

In Chapter 4, spatial and dynamical structure of a chemically-evolved starless dense core in Orion,

TUKH122, will be analyzed via observations in NH3 (J,K = 1, 1) and (2, 2) lines. An evidence

for turbulence dissipation was found. Current results prefer a coherent core scenario as the initial

conditions of star formation.
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Chapter 2

Chemical evolutions of dense cores in

the Orion A cloud

A part of this chapter has been published as Ohashi, Satoshi; Tatematsu, Ken’ichi; Choi, Minho;

Kang, Miju; Umemoto, Tomofumi; Lee, Jeong-Eun; Hirota, Tomoya; Yamamoto, Satoshi; &

Mizuno, Norikazu, PASJ, 66, 119 (Ohashi et al., 2014b)
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Abstract

We carried out mapping observations in N2H+, CCS, cyclic C3H2, H13CO+, HCO+, and HCN

lines toward six cores in the Orion A cloud with the Nobeyama 45 m telescope and the KVN 21

m telescope. The N2H+ and CCS data were observed with the Nobeyama 45 m and other lines

were observed with the KVN 21 m telescope. We examined the chemical characteristics of the

cores and found a tendency for the column density ratio, N (c-C3H2)/N (CCS), to be low in starless

regions while it is high in star-forming regions. We also found that N (H13CO+) is enhanced in

cluster-forming regions compared with those in isolated star-forming regions. Furthermore, we

found that the N (NH3)/N (CCS) and N (NH3)/N (HC3N) ratios are high in star-forming cores and

low in starless cores in the Orion A cloud for a wide range of the kinetic temperature, Tk = 10 to

60 K. We suggest that the N (NH3)/N (CCS), N (NH3)/N (HC3N), and N (N2H+)/N (CCS) ratios

may be indicators of chemical evolution in GMCs, including warmer regions. From a comparison

between cores associated with protostars and cores without protostars through virial analysis, we

also suggest that the dissipation of turbulence initiates star formation. Finally, we found that the

N (NH3)/N (CCS) ratio increases with the dissipation of turbulence. This may suggest that the

chemical evolution can be an indicator of the dynamical evolution of the core.



2.1 Introduction of this chapter

The Orion A cloud is one of the nearest GMCs form the earth. Therefore, it is relatively easy

to detect weak molecular lines such as CCS and HC3N. Furthermore, physical conditions of the

Orion A cloud cores have been well studied by many observations.

The Orion A cloud has a filamentary structure elongated in the north-south direction. Many

observations have identified active star-forming sites in the Orion A cloud (e.g., Genzel & Stutzki,

1989; Strom et al., 1993; Chini et al., 1997; Megeath et al., 2012). The OMC-2/3 region is located

on the northern end of the filament and one of the most active star-forming regions in the Orion

A cloud. Dense cores of this region were studied by Tatematsu et al. (1993); Cesaroni & Wilson

(1994); Aso et al. (2000); Takahashi et al. (2013). Cesaroni & Wilson (1994) estimated the gas

kinetic temperature of dense cores in the OMC-2/3 region to be ∼ 20 K, which is higher than the

typical value of 10 K in dark clouds cores (e.g., Benson & Myers, 1980). Megeath et al. (2012)

carried out the protostars identification using IRAC and MIPS data and cataloged the protostars

in the Orion A and B clouds. The Megeath catalog shows many protostars, and it is clear that the

Orion KL cluster (e.g., Genzel & Stutzki, 1989) and the OMC-2/3 region are star-forming sites

much more active than the other part of the cloud. However, it is not clear why star forming activi-

ties differ from place to place. Aso et al. (2000) observed the OMC-2/3 region in the HCO+ (1−0)

and H13CO+ (1−0) lines. They performed virial analysis with external pressure, and compared

the properties of cores associated with protostars and those without protostars. They suggested

that the dissipation of turbulence initiates star formation. However, the H13CO+ emission might

be affected by outflows (e.g., Tatematsu et al., 2008). It is desirable to investigate the properties of

cores using quiescent core tracers such as N2H+. The Orion A cloud has previously been observed

in using HCN, HCO+, and H13CO+ (e.g., Rydbeck et al., 1981; Ungerechts et al., 1997). From

these observations, it seems that HCN, HCO+ distribution is more or less similar and traces dense

gas regions. These lines are most likely optically thick. The H13CO+ line, which is optically thin,

is often used to identify the dense cores as well as N2H+ (e.g., Ikeda et al., 2007; Onishi et al.,

2002). In extragalactic nuclei, it is recently suggested that HCN/HCO+ abundance ratio varies be-

tween AGN-host galaxies and pure starburst galaxies because of high temperature chemistry (e.g.,

Izumi et al., 2013). Therefore, we are interested in differences of HCO+ and HCN molecular lines

on the GMC core scale.
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In this study, we investigate the chemical and physical evolution of cores through mapping

observations of N2H+, cyclic C3H2, CCS, H13CO+, HCO+, and HCN lines. We also analyze

NH3, HC3N, and CCS data taken from Tatematsu et al. (2010); Wilson et al. (1999). We expect that

N2H+, NH3, and cyclic C3H2 are chemically evolved tracers while CCS and HC3N are chemically

young type tracers even in GMCs. The purpose of this study is 1) to find a molecule which

is a better chemical tracer than N2H+, 2) to understand how different the chemical properties

of molecular cloud cores in the GMC are, compared with those in cold dark clouds, and 3) to

investigate the physical parameters between starless cores and star-forming cores in the GMC and

understand what initiates star formation using N2H+.

2.2 Observations toward the Orion A cloud

We observed cyclic C3H2 (JKaKc = 212 − 101), H13CO+ (J = 1 − 0), HCO+ (J = 1 − 0), and

HCN (J = 1 − 0) lines toward the six cores in the Orion A cloud with the KVN 21 m antennas

in the single-dish telescope mode. The target cores are TUKH003, 021, 088, 097, 117, and 122.

TUKH refers to the core catalog by Tatematsu et al. (1993). The positions of these cores are

shown in Figure 2.1. We selected these cores because Tatematsu et al. (2010) detected in CCS

JN = 43 − 32 emission at 45 GHz toward these cores.

The observations were carried out with the KVN Tamna telescope from 2013 March 17 to

June 5, and with the KVN Ulsan telescope from 2013 March 23 to 25. The data were obtained

using the high-electron-mobility-transistor (HEMT) receiver for 86 GHz band. Digital filters and

spectrometers were used as the back end. The details of KVN telescopes are given in Lee et al.

(2011) and Kim et al. (2011). The half-power beam width (HPBW) and main beam efficiency ηMB

of the telescope is 31.5 arcsec and 39 %, respectively. All the observations were done in position

switching mode. All the maps were made on a 7 x 7 grid at a spacing of 20 arcsec, and the map

center positions are taken from the core catalog of Tatematsu et al. (1993). The reference positions

were (∆ R. A., ∆ Dec.) = (−30′, 0′) with respect to the map center except for TUKH088. For

TUKH088, the reference position was (∆ R. A., ∆ Dec.) = (−60′, 0′) because (∆ R. A., ∆ Dec.)

= (−30′, 0′) position of TUKH088 was detected in the HCO+ emission. The rms noise level in

the 86 GHz observations are ∼ 0.5 K at 30 kHz resolution. The observed data were reduced using

the software package “CLASS”.
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Figure 2.1: The positions of the observed cores. The color is the CS J = 1−0 peak intensity map
(Tatematsu et al., 1993).
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We also observed N2H+ (J = 1−0) and CCS (JN = 76−65) lines toward the same cores with

the Nobeyama 45 m telescope from 2013 January 13 to 24. The employed receiver front end was

the single-beam two-polarization two-sideband-separation (2SB) SIS receiver “TZ1” (Asayama

& Nakajima, 2013; Nakajima et al., 2013). We observed N2H+ J = 1 − 0 in the V (vertical)

polarization and CCS JN = 76 − 65 emission in the both polarization, simultaneously. The upper

energy level Eu for each transition are 4.3 and 15.3 K, respectively. The HPBW and main beam

efficiency of the telescope is 19.1 arcsec and 41% at 86 GHz, respectively. We used “SAM45” at

the receiver back end digital spectrometer. The spectral resolution was 30.52 kHz, corresponding

to ∼ 0.1 km s−1. The observations were done in position switching mode and their spacing was

20 arcsec. The reference positions were (∆ R. A., ∆ Dec.) = (−30′, 0′) with respect to the map

center. The rms noise level in the CCS observations are ∼ 0.06 K at 30 kHz resolution. The noise

level in the N2H+ observations is about
√

2 times higher than the rms in CCS because of the single

polarization observations. The observed data were reduced using the software package “Newstar”

The observational parameters are summarized in table 2.1

Table 2.1: Summary of observed molecular lines
Molecule Transition Rest frequency Telescope Beam size

(GHz) (”)
N2H+ J = 1 − 0 93.173777 Nobeyama 45 m 20
CCS JN = 76 − 65 81.505208 Nobeyama 45 m 20
cyclic C3H2 JKaKc = 212 − 101 85.338906 KVN 21 m 31.5
H13CO+ J = 1 − 0 86.754288 KVN 21 m 31.5
HCO+ J = 1 − 0 89.188526 KVN 21 m 31.5
HCN J = 1 − 0 88.630415 KVN 21 m 31.5

2.3 Results of the Orion A cloud

Figures 2.2 to 2.7 show the velocity integrated intensity maps of N2H+ J = 1−0 F1 = 2−1, CCS

JN = 76−65, c-C3H2 JKaKc = 212−101, H13CO+ J = 1−0, HCN J = 1−0, and HCO+ J = 1−0

emissions. We also plot the locations of the protostars identified as Class 0 or I by Megeath et al.

(2012). The TUKH003 and 021 core regions accompany eight and nine protostars, respectively.

On the other hand, the TUKH088, TUKH097, and TUKH117 core regions accompany only one

or two protostars. Thus, we define the TUKH003 and 021 cores as cluster forming and define

the TUKH088, 097, and 117 as the isolated star-forming region. From figures 2.2 to 2.7, we see
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that there are some displacements of peak positions between c-C3H2 and H13CO+. This might

be caused by chemical evolution, discussed in the subsequent section. The HCO+ and HCN

emissions were detected in almost all the positions. Those distributions are similar. To investigate

the chemical characteristics and compare the column densities of these lines in these cores, we

identified 36 positions that were detected in N2H+, c-C3H2, and H13CO+ emissions at more than

3 σ noise levels in the six molecular cloud cores. We labeled these positions as “A, B, C, . . . ”

after core number TUKH (table 2.3). Tatematsu et al. (2014a) also identified local peaks of CCS

(JN = 76−65) or N2H+ (J = 1−0) and labeled in the same way. To avoid confusion, our labels

are continued from Tatematsu et al. (2014a). The underlined TUKH numbers of table 2.3 indicate

starless regions, while the others are star-forming regions.

2.3.1 Individual core

In the TUKH003 region (figure 2.2), all the emission lines were strongly detected. This region

is well known as the OMC-3, which is an active star-forming site and has a filamentary structure

along north-south direction. The protostars are distributed along the filamentary structure. The

c-C3H2 and H13CO+ distributions are similar to that of N2H+ and all these peak positions are

located in the center of the filament corresponding to “003B”. The HCN and HCO+ molecules

are widely distributed and they are intense toward the northwestern region. This can be explained

by two factors. First, the optical depth will be large in the HCO+ and HCN emission lines,

and they cannot trace the inner high density region. Second, the HCO+ and HCN are sensitive

to the temperature because of the optical thickness. In fact, Li et al. (2013) derived the kinetic

temperature ∼ 20 K toward the northeastern region using NH3 (1,1) and (2,2) lines. Note that the

eastern region (R.A. > 5 h 35 m 22.3 s) was not observed with the KVN telescope.

The TUKH021 region (figure 2.3) contains several protostars and is the most active star-

forming region in our observed cores. All the emission lines were strongly detected. The c-C3H2

and H13CO+ distribution are more or less similar to the N2H+ distribution, but there are some

differences in the local peak positions. In the eastern region, there is a local peak of c-C3H2 but

neither N2H+ nor H13CO+ emission was detected. Tatematsu et al. (2014a) detected the CCS

(JN = 76−65) emission in this position and labeled as “TUKH021B” in their study. It might be

suggested that this region is “Carbon-Chain-Producing Regions (CCPRs)” (Sakai et al., 2008a;
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Hirota et al., 2009) despite the fact that the protostar is associated with this region. However, this

region is located a few acrmin north of Orion-KL, and the kinetic temperature changes from 18

to 45 K on small scales (Wiseman & Ho, 1998). It is not clear whether the chemical properties

are affected by the stellar radiation or temperature variation. The carbon-chain molecules of CCS

may also be produced by shocks such as outflow. Yamaguchi et al. (2012) detected CCS emission

in the L 1157 B1 shocked region driven by an outflow.

In the TUKH088 (Figure 2.4), the KVN observations did not cover the N2H+ peak position,

which corresponds to a position of a protostar. However, all the emission lines become intense

toward the protostar. In this region, the distributions of these lines are relatively similar, in contrast

with the TUKH003 and 021 cluster regions. In the north, there is the H13CO+ intensity peak

“088A”. This H13CO+ peak position “088A” corresponds with CCS (JN = 76−65) intensity peak

position.

TUKH097 region (Figure 2.5) contains two protostars. The peak position of H13CO+ emission

of “097A” corresponds with the CCS peak position. The distributions of all the emission are

similar. The protostars are associated with local peaks of the c-C3H2 and the H13CO+ emission,

taking into account the beam size.

The TUKH117 region (Figure 2.6) is associated with two protostars, one of them is Haro 4-255

FIR (Megeath catalog number 551), which drives a molecular outflow (Evans et al., 1986; Lev-

reault, 1988). We have detected wing profiles in the HCO+ and HCN emission. All the emission

lines except for CCS are intense toward the core center. In contrast, CCS emission is distributed

around the N2H+ core. Thus, the c-C3H2 and the H13CO+ distribution is anticorrelated with the

CCS distribution. Since this core already form the protostar and has the outflow, it is unlikely

that the CCS molecule is depleted in the center position. We suggest that these anticorrelated

distribution may be explained by the chemical evolution.

The TUKH122 region (Figure 2.7) is starless. We found that the H13CO+ peak position lo-

cated in the northwestern region corresponds to the CCS (JN = 76 − 65) local peak position

identified as “TUKH122A” by Tatematsu et al. (2014a).

We summarize the general tendency found in our observations. The c-C3H2 and H13CO+

distribution resembles the N2H+ distribution. However, the peak positions of H13CO+ correspond

to the CCS (JN = 76−65) emission peak positions in the TUKH088 and 122 cores. Thus, H13CO+
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traces high dense region but it will be depleted in cold dense region. The c-C3H2 distribution is

similar to the N2H+ distribution rather than CCS, suggesting that c-C3H2 traces not chemically

young gas but evolved gas. The properties and chemical differences of these molecules will be

discussed later.

2.3.2 Hyperfine fitting and derivation of physical parameter

Table 2.2 lists the physical parameters of N2H+ cores. We fitted the hyperfine component model

to the N2H+ spectra, and derived the optical depth, LSR velocity, linewidth, and excitation tem-

perature assuming a uniform excitation temperature in the N2H+ hyperfine components. The

intrinsic line strengths of the hyperfine components are adopted from Tiné et al. (2000). The opti-

cal depth τtot is the sum of the peak optical depths of all the hyperfine components. In TUKH003,

TUKH097, and TUKH117, we identified two velocity components and fitted by using the two-

component hyperfine model. Figure 2.8 shows the examples of hyperfine-fitting results in the peak

positions of the cores. If we identified two velocity components, we only use the column densities

of the main components. Peak positions are listed in table 2.2, and in Tatematsu et al. (2014a)

corresponds to 003B, 021I, 088B, 097C, 117C, and 122C. The column density is calculated by

assuming local thermodynamic equilibrium (LTE). The formulation can be found, for example, in

Furuya et al. (2006). The fitting results of the optical depth and the excitation temperature range

τ = 0.7 − 30 and Tex = 4 − 30 K (see also table 2.2).

The HWHM (half of FWHM) core radius R is defined as
√

S/π, where S is the core area at

the half-maximum level of the N2H+ integrated intensity. The core mass MLTE was derived by

assuming the N2H+ fractional abundance relative to H2, 3.0 × 10−10 (Caselli et al., 2002).

Table 2.2: Physical parameter of the N2H+ cores
TUKH Peak Position Rcore (N2H+) τ (N2H+) Tex(N2H+) N (N2H+) MLTE

R.A. (h:m:s) Decl. (◦:′:”) (pc) (K) (cm−2) (M�)
003 5:35:19.0 −5:00:29.1 0.08 5.7±1.1 11.2±0.7 (3.7±0.1) E+13 54
021 5:35:17.3 −5:19:12.8 0.09 3.3±0.7 20.8±1.8 (9.7±0.9) E+13 180
088 5:37:0.5 −6:37:19.2 0.03 5.4±1.3 4.8±0.2 (1.5±0.4) E+13 3.1
097 5:37:57.8 −7:07:2.1 0.06 4.2±1.0 7.5±0.5 (2.1±0.2) E+13 17
117 5:39:19.7 −7:26:7.5 0.04 4.5±1.0 11.0±0.8 (4.4±0.3) E+13 20
122 5:39:42.5 −7:29:50.3 0.08 20.3±3.4 4.0±0.1 (1.1±0.1) E+13 16

Table 2.3 lists the column densities of the observed molecules toward the identified intensity
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Figure 2.2: Velocity-integrated intensity maps. The velocity range for integration is 8.0 to 13.0
km s−1. The top panels show the N2H+(1-0, F1 = 2−1) and CCS (JN = 76 − 65) maps. The
contours start at 20 σ in N2H+ and 3 σ in CCS. The interval is 20 σ in N2H+ and 1 σ in CCS (1 σ
is 0.033 and 0.027 K km s−1, respectively). The middle panels show c-C3H2(JKaKc = 212 − 101)
and HCN (1-0) maps. The contours start at 3 σ in c-C3H2 and 12 σ in HCN. The interval is 1.2
σ in c-C3H2 and 3 σ in HCN (1 σ is 0.36 and 0.86 K km s−1, respectively). The bottom panel
shows HCO+(1-0) and H13CO maps. The contours start at 15 σ in HCO+ and 8 σ in H13CO+.
The interval is 4 σ in HCO+ and 2 σ in H13CO+ (1 σ is 1.2 and 0.38 K km s−1, respectively). The
open star signs represent the location of the protostar in Megeath et al. (2012). The white circle
represents the beam size of the Nobeyama 45 m and the KVN 21 m telescopes. The cross signs
represent the location of core intensity peaks.
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Figure 2.3: The same as Figure 2.2 but for TUKH021. The velocity range for integration is 8.0 to
12.0 km s−1. The contours start at 15 σ in N2H+, 3 σ in CCS, 6 σ in c-C3H2, 6 σ in H13CO+, 120
σ in HCN and 140 σ in HCO+. The interval is 15, 1, 1.8, 2, 10, and 15 σ. (1 σ is 0.231, 0.046,
0.45, 0.50, 0.51, and 0.51 K km s−1, respectively).
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Figure 2.4: The same as Figure 2.2 but for TUKH088. The velocity range for integration is 4.5 to
7.5 km s−1. The contours start at 3 σ in N2H+, 3 σ in CCS, 4 σ in c-C3H2, 4 σ in H13CO+, 10 σ
in HCN and 20 σ in HCO+. The interval is 3, 1, 1, 1, 2, and 5 σ. (1 σ is 0.0531, 0.034, 0.22, 0.21,
0.35, and 0.35 K km s−1, respectively).
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Figure 2.5: The same as Figure 2.2 but for TUKH097. The velocity range for integration is 4.2 to
7.8 km s−1. The contours start at 10 σ in N2H+, 3 σ in CCS, 3 σ in c-C3H2, 3 σ in H13CO+, 10
σ in HCN and 9 σ in HCO+. The interval is 10, 1, 2, 1.5, 4, and 3 σ. (1 σ is 0.0564, 0.031, 0.18,
0.23, 0.34, and 0.78 K km s−1, respectively).

31



25 ́20 ̋

25 ́50 ̋

26 ́20 ̋

26 ́50 ̋

-7 °27 ́20 ̋

39m25s 5h39m20s

6

5

4

3

2

1

K km/s

117H

117B
117C

117I117J117E

117K117F

Right Ascension (J2000)

De
cli

na
tio

n 
(J2

00
0)

25 ́20 ̋

25 ́50 ̋

26 ́20 ̋

26 ́50 ̋

-7 °27 ́20 ̋

39m25s 5h39m20s

3

2.5

2

1.5

1

0.5

0

117H

117B
117C

117I117J117E

117K117F

Right Ascension (J2000)

De
cli

na
tio

n 
(J2

00
0)

25 ́20 ̋

25 ́50 ̋

26 ́20 ̋

26 ́50 ̋

-7 °27 ́20 ̋

39m25s 5h39m20s

3

2.5

2

1.5

1

0.5

0

117H

117B
117C

117I117J117E

117K117F

Right Ascension (J2000)

De
cli

na
tio

n 
(J2

00
0)

25 ́20 ̋

25 ́50 ̋

26 ́20 ̋

26 ́50 ̋

-7 °27 ́20 ̋

39m25s 5h39m20s

5

4

3

2

1

117H

117B
117C

117I117J117E

117K117F

Right Ascension (J2000)

De
cli

na
tio

n 
(J2

00
0)

25 ́20 ̋

25 ́50 ̋

26 ́20 ̋

26 ́50 ̋

-7 °27 ́20 ̋

39m25s 5h39m20s

12

10

8

6

4

2

117H

117B
117C

117I117J117E

117K117F

Right Ascension (J2000)

De
cli

na
tio

n 
(J2

00
0)

N2H+

c-C3H2

H13CO+

HCN

HCO+

K km/s

K km/s

K km/s

K km/s

25 ́20 ̋

25 ́50 ̋

26 ́20 ̋

26 ́50 ̋

-7 °27 ́20 ̋

39m25s 5h39m20s

0.4

0.3

0.2

0.1

0

km/s

117H

117B
117C

117I117J117E

117K117F

Right Ascension (J2000)

De
cli

na
tio

n 
(J2

00
0)

CCS

Figure 2.6: The same as Figure 2.2 but for TUKH117. The velocity range for integration is 2.9 to
6.5 km s−1. The contours start at 6 σ in N2H+, 3 σ in CCS, 4 σ in c-C3H2, 3 σ in H13CO+, 5 σ in
HCN and 10 σ in HCO+. The interval is 6, 1, 1.5, 2, 3, and 2 σ. (1 σ is 0.185, 0.037, 0.23, 0.24,
0.30, and 0.39 K km s−1, respectively).
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Figure 2.7: The same as Figure 2.2 but for TUKH122. The velocity range for integration is 2.6 to
5.1 km s−1. The contours start at 4 σ in N2H+, 3 σ in CCS, 3 σ in c-C3H2, 3 σ in H13CO+, 3 σ
in HCN and 3 σ in HCO+. The interval is 2, 1, 1, 2, 1, and 2 σ. (1 σ is 0.0727, 0.028, 0.29, 0.15,
0.34, and 0.31 K km s−1, respectively).
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peaks. The “three dots” indicates either “not observed” or “omitted because the noise level is

too high”. We performed Gaussian fitting to the HCO+, H13CO+, and c-C3H2 line profiles.

From HCO+ and H13CO+ lines, we can derive the optical depth and excitation temperature, by

assuming the [12C]/[13C] abundance ratio ∼ 68 (Milam et al., 2005). We also derive those of

c-C3H2 assuming the excitation temperature is equal to the rotation temperature which is derived

by NH3 (1,1) and (2,2) lines (Wilson et al., 1999).
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Table 2.3: Coordinate, Column Density of N2H+, c-C3H2, H13CO+, and CCS
TUKH12 R.A. (J2000) Decl. (J2000) N (N2H+)1 N (c-C3H2)1 N (H13CO+)1 N (CCS)2 τ (HCO+)

h m s ◦ ′ ” (1013 cm−2) (1013 cm−2) (1013 cm−2) (1013 cm−2)
003A 5:35:17.7 -5:00:10.0 5.3 0.41 0.27 21
003B 5:35:19.0 -5:00:30.0 4.2 2.2 0.61 0.15 39
003D 5:35:15.0 -4:59:50.0 1.8 1.5 0.29 < 0.33 23
003E 5:35:16.4 -4:59:50.0 1.9 2.1 0.28 . . . 21
003F 5:35:17.7 -5:00:30.0 2.3 1.4 0.56 . . . 33
003G 5:35:20.4 -5:00:30.0 4.4 2.2 0.38 < 0.23 36
003H 5:35:19.0 -5:01:10.0 1.3 1.0 0.38 < 0.32 23
021F 5:35:19.9 -5:18:10.0 6.4 6.9 0.38 < 0.89 7
021G 5:35:14.5 -5:18:30.0 0.42 5.7 0.91 < 0.46 12
021H 5:35:18.5 -5:18:30.0 8.9 5.8 0.97 < 0.39 7
021I 5:35:17.2 -5:19:10.0 15 4.8 0.85 < 0.43 6
021J 5:35:17.2 -5:19:30.0 11 4.2 0.92 . . . 4
088A 5:37:00.4 -6:35:37.0 0.70 1.5 0.14 5.3 34
088D 5:37:00.4 -6:35:17.0 0.40 1.7 0.17 < 0.46 19
088E 5:37:00.4 -6:35:57.0 0.20 1.4 0.08 < 0.79 13
088F 5:37:00.4 -6:36:57.0 0.82 1.6 0.11 < 0.96 13
097A 5:37:57.7 -7:06:42.0 1.8 0.9 0.14 0.42 17
097B 5:37:56.3 -7:07:02.0 1.2 1.2 0.06 0.77 18
097C 5:37:57.7 -7:07:02.0 2.1 1.1 0.12 0.33 11
097F 5:37:56.3 -7:06:42.0 1.2 0.7 0.14 < 0.20 20
097G 5:37:59.0 -7:07:22.0 1.7 0.9 0.10 < 0.20 8
097H 5:37:59.0 -7:07:42.0 0.70 1.2 0.12 < 0.23 8
117B 5:39:18.4 -7:26:07.0 1.9 0.8 0.12 0.08 21
117C 5:39:19.7 -7:26:07.0 4.4 0.9 0.07 0.2 25
117E 5:39:22.4 -7:26:27.0 1.0 1.0 0.08 0.6 16
117F 5:39:21.1 -7:26:47.0 1.0 1.5 0.12 0.56 19
117H 5:39:21.1 -7:25:47.0 2.5 1.3 0.09 < 0.18 22
117I 5:39:19.7 -7:26:27.0 2.2 1.4 0.15 < 0.16 26
117J 5:39:21.1 -7:26:27.0 1.7 1.2 0.12 < 0.16 16
117K 5:39:19.7 -7:26:47.0 0.91 1.2 0.10 < 0.20 21
122B 5:39:41.2 -7:29:49.0 0.67 0.7 0.35 6.2 284
122D 5:39:43.8 -7:30:09.0 1.3 1.2 0.04 1.2 30
122F 5:39:42.5 -7:30:09.0 1.3 1.3 0.09 1.9 40
122G 5:39:45.2 -7:30:49.0 0.82 0.9 0.05 < 0.20 55

2.3.3 HCN anomalous profiles

HCN (1−0) rotational transition has hyperfine structure as N2H+ does, and shows three hyperfine

components. In the optically thin limit, these three emission lines have intrinsic intensity ratios

of 1:5:3. However, the strengths of individual lines are often seen to be boosted or suppressed

beyond what is expected from an LTE analysis or even from LVG analysis (e.g., Walmsley et al.,

1982; Loughnane et al., 2012). In our observations, we found that the linewidths of the HCN

1This study
2Tatematsu et al. 2014
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Figure 2.9: The integrated intensity of HCO+ is plotted against the integrated intensity of HCN.
The error bars represent 1 σ noise level.

(J=1−0, F=1−1) and (J=1−0, F=0−1) are increased. This is similar to what was observed in

HCN emission toward the G333 massive star-forming region (Loughnane et al., 2012). Due to

HCN anomalous profiles, we conclude that it is difficult to obtain the excitation temperature or

optical depth, reliably. Figure 2.9 compares integrated intensity of HCO+ J = 1 − 0 with that of

HCN J = 1 − 0, F = 2 − 1. These plots are from each observing positions in all the maps with

both HCN and HCO+ detections. This figures shows strong correlation between HCO+ and HCN

integrated intensity. Therefore, we suggest that HCN traces the same dense gas with HCO+ and

they behave in a same way. We do not see any hint of HCN excess with respect to HCO+ (e.g.,

Izumi et al., 2013; Kohno et al., 2001), probably because our regions do not contain very warm (>

300 K) temperature causing warm gas chemistry.

37



2.4 Chemical variation in the Orion A GMC

To establish the chemical evolution in GMC cores, we will investigate how the abundances of

N (N2H+), N (H13CO+), and N (c-C3H2) vary by star-forming activity or the kinetic temperature.

We also use the abundances of N (CCS), N (HC3N), and N (NH3) in the literature (Tatematsu

et al., 2010, 2014a; Wilson et al., 1999). We adopted the rotation temperature Trot from NH3

(1,1) and (2,2) data obtained by Wilson et al. (1999). Following relations derived by Danby et al.

(1988); Tafalla et al. (2004), we can convert the rotation temperature to the kinetic temperature.

We convolved the N2H+ data with a Gaussian of FWHM 23.4” to smooth the cube to the 31.5”

spatial resolution of the KVN 21 m telescope (
√

19.12 + 23.42 ∼ 31.5) and derived the column

density of N2H+.

2.4.1 N2H+ vs c-C3H2

Figure 2.10 shows the column density ratio N (N2H+)/N (CCS) against N (c-C3H2)/N (CCS). The

critical densities of c-C3H2 and N2H+ are about 2 × 105 and 3 × 105 cm−3, respectively, therefore

we consider that they trace similar density ranges. The arrows of the figure 2.10 show the lower

limit to the ratio: we estimated the upper limit of the CCS at 3σ. We regard the intensity peak as

star forming if it is within 30” from protostars. The column densities are taken from Table 2.3.

This figure indicates that CCS is abundant in starless regions, and N2H+ and c-C3H2 are abundant

in star-forming regions, suggesting that CCS serves as young type molecule, while N2H+ and

c-C3H2 serves as late type molecules in the Orion A cloud. Figure 2.11 shows the comparison

of N (c-C3H2) and N (N2H+). This plot includes the positions where both c-C3H2 and N2H+

were detected and not listed in table 2.3. White diamonds represent the positions where the core

temperature is ≥ 24 K, and black diamonds represent the positions where the core temperature is

< 24 K. The straight line represents the least-squares fit to the data. The correlation coefficient is

R = 0.7, indicating a good correlation between N (c-C3H2) and N (N2H+). We found that some

white diamonds are located below the best fit and this trend may be caused by N2H+ disruption

by CO evaporation. It is possible that c-C3H2 is a one of late type molecules and can remain

in warm cores where N2H+ is destroyed by CO evaporation even though c-C3H2 is one of the

carbon-chain molecules. However, our result is based on a small sample; in particular, it contains
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Figure 2.10: The column density ratio of N2H+ to CCS is plotted against the column density
ratio of c-C3H2 to CCS. CCS is abundant in starless cores while, c-C3H2 and N2H+ are abundant
in star-forming cores. This suggests that CCS is a young-type tracer, but c-C3H2 and N2H+ are
late-type tracers.

only one starless core. We need more observational data to confirm whether c-C3H2 is a late-type

chemical tracer and can remain in warm regions.

2.4.2 N2H+ vs HCO+, H13CO+

In warm region (Tdust > 25 K), CO is in gas phase by evaporating from dust and N2H+ will be

destroyed by the following reaction (Lee et al., 2004)

N2H+ + CO −→ HCO+ + N2. (2.1)

By producing this reaction, we expect that HCO+ is more abundant than N2H+ in warm regions.

Sanhueza et al. (2012) suggested that the N (N2H+)/N (HCO+) ratio serves as a chemical clock
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Figure 2.11: The column density of N2H+ is plotted against the column density of c-C3H2. The
error bars represent 1 σ error in the N2H+ hyperfine fitting.
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because the temperature increase causes CO evaporation after protostars form. Shirley et al. (2013)

also suggested that the N (N2H+)/N (HCO+) ratio indicates whether the cores reserve cold and

dense gas on the basis of J = 3 − 2 observations. However, HCO+ is easily saturated due to the

optical thickness. Therefore, the isotopes are more reliable tracer to investigate abundances in high

dense region. Actually, we find the optical depth of HCO+ is much higher than 1 in all position

(see also table 2.3). Figure 2.12 shows the column density of N2H+ against the column density

of H13CO+. When the HCO+ was not detected, we use arrows to show 3σ upper limit. In star-

forming cores, the N2H+ and H13CO+ column densities are correlated with each other. In starless

cores, we do not see such a correlation, and the N2H+ column density does not exceed ∼ 1.0×1013

cm−2. Figure 2.13 shows a histogram of number distributions of N (N2H+)/N (H13CO+) ratio.

The vertical dashed lines indicate the median values. From these figures, we find that the H13CO+

is abundant in cluster regions, while N2H+ is abundant in isolated regions. Our results suggest

that the N (N2H+)/N (HC13O+) ratio is affected by not only the chemical evolution but also by

star-forming activity. This is may be affected by temperature because the cluster regions may be

warmer than the isolated regions by heating of protostars. We cannot mention starless regions

because the histogram of the starless regions includes the upper limit.

2.4.3 CCS, HC3N vs NH3

We reanalyzed the data of Tatematsu et al. (2010) to see the chemical evolution of the N (NH3)/N (CCS)

and N (NH3)/N (HC3N) ratios against protostar association and temperature, by using a new pro-

tostar catalog of Megeath et al. (2012). New analysis has shown the chemical evolution tendency

more clearly than Tatematsu et al. (2010).

They carried out one-point observations using CCS (JN = 43 − 32) and HC3N (J = 5 − 4)

at 45 GHz toward the Orion A GMC cores with the Nobeyama 45 m telescope. The spatial

resolution is ∼ 39” at 43 GHz and the typical rms is ∼ 0.1 K for CCS and ∼ 0.15 K for HC3N.

Table 2.6 summarizes the core parameters: coordinate, radius, LTE mass, and column density in

CCS, HC3N, and NH3 lines, and kinetic temperature. The radius and LTE mass are derived by

CS (1−0) line observations of Tatematsu et al. (1993). The column density of NH3 is obtained

by Wilson et al. (1999). They observed NH3 (J,K = 1, 1) and (J,K = 2, 2) emission with the

100 m telescope of the MPIfR. The spatial resolution is 43” at 23 GHz. We check the association
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Figure 2.12: The column density of N2H+ is plotted against the column density of H13CO+.
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of protostars with the criterion of 40”, with respect to the core center. The criterion of 40” is

the spatial resolution of the Nobeyama 45 m telescope at 45 GHz and the 100 m telescope of the

MPIfR. If a protostar is located within 40” in two cores, we list the closer core.

Figure 2.14 plots the N (NH3)/N (CCS) ratio against temperature. Open circles represent star-

forming cores and filled circles represent starless cores. The error bars represent the average

noise level of NH3 observations of TR = 0.4 K, assuming that NH3 emission is optically thin.

This figure shows that the N (NH3)/N (CCS) ratio is low toward starless cores while it is high

toward star-forming cores, regardless of temperature. This is similar to the tendency known in

cold dark clouds, and the N (NH3)/N (CCS) ratio seems to reflect the chemical evolution even in

the Orion A cloud. We see two star-forming cores (TUKH056 and 069) showing low ratios of

N (NH3)/N (CCS).

Figures 2.15 and 2.16 show the N (NH3)/N (CCS) ratio against the line-width of CCS. We find

that the N (NH3)/N (CCS) decreases with increasing linewidths. The two star-forming cores of

TUKH056 and 069 have linewidhs of 2.0 and1.6 km s−1, respectively. It is still not clear how

CCS becomes abundant in star forming region with large turbulence. One possibility is that the

one-point observations may have offset from the core center and traced outer region of the cores.

Another possibility is that CCS may be produced by turbulent shocks (Yamaguchi et al., 2012).

In cold dark clouds, it is also suggested that the N (NH3)/N (HC3N) ratio indicates the chem-

ical evolution (Suzuki et al., 1992). Figure 2.17 shows the N (NH3)/N (HC3N) ratio against the

temperature. From this figure, we find that the N (NH3)/N (HC3N) ratio takes high in star forming

region, while it is low in starless region regardless of temperature. We also find a tendency for the

N (NH3)/N (HC3N) ratio to decrease with increasing temperature. Figures 2.18 and 2.19 show the

N (NH3)/N (HC3N) ratio against the line-width of HC3N. These figures suggest that these column

density ratios decrease in active or turbulent cores. The HC3N may be also produced by shocks.

However, if we take a value of temperature or linewidth, these column density ratios can divide

the dense cores into star-forming and starless cores.

Our new analysis suggest that N (NH3)/N (HC3N) and N (NH3)/N (CCS) may be indicators

of the chemical evolution but we should be careful about the turbulent motions and temperature.

However, the column densities of CCS and HC3N are calculated using the data in a single line. To

constrain the excitation condition, it is desirable to make multi-transition observations.
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Figure 2.14: The column density ratio of NH3 to CCS is plotted against the kinetic temperature.
The open circles represent star-forming cores and filled circles represent starless cores.
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Figure 2.15: The column density ratio of NH3 to CCS is plotted against the line-width of CCS.
The open circles represent star-forming cores and filled circles represent starless cores.
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Figure 2.16: Same as figure 2.15 but a line-width of 0 − 2 km s−1.
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Figure 2.17: The column density ratio of NH3 to HC3N is plotted against the kinetic temperature.
The open circles represent star-forming cores and filled circles represent starless cores.
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Figure 2.18: The column density ratio of NH3 to HC3N is plotted against the line-width of HC3N.
The open circles represent star-forming cores and filled circles represent starless cores.
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Figure 2.19: Same as figure 2.18 but a line-width of 0 − 2 km s−1.
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2.5 Gravitational instability of the N2H+ cores

To understand what initiates star formation, we investigate the difference of the properties between

cores with protostars/YSOs and those without protostars/YSOs. We analyze the core stability

following Nakano (1998). Neglecting the effect of magnetic field and assuming spherical uniform

cores, the virial equation reduces to

1
2

d2I

dt2
= 3C2

effMcore −
3
5

GM2
core

R
− 4πR3Ps ≡ F (R) (2.2)

Ps

kB
≈ GΣ2

0

kB
(2.3)

where Ceff , Mcore, R and I are the effective sound speed, the mass, radius, and generalized

moment of inertia, respectively, of the core. The effective sound speed including turbulence (non-

thermal component contribution) as well as thermal contribution, is defined as follows:

Ceff =
(∆V 2

tot

8 ln 2

)1/2
(2.4)

∆Vtot =
[
∆V 2

obs + 8 ln 2kT
( 1

m
− 1

mobs

)]1/2
(2.5)

where m, mobs, and Tk are the mean molecular weight (2.33 amu), the mass of the observed

molecule, and the kinetic temperature of the gas, respectively. Ps and Σ0 are the pressure and the

column density of the surrounding medium, respectively. We derive the Ps from the 13CO column

densities (Nagahama et al. (1998)) in which cores are embedded. The core is in equilibrium when

F (R) = 0. Nakano’s (1998) equation (27) gives

Pcr =
1

12πG3M2
core

(
5
3

)3(
9
4
C2

eff

)4

(2.6)

Pcr is a critical value for the pressure of the surrounding medium Ps, above which no equilibrium

states exit. At this critical state Ps = Pcr, the core has an equilibrium state with radius

Rcr =
4GMcore

15πC2
eff

(2.7)

51



Figure 2.20 plots the virial theorem function F (R) against R/Rcr for the N2H+ cores. Nakano

(1998) assumed that the core is initially in a stable equilibrium state (F = 0 and R/Rcr > 1).

By dissipating turbulence, R/Rcr decreases until the core reaches the critical point (F = 0 and

R/Rcr = 1). After the core goes beyond the critical point, the core becomes unstable. As a

result, perturbations trigger the core collapse because no equilibrium states exist, and finally stars

form. The result shown in Figure 2.20 seems to be consistent with the scenario; the cores without

protostars are in the stable equilibrium (F = 0 and R/Rcr > 1), while the cores with protostars

are in the unstable state (F < 0). Some cores with protostars are located in the stable equilibrium.

This may be caused by the N2H+ destruction. The mass traced by N2H+ will be underestimated

in warm region and Rcr might be underestimated. Correction for this will make R/Rcr larger.

Figure 2.21 is the same as figure 2.20 but shows only the cores with gas temperature < 25

K. This figure shows the tendency more clearly. However, we found that some starless cores

are located in unstable or virial non-equilibrium states. We point out two possibilities; we did

not resolve structure in these cores well or these cores may be on the verge of star formation.

One starless core stands out with a low F (R). This core was identified No. 32 by Tatematsu et al.

(2008). They derived the core size (R) and the mass (M�) to be 0.17 pc and 78.0 M�, respectively

using N2H+. Because of its large core size, it might be suggested that the core is unstable on the

large scale (∼ 0.1 pc) but it is stable on the clump small scale (≤ 0.04 pc).
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Figure 2.20: Virial theorem function F (eq[2.2]) is plotted against the radius R divided by Rcr

(eq.[2.7]) for the N2H+ cores
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Figure 2.21: Virial theorem function F (eq[2.2]) is plotted against the radius R divided by Rcr

(eq.[2.7]) for the N2H+ cores where the kinetic temperature is less than 25 K.
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Figure 2.22: The column density ratio of NH3 to CCS is plotted against the radius R divided by
Rcr (eq.[2.7]) for the CS cores

Finally, figure 2.22 shows the N (NH3)/N (CCS) ratio against R/Rcr. R and Rcr are derived

from the CS (1−0) data obtained by Tatematsu et al. (1993). We found that the N (NH3)/N (CCS)

ratio decreases with R/Rcr. The correlation coefficient is R = −0.5, indicating a moderate

negative correlation. The star-forming cores seems to be located in high N (NH3)/N (CCS) and low

R/Rcr regions. On the other hand, the starless cores seem to be located in low N (NH3)/N (CCS)

and in high R/Rcr regions. This may suggest that the chemical evolution can be an indicator of

the dynamical evolution of the core. If we derive R/Rcr by using a high-density tracer like N2H+,

the separation might be better.
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Table 2.4: Coordinate, Radius, Mass, Column Density from CS, CCS, HC3N, and NH3 Line
Parameter

CS1 CCS2 HC3N2 NH3
3 Megeath

TUKH1 R.A. (J2000) Decl. (J2000) R MLTE N (CCS) N (HC3N) N (NH3) Tkin

h m s ◦ ′ ” (pc) (M�) (1012 cm−2) (1012 cm−2) (1013 cm−2) (K)
1 5:35:20.40 -4:57:10.0 0.15 93 · · · · · · 3.6 21
2 5:35:31.00 -4:59:11.0 0.14 140 · · · · · · 10.8 30 2469
3 5:35:17.70 -5:00:30.0 0.23 910 2.68 6.94 39 17 2446
4 5:35:28.30 -5:01:11.0 0.22 290 · · · · · · 10.2 23
5 5:35:28.30 -5:03:11.0 0.14 120 · · · · · · 4.1 25 2408
6 5:35:17.50 -5:04:30.0 0.2 580 · · · · · · 9.3 28 2385
7 5:35:38.90 -5:05:51.0 0.2 170 · · · · · · 3.6 34
8 5:35:22.80 -5:07:50.0 0.2 310 · · · · · · 22 26
9 5:35:12.10 -5:09:49.0 0.17 110 · · · · · · 3.2 17
10 5:35:38.80 -5:09:51.0 0.11 18 · · · · · · 2.8 30
11 5:35:25.40 -5:10:30.0 0.18 240 · · · 19.41 32.8 28 2279
12 5:35:04.00 -5:11:09.0 0.13 23 · · · · · · 1.7 25
13 5:35:30.80 -5:11:51.0 0.16 84 · · · 4.81 5.8 28
14 5:35:01.30 -5:12:29.0 0.14 69 · · · · · · ∼ 2 17
15 5:35:17.40 -5:12:30.0 0.15 87 · · · 4.05 16.3 23
16 5:35:17.30 -5:14:30.0 0.11 79 · · · · · · 8.9 20
17 5:35:06.60 -5:15:09.0 0.26 470 · · · · · · 1.2 17
18 5:35:17.30 -5:15:50.0 0.16 90 · · · · · · 8.8 26 2187
19 5:35:09.20 -5:17:49.0 0.14 92 · · · · · · 6.9 25
20 5:35:03.80 -5:19:09.0 0.11 27 · · · · · · ∼ 2
21 5:35:17.20 -5:19:10.0 0.11 530 8.74 54.86 58.4 30 2069
22 5:35:01.10 -5:19:49.0 0.12 49 · · · · · · 3.2 47
23 5:35:41.30 -5:19:52.0 0.12 45 · · · · · · 3 17
24 5:35:54.70 -5:19:53.0 0.1 19 · · · · · · 1.1 47 2047
25 5:35:25.20 -5:20:30.0 0.09 22 · · · 2.84 2.1 47
26 5:35:17.20 -5:21:10.0 0.11 360 8.96 55 36.3 41 1971
27 5:35:46.60 -5:21:12.0 0.08 19 · · · · · · ∼ 2 166
28 5:34:58.40 -5:21:48.0 0.14 260 · · · · · · 6.6 21
29 5:35:14.50 -5:22:30.0 0.15 1800 · · · 244.04 > 250 166 1913
30 5:35:01.10 -5:23:49.0 0.17 180 · · · · · · 4.7 34 1800
31 5:35:14.50 -5:23:50.0 0.1 320 · · · 57.24 36.2 66 1807
32 5:35:30.60 -5:23:51.0 0.08 11 · · · 8.45 · · ·
33 5:35:03.70 -5:24:29.0 0.08 51 6.41 24.24 9.2 26 1800
34 5:35:25.10 -5:24:30.0 0.06 38 · · · · · · 4.8 116
35 5:35:06.40 -5:25:49.0 0.12 61 · · · · · · ∼ 4 116
36 5:35:17.10 -5:25:50.0 0.07 77 · · · 9.72 14.5 59 1718

1Tatematsu et al. (1993)
2Tatematsu et al. (2010)
3Wilson et al. (1999)
1Tatematsu et al. (1993)
2Tatematsu et al. (2010)
3Wilson et al. (1999)
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Table 2.5: Coordinate, Radius, Mass, Column Density from CS, CCS, HC3N, and NH3 Line
Parameter

CS1 CCS2 HC3N2 NH3
3 Megeath

TUKH1 R.A. (J2000) Decl. (J2000) R MLTE N (CCS) N (HC3N) N (NH3) Tkin

h m s ◦ ′ ” (pc) (M�) (1012 cm−2) (1012 cm−2) (1013 cm−2) (K)
37 5:35:14.40 -5:26:30.0 0.1 600 16.11 31.75 19.7 41
38 5:35:01.00 -5:27:49.0 0.13 44 · · · · · · · · ·
39 5:35:11.70 -5:27:49.0 0.11 120 15.74 43.23 ∼ 18 34
40 5:35:11.70 -5:29:09.0 0.1 110 14.9 10.31 ∼ 8
41 5:35:06.30 -5:29:49.0 0.1 27 · · · · · · < 4
42 5:35:17.00 -5:30:30.0 0.09 37 · · · · · · < 3
43 5:35:03.60 -5:31:49.0 0.16 75 · · · · · · 3.6 34
44 5:35:03.60 -5:34:29.0 0.13 110 · · · · · · 8.3 34
45 5:35:16.90 -5:35:10.0 0.13 41 · · · · · · · · ·
46 5:34:58.10 -5:35:48.0 0.23 350 · · · · · · < 6 25
47 5:35:06.20 -5:36:29.0 0.29 390 3.07 5.5 18.4 17 1400
48 5:35:08.80 -5:37:49.0 0.18 220 · · · · · · ∼ 9
49 5:34:50.10 -5:39:08.0 0.14 75 8.28 · · · 11.8 17 1350
50 5:34:36.60 -5:41:47.0 0.14 41 · · · · · · ∼ 6
51 5:34:55.30 -5:43:08.0 0.27 240 · · · · · · 11.4 25
52 5:34:52.60 -5:45:48.0 0.22 150 · · · · · · 13.6 25
53 5:35:00.60 -5:48:29.0 0.21 69 · · · · · · 8.4 23 1191
54 5:35:08.50 -5:53:09.0 0.15 19 · · · · · · 10.2 17
55 5:34:57.80 -5:53:48.0 0.19 100 · · · · · · 6.7 17 1121, 1127
56 5:35:11.10 -5:55:49.0 0.15 55 17.52 2.79 7.9 34
57 5:35:03.10 -5:57:49.0 0.27 250 8.7 · · · 11.6 17
58 5:35:11.10 -5:59:49.0 0.24 160 · · · · · · 8.2 34
59 5:35:40.40 -6:07:52.0 0.33 380 12.31 · · · 12.1 34
60 5:35:40.40 -6:09:12.0 0.24 150 · · · · · · 13.3 34
61 5:36:07.10 -6:10:34.0 0.2 150 · · · · · · 7.1 34
62 5:36:04.40 -6:12:33.0 0.3 310 · · · · · · 5 25
63 5:36:36.70 -6:13:16.0 0.27 360 · · · · · · 3.3 25
64 5:36:28.50 -6:15:15.0 0.21 170 · · · · · · 10 21
65 5:36:36.70 -6:15:16.0 0.2 34 · · · 1.9 11.2 18
66 5:36:41.90 -6:17:16.0 0.3 280 · · · · · · 4.6 17
67 5:36:20.40 -6:21:54.0 0.22 330 · · · 13.59 20 47 944
68 5:35:56.20 -6:22:33.0 0.13 33 · · · · · · 3.5 23
69 5:36:25.80 -6:23:15.0 0.15 190 11.32 10.61 17.4 34 933
70 5:36:44.50 -6:24:36.0 0.17 64 · · · · · · ∼ 5 18
71 5:35:29.30 -6:26:31.0 0.15 120 · · · · · · 5.5 17 882
72 5:35:53.50 -6:26:33.0 0.27 310 · · · · · · 5.5 17
73 5:36:33.70 -6:26:35.0 0.17 120 · · · · · · 17.3 34
74 5:36:41.80 -6:26:36.0 0.19 140 · · · · · · 25.1 17
75 5:36:41.80 -6:27:56.0 0.14 41 · · · · · · 5.6 11
76 5:36:01.50 -6:28:33.0 0.12 30 · · · · · · 4.2 84
77 5:36:47.10 -6:28:36.0 0.18 140 · · · · · · ∼ 6 25
78 5:36:49.80 -6:29:17.0 0.12 34 · · · · · · ∼ 5 25
79 5:36:04.20 -6:29:53.0 0.14 28 · · · · · · ∼ 5 63
80 5:35:26.60 -6:30:31.0 0.11 37 · · · · · · ∼ 2 34
81 5:36:25.50 -6:30:35.0 0.15 56 · · · · · · ∼ 2 25
82 5:36:17.50 -6:31:14.0 0.14 84 · · · · · · ∼ 4 34
83 5:36:47.00 -6:31:56.0 0.2 59 6.75 8.37 2.4 63
84 5:35:58.70 -6:32:33.0 0.12 55 · · · · · · 6.2 63
85 5:36:20.20 -6:33:14.0 0.28 39 · · · · · · 2
86 5:36:57.80 -6:33:57.0 0.18 34 · · · · · · · · ·

57



Table 2.6: Coordinate, Radius, Mass, Column Density from CS, CCS, HC3N, and NH3 Line
Parameter

CS1 CCS2 HC3N2 NH3
3 Megeath

TUKH1 R.A. (J2000) Decl. (J2000) R MLTE N (CCS) N (HC3N) N (NH3) Tkin

h m s ◦ ′ ” (pc) (M�) (1012 cm−2) (1012 cm−2) (1013 cm−2) (K)
87 5:36:44.40 -6:34:36.0 0.18 54 · · · · · · 3 25
88 5:37:00.40 -6:35:57.0 0.19 170 6.86 5.68 4 25
89 5:36:33.50 -6:38:35.0 0.16 62 · · · · · · 12.4 11 821
90 5:36:17.30 -6:39:54.0 0.17 61 · · · · · · 3
91 5:36:25.40 -6:45:15.0 0.2 310 · · · 4.59 5.2 14 783
92 5:36:25.20 -6:45:55.0 0.15 120 · · · 4.28 15.8 21 772
93 5:36:14.60 -6:48:34.0 0.23 310 · · · 5.04 ∼ 8 16
94 5:36:27.70 -6:51:15.0 0.14 30 · · · · · · 2.2 25
95 5:38:46.90 -7:00:45.0 0.16 85 · · · 4.79 ∼ 7 11 697
96 5:38:04.50 -7:06:02.0 0.1 19 · · · · · · ∼ 10 34
97 5:37:59.00 -7:07:22.0 0.19 150 7.92 5.65 ∼ 33 11 638
98 5:38:07.10 -7:08:42.0 0.15 60 · · · · · · ∼ 4.8 11 636
99 5:38:28.60 -7:10:04.0 0.2 89 · · · · · · ∼ 4 25
100 5:38:12.50 -7:10:43.0 0.1 23 · · · · · · ∼ 5 17
101 5:39:03.50 -7:11:26.0 0.15 27 · · · · · · 5.3 17
102 5:38:33.20 -7:12:04.0 0.1 8.2 · · · · · · ∼ 3 47
103 5:38:51.90 -7:12:05.0 0.2 100 · · · · · · ∼ 15 11
104 5:39:06.20 -7:12:07.0 0.19 28 3.88 6.2 10.6 11
105 5:38:07.00 -7:13:22.0 0.18 57 5.81 1.85 · · ·
106 5:38:20.50 -7:13:23.0 0.15 29 · · · · · · · · ·
107 5:38:09.70 -7:15:22.0 0.18 71 · · · · · · · · ·
108 5:38:15.00 -7:16:43.0 0.15 37 · · · · · · · · ·
109 5:38:28.50 -7:16:44.0 0.19 52 · · · · · · · · ·
110 5:39:22.20 -7:18:48.0 0.14 12 · · · · · · · · ·
111 5:39:00.80 -7:20:06.0 0.15 39 · · · · · · 5.1 25 595
112 5:38:35.80 -7:20:44.0 0.19 100 · · · · · · ∼ 6
113 5:39:29.20 -7:24:08.0 0.12 16 · · · · · · 7
114 5:38:49.10 -7:24:45.0 0.26 160 · · · · · · ∼ 4
115 5:38:54.40 -7:26:06.0 0.1 14 · · · · · · ∼ 44 11
116 5:38:35.60 -7:26:44.0 0.22 160 · · · · · · · · ·
117 5:39:18.40 -7:26:47.0 0.27 320 3.54 2.67 ∼ 22 10 545
118 5:40:28.10 -7:27:32.0 0.12 25 · · · · · · · · · 536
119 5:40:28.10 -7:28:52.0 0.14 30 · · · · · · · · ·
120 5:38:25.70 -7:29:24.0 0.15 34 · · · · · · · · ·
121 5:38:31.00 -7:30:04.0 0.13 17 · · · · · · · · ·
122 5:39:42.50 -7:30:09.0 0.18 49 7.3 12.95 ∼ 23 16
123 5:39:58.60 -7:30:50.0 0.23 78 · · · 3.75 ∼ 46 514
124 5:40:28.10 -7:30:52.0 0.14 22 · · · · · · ∼ 6
125 5:40:14.60 -7:32:52.0 0.18 35 · · · 4.78 ∼ 5
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Chapter 3

Chemical evolutions of dense cores in

the Vela C giant molecular cloud

complex

A part of this chapter has been published as Ohashi, Satoshi; Tatematsu, Ken’ichi; Fujii, Kosuke;

Sanhueza, Patricio; Nguyen Luong, Quang; Choi, Minho; Hirota, Tomoya; & Mizuno, Norikazu,

PASJ, 68, 3 (Ohashi et al., 2016b)
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Abstract

We have observed the HC3N (J = 10 − 9) and N2H+ (J = 1 − 0) lines toward the Vela C

molecular clouds with the Mopra 22 m telescope to study chemical characteristics of dense cores.

The intensity distributions of these molecules are similar to each other at an angular resolution

of 53”, corresponding to 0.19 pc suggesting that these molecules trace the same dense cores.

We identified 25 local peaks in the velocity-integrated intensity maps of the HC3N and/or N2H+

emission. Assuming LTE conditions, we calculated the column densities of these molecules and

found a tendency that N2H+/HC3N abundance ratio seems to be low in starless regions while it

seems to be high in star-forming regions, similar to the tendencies in the NH3/CCS, NH3/HC3N,

and N2H+/CCS abundance ratios found in previous studies of dark clouds and the Orion A GMC.

We suggest that carbon chain molecules, including HC3N, may trace chemically young molecular

gas and N-bearing molecules, such as N2H+, may trace later stages of chemical evolution in the

Vela C molecular clouds. It may be possible that the N2H+/HC3N abundance ratio of ∼ 1.4 divides

the star-forming and starless peaks in the Vela C, although it is not as clear as those in NH3/CCS,

NH3/HC3N, and N2H+/CCS for the Orion A GMC. This less clear separation may be caused by

our lower spatial resolution or the misclassification of star-forming and starless peaks due to the

larger distance of the Vela C. It might be also possible that the HC3N (J = 10 − 9) transition is

not a good chemical evolution tracer compared with CCS (J = 4 − 3 and 7 − 6) transitions.



3.1 Introduction of this chapter

In previous section, we found that N (N2H+)/N (CCS), N (c-C3H2)/N (CCS), N (NH3)/N (CCS)

and N (NH3)/N (HC3N) are high in star-forming regions and low in starless regions in the Orion

A cloud. These results are consistent with those found in cold dark clouds (Tk ∼ 10 K), but both

ratios decrease with increasing temperature. We also investigated the core dynamical characteris-

tics through virial analysis, and found that the starless cores are in a stable equilibrium and tend

to have high ratio of R/Rcr, while the star-forming cores tend to have low ratio of R/Rcr. This

is consistent with the scenario by Nakano (1998), suggesting that the dissipation of turbulence is

the important factor of star formation. Comparing the chemical evolution with dynamical states,

we found that the N (NH3)/N (CCS) ratio seems to be correlated with R/Rcr. This may mean the

chemical evolution can be an indicator of the dynamical evolution of the core.

In order to understand the chemical compositions and evolutions in GMC cores in general, it is

important to examine the chemical properties of different phases and environments of GMCs and

a lot of star-forming dense cores. Taking into account the fact that ALMA is expected to be used

to investigate the molecular cloud evolution in extragalaxies, it will be highly needed to search for

specific molecules that can be used by ALMA.

In Vela C molecular cloud complex, Yamaguchi et al. (1999) mapped 12CO, 13CO, and C18O

(J = 1 − 0) lines and detected molecular outflows. By Herschel PACS and SPIRE observations

at 70, 160, 250, 350, and 500 µm dust continuum emission, Hill et al. (2011) identified high

column density filaments over the whole region, and showed differences in their column density

and temperature probability distribution function (PDF) among regions. They revealed that the

column density PDF of the ‘Centre-Ridge region’, which contains a high-mass star, is flatter than

other regions, and shows a high column density tail.

In this study, we investigate the chemical characteristics of molecular cloud cores in the Vela

C giant molecular cloud complex through mapping observations of HC3N (J = 10−9) and N2H+

(J = 1 − 0), which can be used for ALMA band 3. The purpose of this chapter is to investigate

whether HC3N (a carbon-chain molecule) and N2H+ (a N-bearing molecule) are indicators of

chemical evolution in the Vela C molecular cloud complex.
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3.2 Observations toward the Vela C molecular cloud complex

Observations were carried out by the Mopra 22 m telescope located in Australia from 2014 May

10 to 25. We used the 3 mm MMIC receiver that can simultaneously record dual polarization data.

We simultaneously observed HC3N (J = 10 − 9) at 90.978989 GHz and N2H+ (J = 1 − 0) at

93.1737767 GHz. The employed spectrometer was the Mopra Spectrometer (MOPS) digital filter

bank in the zoom-band mode. The spectral resolution was 33.57 kHz (∼ 0.11 km s−1). At 90

GHz, the half-power beam width (HPBW) and “extended beam efficiency” of the telescope are

42” and 50%, respectively (Ladd et al., 2005). We observed source 81 of the Vela-D molecular

cloud identified by Morales Ortiz et al. (2012) once a day to check the stability of the intensity

calibration. The absolute intensity accuracy was estimated to be less than 10%. We mapped 5′ ×

5′ box areas in the on-the-fly (OTF) mode. We observed a total of 7 regions, which were selected

from bright C18O emission peaks. The C18O (J = 1 − 0) observations were previously carried

out by Yamaguchi et al. (1999) with 2′ resolution. Figure 3.1 shows the locations of the observed

areas superimposed on a Herschel SPIRE 500 µm map. The black boxes indicate OTF mapping

area and white contours represent the N2H+ J = 1 − 0 velocity-integrated intensity map. The

obtained data were smoothed to a HPBW of 53” with a 2D Gaussian function in order to improve

the signal-to-noise ratio. The angular resolution is equivalent to 0.2 pc at a distance of 700 pc. It

is worth noting that this resolution will identify objects that will form groups of stars. The typical

rms noise level is about 0.08 K per channel. The telescope pointing was checked every 1.0 hour

by observing the SiO maser source L2 Pup (RA,DEC (J2000) = 7h13m32.31, -44◦38′24”.1). The

pointing accuracy was better than 10”. The upper energy levels (Eu/k) for HC3N (J = 10−9) and

N2H+ (J = 1 − 0) transitions are 24.01 and 4.47 K, respectively. The critical densities for these

transitions are 3 × 105 and 5 × 105 cm−3 at 20 K, respectively (Sanhueza et al., 2012). However,

Shirley (2015) suggested that N2H+ is excited at lower densities than the critical density, and the

effective excitation densities may be lower than 5 × 105 cm−3.

The observed data were reduced using “Livedata” and “Gridzilla”, which are the most typical

data reduction packages for the Mopra telescope1. “Livedata” fits and subtracts a linear baseline.

The output of “Livedata” is recorded in single-dish fits format (sdfits). “Gridzilla” uses this output

to regrid data onto a data cube using a Gaussian smoothing. The final data cubes were smoothed

1http://www.atnf.csiro.au/computing/software/livedata/index.html
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to 15” grid size.

3.3 Results of the Vela C molecular cloud complex

3.3.1 Integrated intensity maps

Figures 3.2 through 3.8 show the integrated intensity maps in T ∗
A scale. The HC3N J = 10 − 9

contour maps superimposed on the N2H+ J = 1 − 0 gray-scale images. We plot the location

of protostars identified by thermal emission at 5 wavebands from 70 to 500 µm using PACS

and SPIRE cameras on board the Herschel Space Observatory (Giannini et al. (2012); T.

Giannini, private communication for the protostar coordinates). We also plot protostar candidates

identified by the near-infrared (J , H , KS) survey carried out by Baba et al. (2006) and AKARI-

FIS Point Source Catalogue, which are Class 0 protostellar candidates (Sunada et al., 2009). We

identified 25 local peaks in the velocity-integrated intensity maps of the HC3N J = 10− 9 and/or

N2H+ J = 1 − 0 emission in these 7 regions. The criteria for identification are more than five

sigma above the noise level for N2H+ and/or three sigma above the noise level for HC3N. If

the HC3N peak is within the HPBW of the N2H+ peak, we use the HC3N peak position. The

identification of N2H+ emission peaks is more strict so that we can perform hyperfine fitting to

satellite components. In Table 3.1, we list the positions of the detected HC3N J = 10 − 9 and/or

N2H+ J = 1−0 local peaks in the velocity-integrated intensity map and the line parameters of the

HC3N spectra measured toward these positions. The peak intensities and linewidths are obtained

through Gaussian fitting. If local intensity peaks coincide with the protostars within 53”, we define

the peaks as star-forming cores. If local intensity peaks do not coincide with the protostars, we

define the peaks as starless cores. A total of 12 peak positions were identified as star-forming. We

assume that both lines trace sufficiently dense gas, and the starless cores identified in these lines

will eventually form protostars. We found that the distributions of the HC3N and N2H+ velocity-

integrated intensities are similar to each other, suggesting that these molecular lines trace the same

dense cores. Taking into account the fact that the scale of different distributions between HC3N

and N2H+ occurs at 0.1 pc scales in OMC-3 region (Tatematsu et al. (2008)), less prominent

differences of intensity distributions would be due to our larger spatial resolution of 0.19 pc.
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Table 3.1: HC3N and N2H+ intensity peaks, coordinates, and HC3N parameters.
Peak Position l b T ∗

A vLSR(HC3N) dv(HC3N) Protostar
name ◦ ◦ (K) (km s−1) (km s−1)

1 264.161 1.986
2 264.140 1.960 0.41±0.06 6.6±0.1 1.00±0.18 P1
3 264.113 1.969 0.20±0.07 6.8±0.1 0.75±0.31 P2
4 264.086 1.944 0.22±0.05 6.5±0.3 1.10±0.59
5 264.148 1.926 0.26±0.06 6.9±0.1 0.66±0.15 P3
6 264.31 1.733 0.30±0.07 7.1±0.1 0.83±0.21
7 264.292 2.006 0.16±0.07 7.2±0.2 0.70±0.35 P4
8 264.304 1.725 0.23±0.06 6.6±0.1 0.99±0.31 P5
9 264.299 1.746 P6
10 264.279 1.733 0.24±0.09 6.8±0.1 0.37±0.21
11 264.265 1.67 0.21±0.07 6.9±0.1 0.77±0.30
12 264.975 1.633 P8
13 265.015 1.618 0.07±0.06 7.0±0.4 1.02±1.00
14 264.965 1.587 0.29±0.06 6.4±0.1 0.99±0.24 P11
15 264.957 1.601 0.26±0.06 6.4±0.1 1.00±0.27
16 265.138 1.439 0.35±0.05 8.3±0.1 1.37±0.71

265.138 1.439 0.24±0.03 6.6±0.2 2.29±0.34
17 265.152 1.437 0.32±0.04 7.1±0.1 2.05±0.32 P12
18 265.167 1.433 0.29±0.04 7.2±0.2 2.14±0.34 P13
19 265.336 1.392 0.33±0.06 6.5±0.1 1.18±0.23 P14
20 265.292 1.432 0.13±0.09 6.8±0.1 0.85±0.24 P15
21 266.212 0.888 0.36±0.08 4.9±0.1 0.60±0.14
22 266.245 0.871 0.23±0.08 5.1±0.1 0.67±0.26
23 266.285 0.918
24 266.279 0.928 0.29±0.06 4.5±0.1 1.24±0.27
25 266.278 0.941 0.22±0.05 4.8±0.2 1.40±0.37
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3.3.2 Hyperfine fitting of N2H+ and column density

We fitted a hyperfine component model to the N2H+ spectra, and derived the optical depth, LSR

velocity, linewidth, and excitation temperature assuming a uniform excitation temperature in the

N2H+ hyperfine components. We also assume that the N2H+ emission fills the whole beam, that

is, the beam filling factor is equal to unity. Figure 3.9 plots the linewidths of HC3N against those

of N2H+. The dashed line delineates the case that they are equal. We found a good correlation

between them, suggesting that the molecular emission likely comes from the same volume. This

is supported by the fact that the centroid velocities of the N2H+ and HC3N lines are consistent

with each other (see also Table 1 and 2). The intrinsic line strengths of the hyperfine components

are adopted from Tiné et al. (2000). The optical depth τtot is the sum of the optical depths of

all the hyperfine components. At peak 16, we identified two velocity components and we fit a

two-velocity-component hyperfine model. Figure 3.10 shows examples of hyperfine-fitting results

at the peak positions of the cores. The column density is calculated by assuming local thermody-

namic equilibrium (LTE). The formulation can be found, for example, in Equation (96) and (97)

of Mangum & Shirley (2015). The range of the optical depths and the excitation temperatures

are: τtot = 0.9 − 9.6 and Tex = 3.3 − 10.4 K (see also Table 3.2). Even in the most prominent

hyperfine line (F1 = 2 − 1, F = 3 − 2), the optical thickness is 0.259 τtot (N2H+) (Tiné et al.,

2000). Therefore, each N2H+ hyperfine emission line is optically thin in general because the me-

dian value of τtot(N2H+) was estimated to be ∼2.4. The 1 σ error of the N2H+ column density

was estimated by ∆τtot of the hyperfine fitting results. However, if we use the lower limit of the

τtot −∆τtot, the Tex(N2H+) can be too high to accept, that is, Tex(N2H+) is higher than Tex(CO)

∼ 10− 20 K from Yamaguchi et al. (1999). In these cases, we use the symmetric error bars in the

log scale by adopting the upper limit τtot + ∆τtot.

For HC3N, the optical depth has been derived by using multitransitional observations (J =

4 − 3, J = 10 − 9, J = 12 − 11, and J = 16 − 15) toward several GMCs including Orion A

GMC by Bergin et al. (1996), and the opacity was found to be <1 at all positions. The HC3N

column density is calculated by assuming LTE and optically thin emission. The formulation can

be found in Equation (13) of Sanhueza et al. (2012), for example. The excitation temperature

Tex(HC3N) is assumed to be equal to that for N2H+. This assumption has some uncertainties, but

the same excitation will be a best guess because both lines are thought to be optically thin and
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would be only subthermally excited. We confirmed that the excitation temperature of N2H+ does

not change between the star-forming and starless peaks suggesting that the excitation condition of

the dense cores would not be changed. When hyperfine fitting is not successful due to low signal

to noise ratios, we adopt Tex(HC3N) = 5 K, which is the average value of Tex(N2H+). In the case

of non-detection of these lines, we estimate the upper limit of the column densities from 3 sigma

noise level. Table 3.2 summarizes the derived column densities.

Table 3.2: N2H+ hyperfine fitting results and column densities.
Peak Position τtot(N2H+) vLSR (N2H+) dv(N2H+) Tex N (N2H+) N (HC3N)

name (km s−1) (km s−1) (K) (cm−2) (cm−2)
1 1.2±1.1 7.40±0.06 1.70±0.21 4.7±1.5 (5.7+5.3

−2.7)E+12 <7.50E+12
2 6.2±2.2 6.68±0.04 1.00±0.11 3.8±0.2 (1.3+4.8

−3.5)E+13 (1.2±0.3)E+13
3 3.5±2.9 6.78±0.03 0.60±0.07 4.2±0.8 (5.0+4.2

−2.3)E+12 (3.4±1.8)E+12
4 5.2±4.2 7.04±0.06 0.82±0.16 3.9±0.5 (9.1+7.3

−4.1)E+12 (6.6±3.8)E+12
5 5.6±2.6 6.96±0.03 0.65±0.06 3.6±0.2 (7.0+3.3

−2.2)E+12 (7.3±1.9)E+12
6 3.9±3.6 7.22±0.04 0.63±0.09 3.9±0.7 (5.2+5.0

−2.6)E+12 (6.7±2.3)E+12
7 5 < 2.2E+12 (1.9±1.3)E+12
8 3.6±2.4 6.88±0.06 1.20±0.19 3.7±0.4 (8.6+5.7

−3.4)E+12 (7.4±3.1)E+12
9 6.0±2.6 7.54±0.03 0.70±0.07 3.8±0.2 (8.6+3.5

−2.5)E+12 <5.0E+12
10 3.0±2.6 6.84±0.05 0.84±0.12 4.1±0.8 (5.8+5.2

−2.7)E+12 (2.1±1.4)E+12
11 5 <2.4E+12 (2.7±1.4)E+12
12 1.7±1.6 7.44±0.03 0.80±0.09 5.4±1.7 (4.8+4.7

−2.4)E+12 <2.9E+12
13 5 < 3.1E+12 (1.2±1.2)E+12
14 3.8±1.7 6.41±0.03 0.99±0.10 4.5±0.5 (1.0+4.4

−3.1)E+13 (5.6±1.8)E+12
15 9.6±7.5 6.63±0.05 0.56±0.11 3.4±0.2 (9.7+7.6

−4.3)E+12 (1.1±0.4)E+13
16 1.0±0.8 8.28±0.05 1.23±0.12 9.2±4.5 (1.0+0.8

−0.5)E+13 (5.9±3.2)E+12
1.9±1.7 6.61±0.10 1.14±0.20 4.8±1.5 (6.2+5.8

−3.0)E+12 (9.8±1.9)E+12
17 0.9±0.4 7.12±0.02 1.81±0.07 10.4±3.1 (1.7+8.2

−5.5)E+13 (8.1±1.7)E+12
18 2.1±0.6 7.23±0.03 1.58±0.08 5.9±0.7 (1.3+0.4

−0.3)E+13 (8.9±1.9)E+12
19 1.7±0.9 6.46±0.03 1.27±0.09 7.0±1.8 (1.1+0.6

−0.4)E+13 (5.1±1.4)E+12
20 3.0±2.0 6.85±0.03 0.69±0.06 4.9±1.0 (6.3+4.2

−2.5)E+12 (1.9±1.4)E+12
21 9.1±6.4 4.88±0.04 0.49±0.08 3.3±0.2 (7.7+5.4

−3.2)E+12 (1.1±0.4)E+13
22 1.4±1.4 4.98±0.04 0.99±0.12 5.3±1.4 (4.7+4.6

−2.3)E+12 (5.6±1.2)E+12
23 3.7±2.5 4.60±0.04 0.87±0.12 5.2±1.1 (1.0+0.7

−0.4)E+13 <3.4E+12
24 2.8±2.3 4.59±0.04 0.82±0.10 4.6±1.1 (6.2+5.2

−2.8)E+12 (6.9±1.9)E+12
25 5 < 4.3E+12 (5.2±1.8)E+12

3.3.3 Integrated intensity ratio and abundance ratio

We show the ratio of the velocity-integrated intensity of the N2H+ main hyperfine group J = 1−0,

F1 = 2− 1 to that of the HC3N J = 10− 9 emission against the N2H+ column density in Figure

3.11. The integrated intensity ratios of N2H+/HC3N are always greater than unity. It is also found
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that the star-forming peaks have high ratios compared with those of starless peaks, suggesting that

the N2H+/HC3N integrated intensity ratio increases with time as star formation evolves. However,

the substantial overlap between the star-forming and starless peaks can be seen. This unclear

boundary will be discussed in the following section.

In molecular dense cores located in the Orion A GMC, it has been shown that the column

density ratios of N2H+/CCS, NH3/CCS, and NH3/HC3N are high in star-forming regions, while

these are low in starless region (Ohashi et al. (2014b); Tatematsu et al. (2014a)). These results

suggest that the carbon-chain molecules (HC3N and CCS) trace chemically young gas, while

N-bearing molecules (N2H+ and NH3) trace later stages of chemical evolution. We investigate

whether N2H+/HC3N abundance ratio can be an indicator of the chemical evolution in the Vela

C. Figure 3.12 shows the column density of N2H+ against that of HC3N. We found a positive

correlation between these column densities. We also found a systematic difference in the column

densities between the star-forming and starless peaks. Figure 3.13 shows the column density ratio

of N2H+/HC3N against the linewidth of HC3N. We find, on average, that the column density

ratio of N2H+/HC3N seems to be low toward starless peaks while it seems to be high toward

star-forming peaks. The average value of the N2H+/HC3N abundance ratio, excluding the data

with upper limits, is 1.6+0.5
−0.4 for star-forming (median value is 1.5) and 1.2+0.4

−0.3 for starless peaks

(median value is 0.9). This is similar to the tendency found in the Orion A GMC and nearby cold

dark clouds. Ohashi et al. (2014b) suggested that column density ratio of NH3/HC3N decreases

with increasing linewidth of HC3N in the Orion A cloud. However, we found no correlation

between column density ratio of N2H+/HC3N and linewidths. The criterion between star-forming

and starless in the Vela C is found around N2H+/HC3N ∼ 1.4. That is, N2H+/HC3N may be

. 1.4 in starless peaks, and & 1.4 in star-forming peaks. Differences in the filling factors of

these two molecules may affect the column density ratio. If the filling factor is equal to 0.5, the

column density is 1.3 − 1.4 times higher than that in the case of unity. Without having precise

measurements of the filling factor, we assume the same filling factor, that is, unity for both of

them. Even if the filling factor of HC3N is systematically larger or smaller than that of N2H+, we

will obtain the same tendency in comparison between starless and star-forming peaks, although

the absolute value of the ratio may change. It should be noting that the uncertainties of the ratios

are still large and we have to confirm these trends with high sensitivity observations in future.
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Tatematsu et al. (2014a) observed CCS J = 7 − 6 and N2H+ J = 1 − 0 emission toward dense

cores in the Orion A cloud, and showed a clearer boundary between star-forming and starless at

∼ 2 − 3 (see their figure 20). However, in the present study, the boundary between star-forming

and starless is less evident. Our large beam observations may have failed to resolve the core. If

so, the column density of HC3N may be underestimated with our observations, and the column

density ratio of N2H+/HC3N will become smaller than our estimate in such cold dense regions.

Furthermore, identifications of protostars may not be complete in the Vela C. Giannini et al. (2012)

identified protostars if 70 µm flux obtained by the Herschel Space Observatory is more than

3 σ from the best modified black body fit. Embedded protostars may not be identified by these

criteria and we may have misidentified star-forming cores as starless cores. Finally, it may be also

possible that the HC3N J = 10 − 9 transition is not a appropriate chemical evolution tracer as

the CCS J = 7 − 6 transition. This is because the upper state energy for the HC3N J = 10 − 9

transition is ∼ 24 K, which is higher than that for the CCS J = 7 − 6 transition of ∼ 15 K. The

HC3N J = 10 − 9 transition may be emitted in warm gas in star-forming regions rather than in

young cold gas. It is also known that HC3N emissions show the wing emission toward Orion KL

(Ungerechts et al., 1997) and strong emission in the circumnuclear disk of NGC 1068 (Takano

et al., 2014). The HC3N molecule will not trace always chemically young gas.

Finally, figure 3.14 plots the column density ratio of N2H+/HC3N against Galactic longitude.

The lower longitude corresponds to the northern part of the Vela C and the higher longitude cor-

responds to the southern part. The boundary between star-forming and starless cores may remain

unchanged along the different locations of the cores. We find no evidence for global chemical

variation in Vela C, in contrast as has been observed in Orion A GMC by Tatematsu et al. (2010).
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Figure 3.1: The N2H+ J = 1 − 0 velocity-integrated intensity maps in contours are imposed
on the gray scale map of the Herschel SPIRE 500 µm dust emission. The velocity range of
integration for the N2H+ line emission is from 3.5 to 9.0 km s−1. The contours represent 0.4 K
km s−1.
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Figure 3.2: The HC3N J = 10 − 9 velocity-integrated intensity map is superimposed on the gray
scale map of the integrated intensity of the main hyperfine component group N2H+ J = 1 − 0,
F1 = 2− 1. The integrated velocity range for both molecular lines is from 5.0 to 9.0 km s−1. The
lowest contour and the contour step are 3 σ. The 1 σ noise level for the contour is 0.05 K km s−1.
The white star signs represent the locations of the protostars in Giannini et al. (2012). The plus
signs represent the locations of the N2H+ and HC3N intensity peaks.
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Figure 3.3: The same as figure 3.2 but for region 2. The integrated velocity range for the molecular
line emission is from 6.0 to 8.0 km s−1. The lowest contour and the contour step are 3 σ. The 1 σ
noise level is 0.04 K km s−1.
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Figure 3.4: The same as figure 3.2 but for region 3. The integrated velocity range for the molecular
line emission is from 6.0 to 8.0 km s−1. The lowest contour and the contour step are 3 σ. The 1 σ
noise level is 0.04 K km s−1.
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Figure 3.5: The same as figure 3.2 but for region 4. The integrated velocity range for the molecular
line emission is from 5.0 to 7.5 km s−1 . The lowest contour is 3 σ, and the contour step is 2 σ.
The 1 σ noise level is 0.05 K km s−1.

Figure 3.6: The same as figure 3.2 but for region 5. The integrated velocity range for the molecular
line emission is from 6.0 to 9.0 km s−1. The lowest contour and the contour step are 3 σ. The 1 σ
noise level is 0.06 K km s−1.
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Figure 3.7: The same as figure 3.2 but for region 6. The integrated velocity range for the molecular
line emission is from 6.0 to 9.0 km s−1. The lowest contour and the contour step are 3 σ. The 1 σ
noise level is 0.05 K km s−1.
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Figure 3.8: The same as figure 3.2 but for region 7. The integrated velocity range for the molecular
line emission is from 3.5 to 6.0 km s−1. The lowest contour and the contour step are 3 σ. The 1 σ
noise level is 0.07 K km s−1.
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Figure 3.9: The HC3N linewidth against that the N2H+ linewidth. The dotted line represents unity.
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Figure 3.10: Hyperfine-fitting results for the N2H+ (J = 1−0) spectra for the six intensity peaks.
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Figure 3.11: The integrated intensity ratio of N2H+ to HC3N against the N2H+ column density.
The vertical error bar represents the 1 σ noise level of integrated intensity ratio of N2H+ to HC3N.
The horizontal error bar represents the 1 σ error corresponding to the N2H+ J = 1 − 0 hyperfine
line fitting.
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Figure 3.12: The N2H+ versus HC3N column density. The vertical error bar represents the 1
σ error corresponding to the N2H+ J = 1 − 0 hyperfine line fitting. The horizontal error bar
represents the 1 σ error in the HC3N assuming that the excitation temperature Tex(HC3N) is equal
to that for N2H+.
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Figure 3.13: The column density ratio of N2H+/HC3N against the linewidth of the HC3N emis-
sion.

Figure 3.14: The column density ratio of N2H+/HC3N against the Galactic longitude.
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Chapter 4

Discovery of evidence for turbulence

dissipation in a chemically-selected

evolved starless core

A part of this chapter has been published as Ohashi, Satoshi; Tatematsu, Ken’ichi; Sanhueza,

Patricio; Hirota, Tomoya; Choi, Minho; & Mizuno, Norikazu, MNRAS, 459, 4130 (Ohashi et al.,

2016c)
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Abstract

We report the detection of a wing component in NH3 emission toward the starless core TUKH122

with subthermal turbulence in the Orion A cloud. This NH3 core is suggested to be on the verge of

star formation because the turbulence inside the NH3 core is almost completely dissipated, and also

because it is surrounded by CCS, which resembles the prestellar core L1544 in Taurus showing

infall motions. Observations were carried out with the Nobeyama 45 m telescope at 0.05 km s−1

velocity resolution. We find that the NH3 line profile consists of two components. The quiescent

main component has a small linewidth of 0.3 km s−1 dominated by thermal motions, and the

red-shifted wing component has a large linewidth of 1.36 km s−1 representing turbulent motions.

These components show kinetic temperatures of 11 K and < 30 K, respectively. Furthermore,

there is a clear velocity offset between the NH3 quiescent gas (VLSR = 3.7 km s−1) and the

turbulent gas (VLSR = 4.4 km s−1). The centroid velocity of the turbulent gas corresponds to that

of the surrounding gas traced by the 13CO (J = 1 − 0) and CS (J = 2 − 1) lines. LVG model

calculations for CS and CO show that the turbulent gas has a temperature of 8 − 13 K and an H2

density of ∼ 104 cm−3, suggesting that the temperature of the turbulent component is also ∼ 10

K. The detections of both NH3 quiescent and wing components may indicate a sharp transition

from the turbulent parent cloud to the quiescent dense core.



4.1 Introduction of this chapter

In previous chapters 2 and 3, we found that the chemical evolutions can be used even in GMC

cores (the Orion A cloud and Vela C molecular cloud complex) wtih the N (N2H+)/N (CCS), the

N (NH3H)/N (HC3N) and so on. As a next step, we are very much interested in searching for

dense cores on the verge of star formation (onset on initial conditions of star formation).

We have found such a thermal starless core in the Orion A cloud through the N (N2H+)/N (CCS)

chemical evolution and VLA NH3 observations. TUKH122 is a starless but takes the highest ratio

of the N (N2H+)/N (CCS)∼ 2 − 3 within starless.

Tatematsu et al. (2014b) observed the NH3 (J,K) = (1, 1) and CCS (JN = 43 − 32) emission

lines toward the TUKH122 core with the Very Large Array (VLA). Surprisingly, they revealed

narrow NH3 line profiles (∆v ∼ 0.2 km s−1), in contrast to the broader previous observed CS

(J = 1 − 0) line profiles (∆v ∼ 0.8 km s−1). They also found that an NH3 oval structure (core)

is surrounded by CCS emission. This configuration is quite similar to that of the starless cores

L1544 and L1498 in Taurus (Aikawa et al., 2001; Lai & Crutcher, 2000). The prestellar core

L1544 displays infall motions (Tafalla et al., 1998), which means that NH3 cores surrounded by

CCS emission might indicate that these cores are chemically evolved and on the verge of the star

formation.

Tatematsu et al. (1993) showed the core mass function (CMF) using CS (J = 1 − 0) line in

the Orion A cloud. The parent CS (J = 1− 0) core mass of TUKH122 is derived to be ∼ 48 M�.

Their CMF indicates that the CS mass of ∼48 M� is typical in the Orion A cloud. Therefore, we

consider this core is one of typical dense cores in the Orion A cloud and is on the verge of the star

formation. Because most stars are formed as clusters and their majority of birth places are giant

molecular clouds (GMCs), it is of great interest to know how dense cores are formed in GMCs.

Here, we report new single-pointing observations of the NH3 (J,K) = (1, 1) and (2, 2) emis-

sion lines toward the TUKH122 core at 0.05 km s−1 velocity resolution using the Nobeyama 45

m telescope in order to investigate the kinematics and the physical conditions of the core. Mea-

surements of the NH3 inversion lines are ideal for temperature of dense gas (Ho & Townes, 1983).

Therefore, we will provide kinetic temperature and turbulence information from a good example

of a dense core on the verge of star formation.
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4.2 Observations toward the TUKH122 core

Single-pointing observation was carried out with the Nobeyama 45 m telescope on 2015 March

4. At 23 GHz, the half-power beam width (HPBW) and main beam efficiency (η) of the telescope

were 73” and 0.825, respectively. The observations were perfomred in the position switch mode.

For the receiver front end, we employed the 20 GHz HEMT receiver (H22). For the back end, we

used the SAM45 digital spectrometer with a spectral resolution of 3.81 kHz (0.05 km s−1 at 23

GHz) and a bandwidth of 16 MHz. The NH3 (J,K) = (1, 1) and (2, 2) lines were simultaneously

observed. We used rest frequencies of 23.69449 and 23.72263 GHz for NH3 (J,K) = (1, 1) and

(2, 2), respectively (Kukolich, 1967). The system noise temperatures ranged from 90 to 96 K. The

standard chopper wheel method was used, and the intensity is reported in terms of the main-beam

temperature Tmb, which is obtained by dividing the antenna temperature T ?
A by the main beam

efficiency. The on-source integration time was ∼ 52 min, resulting in an rms noise level of 37 mK

in Tmb for the NH3 (J,K) = (1, 1) observations in the dual polarization mode, and 51 mK in Tmb

for the NH3 (J,K) = (2, 2) observations in the single polarization mode. The telescope pointing

was checked at the beginning of the observation by observing the SiO maser source Orion KL and

was better than 10”.

4.3 Results and Discussion

Figure 4.1 shows the location of TUKH122 on top of 70 µm, thermal dust continuum map, and

NH3 emission map. The bright 70 µm source corresponds to TUKH123, which contains six

protostars identified by Spitzer (Megeath et al., 2012). On the other hand, no 70 µm emission

was detected toward the TUKH122 core, which is consistent with the fact that the TUKH122 core

has no protostars. We can see a filamentary structure elongated from northwest to southeast toward

the TUKH122 core (Figure 4.1). The width of the filament is about 0.1 pc and its length is 0.5 pc.

On the NH3 map, an oval structure with embedded condensations is seen toward TUKH 122.

4.3.1 Hyperfine fitting and derivation of physical parameters

Figure 4.2 shows the line profile and hyperfine fitting of the NH3 (J,K) = (1, 1) and (2, 2) lines

obtained with the Nobeyama 45 m telescope. We identified a total of nine hyperfine components
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Figure 4.1: (Left): The Orion A large map taken by Herschel SPIRE 500 µm dust emission
is shown in a contour. The contour level is 13 mJy. (Middle): The Herschel SPIRE 500 µm
dust emission map in contour is imposed on the grey scale map of the Herschel PACS 70 µm
emission. The lowest contour level is 92 mJy (10% of the peak flux in the map) and the contour
interval is 18.4 mJy (2% of the peak flux in the map). The center circle represents the beam size
of the Nobeyama 45 m telescope at 23 GHz. The bottom-left circle is the Herschel beam size
(36”) at 500 µm. (Right): The NH3 velocity-integrated intensity map in grey scale of the main
NH3 (J,K) = (1, 1) component toward TUKH122 obtained with VLA. The velocity integration
range is from VLSR = 3.2 to 4.4 km s−1. The contours represent 500 µm dust continuum emission
(same contour levels used in the left panel). The bottom-left circle is the VLA synthesized beam
(4”.1 × 3”.1).
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Gaussian-fitting result. The green line represents the best fit model of the Gaussian-fitting.
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with Tmb ∼ 0.8 − 1.5 K in the NH3 (J,K) = (1, 1) line. The hyperfine fitting was performed to

the NH3 (J,K = 1, 1) spectra by using equations:

T ?
A(v) = η[Jν(Tex) − Jν(Tbg)][1 − exp(−τ(v))], (4.1)

where

τ(v) = τtot

∑
i

si

4.284
exp

{
−4 ln 2

(
v − vi − vLSR

∆v

)2
}

. (4.2)

The optical depth τtot is the sum of the centroid optical depths of all the hyperfine components.

The background temperature Tbg is 2.7 K. Jν is the Planck function in temperature units. The

free parameters are the optical depth (τtot), LSR velocity (VLSR), linewidth (∆v), and excitation

temperature (Tex). We assume a uniform excitation temperature in all NH3 hyperfine compo-

nents. The intrinsic line strengths (si) and velocity offsets (vi) of the hyperfine components are

adopted from Levshakov et al. (2010). We fit the hyperfine structure with a least-squares Gaussian

hyperfine structure fitting routine written in IDL. Fitting is optimized by the use of the Levenberg-

Marquardt algorithm (for non-linear fitting). Iterations are performed until the solutions converge.

Because we identified another component (wing component) in the NH3 (J,K) = (1, 1) spec-

trum, we fit a two-velocity-component hyperfine model. The fitting results of the wing emission

will be discussed in the following subsection. The fitting results of the quiescent component are:

τtot = 8.4± 0.1, VLSR = 3.74±0.01 km s−1, ∆v = 0.30± 0.001 km s−1, and Tex = 4.14± 0.05

K. The NH3 hyperfine components are moderately optically thick. It is found that the core is

thermally dominated because the observed linewidth is close to the thermal linewidth ∆v(th) =

(8 ln 2 kTk/m)1/2, which is 0.16 km s−1 for NH3 at Tk = 10 K. Here, k is the Boltzmann con-

stant, and m is the mass of the molecule.

We performed a single Gaussian fitting to the NH3 (J,K) = (2, 2) spectrum because there is

only one detected velocity component and hyperfine lines are not detected. The fitting results are:

peak intensity of Tmb = 0.37 ± 0.03 K, centroid velocity of VLSR = 3.728 ± 0.014 km s−1, and

linewidth of ∆v = 0.31± 0.03 km s−1. The optical depth of τ(2, 2) can be derived from equation

(1) assuming that NH3 (J,K) = (1, 1) and (2, 2) transition have the same excitation temperature

and a filling factor of unity for both transitions. The rotational temperature of NH3 was derived

from the (J,K) = (1, 1) and (2, 2) transitions by following Bachiller et al. (1987) and equation
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(4.3)

Trot =
41.5

ln
(
2.35 τm(1,1)

τm(2,2)
∆v1,1

∆v2,2

) , (4.3)

where τm(1, 1) is the optical depth of the main hyperfine component group (τm(1, 1) = 0.5×τtot).

Following Mangum et al. (1992) and Mangum & Shirley (2015), the column density was derived

as

N(J,K) = 3.96 × 1012 J(J + 1)
K2

×

{
1 + exp(−hν/kTex)
1 − exp(−hν/kTex)

}
τ(J,K)∆v cm−2. (4.4)

The total column density was obtained by using

N(NH3) = 0.0138 × N(1, 1) exp

(
23.1
Trot

)
T

3/2
rot . (4.5)

From these equations, we derived a rotation temperature of Trot = 10.6 ± 1.5 K and N(NH3) =

(5.8 ± 0.5) × 1014 cm−2. In order to estimate the kinetic temperature Tkin, we used the relations

derived by Tafalla et al. (2004)

Tkin =
Trot

1 − Trot
42 ln

[
1 + 1.1 exp(−16/Trot)

] (4.6)

The kinetic temperature is derived to be Tkin = 11 ± 2 K. The value of Tkin = 11 K is

consistent with the fact that there is no heating source in this core. We also investigate how the

filling factor affects equation (1). If the filling factor is 0.5, the kinetic temperature and the column

density are derived to be Tkin = 11 K and N(NH3) = 7.8 × 1014 cm−2, respectively. The kinetic

temperature is not significantly affected by the filling factor because it is derived from the intensity

ratio of NH3 (J,K) = (1, 1) and (2, 2) emission. Again, we assume that both transitions have the

same filling factor.

4.3.2 Wing emission

In addition to the narrow linewidth component of ∆v = 0.3 km s−1, we identified a red-shifted

wing component in the NH3 (J,K) = (1, 1) spectrum for the first time for this source (see Figures
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Table 4.1: Fitting results of various molecular lines toward TUKH122
molecular lines τ VLSR ∆v Tex

(km s−1) (km s−1) (K)
NH3 (J,K = 1, 1) main 8.4±0.1 3.74±0.01 0.30 4.14±0.05
NH3 (J,K = 1, 1) wing 3.23±0.03 4.40±0.02 1.36 2.9±0.1

CS (J = 2 − 1) 4.37±0.33 1.7
13CO (J = 1 − 0) 4.51±0.09 2.6

4.2 a and 4.3).

To analyze the wing emission, we performed the hyperfine fitting including the quiescent main

component and the wing component, simultaneously. The fitting results of the wing component

are: τtot = 3.23±0.03, VLSR = 4.40±0.02 km s−1, ∆v = 1.36±0.01 km s−1, and Tex = 2.9±0.1

K, suggesting that the wing emission is turbulent. Because we were unable to detect a counterpart

in the NH3 (J,K) = (2, 2) emission, we estimated the upper limit to the kinetic temperature to

be 30 K assuming the 3 σ upper limit of the NH3 (J,K) = (2, 2) emission. The centroid velocity

of NH3 quiescent gas is 3.7 km s−1, while that of the wing/high velocity gas is 4.4 km s−1. The

velocity offset is about 0.7 km s−1, more than twice the linewidth of the quiescent component.

In Figure 4.3, we show the CS (J = 2 − 1), 13CO (J = 1 − 0), and NH3 (J,K = 1, 1) line

profiles toward TUKH122. The 13CO (J = 1− 0) and CS (J = 2− 1) lines are convolved with a

Gaussian kernel to match the beam size of the NH3 observations (73”). These lines were observed

by Tatematsu et al. (1993, 1998, 2014a). We find that the 13CO (J = 1 − 0) and CS (J = 2 − 1)

emission lines are dominated by turbulent motions and their velocity centroids are consistent with

that of the NH3 turbulent gas rather than that of the NH3 quiescent gas within the uncertainties

(see also table 1). A rest frequency of 110.201353 GHz was used for 13CO (J = 1 − 0) (Ulich &

Haas, 1976).

In addition to the upper limit to the kinetic temperature of the turbulent gas explained above,

we tried to obtain the temperature by another method. We make LVG calculations (e.g., Scoville &

Solomon, 1974; Goldreich & Kwan, 1974) for the multitransition CS (J = 1−0), CS(J = 2−1)

and C34S (J = 2 − 1) data to derive the kinetic temperature of the turbulent gas. LVG analysis

was made by using the RADEX software (van der Tak et al., 2007). The collision rates for CS are

taken from Lique et al. (2006). We assume that the CS lines are emitted from similar volumes and

they are from a uniform density sphere.

In LVG calculations, we investigate the parameter range of n(H2) = 103 − 105 cm−3 and
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Table 4.2: LVG models for CS toward TUKH122
model n Tk N (CS)

(cm−3) (K) (cm−2)
fitting range 103 − 105 5 − 30 7.8×1014

results 8.7×103 8 7.8×1014

Tkin = 5 − 30 K. We use a column density of N (CS) ∼ 7.8 × 1014 cm−2, obtained from CS

(J = 2− 1) by assuming LTE condition, and a linewidth of 0.56 km s−1. The formulation can be

found, for example, in Lee et al. (2013). We assume the abundance ratio of 32S/34S to be 15 (Blake

et al., 1987). We use a CS (J = 1−0) intensity of 4.3, a C34S (J = 2−1)/CS(J = 1−0) intensity

ratio of 0.17, and a CS (J = 2− 1) intensity of 0.7 toward the peak position of TUKH122. Figure

4.4 shows the results and the derived values are listed in Table 2. Temperature is significantly

low (∼ 10 K) even taking into account the uncertainties of the intensities. The observed CS

(J = 2 − 1) intensity is generally weaker than the value determined by the model. This has been

already pointed out by Tatematsu et al. (1998). They suggested that foreground absorption due to

less dense gas is significant for J = 2 − 1. Nishimura et al. (2015) also performed LVG analysis

using CO (J = 2 − 1), 13CO (J = 1 − 0), and 13CO (J = 2 − 1) lines and derived a kinematic

temperature of ∼ 13 K toward TUKH122. Therefore, we conclude that the turbulent gas is also

cold (∼ 10 K).

It is worth noting that our previous results of NH3 observations with the VLA (Tatematsu et al.,

2014b) have shown no wing emission toward the core. The VLA observations were carried out

using NH3 (J,K) = (1, 1) emission with 0.2 km s−1 velocity resolution (Figure 7 in Tatematsu et

al. 2014b). From the observed intensity of the wing emission in the present study (Tmb = 0.22

K), the flux density is estimated to be 1.31 mJy beam−1 at the VLA configuration of 4”.2 × 3”.1

resolution. The wing component were not detected with the VLA because the rms noise level of

the VLA observations was as high as ∼ 2.6 mJy beam−1. Therefore, the non-detection of the wing

component with the VLA will be due to lower sensitivity. Another possibility is that the turbulent

gas is widely extended and resolved out in the interferometric observations.

4.3.3 Linewidth-size relations

The linewidth-size relation has been investigated in many studies (e.g., Larson, 1981; Caselli &

Myers, 1995; Goodman et al., 1998). It is suggested that the coefficient or intercept (in the log-
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log form) of the linewidth-size relation in GMC turbulent cores is larger than in low-mass star-

forming regions, which means GMC cores have a higher level of turbulence (Tatematsu et al.,

1993; Caselli & Myers, 1995; Heyer et al., 2009). Lu et al. (2014) investigated the linewidth-size

relation in high-mass star-forming regions in NH3 emission using the VLA. Their results suggest

that high-mass star-forming cores still have high level of turbulence within 0.1 pc.

We estimate the nonthermal linewidth ∆vNT, which is defined as ∆v2
NT = ∆v2

obs − ∆v2
T,

where ∆vT = (8 ln 2 kTk/mobs)1/2 and mobs is the mass of the observed molecules (Fuller &

Myers, 1992). We assume Tk = 11 K, which was obtained from the NH3 inversion transition

observations, for all molecular lines. The thermal linewidth for NH3 and mean molecular weight

(2.33 u) are 0.17 km s−1 and 0.47 km s−1, respectively.

Figure 4.5 shows the nonthermal linewidth against the core radius in TUKH122 observed in

several molecular lines; 13CO (J = 1 − 0), CS (J = 2 − 1), NH3 (J,K) = (1, 1), and N2H+

(J = 1 − 0). The (equivalent) core radius is calculated from the area inside the 25%, 50%, and

75% levels with respect to the maximum intensities of these molecular lines. That is the core

radius can be represented

r(25, 50, 75%) =
√

S(25, 50, 75%)/π (4.7)

We derived the observed linewidth, ∆vobs, from the average spectrum from positions within the

contours. We omit the plot of r(75%) for CS and N2H+ because S(75%) for CS and N2H+ is

similar to the telescope beam area and the contour is not fully resolved. Our NH3 single dish

observations cannot constrain the radius. Therefore, we use the horizontal bar to illustrate the

probable radius range of the NH3 quiescent core. The NH3 quiescent core was observed with

VLA, but it was found that diffuse emission was resolved out. It is possible that the NH3 quiescent

core is as large as the N2H+ quiescent, if N2H+ and NH3 coexist. We also use the horizontal bar

for the NH3 turbulent core radius. The NH3 turbulent gas distribution can be as small as the NH3

quiescent core observed with VLA, while it can be widespread as observed in CS and 13CO with

the Nobeyama 45 m telescope. The dashed line represents a power law index of 0.21 derived by

Caselli & Myers (1995) in Orion cores. We find that the nonthermal component in TUKH122

follows the trend in the Orion cores if the core radius is larger than ∼ 0.2 pc. We also find

that turbulence is dissipated within ∼ 0.2 pc, and the nonthermal linewidth becomes smaller than
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the thermal linewidth (0.47 km s−1) for the mean molecular weight. Our new results with high

velocity resolution confirm that the nonthermal motion is almost completely dissipated. This may

be the first evidence of a coherent region in a GMC core.

The nonthermal linewidth ∆vNT of the NH3 wing component is derived to be 1.36 km s−1,

which is consistent with the trend of the linewidth-size relation derived for CS and 13CO turbulent

gas. Furthermore, the centroid velocity of the NH3 wing component of 4.7 km s−1 corresponds

to that of CS and 13CO lines. Therefore, the NH3 wing component should also trace the turbulent

surrounding gas. We have observed dense turbulent gas and quiescent dense gas in a single tracer.

Our detection of both NH3 quiescent and wing components may indicate a sharp transition from

the turbulent parent cloud to the quiescent high dense core.

Similar objects that have a sharp transition between turbulent surrounding gas and a coherent

core have been reported by Pineda et al. (2010, 2011). However, it is still not clear how these

coherent cores are formed in such turbulent environments. Some models suggest that shocks may

dissipate the turbulence (Pon et al., 2012). Recently, hydrodynamic turbulent cloud simulations

show the filament formation made up of a network smaller and coherent sub-filaments (Smith

et al., 2016). They found that sub-filaments are formed at the stagnation points of the turbulent ve-

locity fields where shocks dissipate the turbulence. Our results of the velocity offsets between the

quiescent dense core and its parent cloud may be consistent with such simulations and TUKH122

core might be formed at the stagnation point.
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Chapter 5

Discussion and summary

5.1 Discussion

In Chapter 2 and 3, we suggested that the chemical evolution will be a good indicator to deter-

mine the evolutional stages of starless cores in GMCs. We found that the column density ratios

of N (N2H+)/N (HC3N), N (N2H+)/N (CCS), N (N2H+)/N (c-C3H2), N (NH3H)/N (HC3N), and

N (NH3)/N (CCS) are high in star forming region, while it is low in starless region. Interest-

ingly, the ratios of N (N2H+)/N (HC3N) ∼ 1 − 2, N (N2H+)/N (CCS) ∼ 2, N (NH3)/N (HC3N)

∼ 40 − 50, and N (NH3)/N (CCS) ∼ 30 − 40 may divide the star-forming and starless criteria.

We investigate whether these tendencies can be found in other star-forming region and com-

pare these threshold ratios. Sakai et al. (2008b) observed N2H+ and HC3N toward the 55 massive

clumps associated with IRDCs by using the Nobeyama 45 m telescope. Hirota et al. (2011) in-

vestigated NH3/CCS ratio toward dark cloud cores and searched carbon-chain-producing regions

recognized as chemically young dark cloud cores. By reanalyzing N2H+ and HC3N data obtained

by Sakai et al. (2008b), we plotted the column density ratio of N (N2H+)/N (HC3N) against ro-

tation temperature derived by NH3 lines (Figure 5.1). In Figure 5.1, the open circles represent

star-forming cores associated with 8 and 24 µm point sources, the grey open circles represent star

forming cores associated with 24 µm point sources, and filled circles represent starless cores with-

out 8 and 24 µm sources. Figure 5.1 shows that the star forming cores associated with 8 and 24

µm point sources are high ratio, while starless cores without 8 and 24 µm sources are low ratio.

Furthermore, the column density ratio increases with increasing rotation temperature. Assuming

that star formation evolves from starless cores without infrared sources to star forming cores with
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8 µm emission, and then into star forming cores with both 8 and 24 µm emission, we suggest that

the column density ratio of N (N2H+)/N (HC3N) may indicate chemical evolution even in IRDCs.

Furthermore, the threshold ratio of N (N2H+)/N (HC3N) ∼ 1− 2 may divide the star-forming and

starless cores, which is the same value with the Vela C.

Figure 5.1: The column density ratio of N2H+ to HC3N is plotted against the rotation temperature.
The open circles represent star-forming cores associated with 8 and 24 µm point sources, the grey
open circles represent star forming cores associated with 24 µm point sources, and filled circles
represent starless cores without 8 and 24 µm sources.

Hirota et al. (2011) also investigated the NH3/CCS ratio against star forming activities in

dark cloud cores (see also figure 4 in their paper). Their results show that the star forming cores

are recognized when the ratio of N (NH3)/N (CCS) is more than ∼ 30 − 40. The threshold of

N (NH3)/N (CCS) ∼ 30 − 40 is the same value with the orion A cloud in a velocity linewidth of

∆v(CCS) < 1.5 km s−1. Therefore, we suggest that the chemical evolution and its threshold

between star forming and starless cores are universal and useful in wide range of star forming

activities from dark clouds to IRDCs.
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chemical simulations

To estimate timescale of the chemical evolution process in dense cores, we calculate the formation

rate of N2H+, NH3, HC3N, and CCS molecules on gas phase using the UMIST 2012 network

made by McElroy et al. (2013). The model is adapted for n = 104 cm−3, T = 10 K, and Av = 10

mag. By calculating the chemical network, Figure 5.2 shows the fractional abundances of N2H+,

NH3, HC3N, and CCS against time. Taking into account the fact that typical fractional abundances

are derived to be ∼ 10−10 for N2H+, ∼ 10−8 for NH3, ∼ 10−8 for HC3N, and ∼ 10−9 for

CCS respectively, in dense cores (e.g., Tafalla et al., 2002; Gwenlan et al., 2000; Shinnaga et al.,

2004), this chemical simulation is acceptable expect for CCS. The fact that CCS abundance fall

significantly below its observed value was already reported and McElroy et al. (2013) suggested

the effect of the large rate coefficient for its destruction by atomic oxygen. The rate coefficient of

CCS and Oxygen reaction may decrease in cold region. Therefore, we ignore the CCS abundance

in this discussion.

To estimate timescale of the dense cores, we plotted the abundance ratios of N2H+/HC3N,

NH3/HC3N, and NH3/CCS against time in Figure 5.3. Based on published data and our studies,

we showed that the abundance ratios of N (N2H+)/N (HC3N) ∼ 1 − 2, N (N2H+)/N (CCS) ∼ 2,

N (NH3)/N (HC3N) ∼ 40− 50, and N (NH3)/N (CCS) ∼ 30− 40 may divide the star-forming and

starless. To have such abundance ratios, it takes 4 × 105 − 106 year according to the Figure 5.3.

This timescale is longer than or equal to the timescale derived by Onishi et al. (2002) for starless

cores. Note that we ignore the N (NH3)/N (CCS) ratio due to CCS highly underabundant.

The timescale is several times larger than free-fall timescale of gas with 105 cm
3
, ∼ 105 yr.

Therefore, some other mechanisms are needed to support self-gravitating cores against gravity.

Nakano (1998) suggested that dense cores embedded in clouds are shown to be magnetically

supercritical and that the turbulence dissipates in several times the free-fall time, leading to a

dynamical collapse of the cores. The timescale of dissipation of turbulence is almost consistent

with dynamical time,

tdyn = 5.0 × 105 × R

0.1 pc
× 0.2 km s−1

Cs
yr. (5.1)
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Figure 5.2: The fractional abundances of N2H+, NH3, HC3N, and CCS against the time assuming
a dense core model for n = 104 cm−3, T = 10 K, and Av = 10 mag.
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Figure 5.3: The fractional abundance ratios of N2H+/HC3N, NH3/HC3N, and NH3/CCS against
time.
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Therefore, the dissipation of the turbulence is an important factor to initiate star formation.

Furthermore, we already found the correlation between the chemical evolution (N (NH3)/N (CCS))

and dissipation of turbulence (R/Rcr), suggesting that the chemical evolution can be an indica-

tor of the dynamical evolution of the core and the timescale is determined by the dissipation of

turbulence.

5.2 Summary

Chemical composition was measured in selected six warm and dense cores in the Orion A giant

molecular cloud for N2H+, CCS, c-C3H2, HCO+, H13CO+, and HCN. Both N2H+ and c-C3H2

show similar trend, they are suppressed against CCS in starless cores are enhanced in star-forming

cores. Correlation is tighter for c-C3H2 than N2H+, possibly due to destruction of N2H+ by CO

in warm region. NH3 was also found to be suppressed against CCS and HC3N in starless cores

and to be enhanced in star-forming cores, confirming the trend found in cold dark clouds but with

lower ratios for larger values of temperature and linewidth.

To test the reliability of the abundance ratios as chemical clocks of core evolution in more

broader range of physical conditions, a total of 7 regions selected from bright C18O peaks in the

Vela C molecular cloud complex were observed in N2H+ and HC3N emission. The N2H+/HC3N

abundance ratio was smaller in starless cores and higher in star-forming cores. This trend is similar

to the one established in the Orion A GMC, though the distinction between the ratios for starless

and star-forming cores is not as clear as that in N2H+/CCS ratio in the Orion A GMC.

It is suggested that the chemical compositions are robust and useful clocks for the evolutionary

stage of dense cores even in warm GMCs. Species like CCS, NH3, and c-C3H2 are more reliable

than HC3N and N2H+ as chemical clocks of dense core evolution in GMCs warmer than 25 K.

By using the published data of N (NH3)/N (CCS) and N (N2H+)/N (HC3N) in dark clouds

and infrared dark cloud clumps, we found the criteria between star forming and starless cores are

N (NH3)/N (CCS) ∼ 30 − 40 and N (N2H+)/N (HC3N) ∼ 1 − 2. Using the chemical reaction

network of UMIST Database for Astrochemistry (UDfA) assuming a density of 104 cm−3 and a

temperature of 10 K, we estimated a timescale of 4 × 105 − 1 × 106 yr for taking these criteria

of the column density ratios. This lifetime is several times longer than free-fall timescale and

comparable to dissipation timescale of turbulence. The NH3/CCS abundance ratio appears to be
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correlated with the core radius normalized with the critical radius (R/Rcr). Starless cores tend to

have higher ratio of R/Rcr exceeding unity, indicating hydrostatic equilibrium of these cores. For

star-forming cores, this ratio tends to be lower. Dissipation of turbulence may play an important

role because R/Rcr decreases with decreasing linewidth.

One of the chemically-selected starless cores at advanced evolutionary stages (TUKH122) in

Orion A GMC was observed in NH3 lines. Two velocity components were identified: a quiet main

component with a small linewidth (∼ 0.3 km s−1) and a redshifted wing component with a large

linewidth (∼ 1.4 km s−1). There is clear velocity offset between these two components, and the

centroid velocity of the turbulent component agrees with that of the surrounding gas traced by

13CO J = 1 − 0 and CS J = 2 − 1 emission lines. Given that turbulence dissipates in a ∼ 0.2

pc region, this core may have a coherent region. This is the first detection of such an object in the

GMC. The detection of NH3 emission for both quiescent and wing components indicates a sharp

transition from the turbulent parent cloud to the quiescent dense core.

Figure 5.4: The schematic view of this thesis.
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Appendix A

Hyperfine fitting of N2H+ and NH3

N2H+ (J = 1− 0) and NH3 (J,K = 1, 1) lines have hyperfine structures. We identify a total of 7

lines in N2H+ and 10 lines in NH3 if linewidth is small (e.g., Caselli & Myers, 1995; Tiné et al.,

2000).

Therefore, line intensity can be expressed by following

Tmb(v) = [Jν(Tex) − Jν(Tbg)][1 − exp(−τ(v))] (A.1)

τ(v) = τtot

∑
i

si exp

{
−4 log 2

(
v − vi − vLSR

∆v

)2
}

(A.2)

Tbg is the back ground temperature of 2.7 K, ν is observing frequency, si is the line intensity,

and vi is the velocity referred to the F1 = 2− 1, F = 3− 2 for N2H+ amd ∆F = 0 for NH3 line,

respectively (see also A.1 and A.2).

Table A.1: The line intensity and velocity offset of each component in N2H+ (Tiné et al., 2000)
(J) transition vi (km s−1) si

J=1-0 F1 = 1 − 1,F = 0 − 1 6.9 0.037
F1 = 1 − 1,F = 2 − 2 5.97 0.185
F1 = 1 − 1,F = 1 − 1 5.53 0.111
F1 = 2 − 1,F = 2 − 1 0.93 0.185
F1 = 2 − 1,F = 3 − 2 0 0.259
F1 = 2 − 1,F = 1 − 0 -0.66 0.111
F1 = 0 − 0,F = 1 − 2 -8.03 0.111

Therefore, free parameters of our hyperfine fitting is τtot, vLSR, ∆v, and Tex. We fit equations

of A.1 and A.2 with a least-squares Gaussian hyperfine structure fitting routine written in IDL
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Table A.2: The line intensity and velocity offset of each component in NH3 (Armstrong & Barrett,
1985)

(J,K) transition vi (km s−1) si

(1,1) ∆F = 0 0 0.500
F ′, F = 1,2 ±7.8 0.139
F ′, F = 1,0 ±19.4 0.111

(LMFIT). The fit is optimized by the use of the Levenberg-Marquardt algorithm (for non-linear

fitting). Iterations are performed until the solutions are converged.
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