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Abstract 

ln this thesis, I present tho resul ts of t he numerical sinmlations of the globular clu~ter 

formation and the formation of t he Galaxy. I adopt the Sli'J Oo Jlt cd Part idP Hydrodynnnli t·s 

(SPI·!) method to constm ct the self-consistent thrcr-dim~nsional dynilmical and chcmi!'a l 

models for the fonnarion of srellar systems. To si.muhne the formation of a ste ll a r . ystt•Jn 

from gases , own SPH code treats three different particles as ciRrk , gas and s tar pari id r·~­

Thc gravity between t hese pa rticles is con1pu t~d b:v the specia l plll'pose computer GRAPE 

to accelerate ca lcula tions (GRA..PE-SPH code) . I incorporat e the varions p!Jysical processe · 

associa ted with the fom1aLi on of stellar sys tems. i. e. , radiatiYe cooli ng and st:tr format ion ·. 

The l'ormt>d stars affect the dynam ics and chemical properties of t lH' gas component by way 

of the energy and mas ~,jcct ion . For t hese feedback proce . cs b~·. tars. t he T ypc• II aud Ia 

supernovae explosion and stell a r winds a re considered. As a r~ ·ul t , the ch• •tni ca l c1·o lu lion 

of gases i · implemented elf-consi. tently. In OIYn GRAPE- PT-1 cod , the rhc111ical evolution 

of total meta l (Z), iron (Fe) a nd oxygen (0) arc computed with th fixt'd ntc•t alliC'it)· ;·il'ld. 

Using own GRA.PE-SPH code. I investigate the formation processes of the globula r 

clusters. I assume tl1at. in the ·oll apsing galaxy. i. ot henn al co ld cloud. fonn through 

thermal condensations and become proto-globular clourls (PG C). \\'ith t his assumption. l 

calcnJate the size of PGC by soh·ing the lirtearizecl equations for perturbation. The resnlt 

of the solution of the lineari zed equations i used as initia l conditions for llJJ'ee-dimensiona.J 

ca lcu lations . The evolution of the inner region of the PGC i. co1npu ted with Oll'n 

GH.APE-SPH code. \Vhen the initial gases contain no hea1·' eleuwnts .. Lh e ~volution of 

proto-clouds sensitively depends on the initial radius. For t he smaller init iaJ radius. t.h<' 

ini t ial star burst is so inten e that the subsequent star form ~tt.i o n occurs in the centra l 

regions to form a dense star cluster as massive as Lhe globnlar cluster . \Vbco t he ini t ia.l 

gases contaiu some heavy elements. the metallicity of gases <tfl'ects the c1·olution :mel lh<' 

fiu al steliM mass. If' the ini t ial rad ius of t he proto-globu lar cloncls was r lat i,·ely l<trgc•, Lhc 

form at ion of a st<u· cluster RS massil'e as the globular clu. ter requires the initial metallicity 

as high as [Fc/H] ~ -2. The self-enrichment of heavy element.. in the . tar clu trr doc~ not 

occur in all cases. 

All previou numeric<tl models of the formation of the Gala')' haw• laeked the proper 

treatment. of the chemical evolution and /or the required spatial re.-olu tion ·. In t his thesi. , 

I eoustruct th<' dPtailed model of the formation and evolution of the Galaxy usiug own 

GR APE-SPH code. To dficicully generate the proper initial conditions, we adopt t·hc 

pH t h in tegra l m ethod . .By c·ompn l ing the dark matter CI'Oiu t ion of e:;tc!J spbe1·ical region, I 

exam in, tilE' propert ies of the resul ted halos and select th e desire<.! ha lo for hydrodynami tal 

s imulations . From the re.-ull of t he hydrodyn arnical imulatious, l ID <lke the detailed 

compar.isoo between t he model galaxy and the number of obse rvational [acts of the 

Galaxy . .By ca tegorizing the st. lia r components wi th the mCltallici t and age, thr m del 

galax.')' consists of three component, a t he Galaxy. Each "tclhu component shows similar 

proprrties with th.e properLie of Lhe Galaxy. The early vol ulion of the model re1·caJ 

lhat t be most bulgP. Lars form during 1 he sub-galactic merger that occurred in the region 

wher lhc potential i cl eepe t. Because of th e strong star burst induced by the mergers. 

the metallicity rlist.ribution function of the bulge stars be omes wide a, the observa l'i on. 

From t hese· res ult~. I conclude that the sub-dump merger in the proto-ga laxy ca n form 

the galactic bulge. For t.hr disk .. tars and the halo sl ars, the model gala'")' reproduces 

the numb r of ob ervaliona l properti es . However, the model galaAJ' has too much meta.! 

poor sl'<us than thP Galaxy. Higher resolu tion model wi ll be reqnired to modcl lhe precise 

t ruct·ur0 and chcl1lica l properties of the Galaxy. 
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Chapter 1 

Introduction 

During ll1e long hi tory of a:tronomy, wealth of observational data has !wen accnlllU IDtt'd. 

u1 com.i.ug yc;us , much more observational data will cont inue to be obtained. Such high 

qual ity data include the precise proper motion of ov ' r 100 thousand star. in the Galaxy 

(ESA 1997), many catalogs of galaxies and clusters of galaxy (e.g. , Huchra, et ttl. 1995: 

Abel, Corwin. & Olowio 1989) , wr.v detailed , tructure of various objects (e.g., :-lassry & 

Hunter 1998) . and high quality spectra of nearby galaxies and high red-shift proto-gala.xics 

(e.g. , Dietrich et al. 1999) . To advance our understanding of astrophy ical pwblcms. 

detailed comparison between these observat ional data and theoretical pr0didions arr 

required. Amoug many astrophysical problem. , the origin of stellar. ystems is one of tlif' 

most outstanding problem for theoretical astrophysicists. To tack le tlli problem , we 

concern about a very wide field of phys ics. which rauge from atomic reaction of gases to 

a large- cale structure formatiou by grav.ity. Because of these propt'rlit' of th is proh!Ptll, 

mauy previou author have investigated by various ways. 

In particu lar, to understand the origi11 and the formation processes of ur ga i<Lxy 

(ll!ilky \Vay) is most crucial in unclersta.ncling the formation of steUar ~yst0ms. Tl!e reason 

i~ that the Galaxy is the only object where we can observe various astrophy. ical processes 

surl! as star forming processes (e.g .. Olofsson et a!. 1999) , dynamics of each star (E A 

1997) , rnetallicity of each star (e.g., Edvarcls:on et al. 1993; Boesgaarcl et al. 1999), preci ·e 

informat. ion about the dark matter potential (e.g., Alcock 01 al. 1993; Honma & Sof<tC 

J 997) , and the ag of the universe (e.g., Pont , l'vlayor & VandenBerg 1998). We can u.li' 

ob ervat ional facts w infer Lhe formation process of t iiC Ga la.'\y as in Eggen, Lynden-Bell. 

& . anclag<, (1962) and Searl e & Zinn (1978). Also, \\'C can use t hese data as con trai111s 

to lh . theoretical predictions of our model. Jn this the is, T have cl one the numerical 

si mulations of the formation of the Galaxy and tlte galactic globu lar cluster . By comparing 

the numerical result. 11·i It the l'arious ob ervaLional fact·, w can under land the formation 

process of stellar systems. The aim of my tllcsis consiots iu fo.llowing thTee parts. 
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l. Self-consistent numerical models for the formation of stellar systems 

ThP first i to cou .. truct the self-consistent, uumerical ruodcls for . inndalillg th<' 

formation of stellar. ysterns . 

\\"e need detailed dynamical and chemical models for the Ga laxy nnd the globulnr 

clusters i.o compare with t he recent high quality data. l'vhut.1· previous tuun erical lllOdcls 

Jack the pr·oper t reatm<•nt of the chemical evolu liou (e.g., Katz Hl92; Stcin nwt z & ~liillu 

!995) . or eutirely laek the dynamical properties (i .e .. one-zOJtP chemica l evolu tio n model · 

(e .g ., Pagel 1997)) . We adopt the Smoothed Particle Hydroclymunics (SPH ) method to 

construct the self-consistent thrce-cli11tensioual dynam ical and chem ical model · for the 

formatiou of tellar .·ystem (ChapteL' 2 and Appendix) . 

The SPH method lw. been wieldy us •cl to ca lcula te three-dim cnsio llal hydrod.1·muu ics 

with the Lagrilllge schente (Lucy 1977; Gingo.lcl & i\[uuaghan lOTi"). Tlw SPH tn f'l hod 

has been applied to many astroph ·sica! problems. B •cause of it Lagraugian muur<•. it 

is suitable Lo problems that have large density contrasts. e.g .. the fo.rnwt ion of galaxic~ 

(e.g .. Evrard 19 : I-Icrnqu i t & Katz 1989; Katz 1992: Steinm etz & \liill<•r 199-l). 

tlte evolution of galaxies (e.g., Friedli & Benz 1995), the cosmologicn l s imulations (<•.g .. 

i\avari'O & WI1ite 1994), and a cloud-cloud colli ion ( •.g., Lattauzio <'t <11. 19 5: Halw & 

O hta 1992). Variou codes have bceu developed to combine SPJ-1 and );.body sy l<'llL~. 

Lt t hese codes, graYitatioual forces are c<tlculatecl in ntany different ways such as clirl!ct 

sutumations, Parti le-P a rticle/ Pa rticle-Mcsb methods (e.g., Evrard 108 ). Tn•<' nt <•thodB 

(e.g., Hemquist & l<atz 1989; Benz et a l. 1990) , and the m ethod Lo nse rit e pccial purpo~e 

computer GRAPE (e.g., 'mcrnura et al. 1993; Steinmetz 199G). 

To ·imulate th formatioJt of a stellar system from gase , we use onr GTIAPE-SPH 

code using Remote-GRAPE library (Naka ·ato, Mori & \Tomato 1997) . In our code, t lw 

grav ity i COlllpu tecl by the special purpose com pu ter GRAPE to drastically acecleratP 
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calcul ;u ious. The SPH formulat ion that ll'e use is t he same as \Tavarro & White (1993). 

We 11 .-t> a sparia lly variable smooth ing leugth and integrate equRtions of motion with a 

se('oncl order Runge- Kutt a method as described in Navarro & White (1993) or Leap-frog 

method. To ·i nmlat • the format ion of stellar systems I"rom gases, ou r GRAPE-SPH cod~ 

includes various physical proce ses related t.o the format ion of stellar systems. For Lhe 

evolution of the mclal-frer cloud, we so lve the rate <:quation of hydrogen and helium plasma 

to foll ow t he formation and destruction of H2 molecules, which is the main coolant of 

metal-[ree clouds at low temperature . For tbe evo lut iou of the metal-rich cloud, we u. e 

t.he nwtallicity dependent cool ing function to. oh·e the energy equation . We adopt the staT 

rormatiou r<'cipe as used in t he usual SP H codes (Katz 1992). We incorporate the effect 

of ste!la.r wiuds and Type II and Type !a supernovae explosion for Lhc energy Rnd mass 

feed hack processr . For the Type Ia supernova model, "'"' uS' the recent progenitor model 

of Hachisu, K~ t.o & :\omoto (1099). ln our code, we follow tlte chemical e,·o lu tion of total 

meta.! (Z), iron (Fe) and oxygen (OJ wit.h th' fixed mctallicity y ield. Our ORAPE-SPH 

cock is an up-to-elate SPH implementation for the format ion of stell ar systems. 

2. Formation of globular clusters 

T lt c ~c ond aim is to ~ imulare tbe formation of t.bc globular clusters using om numerical 

rode ( Cha ptcr 3) . 

The globula r tlust· rs (GC) belong to the oldest populations in our ga lax'· Their 

forntiLI ion (E lmergrcen <'l al. 1999) i. closely r elated to tltP format ion process of our ga laxy. 

The formati on of a globu la r clnstN may take place in two stages: (1) the formation of 

proto-globular clouds (PGC) and (2) the formation of a star clu. tor from the PGC. There 

a rc t hrcc sC"cna rios (or the formation of a PG C, rl cnoted as primary, secondary, and tertiary 

model (Fall & Rees 1987). where t.he PGC form, in cliffcrcnt stages, i. e., before, during, or 
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aft.cr the collapsP of the galaxy, rcspcclively. 

Once t he PGC forms, there might be mau.v way to form a globular t'lus l('l'. J\[urray 

& Lin (1993) summarized t he scenario. of lh, fo rmation of GCs J1·om PGC · as follows. 

The P GC can be di\'idecl in lo I.1YO types depending on t hf' ir masRes. The c· loud , whost• 

mass ex ·eeds the Jeans mass, is gravitationally unstable, titus sponuuwou. ly coll<\psing to 

form stars. Th e cloud , whose mass is smaller tban Lhe Jean~ mass, is .·tablt> until Ro 111 c 

instabilit ies are introduced. A cloud-cloud co lli sion or cloud-disk coiUsi on ('Cl n (rigger snch 

instabilities. Wh n such collisions ocrur , the cloud would b<'come thermally unslabl (' owiug 

to the el6cien1. cooling. This cooling wo1tld lead to the formation of a very densr rc•gion. 

thus inducing a burst of star formation. 

Though much II'Ork ba been done to iu\'e tigatc the formation process. there is 11 0 

defi11ite t heory of how the globular clusters form. Because almost a ll previous work Rbo ut 

this a rea has been restricted to the qualitatil·e eli cus ion, II'(" iu\'e, tigate the formati on 

process of the globul ar clu tcrs qwllltitati,·eJ.v by me<l llS of 1111111 •rical calc11lati on~ in this 

thesis. The SPH method that includes star formatio11 procesS<'S likc ours has been app li ed 

to many asti'Ophysical problems. Such problems include tbe formatio11 of i. oliLted ga lax ie · 

( l<atz 1992; Steinmetz & \1iill er 1994), lhe e1·olutiou of gn.la.xics (Fri edli &: Benz 1995). 

and t he cosmological simul ations (Navarro &: Whi te 1993). H01wwr, our study is t il t" fi rst. 

attempt to apply this method to the globular cluster formation. 

3. Formation of the Galaxy 

The third is to con t ruct high n•solntion IIUIIlerica l rnodels for t lJe formal i.ou and Uw 

evolution of the Galaxy (Chapt<"r 4). 

Frorn the observational point of view, there have been two distinct scenarios fo r th • 
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[onnaL ion of the Galaxy. One is thr "free-fall co llapse'' scenario proposed by Eggen, 

Lynden-Bell. & Saudage (1962). By evaluating the orbi t~tl motions of staTs near the sun , 

they fo11nd a strong correlation bct\,·een the orbital mot i011 of s!.ars (eccentricity) and the 

nltnwiolet extess (metallicity) . From these result , they have concluded that. the eollapse 

that produC'ed the Galaxy was very rapid and occurred in nearl .v free-fall t ime scale. On 

tlw othf•r ha11d , ea rle & Zinn (1 078) hiLve proposed the "slow collapse" scenario. Tl1ey 

a nalyzed the mf:'ta llicity of the lmlo globular cl usters and found no correlaLion between 

t hl" metnllicity of cln trr and it position. Form this faC't , they hav concluded th:tt the 

!'ormation of the Galaxy "·as not t he ord reel co llapse as proposed by Eggeu , Lyndcn-B Jl , & 

Sandage (1962), but tho processe where small fr agments continuer! to collapse for a longer 

t ime scale than the ti·cc- fa ll time calc. Rcc ntly, th () galactic scale objects arc t;hought 

to form by t lw ·tructure form ali on in the cold clark matter (CDM) cosmology, which is a 

standard co ·mological model at t hi s t ime. According to Lhc CDJ\11 scena rio, larger clnmp.-

iucrea. e tlwir ma es by the progressive merger of smaller clump . During such evolu t ions, 

t lw a ngula r monwntum also increases owing to t be angul ar momentum transfer by a tidal 

force o[ s11rrou nding clwnps .. At. orne epoch, the over-dense region is virialized to form a 

dark hHio of a certain mass . lu the CD!V[ scenario:, t he Galaxy formation occurred during 

the gradua l formation of a dark ha lo. Consequently, the form ation process of the Galaxy in 

rhc CDi\'1 cosmolog;y was the midway of the above two scenarios. 

Aller late 1980's. t hrrc-climcnsional simulations of formation process of a galaxy have 

bt'CO rrt(' poss ible because of more sophisticated numerical algorithmo and t he evolut ion of 

available compu ting resources. Ka t.z (1992) has douc the first three-dimension al imulat.ion 

of the cosmologica l gala.xy formation. He investigated t,he cvolu t io11 of a spheri cal top hat 

over-dens<' rPgion of a mixture ol' da.rk mat.l"er ancl gast'S with the Tree-S! H codes (Hemquist 

& Kai z I.OS!J). Usi ng tll(>. star for111ation reci pes, he modeled the forma tion of a spiral gala.'-"~' 

syste111 , which consists of a near ly spheri cal dark halo and stellar <eud gas disk. T he rot;ttion 
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CUJTC of Lhe stellar disk in his model results iu flat rotation like observed :piral galaxies. 

In the subsequent studies, St. iomct.z & ll 'liiller (1994, 1995) investigated th disk . t.m ctnn• 

with the method and initial condition · s imilar to E ntz (1 992). Their u1odcl includl'd 

chemical evolution by formed stars so t hat they could com put c t he ehem i~al properties or 

sp ira l galaxies. Their model start· with the initial uumber or particks of~ ,000 for both 

gas and dark matter part icle . The spatial r •solu t ion of tlw model of Steinmetz & ~liilll'r 

i · limi ted by th gra>;tationa l softeuing lcugt.h of~ 1- 2 r-.:pc (Steinmetz c· ll l.iill l·r HlD5). 

Such sma ll number of' particles and the limited spatial resolntion of a. ste ll a r co1npottenL are 

not su ilicient to reso lve the detailed struct ure of a spira l galaxy, especially t he sLr ur turr or 

a bulge component (the size of the galactic bulge i "' 2 I<pc) and a thin disk. 

In th is thesis , 1 follow the method and the model by tbe pre,·ious fl ut hors but usc• 

a IRrger number of particles to study the detailed formation ami evolu t ion processes of 

t he Galaxy I evolve t he ·pheri cal top hat over-den e region of a rnixtHl·e of dark mflt.ter 

and gases with my OR.APE-SP H code. The largest model of this study uses initiaJJ,v o,·c·r 

60,000 particles. Tho initial masse of the ga~ and clark matt<•r particle in this model arc 

~ 4 x 106 M 0 and "' 3.6 x 107 M0 , re pcctively. The graYitat ional softening lengths for t.lu• 

ga,~ and dark matter particle are 0.5 Kpc and 1.0 J<pc, respect iYely. Wi th this uumerical 

resolu tion, I can resolve the structure of a bulge(~ 2 Kpc) in rea onabl0 aceuracy. Iu thP 

pre,·i ous studies by Katz (1992) and Steinmetz & llli.iller (1994. 1995). mainly tb e nu-ious 

structmal properties are concerned. In thi thesis, 1 compare the ch\mtical properties of 

stars with the ob ervationa.J facts of the Galaxy. For this purpose. UtE' clwiJii~a l emlut ion 

of total met.a l (Z), iron (Fe) and oxyg n (0) is incorpora eel in the GIL\P E-SPH cot!e. 

·s ing own GR.APE-SPH code, I can compare th dynamical and chemical properties of 

the numerica l models with the observational facts of the Galaxy. lf the model reproduce 

a number of the observational facts , the numerical resul ts predict various forlllation aJ Jd 

evolution history of t he Galaxy 

7 

4. Summary 

In Lh is t llesi., 1 describe om numerical code for the formation of , tellar systems and 

inv('st igatc the formation of globu lar clu ters and Lhe Galaxy using my nurnerim l code. 

I adop l. t he SPH method to model tbP formation of stellar systems. This GRAPE-SPH 

rodr includes ,·a riou physical proces es associated wii h t he formation of stellar sr tems. 

ln panicular, the chemical evolution model in t he code is const.mc:ted in a self-consistent 

manner. !3y using such il tate-of-the-a rt numerical model, I investigate t he globu lar clnsl'er 

l'mmation and the fonnation of the Galaxy. These two topics are closely related siuee 

the globu lar clusters might form during the formation of Lhe Galaxy. Tim .. l will infer 

thr formation of tlie Galaxy including the globular cl u.-ter forma LiOn by combining the 

numerical re~ul ~s for each sy trm ( bapter 5). 
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Chapter 2 

SPH method and including physical 

processes 

The Smoothed Particle Hydrodyuamics (SPH) method has been wit!rly ust•d to calculate 

three-dimensional hydrodynamics with the Lagrange . chcme (Lucy 1977: Gingold & 

~fonaghan 1977). The SPH method ha. been applied to many astropby. ical proble1us. 

Becau e of its Lagrangian nature, it is suitable to the problem that has large d('u:ity 

contrasts, e.g., Llte formation of gala.xies (e.g. , Evrard 19 8; Hemquist & l<atz 19 0: [(atz 

1992; Steinmetz & ~!Lille r 1994), the evolution of gai<Lxies (e.g. , Friedli & Benz 1995), 

the cosmological simulat ions (e.g., Na1·arro & White 1994). aud a cloucl-doud col! i. ion 

(e.g. , Lattanzio et nl. 198 ; Haue & Ohta 1992). Various codes have br•u developed t11 

combine SPH and N-body systems. In the~e codes, gra1·itational forces arc c-alculatet! in 

nHl.Jly different ways such a direct summatious, Partici~-Particle/Particlc-~lesh UJctllod~ 

(e.g., EITard 1988). Tree meLhods (e.g., Hernqnist & Ka1z lD 9; Benz et. a.l. 1990), and 

he method to use the special purpose computer GRAPE (e.g. , u memura et a!. 1993: 

Steinmetz 1996). 
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A GRAPE (GRAxity PipE) i a special purpo. e computer to calculate gravitational 

force and potential efficient ly (Sugimoto eta!. 1990). vVe need a host computer. which 

is connect d to Gfu PE board , to control it and conduct ot!trr calculations (e.g. , time 

iu tPgration). Them; of GRAPE for SPH simulations (hereafter GRAPE-SPH) has 

many advamages. The rca on i that t he GRAPE can cRicu late not only gravitational 

force and pof.c·nti;d but also coustruct lists of neighbor particle in a short time. Jn SPH 

simu!Mions, we need the li ts of neighbor particles to calcu late hydrodynamical quantities. 

Searching neighbor particles with GRAPE is much mon' efficien than a direct search on 

the host computer. v\ 'ith GRAPE-SPH code, therefore, we need to calculate only pure 

bydrodymtmieal part. of SPH on the host computer. 

Although t.he co t of !\'-body part of SPH can be significal'lt ly r~ducrd by using 

GHAPE, he speed of t.b.e hydrodynamical part of the code is limi t.ed by t.bc speed of the 

host computer. The speed of a workstation (WS) is being rapidly improved. To tak' 

full adva.11ta,ge of GRAPE for SPH calcu lations, we have t.o use t he statc-of-the-ar WS 

as a host. If t hC' host \I,'S of GRAPE is much slower than a fast \VS available now. the 

rotfll perfonnanee of GRAPE-S PH is lower than that of t he SPH simulat ion on the fast 

WS wiLhout GR-\.PE. Of course, by developing new interface to new WS, we could solve 

t !J i. problem. Tbis approach , however, requires much human time. ~lorcover. during the 

dPvP!OpinCnt of the new interface, an ever newer \VS with difl'erent interface might become 

awtilable. 

\Ne take a different , novel approach to so lve this problem. We u. e the Parallel Vi rtn<tl 

l\lachinr (Geist et a!. 199,1), which is a most popu l<tr message-pa sing systems in pari\ li e! 

compuliug, Lo connect tho;> \ S that. is directly connected to a GHAPE board with another 

[ast machine. The SPH part c;\n be performed on the fast machine. In fart, a ll simnlation 

code cxc·cpt Lhe N-body part is nm on t.b"' fast machine and theWS connected to GRAPE 
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board serws essentially a.~ tlw intelligent commuirica tiou interface. Figure 1 and 2 ~huws 

lhe present GRAPE sy ·tern and our new approach. resprctiYely. Tn our new a] proaclt. 

Lhe combinations of theWS and GRAPE behave as t he "remot.e GRAPE" system thai 

is connected directly to the Local .1\Tea Network (LAN) . Tlru , any CO IJI]luter ou Ill 

LAN can be used as the host (remot e-host) of the GRAPE. \Ve const ruc t Lh libmry 

uamed Remote-GRAPE. The description aiJCI pPrformaucc analysis of Rrmotc-G ilAPE arP 

presented in Appendix. 

To simula te the formation of tellar sy ·terns from gases, we have implemelltcd thr 

GR.APE-SPH code u ing R.emot(•-GRAPE library. Our GRAPE-SPH code includ . various 

physical processe , e.g., rad iative cooling, star formation , <uJcl fe<•dback from formrd stars. 

Though t il erc are many different implementations of ~he SPH method (a rrccnt co mpRrison 

of 1·arious SPH impl ementations is found in Thacker et al. 1998), Lbe SPH formulation 

that we use i t he same as Navarro & White (1993). ';\'e use a spatially ,·ari ;tble smoothing 

length and intrgratc equations of motion wi th a second order Ruage-I<utta tl!ethocl a 

described in Navarro & 1khite (1993) or Leap-frog method. ln the followiug ·ections. 

clcLail. of Lhe implementation of our SPH code are de cribecl. 

and 

1. Basic equations 

The basic equations of hydrodynamics ai'e as follows: 

Dp 
Dt + p\1 . v = 0. 

Dv \lP 
-+-=-\1<1'>, 
Dt p 

Du PDp \1 · (/'i,\lT) + r _!!__A 
Dt - pi Dt p /J2 ' 

11 

(2.1) 

(2 .2) 

(2.3) 

(2. I) 

where -§; is the Lagrange derivative. The first equation is t he continuity equation , where 

p i the mass den it,y and v is t he velocity of fluid . The second equation represents the 

conserwll' ion of momentum. where P is the pressure and <J.i is the potential of fluid. 'Th 

third equation is the thermal energy equation , where 11 is the thermal energy p · r unit 

mass, " is t he cof'ffieicnt of thermal conductivi ty. r is the heil.t ing fun ction. ,\ is l !Je cooling 

functi on, and'' is the meilll molecular mass. The fomth rqua tioH is the Poisson 's c(]uation. 

wllf're G' is the gravitational con. tant. vVe ulso need ll1e equatiou of t.atf' that relate P. p, 

and u. 

2. SPH method 

Tn SPH, physical quanLities aLone position are calculated b~· smoothly averaging m·cr 

nr ighbor particles. A smoothly aycragecl value of a physical qua.nLity f( r ) is given by 

< j(r ) >= j j(r' )W (r - r·' ; h)dr' , (2.5) 

where 1 Hr; h) is the kernel function. and h is the smoothing lengt h that spccifil'S the size 

of the krmcl. The ciNivatiYe of J(r ) is estimated as 

< \1 f(r) >= j f( r' )\llrF(r - r' ; h)dr' . (2.6) 

We treat continuous fluid as an assembly of discrete particles in SPH. Thus, we replace 

llw inLrgral in rqtmtinn (2.5) with a summ ation over the particles and the ,·olume element 

with m.f p(r· ), wlu·\rP m. is the mass of tlw particles and p(r· ) i · the density. As a result , Eq. 

(-. 5) is rc~ prese nted in the SPH form as 

< j(r) >= 2.:.: 1
(ni)J{rj)W(r - 1'j; h). 

p ri 

The momentu m equat ion (2.2) is represented iu the SPH form as 

Dv p . P · 
-' =- I.: ·m1(-i + --f) \lW (r·,- r;; h)- (\l<P),. 
Dt P; Pi 
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(2. 7) 
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.-\!so using Eq . (2.1), Eq. (2.3) is represented as 

Du, 1 "' (P; !';)( ) .( ·/) ·r' P - =- L, m3 2 + -:z V I - V 1 VI I r ,- T j, t + - 2,\ 
Dt 2 P, p3 Jl 

(2.9) 

(we neglect the therma l conduction io the p resent st ud y). ThP densit-y is cletrrmiued fru1u 

(2.10) 

iriJ:iteacl of using continui ty equation (2.1). The form of ll'(r; ; h) i ctrbi t rary aR long as il 

is diferPntialble t.o a sufficient order and falls rapidly for r > h. We adopt he sp!in(' k<•mP! 

(Monaghan & Ln.ttanzio 1985), which is used ill most PH calculations as 

\

1 - ~q2 + iq3. 
IV (q, h) = -1

- l(2- ,1)2 

1ih·' ~ ' 

0, 

(0 ~ q ~ 1) l 
(1 ~ q ~ 2) , 

othenuise 

(2.ll) 

where q is defined as q = 1-jh. T his spli.IIP kern I i zero outside,.= 217, so t he su rurnalion 

ill the above SPH equations is calc;ulated OYer neighbor particle, inside 2/i. In our PH 

code, the rwighbor search is dour by the Tree method ' (see Appendix). 

We use the smoothing length Lira. C"an ''<tr~' . patially and e,·oh·e with a imc as follo\\'s. 

For each time step, we com pule the moot hing I 'ngth for each particle with <l following 

equation as, 

[ ( 
1\'nb) ~] 

hnew = 0.5hold 1.0 + !Void · (2. 12) 

where N.,h i the user specifi ed number of neighbor pa rticles and NoJd is t.hr nu1nber of 

neighbor partid~s in a previou time step. In the pres~nt papc• r, we set N.,b = 50 - 100. 

To conserve the momentum in olving equat ion of motion , we lraYC to use syrn rnN ri zccl 

smoothing length [n comput ing a kernel e:timate M 

(2 .13) 
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\Ve notr rhat· t here are other method to symmetrized the kern I e. t.imat (Hernqui t & 

Kalz 1989) . 

W<' add <Ul arllficial vi ·cous term w Eqs. (2.8) a.ncl (2 .9). The standard formulation of 

an.ificial viscosity term is follo"'ing: 

- UCrJ /IrJ +{J1.1~J 
p,, 

0, 

for(v;- v i)· (r .. - ri) ~ 0 } 

otherwise, 

h(v;- v 1) · (1·.;- r 1 ) 

J.I•J = (r ,- r
1

)2 + (O .l h) 2 ' 

(2.l.J) 

(2.15) 

\\'here c;; and p,1 are the a1·ithmPtic means of the sound Yclocity and clcnsit:•, respeclivcly 

{.\lonaghan 1992). a and {J are the parameter · to control the effectiveness of viscosi y term. 

aud we set o. = 1.0 and {J = 2.0 in the present paper. This from of an a1t ificiaJ ,·iscosity 

term cau c t,he ,·iscous angular momentum transport.. Following Navarro & Steimn('I.Z 

(1997). we use a shear free viscosity formulation as 

Ql =Q· f,+fi 
IJ lJ 2 (2.16) 

f _ tv ·v,l 
r - tv. v, I+ tv X v ;[ + O.OOOle;jh;. 

(2 .17) 

ln th e prescm paper, we use equation of state fo r ideal ga with 'Y = 5/3 as 

P = ('y- l )pu. (2. 18) 

3 . Solv ing equation s of m otions 

In o11.r SPH code, we nw treat thre' types of different particle i. e., gas, clark and star 

particl.es. The gravi.t.y between these partic!Ps is computed by Lhe spPcia l purposP computer 

GRAPE. The gas particles interact with other particles only by gravil:y. We use two types 
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of t!Je GRAPE system: GRAPE-3AF and GRAPE-4. Iu using GRAPE-3AF . we usc the 

Remote-GRAPE Library. which we han' developed to sp<··ed up ca lcu lahous. 

Tlw t im st·ep of eac.h particle i · determ ined from n fo llowi ng <!quation: 

(2 .19) 

where 'I b t h nunwrical parameter, E is t he gra,·i tationa l softening length , I vi and kd Rr<' 

t h Rbsolute valu of the Yelocity and the af'celeration , respecth·rly. \\'c set 17 = 0.5 itt 1 ht• 

preset study. For gas particles , an additional constraiut (the Courant <·ondition) is u.-rt! 

be ides abm·e equations as 

Ccouraut.h 
(2.20) 61~ .. , = I ( (I Ill . hl \7 · v + c + 1.2 ac + max Pii 

"'here max(jJl;;i) mean~ that the lll<L'<im um absolute value of t he equation. (2.15) owr 

neighbor particles. Ccouranl i.s the Co Ut·arlt number aud wo et C'couraut = 0.3 - 0.5 in t.ltl' 

pre et study. 

1n the formation processes of a stellar sy tem. the large clensiry contrasts arc d<.' ,·P!operl 

as the system evoh·es. T!tis means that the time scale of eYo!ution in d ifl:'erenl pl ace dlfl'crs 

,·ery much. T hus, we ha,·e to use an indi vidual time step scheme to m<tke calculatious 

more efficient , especially when the number of particles is large. For the .indiddual Lime 

step scheme. we follow t-he scheme of Navarro & Whit;e (1993). First \\'e •·ompulr t!w tiul(' 

step (.6.1,) determined by equations (2 .19) (and (2 .20) for gas particles). Tlteu we makt> 

th actual t ime step (t. t.) a greatest power of 2 subdivision. which is smaller than ~te . 

of the system-time-step (.6.tsys), i.e .. .6. ta = .6.tsy9 / 2" ::; t.t • . The system-time- ' t<' p iR t.!tP 

fundamental t ime step to syucluonize all particles. 

The time integration of equat ions of motions is done by the Leap-(rog ructllod that is 

modified for the individual t imP . tep scheme or the second ord r Runge-Kutta method that 

15 

is desnibed in ):avarro & 'v\'hitc (1993). Both methods are second order al·curate in a 

spacP and a time. 

4 . Physical processes 

To simuhlte lhe formation of stt'llar systems from gases, \\'e ba,·e t.o consider various 

pb,,·sical process<"s: radiative cooling. star formation, and feedback from formed stars. In 

t ltis cction, we describe the implernenlation of such physical procesc es in om SPH code. 

4 .1. Radiative cooling 

Tbe radia tive cooli.ng rates depend on the temperature and ionization stftLe of the 

gas. Also, t he chell1ical composition of' the gas affects t he cooling rate. We perform SPH 

simulations f'or t he following 1 hTec cases (A, B, C) of gases. 

Case :\: V\e assunt P that the chemical com position of the gases is primordial wit ll 

no lte~vy clements and t:!te gas is in ioniza.tion equilibrium. In thi ca e, om treatment 

of r<Jdiative c cling is the same as adopted by Kat z, Weinberg & Hcrnquist (199G); 

d1 •y computed Lhc cooling rate using Lb two- body proccsse. of H and He. and fr c-(ree 

~miss i o ns. Tli0 ·ooliug func tion (A(T)) is hown in Figure 4 with tbc solid line. In this 

cal'!(', t.he cooling ratP decreases very rapidly as t he temperature T decreases below 2 x 104 

I< so that the gas wo uld not radiat ively cool below T ~ 104 K. 

Case I3: \1\le assume that the gases includes some heavy clements and is in ionization 

<'quilibrium. In this cas<', we usc the cooling fun ct ion wit.h different ch mica! composition 

th:u is t'O tnpu tl'd by I\ lAPPINGS ITT soft,warc by R.S. Sutherl1tnd (I\IL~PPl 'GS 1!1 i the 

successor or !v.I APPI'\GS 11 t ha t is described in Sutherland & Dopita (1993)) . We compute 
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tb(' cooling function of the ioniza tion equ ilib riu m gas for [Fe/H] = -5.0- 0.0 wii h t il e solru· 

abu nda nce ratio (see Table 4 of Sutherlaud c· DopiLa (1993)) and present the resuiLs in 

F igure 4 with Lbe dasltrd lines (each line corresponds to [Fe/ H] = -1, -2, -3 rcsp••ct ively 

from Lhc top to t. hc bottom). Ex.ist'encc of heavy elements signifi <:a ntly enhance~ tl<<' I'OOiing 

rates . .-H T < 104 K, the cooling due to the forbidden li ue cmlssiou of cari.J on and ox_,·gcn 

is effi cient. For [FejH] = 0, tl1c cooling rates around T ~ 10''1\ arc !00 tiu<C'S lnrg~r th<UI 

t.he cooling rates of primordial hydrogen and helium gas. Thesr differences would nutke I he 

e,·olution of t he gas very different.. 

Case C: We concern about the JlO.n-equili brium cooling. If the gas cools from high 

temperatures . ionization equilibrhnn is not realiz~d . F igmc;> 3 shows t h > rat io b l\r ·en lh(' 

recombinat ion t.ime Urecoml of hydrogen a nd the cooling Lime (I cool) of the primordial ga~es 

in ionization equilibrium; tr<>tmn/lcool· Th~ lrccllm and lmnl a re defined as 

1.0 
Lrecom = Q (T) J,. (T) (2.21) 

and 

(2.22) 

where the <lis the recombination coefficient of hydrogen a nd electron, fc is the [racli >n of 

free electrons. and kb is t he Bolzman constRnt. For a. we usc the \'alu(• of Spitz('!" (197 ). 

Clearly, the cooling time is much shorter than the recombinat ion rituc for T ~ 2 x 10 1 K. 

so tha t ioniza tion equ ilibrium is not r ealized when the gas cool · from high len< perature .. 

In the non-equilibrium case. the ex istence of electrons aud ionized hydrogHt a t T < 104 ]( 

makes it possible to form H2 molecules through t.he creation of i11tenned iaries 1-1- a nd Hf 

as: 

H + e -t l:-1 - photon 

(2 .2:3) 

]7 

a nd 

H + H + -t Ht +photon 

(2.24) 

(S ba piro & K ang 19 7). These H2 molecules cause further cooling down to T ~ 102 ]( 

owing lo Li1 e rotational-vibrational line e..xcilatio.n. 

To includr thC' effect of such molecular c-ooling. we have to solve rate equations that 

clrlermine t he ionizat ion states or H and He atoms. aud i.h<' formation and destruction of 

H2 molecules . In our case, the L-yp ical time strp in ·o lving lhc ra le equations is shorter t han 

tlte d ·namical time tep. which ir; determined main ly by the Courant. condition. Integrating 

all eq ua t ions 11·it h a shor t·<,r t ime tep than the dynamical time is very cost eel work. So '"e 

di,·ide t.be dynami cal t.imestep with dynamical Yariables (density etc.) being cons tant in 

so lving the energ~' and rate equat ions. which is sim ilar to the Jn(' tilocl Rclopted iu Shapiro & 

Kang (1987). The ra te-coe ffi cients are a!. o I he sam e as used in Shapiro & I<ang (1987). 

In ·ludcd species are H0 , H+ . He0 He+, He++, H-, Ht, H2 , H2 and c. wl<ere H2 is th~ 

(•xited hyd rogen molecule. In our SPH code, we olvc the rate eqmltions for 10 spec ies in 

e<lch SPH p<trtidr wit h a reasonable computing time. Soh·ing t he rate equations for the ga 

indnding ht'm'y elem <;nt: (over 200 p~c i c ) is not feas ibl f:' with a current r esource so t hat 

we only concem rile hydrog~· n and helium plasma in the present paper. 

Tile cool ing function for rhe non-eq uilibrium case is presented in Figure 4 with tbe 

do l Led line. Tn com puling t hese coolillg rates, we follow the isobaric temperature evo lution 

of t he fnll y ioni zed gas . Ini tiall y, t he ternperaluTe and hydrogen n11mber density of t he gas 

are 107 I< ru1d 0.01 cm- 3 , res pectively. We assume optically t.hin plasmas so that the gas 

coo l. n•pidly. Around T ~ 2 x J 01 K , H2 molecules begin to form. At T < 10'1 K, t h 

c-oo lin g rat~ du0 10 l·h molec ules i compa.rable to t h~· cooling rate for [F / H] = -1.0 ga ·. 

Finally, we , nmmarize the treatment of the cooling raLCs in our SPH code. We can 
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perform SPR simulations for bcse th ree ra es A. B aud C. ln chapter 3. we will st udy I he 

evo lu t ion of a PGC with two cliffer~nt initial chem ica l compoRil ions. i.e. , a nwtal-frce !!;H$ 

cloud <md a metal-rich gas cloud . In th e former ca. e, we soh·c the en erg ' ;\nd ntt~· cqnations 

simultaneousJy for each SPH particle (case C) if the gas Lem pcratun• is lower t han 3 x 10'1 

]( a ucl t he gas particle is not in the beating pha c (s ··e section 4.3). If t hee condit ions arc 

not met, we u e the pre-computed cooling tab le for t lw ionization cqn illbritlnt case (rase 

A). In the l~ tter case, we usc t.he pre-computed cooling table to soin' tiJ energy equations 

(case B). ln chapte r 4, we will follow the e\'ol ution of a proto-galactic doud , which lta . ., 

initially no hcm·y clement. with Case A a nd B. 

4.2 . Star formation 

Our t.rcatnwn t of sta r formation is the same as <ldopted by 1\atz (1992). Here<tfler. 

"STAH'. mean "star particle" , which i. not an indi,·idnal tar hu t an as ·ociatiou of 

many stars. A STAR forms in the region "·h re the flow is converging, coo!tng, Hnd .Jc•ans 

unstable. These condi t ions an• expressed a 

(v · v), <0, (2.25) 

i cool < t.J , (2 .26) 

(2.27) 

Here lcool , t0 , and tsound are the cooling time dynamical time, <utd sound crossi ug time, 

respectively, and expressed as 

(2 .28) 

(2.20) 

(2.30) 
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wh~re 11 i t he mea n mol<'cular weight , !/. is t he spe ific thermal energy, and c, is the local 

sound speed .. -\ STAR forms in I he region wh ere t hese al l three conditions are satisfied. 

T lw star formation r<'ltc is giwn as 

Dp, p ~ ~ 
- = --- = -Cv41fGP' 
Df lstarform 

1 (2 .31) 

where p, is the density or a star, and t"arrorm = ld /C wil.h a star formation paramct r C. 

The Ia t term of equation (2.31) is simtlar to t he Schmid t 's law (Schmid t 1959) . Integrating 

q uahon (2.31) over on~ time s tep r5t and making calcu lations with t;he equations for SPH, 

we obta in the mass of a newly fornted sl ar in c5t as 

[ 
1 ] J 71lstar= 1- . • , nh,p,. 

l + 0'!) t~Mlrform 
(2.32) 

The nC'w ly formed STAR is then treated as a co lli sion-less particLe. There are some 

modifications to t he abm·p algorit hm in the imulation of formation of a galax ' and we will 

expla in tlio ·p things in chaptt>r -t 

4.3. Feedback from stars 

T he formed stars eject gasc. and heaYy elements in stellar winds a lld , upernont 

ex plosions al!Cl heats up , accelerate , and enrich circumstellar <md i11tcrstellar medium . High 

energy cxplo. ions like a supernova produce high l;empcrature and low density regions iu 

in terstell a r medium. ln t he SPH method , the numerica l accu racy for h·igh density regions is 

mu ch belter t hiln mesh based methods but the accuracy for low density regions are poorer. 

In <1 t:\']Jical resolntion of usuitl SPB si.rnuln.t,ions s uch as l\avarro & White (1993), the 

numerical resolution (100 - 1000 p<:) is larger than a typical . ize of supernova remnants 

( < 100 pc). Thus. iL is diflic·n lt to proper ly include the cncrb'Y, rnorncnt1tm, and mass release 

front sta r in the SP H method becau e of t he nat m e of t he SPH method and the poor 
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resolution in cu rreru comput ing resources. vVr ntust use some approxilltaLions Lo minlic 

real feedback proces es io Lhe SPH method. 

One of the tTt cl hod ha been proposed by Navarro & White (1993). lu their method. 

t lt<' energy produced by a . upernova explosion is distribu ted to twigiJ bor gas part ir!Ps of 

each STAR mostly as a thermal energy and the rest .is distribtttPd as a v!'locity p rturbat.io11 

to the gas particles; the fraction of the energy in a kinet ic fonn is a fret' paranwrer. \\ 'p 

note that Lcitherer. Robert , & Dri ·en (1992) presented the populntiou syntlt csis ll!Odcl 

of slellar feedback processes. In the present paper, we distribute t be energy to neighbor 

particles in a pure thermal form as a zero-th order approx imation. 

4. 3.1. Ene1yy ejection 

The euergy ejeCLion ral<' per TAR is gi ve.u as 

Eejoc' = r:swR w + e :-111 R Nll e Ntal?. Nta , (2.33) 

when' csw is the total ejected energv by tella.r win Is during t he stellar !if~ timr and esNn 

and esNta are the energy ejected by on Type 11 and Ia . upcmont explosion. resprctiwly. 

The Rsw is the number of stars per unit time expel ling their t•nvelopes at I he currl'nt epoch 

a nd R.s, 11 and RsNta arc the rate of Type II and Type la supernovae, respectively. \\'e 

defi ne the Rsw and I?.sNu as follows 

{ AI up 

J. &(m)drn 
R - .:.."':::.t"''"''-;-:--,---,---

sw - r(Airns) (2 .3-l) 

{ Alma 

R _ JM,., ¢(m)dn1 

SNit - r(.Alm,) - r(hl,.)' (2 .35) 

where c,l>(m) i the initial mass funct ion (1:\!JF) , numcly c,i>(m)dm gives I he uunther of st>trs 

in th mas range of (m, m + dm) and t he r(m) is th · stellar lifetime as a. fuuction of st.ell a r 
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mass (David, Forman & Jom•s 1990) . In the present st.udy, we nssumP thr power- low Lype 

J;:V1F a,s 

(2.36) 

wberC' t lu• A ill t he constant . For the upper and lower limit ma5se in the !~I F. Mup = 120 

;111d ,\/10 = 0.05 :--.1 ,. are assumed. ln Eqs. (2 .34) and (2.35) , Mma ( = 50.0 i\[0 ) and Mms 

(= .0 i\1 0 ) are lhC' upper and lower limit masses of the sta rs tha t explode a~ Type II 

supernovae. 

For the Type In . upernovae rate , we follow the chemical evolu tion model of ga lax.ies by 

Kobayashi e a!. (1998). They adopt the single-degenerate scenario (Nomolo eta!. 199-1) 

for the progen itor model of Type Ia upernm·ae. In t heir mode. the Type la supernovae 

rates at some epoch i is written as 

[,

M (t+ l'>t) 

o(m)dm 
.M(t) 

Rsxtn(l) = C,·xtn !:::./ ' (2.37) 

wlwm tit , M(t) i LhC' mass of the tar which has the life time oft (namely J\I(t) = r-1 (m)) 

all(! C'sNt:, is the con. taut to b calibralrd b,Y the observa.tiomll constraints. From the result 

of t he evolu tion of the progcuitor model by Ha.chisu , Kato & Nomot.o (1996, 1999), the 

ma .. range: of the secondary stars t hat explode as Type Ia supernovae are 

Msec = (1. , 2.6], [0.9 , 1.5] M0 . (2.38) 

We uot e tha t t it c ma:, ranges weakly depend on the metaUi city of the star. We on ly 

compltl e R sNta for t hese ma ranges and set RsNta = 0 fo r other ma~. ranges. FigurP 5 

bows RsN/a as n function of Lime (in t.his plot we set C'sm. = l.O). ln the pres nt papc1· , 

we Sf' I C 'Nta = ·1.0 x 1 o-·l from the result of the test calcu.lation . We note t hat the other 

authors (Carraro, Lia & Chios i 1998; Raiteri , \ illa.ta, & Navarro 1996) adopt tbc different 

progenitor ntodrl . ucb as Greggio & R n ~ ini (1983) and i\Iattcucci & Greggio (1986). 
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For the supernova energy, we uss ump that esNII = e 'Nla = 1051 erg. For the ~te ll a r 

wiud energy. esw is e ·timated to be 0.2x 1051 -•rg for sular meta ll i ·it~' sta rs fro w t ue 

ob ·ervHtioua.l data of OB associat ions (Abbot 1982). The Chr tnica l a iJ undmtcr· uf u mas~in! 

star . igni fi cantly affect; sw (Leithcrer, R.obert. ,'v, Dr isscn 1992). so Lila I "'" us(' Ill ··ta ll il'it~· 

de pendent r. w as esw = 0.2csm1 (Z/Z<~ ) 0 · 8 , wh re Z is t: lt t' twl·s fract iou of heavy meta ls in 

the STAR. 

,f.3.2. Mass ejection 

l n our code. the ntass eject ion due to star stella r winds of UJ assive star (111 2 M,.,) 

is com bined wit h I he mass ejection cl ue lo Type II supcruova. T he ma~s rjectiou d ue tu 

stella r wiucls of the main sequence stars (m < Mmsl i. t r atcd separately. T hu . t he mass 

ejection rate per STAR. is written as 

(2.30) 

where msNu is t he average mass t hat explod ·s as a Type U su prrn nte, ami mswm i~ the 

average mass that is jectcd by stellar winds of t he main equenCl' stars, and 11lsNi a is the 

mas th at explode as a Type .la uperuonre. T he Rswrn iJ the num ber of sta rs per 1mil ti nw 

expeLling t heir envelopes at the current epoch. The ms. 11 an I mswm arc clcfi urd a.s 

(2.40) 

1
M,.., 

m¢(m)dm 
Aln 

ntswm = Mn -'ln\VD · 

J.,I.,, ¢(m)dm 
(2.4.1) 

Here mNs i the mass that i locked up in the neut ron tar >Uld mwo i. the mass th a t is 

locked up in t he white dwarf st tu·. T he i\In ( = 1.0 M0 ) i t he mass of t he star, the life tu ne 
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of which alrnost equals to the Hubble lime. We as. u!lle that 7nNs = 1.4 and mwo = 1.0 111... 

ln tlt t• pre em paper , we assUi ue t hat T •pe Ia supernova is produced b' the Chanclrasekhar 

mass while dwarf. o rhar, msNia is 1.4 M0 . We defin e tbe R wm as fo llows 

{ M,.,. 
} , <b(m)dm 

Rsll'm = Afn . 
T(J\In) - T(,\/ms) 

(2.42) 

T he fracl ion of heavy nwta l in msN!I and msNia i compu ted using t he nuclcooynt hesi yirld 

of Typ e U and la ·upcrnovae (Tsujimoto et al. 199G; Nomoto et al. 1997). We compute 

t lw ·h e mi~al evolu t ion of total metal (Z) . iron (Fe) and oxyg ·n (0) in our code, T he used 

met>tllicity yield is tabul ated in Table 1. 

vVith the pre. ent algo ri thm and t he adopted parametPrs, single star burst of 108 

J\lr:; will produce ~ 5.5 x 105 Type II supernovae explos ions and ~ 1.4 x 105 Type Ia 

supernovae explosions a nd eject ~ 2.2 x 107 M8 gase. after t he 15 Gyr evolution. T he 

ejected gase contain ~ 1.6 x 106 l\ !0 of h · aq elements. which in clude~ 1.5 x 105 M0 of 

iron and ~ 1.0 x 106 j { <" of oxygen. 

,f.:J.:J. Summary 

Tlw feedback plmse is divided iu l.o t inee phases: n ste llar wind ph ase, a Type 11 

sup PrnO\'a pilase, and a Type Ia superno"a phase. The steLl ar wind phase continues for 

r( J\1,,.), during "'hic.h only the cur rgy eject ion from STAR.s is ind ue! d; the ejected mass 

is inclnd •d iu the Ty pe IT Sltpcrnm·ac ph a. c for s implic-i ty. The Type 11 supem ova phase 

bt'gius at I = T( i\Ima) and nds at I = T(J11ms) . Dming the Type II . upem ova pba c, t be 

ums. ejection is Lhe ·urn of the cont ribu t ions by the stellar 1-v incls of massive &i .a rs and Type 

Il .·upernovae. T he T;vp Ia s upernova phase begins a t t = T(Mm6 ) . During t he Type Ia 

su pemova phase, t he •n rgy ejection and mass ~.i e t ion are th · sum of the cont ri but ions by 

the the Type la r; upcrnovac a nd th e Rt.r lla r wind of main , equence s ta rs. We pre ent the 
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s~h cm alic view of t he fred hack proce ·se in Figure G. 

T he thermal energies , ga ·es, and heavy elements frorn tclla r wind and sup ' l'llUVH(' 

are smoothed over neighbor particle of t he STAR witilin a neighbor radiu. of R1 (feedback 

rat! in ). Such neighbor pa rt icles a rc ca!l,,d '' in healing phas<:''' . 

5. Test calcul ation s 

5. 1. Shock t ub e proble m 

A Rtandard test cal ·ulat iun fur t lw h ·drocl yna mics rode is t l1 e Soci 'H shock tube 

problem (Sud 1078; Hernquist & I<atz 19 9). This is a one-dimensional t •sl· problcw !hat 

has an analytic solu t ion. T he initia l condition of t h'' problem is followi.ng as (:\louaglm n & 

Gingold 1983): 

p = 1.0 p = l.Q 'V = 0.0 X < 0.5. 
(:2.43) 

p = 0.25 p = 0.1795 U = 0.0 X ~ 0.5. 

Initially, wt> dist ribu te -100 particles in the range -0.5 :S J' :S 1.5. Th<• partidPs an' 

di st ribu ted in eqnally ·paced lllaouer so t hat the ma s of t he part icles is p x (2. 0/-lOO) . i.r•., 

5.0 X w-3 in .r < 0.5 ;.tnd .975 X 10- 4 in X ~ 0.5. rc pcctively. Actnall.r , t he pa rt icles in 

the rang(! x < 0.0 and x > 1.0 a re the boundary pruticles l bftt an • not e1·olwd along wit h 

t ime. When we soll'c Lbis test problem, we set 1 = 1.-l. F igure 7 shows ill<' reMill of' l he teti t 

problem. Tb solid line is the analyti c solution and clots rep rcscnl the numeri t al results. 

Ali hough t hr re a re po ·t- hock oscilla tions, om nwneric'al rrs ul ts are a lmost con ~L~tenl 

wi h t lil' anal .. t ic so lntiou a Ht··ruquist & Katz (1989). The results pre. entcd in Figure 7 

a rc obta ined willl the schem · that t he t imes step of a ll p <u t icles a re equa l. If w use the 

indi vidual time step scheme, the resul t ru·e not changed. 
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5.2. A dia bat ic collapse 

A test calculation for t he SPI-I code includ ing se.lf gravity is the adiabat ic collap c 

(Ev rard 1!388: Hernquist & I atz 1989) . T his is a Lhree-climeusioual test problem of a 

to ll ap. e of an isothermal gas sphere. 

Ini t ia Lly, t he gas sphere of rad ius R and total mass M has a density profi le as: 

(2 .44) 

The splw re iH isothermal wi th specific t hermal energy u = 0.05GM/ R. When we 

so lve this test pro bl ' lil , we set 7 = 5/3 and the un it of the calcula tions arc such that 

G = :H = .R = l .0. Also, we set the graYit;.~tio na l softening length E = 0.1 and t he de ir<'d 

nurnber of neighbor particle Nnb = 50 . Th e number of particles used in the calcu lation. 

is 5,000. F igure shows rhe evolution of tocal (solid liens), and oth r energie . The ~otal 

enPrgies i co ttsen .. ecl wi t hin "' 1 %. At the fir. t stage of t he evolu t ions, t.he gas sphere 

co Uap. ·e. At t ~ 1.1, the sphere become t he max imum compression and expand a fter 

Lltat l irn('. ft er t = 2, 1 he . ph ere i oParl y cqui.librium state so th itt 11·c termin al c the 

calcu la tions. During Lh · en)!ution. t he tota l angula r momentum is a lso conserved within 

"' 1 %. T he resul t presrutcd h er~ lU'e obtai ned wi t h t he individual time step scheme as 

Hemquisl & 1\atz (19 9). Our SPH code rr proclucf's a lmost same results with t llcir results. 

6 . Sum mary 

In this chapt er, we describe tlJe details of the implementat ion of our GR APE-SPH 

cod . In our code. the grav ity is compu ted by the special purpo e computer GRAPE to 

drastically ar r elemte ca lculations. The SP H formulation t.hat. we nse is the same as N<tl'aJTO 

& Whi te (19!}3) . We use a spatia ll y variable smoothing length and integra le equ at ions 

of rnotion wi th <1 second order flunge-Ku tta method as described in NaYarro & \\1lil P 
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(1993) or Leap-frog method. To simulate the formation of tcllar s.,·stems from gases. our 

GRAPE-SPH code includes Yarious physical proces es assodated 11·itb Ll1e format ion of 

stellar · ~·sLem . For the 0volution of the Uletal-frcc cloud , we olve the r:ue rquation of 

hydrog n <Uld helium plasma to follow the formation aud destrul'tion of H2 molrcal<'s (Cnse 

C), which is the main coolant of m tal-free cloud at low lempt•ral ur('. For Lllc l'volulion of 

the m tal-rich cloud , wr use thr metallicily depcndrnt cooling function to soh·e 1 hr rnt•rgy 

equation (Case B). We adopt the star formation redp a· nscd in the u ua l SPH codr .. For 

the encrf.'Y and mass feedback processes by stars. WI' incorporates the efl'cct of stdlm· winds, 

Type II supernoYae, and Type !a supernovae for the energy and mass fcPdback processes. 

For the Type Ia supernova mod I. we use the receut progenitor model of 1-lachisu , Kato & 

"iomoto (1999). In our code, we foLlow the chemical eYolution of t.otal metal (Z), iron (F't') 

and oxygen (0) with fjx cl rnetalli ·ity .vielcl . Our GR.APE-SPH code is a up-to-date . PH 

implemeHtation for the formation of stellar systems. 
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Type II 81\e 

Typ~ Ja S:"J<' 

Table l. The heavy metal yield used ill ou r code 

i\f" 

14.0 M0 

1.4 J\[0 

z 

2.5-1 M0 

1.4 M0 

9.07 x 1 o-2 M8 

7.43 X 10- 1 i\Ic;; 

0 

1.80 M0 

1.43 X 10- 1 Al0 

Note. - These data from Tsujimot.o et al. (1996): !\omoto et al. (1997). 

"The total ejected mas: per 1 supernova explosion. 
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Parallel Virtual Machine 
Slave side: Gravity solver ,------------------------- \ 

position, 

Host mass -
Host -- GRAPE 

Computer - Board --_..... 
GRAPE Computer VME bus - Board 

SPARC Station etc ... - force, 

" - - ----_I ~- -------------
----- - ~ 1~t~e~n~t_e~ . ..:. .. ______ -- ... r--

potential, 
neighbor lists Any machine as you like 

F'ig. 1.- The scbrmaLic diagram of the GRAPE sy. tem. which is supported by PVM 

I l _________________________ l 

Master side: Hydro and mise solver 

Fig. 2. - The schematic djagram of thr Remole-GRAPE system. 
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Pig. G. The schematic ,·ic\\' of Lhe feedback proccsse in our SPH code. The "t (rn)" is the 

st<• llar lifPtimP al' a function of mass (m/M8 ). 
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Fig. 7. - The results of the od"s shock tub problrm. The left and right panels show a 

density and velocity, respectively. The solid line is th<! analy t ic solu tiou a nd lLc square .·hows 

the numerical results. 
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Chapter 3 

Globular cluster formation 

1. Introduction 

The globular clusters belong to the olcle t population in our galaxy. For tile· g<•upral 

reviews on globular clu ter. , see ~lcylan. & Heggir (1997) and Harris (1991 ). T heir 

formation (Eimergreen et a!. 1!)9!)) i clo ·ely Tela ted to Llt<' formation process of our galaxy. 

Tbe formation of a globular cluster may take place in two stages: (1) tlw formaliou of a 

proto-globular cloud (PG C) and (2) the formation of a s lar duster from t he PGC. Thcrr 

are lhrcr• scenario for the forma t ion of a PGC, denoted as primary. second ary. and lerl iary 

model (Fall & Rec 1987) , where the PG C forms iJ1 d iffr n ·nt sbtgcs, i.e. , before. dttring. or 

after lhe collap. e of the galaxy. re. pectively. 

• The primary model was suggested by Peeble & Dick<> (196 ). They hawed that thl' 

J eaus mas of the r<•combination stage of the universe i. c·o tnparablc to tbe obsrn wl 

masses of globular dusters and thus the PGC C<Ul fonn clue to tlw gra,·italional 

in t.ability. Globular clusters may be debris of these objrcts. The most se rious 

problem wi~h this prim >u·y model is that th re have becu few inccrgalartic globnl <tr 
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clu lrrs cliscoveJ·ecl. Almost <tll globular clusters ever eli. cm·crecl c:-ci t in galaxies. 

• Iu tht> sc<:ondary model, ou which we concent rate in the prrsrnt paper , the PG 

form clue to t hermal iu labilities (Fall & Ree 1985). Our detailed im·cstigation and 

('alcul;uion are presented in the follo"·ing ections. 

• For the tert iar:- model. one example i. that globu lar clusters form from largr-sra lc 

unorganized motion of interstellar gas as in the :\!<tg llanic lauds. which arr now 

prod ucing young du. trr (Kutn ai, Basu & Fujimoto 19()3). Anothrr rxamplc is th<tt 

n'ry young globula r dusters are observed in nearby galaxy I'\GC 1705 and 1569 (Ho 

& Filippenko l9!J6). 

Onrc the PGC form , Lber might be many ways to form a globular cluster (GC). 

;-'!urray & Lin ( 1993) summarized the scenarios of the format ion of G s from PGCs 

as follo\\'s. Tlw PGC can be cli,· id~·cl into two type depending on their masse . The 

cloud , whose m ass r!xceecls tlw .] ans mas , is gTavitationally unstable, thu pontan ou ly 

co ll apsing to fonn stars. The cloud , whose mass is smaller than the Jean · mass, i table 

unLil som e in,tabiliti r~. arc int,roduccd. r\ cloud-cloud collision or cloud-disk collision can 

trigg~r such instability. \\"!t en such collis ions occur, t.he doud would become thermally 

unstable owing I o thr efficient cooling. This cooling would lead to tltc form at ion of a very 

dPnS<' rrgion. thus inducing 11 burst of s t.ar formati on. 

In lite thesis , wP examine quanlit.at i\'l' ly the above sti ll qualit ati ve scemnio of the 

globu!aJ· dn.ter !'orrnat ion . \\'c use our Smoothed Particle Hydrodynamics ( PH) oclr 

(Luc·y 1977: Gingold&.: lvfonaghan 1977) to s imulate Lhe formati on of a globular c· luster 

from R PC C. Our coc!P inc!ndes the following physical procPsses: radiatiYe cooling, star 

!'ormation. enrrgy Fred back from st<J rs including stellar winds and superno,·ae, and chemica l 

Pnric!tmcnt from sLar The PH mnLhocl which includes sta r form<>tion processes like om s 
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ha · been applied to rm.tny a. trophy ical problenrs. Such problems indudc the fornr <tl ion of 

isolatt•d galaxies (Kat ;. 19!J2; Steinmetz&: i\lii ll er 199~). th<• e1•olution of gahtx iC's (Frir·dli 

&. Benz 1995). and the cosnrologil'<\1 simulations (.'Javarr ,'v, \\' hil~ 1993). Howt'\'CI' . ou r 

study is the first attempt to apply this method to the glo lrular cluster formation. 

Among the two triggE'I' of the instability. collapsp aud col lision. we t'onct·Htrate on the 

collapse case in the present paper. The collision ruse for a wid<• nwge of p;u·fu rw i rs (massr•s 

of Lire two cloud:, a relati1·c 1·elocity between the douds etc.) will b<' discussed el,ewhPrc•. 

2. Method 

To sinmla tc the formation of a star clu. ter from gas<'s, we use our GRAPE-SPH codr• 

using Remotr-GRAPE libraTy (!\aka ato, :vJori & i\ornoto 1997). The det<tils of our 

GRAPE-SPH code arc de cribed in Chapter 2. In Uris section we note on th • star fonnatio11 

a lgorithm and t he specifie trt>atmenl of the energy fc·cdback u ·rd in th is cbaptPI'. 

In the regions with increasing d nsiti . first t11·o conditions for the . tar formation 

(Eq. 2.25 and 2.26) are a lmost atisfied. Thu whether STAR forms in some regions is 

d termincd mostly by the .Jean cri terion (Eq. 2.27). T h<' critical density for tlH' -lar 

formation in om t reatment i · obtained as 

PJeans > 

H re. it i assunwd that the neighbor radiu is expressed Uti 

r( J 

h, = 8 ('~·) 

(3.1) 

where 13 is determined experimentall y, becausr h; is determined in order to make tlw 

number of neighbor parti lcs almo t constant in so rne mnge (30 - 0 in ou1· codes). SinrP 

the typical va lue of t3 is 1.0 - 1.1, (36 nurges 1.0 - 2.0. Then if 111, is constant, t ir e t rilic'al 
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d nRil y i determined a lmost only by the temperature. The typical calculations in the 

prcscot paper use 5000 gas part.ides for a 106 M0 gns sphere. Thus the initial mass per 

partidP (m,, in Eq. 3.1) is~ 200M.,. ForT= 10'1 K mtd 102 I< , the criUcal dcnsit~· for tar 

forma t ion is PJ•a:ns ~ JQ- r7 and 10- 23 g <.:rn-3 , respectivf'ly. \Vith the sta r formatiou recipe. 

used ill our SPH rodP, the STAR forms on ly in the Yery high densit.v region if T ~ lOr 

h . There arc, however. thP maximum density {flmax) that nnnwrically reached in tlw SPH 

met hod; it is c. tirnatcd 

.Vnmr 
Pmax""'J~' (3.3) 

where Nn is the number of neighbor particles ami E is til(' gravit at ional softeni ng length. 

ln the present calculations. p,n"" ~ 1.8 x w-20 g cm - 3 • Thc ·e argnmCirts ensure that with 

the sta r formati on recipes used in our SPJ-I code and th initial onditions of t.hc preHent 

ca!Clllalions. the STAR. forms in the rf'gion where the temperature i. a~ low as 102 K. 

As descrihC'd in C hapt<'r 2, the thermal enorgi<'s. gase., and hea1·y e lement~ from stell a r 

wi nds and nprrnovae ar<' >moothcd OYer neighbor particles of the STAR within a neighbor 

radius of R1 (feedback radius). We treat R1 as a pammeter to meet the ob ervational 

const ra ints. uch neighbor particles are C<lll ed ·' in heating phase". When the gas particles 

<trP in lrPaling pha,e, wr assrnne that the cooling is suppressed as proposc·d iu :\Iori, Yoshii 

~ 1\'om oto (1900). This trt>aGment produces the high tcmpera.tnre rcg i.on around tbe STAR 

and rhc star for111ation is forbidden in t he ga particles in heating phase. 

3 . Proto-Globular C loud formation 

\\'p first exa mine the radiative conden ation , whid1 occur in a wide range of 

;u, trophysical ·ircurnRtan cs from solar pronrinence to interstellar clouds (:\1eN. on 1996). 

Rat!ia t i,·e co ncl~nHaLi o ns iu oplicall,l' thin pia ·ma. have been considered by many author 

sine(• t he pioneering work by Parker (1953) and Field ( 1065). The scRlc leugtb of 
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gravit;at ional instability iJt a collapsing proto-galm;y is 11111 Ch l;ug<>r tha11 t he nu li i of 

glolm lar clusters (Lin & l\lurray 1996). As will be showu in Lhe following sect ions, t.he 

scale length of radia th·e condensations is comparable to the radii of globul <u clusters. Thus, 

in a co ll apsing prow-galaxy, radiati\·e condensat ions may be the ouly mechanism to form f\ 

PGC (fall & Rees 19 5; Lin ' Mu.rray 1996). 

3 .1. Radiat ive condensations in a collap ing proto-galu:xy 

The cha racterist ic equai. iun for t he growth rate' o f radiatiY • condensa t ions . 11 . is 

obtai nrc.l from t he lincaxized equations for perturbations as 

- -0. !;2 )-
kl\ . 

where c. is UJC sound speed. is t lte ratio of the sp~cifi c heats. k = 2r. /A is the wavenuJUber 

of the pert urba. ion , kp a nd kr arc t he wawnumber of ouuc.l waYes wuosP fn•quencies ar!' 

equal to t he growth rate of isothermal and i ochori c perturbation. respcrliYei~·. and kK 

is t b • inYcrse of the scale length of thermal conduct ion (Field 1965). kp . kr ;md k1< an• 

expressed as 

k = ,_p.('-'.,_-_1-"-') P'-"-o .\ (1o l 
" ckbTo 1'2 

' 

kr=~~d~\ . 
ckb 111 dT" 

kf( = ckbPo ' 
p.(r- l )t<: 

(3.5) 

(3.6) 

where T0 and Po arr th equilibrium temperature and density, respcctiwly. kb is IJ1 e 13olz rnan 

constaut, and A(T) is t he cooling function. We a:suntl' "t = 5/3 anc.l "= 5.6 x 10- 7 T 2·5 

erg - t 1(- 1 em- '. Solving 8q. (3.4) as a cubic •quatiou of n for difle rcnt k. 1w obtain th~ 

dispersion relation between n anc.l k . In applying to our galaxy, wr adopt T0 ~ 1.0 x 10° K 

and p0 ~ 1.7 x 1()- 2'1 g cm- 3 (FaU & Rees 1985). \\lith these \·alues .. the dispersion rdatiou 
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Ita. a p ak at some k . lu the presl'nl paper, we assume that the scale for the maximum 

growLh rare is lypical scale of a PGC. To obtain the typical scale of a PGC for diffNent T0 

and p0 . equation (3.4) i viewed as a quildratic in k2 (see Section li (d) in Field (1965)) . 

The resul ts for different To and p0 are presented in Figme l. In applying co our g<Liaxy, 

we obtain the scale length of~ 600 pc. Thi. ,cale length is consistent with th~ foi!O\\·iug 

s imple est im a te. for thP adopted coo li11g function. the wavelengths for kp and kg wit h 

To~ 1.0 x 106 J< and Po~ 1.7 x 10- 24 g cm - o ar re. pect ively obtainec.l as 

,\P > 103 pc and AI( < l pc . (3 . ) 

T his impliPs that the pert;urba1 ion wirh a scale greater than 103 pc is dumped owing to 

the limi t of t lw souud speed . and the perturbation with a scale ma ller than l pc is a l o 

clumped by t hermal coud uction. Thus the typical scale of a PGC in our ga i~Lxy is est imated 

to be several hundred p and lhe mas of a PG C rauge::; from 107 to 108 .1!0 . 

3.2. D ensity profile of a PGC 

The estimated cal of a PGC is la rger thaJl the pre ·ent radius of globular cluster 

(10- 100 pc) . Thi. impli es t.hnt during rac.li at ive condensations, a PG C shrinks before :;tar 

forrna.t ion begin. or star formati on in a PG C occur. in the central n'gion of the cloud. If we 

consic.ler I he metal-free PG where the ionization l''qu ilibriurn is achie\·ed , the cooling tinw, 

t,., of t hr PG is rnuclt shorter than the dynamical time, td (tc/ lr~ ~ 0.25 for T0 ~ 1.0 x 106 

I< and Po 1.7 x 10- 2'1 g cm - 3) . After the short period of radiative condensatiot1s (~ tc), 

( IH' PG C becomrs a warm dense cloud (T ~ 104 K) surrounded by a bot tbjJJ gas with T0 

(Fnll & 1\ et>s 1985). 

Th qn~litat.ive discuss ion on the evolution of such a metal-free PGC has bel'n 

presented by Lin & tvlurray (1996). They argued that in the first stage of collapsing galaxy, 
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t he assumption of ionization equili briu m is not nll id because of little· radialin• Pu1bsioa . lf 

t he ionization equ ili briwn is not achieved , the temperature of ltigh density reg ions ~an bP 

a low as ~ 102 K due to hyd rogen molcculnr cooling. In this cas0, Lb e bjgh dcnsi t.v co ld 

cloud with T = 102 K is surrouaded by a warm gas. T he cri tical w ass of I he isot iJ crrua l 

sphere confined by an externa l pressw:e dcpc ndo 011 the rlo nd te ntpera turc (Eiw ri. 19ii5: 

\ !cCrc>l l 957). If the tempera tu re of the cloud is~ 102 J\ , t he critical mass is~ 102 
:\/," . 

Acco rdi ng to Lin & ~lurray (199G) . such a slll a ll cloud as.\/ ~ 102 
;\/ " r·oll apsc•s lo umk 

the fir ·t· stars in the p roto-galaxy. T hese first genera tion sta rs are t he sou1TC of m di a ti n• 

emission l.o mai nta in the ionization equilibrium. If . uch radi a t.i ou con tinues loug euoug h, a 

cold PCC will evo lve almost isothermally with T ~ 10'1 Kant! form the isothermal profi le 

of p 1' - 2 . The core size of th~ PG C will dec rease from t he ini tial siz<' of sc,·~ral hund r!:'ds 

pc Lo <I size comparable Lo t he obsen ·ed globula r cln ·ter. Accorwug Lo Lh st· a rgunw uts. we 

ca n <lSs tunc that t he de ns ity structure of a PGC has a fo rl1l of p ,- - 2
. 

For t he initia l density p rofil e of tit <:' P GC, we u. e the 1\ing w odel \\'ith t he couccmrat iou 

pa rameter c = 0.5 (Binucy & Tremaine 19 7). T he ma~ of the phcrr is ass runed lo he 

M = 106 J\!0 , which nearly equa ls to the Jeans mass of the cu rrent coniliti ons (p11 and To)­

We ass ume LIHH Lhis sphere represents the inner regions of t he PGC. \Ve exa mine t luce 

different cases for a i.ui tiul rad ius of R~ = 150, 200, and 300 pc. T he iltit i.al density profiJ<'S 

of the tlm·e case arc prcscut ed in Figu re 2. For the smal ler R.;, the cent ra l d(• usiL_v of I hr 

PGC is higher . The t l•rnperature of the sphere is assunw d Lo he T ~ 104 1<. T IH' prope rti"' 

of t,he inner r0gion of the P GC, which ar e the Lnitia l cond it ions of our ca lcula lious, a rc 

sumrua ri zecl as follows: 

• The mass of t he clouds is M ~ 106 M,'Il . 

• Tlw radius of t he d ouds is R, ~ 150 - 300 pc. 

• The cloud i · au isothermal sphere with T ~ 10'1 K. 
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• !nit ia ll y. the ,-.Joc ity of the cloud i zero. 

ln Lite following calculat ion., the ini t ia l num ber of gas part icles is"' 5000 so tbai t he initial 

mass of Lhe one g<J.s part icle is~ 200 /i/0. The dependence of varying the L1l itial number of 

ga particle~ is discu ·sed in ection 4 .3. In a ll case , t.he gra\'itational softening !0nt,>i:h for 

a ll parti cles is et to be 1 pc and fixed during t he calcula tions. 

4. Results 

First, we note on the feedback radius (R1). We u e t he Stromgren radius (Rs,) of a 

ty pica l 013 ta r as R1. The typica l value is Rs1 ~ 10 - 100 p , where the densit~y of the 

lS~Vl is ~ 1 c1n - 3 (Osterb.rock 1974). Thr radill s depends on the density of the lSld as 

R 5, ex: n - 21·1 . In Lh e central region of our ini t ia l models, n ranges from 100 cm- 3 to 1000 

cu1 - 3• T hus, we can e Limute R1 ~ 1-5 pc (using tbe la rgest value of Rs1) . In the following 

rwo subs ctious , we choose R.1 = 3 pc for all gas part icles. The results for both cases are 

smnm ari zcd ir1 Ta ble 1. T he result s for di fl'erent R1 are desc ri bed in Sec tion 4.3. 

4.1. Evolut ion of t h e metal-free PGC 

In thi s s0c tion. we describ0 the evolu t ion of t b -• metal-free PG C for case C . 

As prcsculed in t he prev ious sections, the meta l-free PG C may evolve isothermally with 

T ~ 104 I<. The i ot. Ltermal volu tion of PG C is terminated when the ionizing radi a tion · 

from the .first gener~ tion st·;,u s stop. Withou t ioni zing radiation, the P GC cools efficir'ntly 

by H2 molrcules . O ur ca l ·rtl ations sta.rt from that t ime when t he PG C begins to cool. \V(' 

assume A! = 106 M0, m1d t lw ini t ial temperat ure ofT = 104 I< and tbe King profil r• sphere. 

Si.!l cr t he s ize of t l1e PG C al this stage .is unknown, we examine t hree differen t cases for a n 
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iuitia l radius of R; = 150. 200, aud 300 pc. 

In all thr<'c cases. the initial density of the c·entral re~;ion i' high enough for eflicient 

cooling to occur, so !" hat the tempcmture of the central region decreases rapidly to~ l 02 K. 

Due to the high dens ity <l!ld low t.ernperature (~ 102 1<), [\burst or star formation OI"C'U rS iu 

the central region in all cases. AftPr the first suu formalio11 , Lhc cent ral region l.J£•Co tu0S t hr 

heali ng region and t.he tcmprratme of the cemral region increi\Ses gradually. 

At t ~ 6 i\1yr. Type II ·11 pcrnovac start to occur and the tenqwrai ure or the ltPal iug 

region increases rapidly to T ~ 106 K. The lel'l pauel of figure 3 show the evol utionary 

changes in th central t<?mperature for R., = 150 pc. Sud.1 a hjgh temperat ure rrgion 

cxpauds a11d !.he central density begins to d~crea. e (see 1 he right panel of F'ig11rc 3) Tlte 

expa nsiou of the ceutral region leads to the form at ion of a hell st ructure a · , l'C'U i.11 1 be 

e\·olu tion of tile gas density profi le (Figure 4). The densit-y profil<' at I = 6 i\lyr. dearly 

slwws the shell structure. After that time. the shell e_,pands outwardly (sc•e the right panel 

of F'iu-tu·e 4). 

Th st;ar format ion Rfter the shell formation occur not in the central region but in thP 

, hr ll. Figure 5 show lhe change in the radiu of the star forming region as a funct ion of tirnc 

for R, = 150 pc, \\'e Ca.JJ see that the tm· formlng region l!lO\·es outward. At l = 10 ~ lyr . 

where we stop the computation for R; = 150 pc, the stellar mass reac!Jes ~ l.3 x 105 .U , . 

This means that the star forntation cfftc iency is ~ 13 %. The hound stPilHr ma,,s at. t = 

10 ~lyr is ~ 105 M0 and the muss is comparable lo th • ty]Jiral mass of globu lar cl ust.crs 

(~ 105 M0 ). At t = 10 i\lyr, the gas is almost removed from the centml region. Figurr G 

, bows the projected partie!' po ition of STAR pru·ticlcs (l('ft pan >I) and the stl' ll ar density 

profile (right panel) ut t = 10 lvlyr. The STAR particle shows elongated shape (uar like 

, hape) . Such a shape is caused by t he radial orbi• instabil ity of lte STARs formed at the 

large radius (Palmer & Papaloizou 1987). The cent ral deiJSity of STARs i liS hig!J as~ 

45 

100 Af0 pc-3 and the central ,·clocity eli per. ion of t.l1e STARs is~ 3 km s- 1. This value 

of vC'Iocity dispersion U: smaller than the obsen·ecl value (Dubath, :-teylan & Mayor 1997). 

\Vt' ne~d to follow further evolu tion of lhP stm clusters for proper compltrison , which is not 

feasible with present codf'. The number of STAR particle at. t = 10 i\lyr is~ 2500. 

F'or R.; = 200 pc and 300 pc, t l1 e overa ll evolu tion i. similar to t.he case for R.; = 150 pc 

and t·he stellar masses ~tl t = 10 l\lyr a.re ~ .5 x 104 M0 and ~ 5.6 x 104 AJ0 , respectively. 

T he bonnd , tellar mas are~ 5 x 104 .1tf0 for both case. These resu.lts are summarized 

in Tnblo l. Thr initial concentr~t i on correlate. wi.th the final stellar mass and the final 

concent rat ion of stellar system. In order fo( the stellar syst.E'm as massive as 10·" 111,. to 

form, the PGC should be ru compact as R; < 200 p£· (Pc > w-22 g cm-3 ) for the metal-free 

condition. 

4.2. Evolution of the metal-rich PGC 

The chcmit'al composit.ion of stars in globular d usters is one of the most crucial 

quaucit ies to constrain the model for the globular clustru: formation. The aSS\Unption that 

PGC initia lly has some heavy elemems is quite reasonable. Actually, all globular clu tcrs 

in o11r ga laxy have some metals of [Fc/H] = -2.25 - 0. Tho metRilicity di ·tribution of t. hc 

globular clusters show ' bimodal distrib11tions (Harris 1991 ). From this fact, we choose the 

init.ia.l metallicicy of the cloud ranging from [Fe/H] = -2 to 0. For compari on, we will 

evoh·e the lower metallicity ([Fc/ H] = -3) cloud. The result presented in this section arc 

ol.J t >l ined for case 13. 

sing the same initial conditi ons presented in scccion 4.1, we evoh·e the PG for 

difl"ereut mrtallicity. For the initial radius of the cloud, we set ~ = 300 pc. The first tar 

for111ation occurs in the central region and t he STA.Rs heat ''P the surrounding matter to 
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gradua lly increase t he tem perature of the central region . Acl ~ 6 ~v ly r , Typ<> JI s11 prrnonte 

begin to occur and the temperature• of the heating region increases rap idly to T ~ 106 K 

F igure 7 shows t.he evolu t ionary change ill t he centra l tem perat ure (lr.ft pnuPI ) flll(l gns 

density (right panel) for [Fe/H] = -2. Although the initia l dccr0ase in lhe L<'mperatu rf' i. 

smalL the erolu lion for [Fc/ H] = -2 is imilar to the e1·o ln tion of the n1ct.al- frN' cloud . After 

t ~ 6 Myr, the central high den. ity region makes th hell struc:ture as in thr ttw t al-fr t' 

case. At I = 10 Myr. the bound tcllar mass reac hes~ l.O x 105 M~ for [Fe/I-1 ] = -2. 

For higher mctall icity, i. e., [Fe/ HJ 2: - 1, deta ils of the evolu tion arP sonw wha l difl 'cl'l' llt. 

Wr com pare t he central temperature evolution for clifl'erent uwtallicity in Figure 8. OtH' 

to the di!ferem cooling ra te, the ini t ial decrease in the temperature is la rger fo r h.igher 

me tal!ici t;y. This di fl'c renc~ leads to d iffe reut ·t.ar formation history a.· . bown in F ignrc 9. 

For [Fr/H] = 0, t he initial star burst is very iu teu e aud Lh eu t he SFR decrcasr shurply 

bccomiug lower t han the low In e~allicity case after t = l lvlyr. This is because t.be !waLing 

rate due to t ho tella r winds is much la rger for b.igher metaUicity. T he riH0 in tho SFR a rt c·r 

t = 6 1\ ly r for [Fe/H] = 0 is cau eel by Typ Il supernovae. 

The SFR for [Fe/H] = - 1 is a lmost constant during the eYolut ion. For [Fe/H] = -2, 

t.he .fi rs t st a r formation occurs at t ~ 0.5 MjT because of t he lower coo ling rates. The FR 

after t = 2 1\Iyr is a lmos t cons~a.n t but lower tha n for [Fe/ H] = -1. 

The botmcl stell ar mass at t = 10 :\lyr is~ 1.5 x l O& Mr., and l.D x 105 !\10 for [Fl'/ H] 

= - 1 and 0, respectively. T he reason for such a metallicity dependence i surnmariz<'d 

below. The bound stella r ma.-s, the cent ral stella r density, and the cent ra l velocity 

dispersion are summarized in Thble 1. The resul · depend on the met allicity as follows: 

1.. The ini t ia l metallicity si gnilicautl ~· affects th star formation history. This cl ifl'ct·encc 

make. t he subsequent evolution different . 
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2. For t he hight>r ml'talliri ty, the fin al stell ar mass at t = 10 Tl lyr is larger b cause of thl' 

more efficient cooling rate. 

3. The bound stell <tr mass is not an iucreasing function of t he ini t ia l metalli.city. T his is 

be<.:ause beating due to t he stell<lr winds is larger for bighf)r metallicity. 

4. For low· r metall iciL,v ([Fe/H] = -3), o nly~ 3 x 103 !118 ta rs form. T his implies that 

[Fe/H] ~ - 2 i. uecess<1 r.1• to form globular d usters of ~ 105 ltf0 if Ri ~ 300 pc. 

The. tell a r mass fo r [Fe/H] = -3 (~ 3 x 103 M0 ) is much small er than tha t for the 

metHl- [ree cloud (~ 5.5 x 104 M0 ). This is becansP the cooling rat~ for [Fe/H] = -3 at 

T < 104 K is s tnaller ch an the cooling rate due La I-1 2 molecules as s.l! own in Figure -l. of 

Chapter 2. onsequently, the formation of I-l 2 molecnles or some heavy meta ls is required 

to efficiently cool the proto-galac ti c clouds. 

4.3. Parameter dependence 

In t hi. subsec tion, we descri be the dependence of the re. ults on various numerical 

parnmet('!'S, e.g., the iniLial part icle number (N;) and ~he feedback radius (R1). We u ·c t he 

ll!e litl-ricli cloud of [FP/1-I) = - l a a reference model, where N, = 5000 and R 1 = 3 pr . 

Fir. t , we de cribc t hP clependenc;e on t he initial part icle number. Wi th larger (srna l!Pr) 

ntmtber of ini t ial gas pnrt icle . . l h init ia l mas es of the ga par t icle arc smaller (!:u·gcr). 

TliNe is no . trong dependence on ~he mass of the gas pmticles in our sta r formation reci p ~s 

because Eq. (2.32) dose not include t;he mass of the gas paJ·ticlcs. However, th mm;imum 

densit.v (Pmax) t~ b at can be reprcsmtted in the SPH method depends on the mass of t.he gas 

pa rt icle:, which may produc' wpak dependence on N, . To confirm th.i , we evolve the mod 

wit,li N; = 104 The o,·cmll evolution i. a lmost indi "t inguishable to the refcrcnc model. 
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T hr strlla r mass at t = 10 :-. Jyr lwcome ~ 1.2 x 105 !I I ,iJ , which is s l.ight ly smal ler th;\11 

1.3 x 105 M. in the refe rence model. For N.; = :2500 (a half of the ref~reu ce modPI). we 

obta in the stellar ma.s of~ 1.5 x 105 M0 . In Fign1·~ 10, we compare the ·as densir~ · profi les 

at t = 10 M .IT for di fferen t N,. T he position of t he shell for Llte model wi th N, = 10'1 is 

d ifferen t. front other m odels because of th~ sma ller ste llar mass at the amc epoch. HowCI"I'r. 

a ll t hree mod ls show the s imjJar den ity proli les so th at we concl ude that the clependell cP 

on the initial gas pa rt icle number is week. Thus, .v, ~ 5000 i · suffic ient. !"or t.lw current 

lllll n rica! model.. 

Secondary, we describe the dep endence on th ·· s.ize of the fe ·dback radiu. n,. ln ur 

model, t he cooling and t he sla r formation are su ppressed for t lte gas par ticles in heRt ing 

phase. We therefore expec t tha t. t. he size of R1 a ffects Lhe star l'orrnal ion histor y. \ •Vi th 

larger Rf = 5 pc, lhe tar fon mtb ou rates are sm a ller 811d t he fin a l s tel lar lll(lSS (rv 0.9 X w:· 
M g) is sm a ll er than 1.3 x 10° M0 iu the reference model (R1 = 5 pc) . O n Ll1 e oth <• r 

hand. we obta in t he stellar mass of "' l .9 x 105 Jl10 wilh smalle r R1 (= 2 pc). \\"ith.in I he 

reasonable range of n1 around 3pc . the final stPll a r rna~s changt•s by a facto r of 0. i - 1.5. 

4.4. Summary of the numerical results 

T he results of our calculations are summarized as follows (see a lso Ta biP 1) : 

1. ln all cases, t he overall evolution is simila r. Init ially, t.he sta r bu rst occurs in t he 

cent ral region. T he cent ral star burst is hal ted by the heating due to T ype ll 

supernovae. T he heating ca use t lw expan ion of I hr centra l region and forms a shell 

trucl ure. The ~;ubscquent star format ion occurs in t he shell. 

2. For the meta.l-free co llapse case, t be stell a r mass at t = 10 Myr correla te with ini t ia l 

concentrat ions. To obtain the star cluster as ruw·sive as globula r cl usters(~ 10° M r:, ), 
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the ini t ia l conceu tnttion of t il ' PGC must be la rgP enough. i.0., R.; < 200 pc. 

3. For tl10 metal-rich colla p e, the initia l metallirity signi fi cantly affect. t he evolution. 

To obtai11 t he star cl uster as muss ive as globular clu. lcrs. t he ini t. ial meta lli city must 

be as la rger as [Fe/H] ~ -2. lf Ll1 e ini t ial mctalli city is low ([Fe/H] < -2) . very few 

stars form. 

4. T his suggest that d uring the ini t ia l phase of the galaxy formation. i.e. , when the 15111 

comains li t tl r hca1·y elemen t, t he forma tion ef£ c:iency of he globular cluster is low. 

5. The resul t is not s t rongly affected by the initia l numb r of gas par ticle:. N; ~ 5000 

io sufficient fo r 1 he r· urrent num erical model. T he dependence on Lb. feedback rad ius 

is more eYidcn t. 

5. Discussion 

5.1. Star formation in the sh e ll 

Ia all our numerical models, a , hell- like gaseou tructurc i form d. The formation of 

the shell -like structure of ga, es bas also been reported in the simulations of the formation 

of dwa rf ellipt ical ga laxies (i\ Iori ct a!. 1997; Mori , Yoshii & Nomoto 1999). They argued 

that th difference in the den~i ty st.ruct m e bctwe n normal ellipticals (de Vaucouleurs 

law) and dwru·f C'llipt icals (c..x t oncnt ial law) can be explained by be formal"i on of such a 

· hell- like . tm cturo and the sta.r formation in the shell. The m ost crucial differr nce between 

thP normal elliptical and the dwarf is their mass, and t he less massive galaxy is m ore 

strongly a ffected by Lhe cnrrgy inpu ts from stars. Simila r argument rnay be a pplicable to 

our llUJncrical mod Is . ln t he case of t he globul<u c.lustcr formation, however, the ma.~s is 

even sma ll er rha n the d wMf galax ie . Owing to this fad, th e"fl'ec t of t he energy inpu ts 

li·om sta rs is more drast ic so t. ha t t he ta r forma tion in t he shell is much less effic ient than 
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in the dwarf gala.:xies. Also, the star formed in the shell is not gravi tatiowtlly bound du e• 

to the outward ,·elocity of the shPII. Thu ·, the bound globular clu. tcr con: is t o of I he Hl<trs 

formed brfore t he shell format ion . The stcllru· den. ity of such &tar~ is not a fl'c·•c t t•d by Lite 

shPll form at ion and the star fo rmation in the h II. 

T he chemica.! com posit ion of sta rs in globular dust.ers is one of t he lll OS t crudal 

qua uti·ti es tO constrail1 the model for t lt c globular cl uster formati n. T he slurs iu a globular 

cluster ha.vc almost the same lwayy elements abundanc>~ (Suntzcff 1993). T lti s stmtll 

d is persion in nwtalli ci ty (a[Fc/HJ) ugge ·t that thli' fonna tiou period or globular clustt•rs is 

so short that t he stru·s in globular clusters can be regarded to form fl.lmo. t sinutl ta ncous l ~· 

as shOII'l l in our muneri cal model .. 

Brow n, Burkert & Truran (1991, 1995) snggPstPd l il at tile SPt:Ond gl'tH'raciou stars 

would form iu the shell and the . eli~enri chrrwnt could occ ur l'lwre. In our modt'i , the star 

forrn atiou take · placf' in the , hell after t = 5 J\ lyr (sec Figure 5). Howt' ,·e r, 11·lwn t ii P 

stars form in t he shell. Lbe shell has not ueen emiched witb ne11·ly ejec·ted hea,·y 1uetal 

as sho'm in the so lid line in Figure 5. T ll is line shows the racli tL5 of the metal-enriched 

region defin ed as r = (~r,m;)/(~m,) by sununing over the llletal-enr iclt ecl ga. p;micles. 

T he meta l-enriched region expands outwardly but does uot reacb the star form ing region. 

which implies that the self-enrichment dose not occu r in our model (we uote t hat the sltlr 

formation is suppressed in the gas part icle nca r the STARs in our nmneri calmodel). Jn t he 

present numerical model, thr STAR inherits the chemical composition o[ ~b e corrc ponding 

gas particle. Hence the melalliciry of STARs is same as t he ini t ia l rnetallicity of gaS('S. [u 

·~b J.ll'<·•sent m odel. no external medi um ontside the cloud is included , because of technica l 

cli ffkult.i es in t he SPH method (see, howPYer, :'<agasawa & :V[iyama (1987) l'or a possible 

irnpro\·emrn ) . II t.here exists Pxternal mediu m OLLtsidc the cloud , tlw density ol' the shel l 

would be higher a nd the star formation history would b different; this possiiJ.ilit;y needs 
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fmt bcr study to con firm. 

5.2. Failed G lobular clusters 

vVhrn a P GC is a n ini t ia lly metal-frf'<' cloud or the ini t ial motallicity of a P GC is low. 

t.h e re ul ted mass and the centml . te ll ar den ity are lower t ha n the ob erv I mas. and 

d0ns ity of the globular cl usters. ucb ·'fa il ed" globular clusters might be the fi r ld hfl. lo sl ars . 

. \ nether po:. ibili t.y is a open cluster. Typical age of open clusters in our ga.l n:xy is T < 109 

yr. Howe,·er, th re also exist such old opr n c.l u: ters as T > 10 Gyr (Friul 1.995). Thr age of 

the most old open cl n. wr is com parable to t he age of globul <lr cl usters. The ent ral densily 

of 1 he "fa iled '' globu lar cl u. tPr i. as low as the central den: ity of typical oprn clusters. 

T bns, the format ion processes of such old open cl uster may be the simi la r to our model 

of glohu.lar dn ter formation bu t tart ing from .l ower ini t ial oncentra lion . Very old open 

clusters might lw t l ~t' d cbri~ of "fa iled" globular clu tcrs a ud there might ha\'e existed many 

morr open clusters at t ho formal;ion of our galaxy. 

6. Co ncl usions 

8 r Lhr proce sc. of globular cl ustPrs formation, onl y the quali tative scenarios have 

be n di scu s~ed prc,· io us l ~> (Fall & Rces 1085; Lin & Munay 1996). In th is pa per. we 

present l he first a t 'empt to simulate the globular cl.ust(•r formation wi th three-dimensional 

hydwdyn;unical method , which includes t he star fo rmation and its feedback efl'ects . 

W<· assuute that. in t br collapsing galaxy, isothermal cold clouds form through t hr rmal 

·ondeusation and become proto-glol.ntl :u clouds . \Ve obtain tlw size of p roto-globular 

clouds by mra.ns of the linear stabi li ty an11lysis (Figure 1) and compu te t he f~vo lu tio n of 

tlw inlier regioll of' t he PG C starling fro m va rious ini t ia l radius R,. The rcsulls or our 

52 



calculations a rc ·ummarizetl as follows: 

1. JJ1 order for the globula r cluster-like system to form from a n.etal-[ree PGC, I he ini~i a l 

concentration of the PGC mu. t be large enough. 

2. It i. required that the mctallici~]' of a PGC is high enonglt Lo produce the globular 

clus er-like system. ln our calculations, the required rnetallicity i e. f imatcd Lo be 

[Fe/ H] ~ - 2. 

3. In all cases, the shell like structure of the gas forms. Although the ·tw· C nnation 

occms in the shell. the self-enrichment is not seen to occur. 

Based on the earlier quali tative works and the present quantitative result s, the 

processes of globular cluste rs forrnation in the proto-galaxy can be understood as follows: 

1. In the collapsi ng proto-galaxy, the first geucraliou llu·s of Jl ~ J 02 .\!:_,; form dut' Lo 

the efficient cooling by hydrogl'n molecule·. Such populat ion Ill s tars eject the ga 

with heavy elements and cbemically contamiJwte tlw proto-gRiaxy gases. 

2. Such first generation sttu· radiatP dissociative photons. and the entire proto-galn.x~· is 

ettl >d down to ionizaLion cqu.ilibrium. 

3. \Vith equilibrium cooling, the cl<'Hsity perturbatio.n grows clue to thermal iuslability. 

and forms an isothermal cloud with a de11sity ~rt ructure of ,. - 2
. Sucb clo11ds are the 

proto-cloud of globular clusters. 

4 .. When t he density of the PGC becomes high enough, the burst of star formaoiOD 

occms. Some high deusity douds produce the globular duslers. and ot hers may 

produce the field star· and/or the halo open clusters. 
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5. During the formation of the gala..xy, the form a tion effirirncy of til<' globular cluster 

bccomr significant ly larg when Lhe melalli city of t he PGC become as large as [Pc/ll] 

~ -2. 

As mont ioucd in sect ion 5.1, II'C do not t<lke account of t.he effecr of lhe ext~ rna! 

mc•dium i11 Lhe prcscnL c.:akulatious. If we include the efl'ect of the ext,ernal medium. the 

structure of the shell may b e difl'eren t and further sf!lr fonnation may occur in that she ll. 

Browll, Bmkcrt & Truran (1995) suggested that only a few supernovae per ~lyr is snffiricnt 

t.o reYerse the cont raction of the 106 ,110 cloud . Such an effect of the external medium 

nred f.o be studied. 

The globular duster formation is considered to occur not only in the proto-galaxies but 

also in t he present galaxies. e.g .. Li\lC. SNlC. ru1d interacting ga laxy NGC4.038/NG 4039. 

Iu sncl1 enviroumcnt. different formation processes would take place, which correspoud to 

the tl'rtiary models (Kumai . Basu & Fujimoto 1993) . In the case of NGGJ.038/l\GC4039 

(the Antennae galaxies), many globular clusters are being produced by gala..xy merging. 

Detail forrnarion processes of globular clusters in su.ch s~cst.ems needs to be studied. Also, 

thr cfl'rct of I he formation of many globular clusters on the galaxy merging process needs a 

further study. 
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Table l. The summary of the numerical result~ 

fl.;• [Fe/I-ljh l\!ass" 

!50 pc no metal 1.0 X 105 M(!, 

200 pc no metal 5.1 X 104 J\1(;; 

300 pe no meta l 5.5 X 104 /110 

300 pc 0 1.0 X 105 Me,, 

300 pc - 1 1.5 X 105 
i\10 

300 pc -2 1.0 X 105 MJJ 

300 pel -3 2.9 X 103 M0 

i\ote. - 'The initial radius of tue PGC. 

bThe initial metallicity ([FeJH]) of the PGC. 

cTbe bound steUar mass at t = 10 iV!yr. 

dThe central ste llar density at t = 10 :\1yr. 

PThe centra l s cllar wlocity dispersion at t = 10 Myr. 

r Pc and ac is omittPd of this rase. 
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pd 
' 

102·5 ~M.o pC3 

lOu i\1"' pe- a 

101
.4 J1f0 pc- 3 

10'LO M0 pe- a 

102.o M0 pc-3 

101 .7 M0 pea 

O'c 
c 

2.98 k1n s- 1 

l. 7 km s- 1 

3.66 km s- 1 

3.21 km s- 1 

2.33 km s- 1 

2.6 km . -1 

Table 2. The d pendente on numerical parameters 

5000 

2500 

104 

5000 

5000 

3 pc 

3 pc 

3 pc 

2 pc 

j pc 

Note. •used initi<JI ga particiP number. 

bThe frcdback radius. 

' The stellar mass at t = 10 1lyr. 
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:\'lass' 

1.5 X 106 Af0 

1.5 X 105 .AJ0 

1.2 X 105 1lf ~ 

1.9 X 105 M0 

8.6 X 104 U JJ 
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Fig. 1.- The estimated scale length of a p.roto-globuJar cloud corresponding to lhe Inaximu1n 

growth rate in Eq. (3.4). The solid. dashed, and dotted lin es correspond ~o flo= 1.0 x 10- 2\ 

J.O x w- 24 , and 1.0 x 10- 23 gem- a, respectively. 
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Fig. 2. - The initial ga · d nsity (g m - 3 ) profi le of the King model. T he solid , d~ heel, and 

dotted line. show tlw profiles for Ri = 150, 200, and 300 pc, respectively. 
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Fig. 3.- The evolu t ionary changes in the ccutral temperature (left panel) fUJd ga dc•nsity 

(right panel) are shown for t he metal-free collapse with R; = 150 pc. 
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dotiNI lin<'s re:pcct.il' ly show. the profile at t = 0, 2, 4 1\'fyr. right: The solid lines with the 

d0crea. ing ceutra l density correspond to 1. = 5, 6, 7, 8 1\'lyr. 
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Fig. 5.- The mdius (pc). at IYhich stars form. as a fuuctiou of l ime (yr) for the mctal-frt>e 

collapse with H.,= 150 pc. 
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Chapter 4 

Formation of the Galaxy 

1. Introduction 

In. these days . increasing nu mber of obsen·ational data become aYaila.ble frnm 

,·arious ground-based tele cope and many type of satellire obscrmtories. To admuce our 

understanding of astrophysical problems, t he deLai l com parisons between such obscrva liumtl 

data and theoretical predictions are required. In t he fi eld of galall.-y dynamics, the tlata 

of the proper motion of several hundreds of the solar neighborhood stars. wllich has been 

obtained by the Hippanrcos ast rornetry satelli te, rcat l~· enhance the unclerstallC!ing of the 

dynamics of the Galaxy (tltP Milky vVay) and its form ation and c.vo lulion process (Chiba 

& Yoshii 1998). In thjs chapter , we investigate the formation process of the Galaxy using 

high reso luUon numeri cal simulations. B.\· com paring our oumeric<Li results wil!J mrious 

high quali ty data, w cao ullClerstand t he formatio u process and evolution of the Gala;:y. 

From t hl' obs<' lTational poin t of ,·ie\\·, there were t·wo distiuct scenarios for I he fonllittiou 

of the Galaxy. One is tht' "frce- [all collapse" sceuario proposed by 8ggen, Lyncleu-Bcll , 

& SandagP (1962) . By evaluating llte orbital motions of staJ·s near the sun , they fcluutl 
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a strong correlation between t he orbi tal motion of slar (eccent ri city) a nd t he ul trm·iolet 

execs. (met.allicity). From t his facts. they have concluded that the co llapse that produce the 

Gala.:-::y wa. \'ery rapid and occurred in nearly fr\'e-fall t ime scale. On the other baud. Searle 

& Zion (1978) IHl\'e proposed tl!e "slow corlapsc" scenario. They analyzed the meta llicity 

of the halo globular clust rs and fo und no correlat ion between l he mctallicity of dusters 

and it. position. From this fact, t hey have concluded that t he forma.tion of the Galaxy was 

not the ordered collapse as proposed by Eggen, Lynden-Bell , & Sandage (1962) bnt t lw 

processr·' in which . mall fragments continued to collapse for a longer time sca le than the 

free-fall t ime scalr. 

A recent theory pred ict that t he galactic scale objc t: were formed by the structme 

format ion in the cold dark matter (CD~ 1). According to the CD 1Vl scmmrio. larger clump. 

incrrasc t heir mil .. by the progre siv(' merge r of maHer clmnp . . During such C\'Olu t ion, , the 

aogular momentum also increases due to t he angular momentum transfer by a t idal for c of 

snrrounding clump . At , ome epoch. t he over-dense region is viria lized to form <t clark halo 

of a certain mas . . ~atn el .' ·, the Galaxy [ormation occurred during the gradual formation of 

a cl~trk halo in t he CD~! cosmology. Thus, t he formation procc s of the Galaxy in the CO M 

cosmology was I he midway of Lh.e "fi·ee-fall co llapse" and "slow collapse" , ce11nrios. 

After late 1980's, three-dimensional simulations of the form at iou of a galaxy have 

bl•rome possible because of more sophi ticated nnmerica l algorithms and the evolution of 

a,·ail ablr computing resources. In I<atz (1992) , the firs t self-coHsistent t hree-dimensional 

simulati.on of cosmological ga laxy formation was clone. He investigated the evolution of a 

spherical top !tat over-deuse region of mixture of dark matte r and gases with t he Tree-SPH 

codes (Hemquist & Katz 19 9) . Using the star formation recipes, hP was able to modelllw 

formatiou of a spirnl galm,:y, which consists o[ the nearly spheri cal dark halo, and the stellilr 

aud gas di sk. The rotation cmves of the stellar disk in hi s model shows Bat rotation cm,·es 
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likP ob~ervcd spiral galaxies . In tlw subsequent st11dics. Steinmetz & illiiller (1994, l995) 

im·e. t igated t he disk structm e of their model galaxy with the method and initial cou li Lions 

similar to Kat7. (1992). Their mod PI included a chemical e,·o lut io11 by formed stars so I ha t 

they could compute ''"' chernical properties of a spiral galaxy. Their model I arts wiLh the 

initial number of pcuticles of ~ 8.000 for both gas and dark matter p<ut ides. T his lli E'a iJ ~ 

t.hat the initial masse of the gas and dark maLLer panicles in t heir siwulation · arc 2 x 107 

"\!0 aud 1.8 x 108 J\1"', respect ively. The spatial resolution of the 1uodel or Steinlllet.z 

& il liillPr is limited by lhe gradtational softening length of ~ 1 - 2 Kpc (S t.cinn1l't7. & 

\ tfiill cr 1995). Such small number of particlrs and the limited spatial retio lution a.rr uot 

ufEcicnt to resoh·c the d ·ta iled st ructure of a piral gal11xy, espcC' ially the ~ ~ ructmc or a 

bulge component (I he size of he bu lge of our galaxy is~ 2 Kpc) and a thin di sk. 

[n this thesi , we follow the met hod and the model by the previou authors but u~c 

tHOrP ptuticles to study t he detailed forrna.tion and e,·olution proce,;. es of the Galaxy. 

we 0voh·e the spheri cal top hat. over-dPnsP region of mix1 nrP of dark malter and gases 

with om GR.APE-SPH code. which use the Remote GRAPE system (Naka: ato, i\[ori &: 

Nomoto 1997). Our SPH code includes various physica l processes, i.e .. radiative coolillg. 

star-formation. energy feedback fTom stars, and chemica l evol11tion. The largest model of 

tws study u. es ini t ia lly over 50000 particles for a 1012 J\10 spherical region. Th is i . the 

ini tial masse of tbe ga.s a.nd dark matter particl.es in such model <ere 4 x 106 J\1 0 and 

3.6 x 107 At0 , respectively. The gravit.ational softening lc->ngths for tile gas a nd dark nJntlt'r 

P<ll'ticles are 0.5 Kpc and 1.0 Kpc, respectively. Since t he scale l.cngths of' the 1 hi n disk >uid 

th ick disk component of the Galaxy are 0.3 Kpc and 1.4. Kpc rcspecth·ely. we c:a n nHLrginctlly 

resol\'e the stru ·t ure of the thin and thick disk compone11t Also. we cau resol\' thP st rnd:urc 

of a bulge (~ 2 [(pc) in r<:'asonable accm acy. [n t he previo11s studies sucb as Katz (1992) 

and Steinmetz & Mii ll.er (1994 , 1995). mainly the structural pr per t ics are concerned . ln 

this thesis, we corn pare t he chemical propcrti('S of star · with the ob. ervational facts of 
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the Ga lmcy. v\'e com pute t he chemical eYolu t ion of total metal (Z), iron (Fe) and o:J.:ygen 

(0) in our mcle aud incorporate the l'ecent progenitor model of Type Ia supernovae. Th 

treatment of t.be chemical evolution in our SPH code is sp]f-consisLCnt. That is. the cject(•d 

hea,·~ .. metal affects r.he Pvolul ion of gase by way of t he metallici ty dependent cooling. 

To model the co mologica l ga laxy fo rmation , we need to use the phy~ica ll y m Jtivated 

i11 itin l conditions, which is described below. The strategy of our simulation, is following: 

F'il'sl. \\'e genrra.tc many number of a spherical top hat 3 a over-dense region as I<a rz 

(1992). Then \Ye fo ll ow the c\'Oiution of dark matter particle of these spherical region with 

a usual N- body code from high reclshift. At appropriate reclsbift, we examine the propertic. 

of each hal o and select th e desired hal o for hydrodynamical simulations. After the Rclcction 

of some halos, we restart t he hydrodyna.n1ical N-body sim11lation from t he beginning. We 

wi!J analyze the properties of stellar components and compare t he resul ts wilh the seyeral 

proper lie of tbe Galaxy. If our model ga laxy show. similar strud nres and propert.ieti wilh 

the Galaxy, we can Spl'(' lll flte the format ion proc~sse of spi ral ga laxies. 

2. Method 

1'bc det,ai l of om GRAPE-SP H code are described in Chapter 2. The mos in1porta.nt 

and <Uilbiguons physical p rocess in the formation of ~teL! a.r systems i · the star forma tion 

procrss. In t his section wr note the star format ioo algori t hm used in t hi, chapter. 

In our t;reat.mcnt, the Jca.ns 1111 table and cooling region is t h.e pl <L·e for star formation 

(Katz 1992). He ltas added anot,hcr crit rion to the above physical condi tions ( ce section 

4.2 of chaptt•r 2 for d t<l ils) as Follows. Wi t hin au iutc rvRI 6. t, the probability for star 

format ion can be c ·timalcd as 

p = 1.0- cxp( - 6.. i/t,tadonn), (4.1) 
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i.e., the tar formation procPss is assumed to bli' a Poi son process. ln our wdc. \\'e com parr 

P ~nd a random value (0- 1) at Lnterntls of !:l t . lf P is larger t hau the nUldout mlu •. t.hr 

star fo rmation occurs. In troducing thi ''probability cri terion'', we can control the rhrrshold 

density for star formation by changing a parameter C (Eq. 2.31 in eha.pwr 2). \Ve c mput.~ 

the P a a function of the dPnsity (p) for difff;'rent value of C rutd pr,. rut. 1 be resu lts in 

Figur 1. When we com pute the P. we a. sum t hat !:lt = 2.0 x 106 yr, which is aL o used in 

the present calcu lat.ions. We can int erprrt the meaning of Cas follows: 

• larger C means lower t hreshold density. 

• smaller C means higlwr threshold density. 

To summarize. if w use t hi s "probability cri tPriort", the changing of tbc valtw of C lead., 

different. global star format ion history. 

Here, we investigate the effect of varying C. \\'e evolve Lhe ·pherical region of 1012 M ., . 

which consists of 10 % gases and 90 % dark matter , with several d iJferent star formation 

parameters C. Inhially, we et up the sphere iJt a rigid rotation a nd i11 an out w~trd 

expansion. The angular sp eed of the rotation corre ponds to A = 0.05. where ,\ is till' spiu 

parameter defined as 

L IE I 
A= GM2.s· (4.2) 

In th is definition , L. E, and M are the angular momcmum, the totaJ energy, a nd tiH' lll as~ 

of t he sphere (Padmauabha n 1993). This initial condition is the S<une as ndopt.cd iu thl' 

: imnlat ion of formation of disk galaxies (Katz 1992; Steinm etz&: !Vliiller 1990). We evoh·e 

the sphere wiLb two dif[erent star formation parameters, i.e., C = 0.1, 0.5 and 1.0. 

ln Figure 2. we preseut the star formation history for C = 0.1 and C = 1.0. For C = 
1.0, star formation rat.e. (SFR) increase rapidly than C = 0.1. These very old St<Hs in C = 

1.0 model have large vert.i<:al velocity o t hat t he fornted galaxy is more cxt.end d Lhau C = 

0.1 as presented in Figure 3. Th is figure shows the projected edge on surface den. ity of. t.ar. 

at t = 5 Gyr. ln Ta,ble l. s01ne dynamical properties are compared for different vahre of C. 

There is a clear correlation brtween C and the ratio of X and Z ax is velocity-dispersion 

or the spin p:uarnel.er. From i hese results , we conclude that the C = 0.1 and C = l.O 

gnlax.ies rPsemble the late type and the early type galaxy, re. pcctivcly. In the. e imulalion:, 

only one pammcter det.C'rmine. t he property of the formed ga laxy. Such idea, specifically 

<t difJerem type galaxy bas a dirl'ercnt star formation history, has been discussed from long 

t ime ago and used 10 reproduce some obscn·ational propenirs in the study of the chemical 

evolur.ion model of galax iPs. Tbc time scale of star formation is thought to ben most nucinl 

pararnC'tcr for determining the morphological difference of galaxies (Noguchi 1098). 

The results presented in th i. rcrion are obtained with small number of particles (the 

initia l uumber of gas particles ~ 6000) a the previous a uthors (Katz 1902; Steinmetz & 

1 liiller 1995). With such mall number of particle . w~ cannot. make detai led com parison 

betwrcn our result. nnd lhe s0vcral properties of the Galaxy. Thus, in the following ect.ion., 

we pre. ent th r Ga laxy formation imulation rc ults with much higher rc olu ion . We adopt 

the C = 0.1 ro rrproducr Lh<' Galaxy in the following section . 

3 . Init ia l condi t ions 

The fi rsl st.ep is to generate many number of a spherical to p hat 3 a over-dense 

r<>gions. Each :phcri cal region is generated by the COSMTCS package (Bert chinger 1995) 

with R difJercnt. s eel for t.he random number generator. The COSMICS pac:kag uses the 

standard Zel'dovich ap proximat-ion (Zel'dovi c:h 1970; Efstathiou t a l. 1985) to compute 

clw diHplacemeuts and veloc ities of the dark ma t er particle from a Gau. sian random 

rl cm; ity fi eld. The pOIYCr pectrum of this density field represents the CDM sprct rum. ln 

the present :tudy, we set the Hubble constnnt, 0 , and A to be 50 krn s-1 :VJpc- 1, 1.0 and 



0.0, respectively. The drnsity field is normalized by SPtting the rms density .flnctuatious 

(a ) smoothed by 8h-1 :\lpc scale at Z = 0.0 to l.O. The definition of aH is following 

where P(k) is tile power spectrum of lhe densit.1· filed and \\' (k) is the Fourier transform ol' 

an <tppropriar.e spherical window function of radius = 11 - 1 i\.lpe. By c!mngi11g the sl'rrl for 

the random number geuerator, we can obtain a desired Dtunber ol' den ity fie ld realizations. 

The starting redsbifl and the mass of Lhe spherical regions arr assnm ·d to be ~ 25 

and "' 1.0 x 1012 J\10 , respectively. Thus. the conwYing radius o[ the spherical r •gion i ' ~ 

!A :\[pt. To genrrate a 3 a o1·er-densr region . we use the path integral method to gcil'ralc 

con lrained density field (Berts~hinger 1987) . \iVe note that there are two u1cthods to sPl 

np t.hr ovrr-dense region for m1 initial condition of cosmological simulations. Oue iR to seek 

Lhe desired over-deu ·e region by sampl ing different random filed realizations. which is used 

by t he cosmological hydrod~·namical simulations of formation of X-ray clusters (Anuinos 

& Norman 1996). Other is to select the de ·ired halo from the results ol' the large scale 

cosmological N-body simulations and use it as au irJitiaJ condition for a cosmological ga laxy 

formation model (Navarro & \VIlite 1994). The path integral met hod is a fastesl 1nr1 hod 

a111ong other method . In the pre, ent study. we generate over 50 dt' nsity realizations flnd 

pid< up a spherical region from each Tealization. 

The second step is to follow the evolution of dark matter partides of sncl1 ol'er-clcnsr 

region u ing theN-body code. Si nce we !'allow the evolution of an isolal 'd spherical region , 

11'8 make· the region in rigid rotations t(J give a ~ufficieut angular momentum. The typical 

spin parametur of a virialized halo in COM cosmology mnges from 0.01 to 0.1 and Uw 

m·erage value is 0.05- 0.07 (Efslathiou & .Jon s 1979; Barnes & Efstatlliou 1987). In the 

fo llowing section., we set th<- spin parameter of the selected halo lo b • 0.1 Lo modd l he 

formation of a spiral galaxy. Also we add the corresponding Hubble velocity to rhe velocity 
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licld of lhP sphere since we int.egrat;e the equation of molion not in the romoving unit hut 

ill Lhe p!Jy. ical units. We u. c Lhe Remote-GRAPE system OT treP method (withe = l.O) 

to follow t l>c rYolution of tbese over-dense rrgion ; there are no difl'erences in accuracies 

he· 1vePn LhesP melhods. The number of particles used in these i\-bocly simulations is ~ 

25000, the mass of the particles i · 4.0 x 107 !110 , ancllhe gravitational softening length i 

I<pc . In both met.hods, the total energy conserve within 1 % after 3 Gyr of the evolut,ion . 

:-\t appropriate redsbiit, we exami11e the properties of each halo and select the desired halo 

for a !Jydrodyuamical simulation. 

The re ulls of loll' resolution h~·drodynamical simulalions presented in 1 he previous 

scclion show lhal Lhe formation epoch of the gas disk is~ 2 Gyr from thf' heg.inning of the 

simulations. This epoch corresponds to the red shift Z ~ 2.5. Hence, we select the single 

halo model at Z ~ 2.5. The reason is that if the two dominAnt h~ los exist at this tim' , the 

d isk wi ll be destroyed by the major merger event. 

We ha1· ' selected som0 single halo models at Z "' 2.5 from the res ults of the dark 

matter p<lrticles evolution model. Once we select sonw halos, we resLan the hydrodynamical 

\'-body simulation from Z"' 25. For the in itial condition, we set the gas panicles in top of 

lite lark ma,t ter pa.rrides, i.e .. r.he number of the gas particles is t he same as t,he nnmbcr of 

1 hr dark matter particles. A a result , the total number of hyd rodynamical simulation.· is 

~ 50.000. Tile initial velocities ofthe gas particle are lhe same with Lhe corresponding clark 

mat.Ler partirle. Iu r,he hydrodynamical simulations, t he baryon fractiou is assumed to be 

0.1 (i.r., lO % gase, and 90 % dark matter irt ma ). That is, the initialma, s~s of t he gas 

and <lark mailer particles in our model are 4 x 106 /'.:!0 and 3.6 x 107 Jl,£0 , respectively. We 

eb t;he gravitational ofLeni ng length for the gas and dark matter partirles to be 0.5 Kpc 

<tnd 1 .. 0 Kpc, respecti,·ely. When the stru: format ion occurs, the formed STAn iuheriLs tbe 

ph a c space wduc (position. ami velocities) and gravitational softening lt:ngt h (0.5 Kpc) of 
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the corresp ond ing gas pa rt icle. 

4 . High resolution sim ulat ions of formation of t h e Galaxy 

In thi section. we presC'nt t here ults of our high rE>so ln t ion si mnlatious of form nr ion or 

the Galaxy. Following t he method de ·cri bed in t he previons scctinu. we P iP('t three models 

(model A, B and C) froiJI 50 spherica l regions. :Vlodel A and B an• inglp- ha lo m dds <II IU 

\lode! C is a doub le-halo ruocl el tha l is selectPd a5 a comparison with the models A a nd B. 

T he resul ts presented in this section a re obtained with model A, which i · th · best mod ·1 

in Lhe present . tudy. We will describe t.he d ifference between model A aud B in llw next 

section. T .be comparison between model ' and others will be also described in t he next 

section . 

4 .1. Overall evolut ion 

Fil· t, we show t he C'vo lu tions of cla rk matter particle in Figure 4. At the beginning ol' 

the evolu t ion, th spherical regiou is expanding cl ue to t he Hubble veloci ty ll'h il the Ul <l ll 

scale stru lures aw growi ng. T here are many mall clump · in t he first t ill' e panel . . The~e 

small cl um ps gradually merge to prod uce the larger d umps. At t ~ 0. 3 - 0.5 Gyr , Llw 3 

clu n1pS merge and the resulted cl ump become the primary halo that ~veutua lly becomes 

a spira l galaxy. After t hat t ime, the mergi ng of th ~ . mailer clwnp. to the prima ry ha lo 

con t inues. At t ~ 1 Gyr, the dark mat ter is a lmost viri1llized and the evolution bccou1cs a 

quasi-sta t ic sta.te as shown in Figure 5. T lt i fi gure shows the rndia l density profi le of UJC 

dctrk matter par t icles for th(' different epochs. The solid liue corresponrls to t = 1 Gyr aud 

other dashed lines correspon 1 to 1 = 2, 3, 4, and 5 Gyr, respectively. Th ' dashed lines a re 

a lmo t indistingui. hable. 
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In Figure G, we present t.be evolu t ion of gas part icle . . From these plots. we see that 

t,hc gas disk forms aro und t, ~ l. Gyr. The edge on and face on projc~ted surface density 

of t.h . gas pa rti cles a t t = 5 Gyr (Z ~ 0.87) are . !town in Figure 7. T he . p il·aJ st rwtures 

of the gas eli. k arc clea rly shown in F igm e 7. Although the ent ire d isk is r~ l nxrd to t he 

nearly stable tate, the spi ral s tructures nre na tura lly produced by t he local gradt ationa l 

ins tability (Binney & Tremaine 1987) . F igure 9. bows t hr unstable region in t he ga clisk. 

ln thi s fi gure. t he region where t he Toomorc's Q value is greater than 1.0 is shown in red. 

Tlw Toomore's Q value i defin ed as 

Q = 2c.n 
1rGE' 

" ·here c:,. is the sound velocity, 0 is the angu la r ~peed , and ~ is the surfaec density of the 

gas (Binn!'y & Tremaine 1987). 

Tho SFn as a fun ction of t im· is plotted in Figure 10. T he first sta r formation occurs 

at L ~ 0.015 Gyr. Wi thiu first 0.15 Gyr. t ue SFR remains low value. After t ~ 0.015 Gyr, 

t he S flll incr asr~s with t ime and become tuaxirnum at t ~ 0.4 Gyr. T his t ime corresponds 

to t.hr tirn(' of Lhr• largPst merger t•vent. After t hat t ime, the SFR gradua lly dPcreases and 

eventua lly become al mo ·t. constant ( ~ 2 M0 yr- 1) a fter t ~ 3 Gyr. T his consta nt. star 

l'orma l ion rn a in ly orcUI·s in the ga d isk. The resulted stellar sm face density is prese.n•ed 

in Figure As F igure 7. lbe edge on and face on projected surface density of the star 

parti cles a t t = 5 Gyr are presem ed. The Figure 8 matches the real image of the Galaxy 

<llld , the stell ~ r disk and bulge are clea rly shown . 

To inYes ti.gate t he properties of different stell :u component , we ca tego ri ze stars in Lo 

thn'e gronps; di sk Rl<lrs, halo s ta rs, bulge stars. The sta rs a re categorized by following 

~imp l e condit.ions. 

• bulge s l a.rs : R < 2 I< p c 
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• disk star : R < 10 l<pc aucl JZI < 2 Kpc 

• ha lo st.;us : R > 2 Kpc al!CI JZI > 2 Kpc 

\•Ye use t.he position of the stars at t = 5 Gyr in applyi ng th e~l' eondi tio ns. T he re~\ 1l tcd 

numuer of STAR particl~>s and mass for each romponl'nt are surnma ri z~>t! in TRble 2. 

Tbrce components sbow tbe different kin em ati c~ as shown in Figure 11. This fignr ' 

haws the distribution fun ctions of the velocity for each component. T he ha lo st.ars h;wc a 

wider distribution than other two components. The peaks of these distriuu t iou fum:tiuns 

for t.he disk (~ 270 km s- 1) and bul.ge stars (~ 180 km s- 1) alrnost correspond to the 

rotational ,·elocit.y for each com ponent. There is a difference in the formation ltistory of 

each component. Figure 12 shows the FR as a [ull(:tion of time for each com ponent , which 

i normalized by t:he tota l mass of Lhe component. T he s1:ar categorizPd to bulge stars form 

earli er t han others. We will return w th is point in the next subsection. After t ~ 2 G.n. 

t he most sta r formation occurs in the gas d isk and become quasi-statically. The S FR in the 

disk after t ~ 2 Gyr is ~ 2 J\10 yr- 1, which is large r than the obserwd current SFH (~ .I 

i'vf0 yr- 1) in t he galact;ic disk. 

We compare tbe mcta llicity distribution function for each component in Figure 13. ln 

this fi gw-e, if the metallicity of stars is smaller t han [Fe/H] = -5, snell stars are catl'gori zccl 

in the lowest bin, i. e., th lowest bi11 includes the metaJ-[ree stars. T hP hulge tars 

show th wide m0tallicity distribution func t ion as obscn·ed. We see that I he distribu t ion 

f1111Ction of the halo sta rs is more metal-poor t han other compoMJJts. Also, the ha lo 

component contain~ many metal-free stm·s. These metal-free stars is t lw Hrst generation 

star (Population 1U stars) at each clump. The formation epoch of the meta l-free st;us is 

early so Lhat the position of t hese stars is at at ltigh latitude. For ·be di~;k component, t he 

peak of the distribu t ion function is almost so lar value as ob erved. 
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From these results. we conclude t hat we obtain the stellar system that is \'Cry similar 

to t he Gala.:xy. Tf we ca.tegorize the stars using t he information of the chem ic.al propertie. 

and the formation epoch (tronn ) of stars. the three componcnLs of the Galaxy are more 

clearly shown. In Figme 14, we present. a such result. The left, center ami right panels of 

tlus figure show the stars categorizecl by t he following conditions: 

• L<'f't : ~l etal-poor (Z/Z0 < -3) stars 

• center Old (trorm < 1 Gyr) and metal-rich (Z/Z3 > D) tar 

• ri gltl : Yonng ( lrorrn > 4 Gyr) stars 

~~l etal-poor stars show the extended distribution si11ce such stars formed at an early 

epoch a nd the star fo rmation occurred at high latitude. The old and metal-riclt stars ar 

concPnt ratecl in rhc galactic center . This point wiLl be concerned in t. lw ne),:t subsedion. 

Since th yo tLng stars ar c located near the galactic pl<tne, t he moso recent star forma&ion 

occurs in the d isk. 

4.2. Formation of the bulge 

TI1erc are several scenarios for the formalion proces ·es of a bulge componen · of spintl 

galax i 'S (Bouwens, Cayon, Si lk 1999). Such scenarios can be div ided into three categories 

as: 1. the merging of sub-clump in the proto-galacti c cloud, 2. the secular e,·o.lutiou of t li c• 

s tellar dis k , and 3. t be in-fall of dwarf galaxies . 

The ga lactic bulge i. t hought to form by rapid star format ion. l'v!Rtteuc i & Brocato 

(J 990) and Matlcuc i, Romauo , & .tdolaro (1999) proposed tbat the chem ic:al evolut.ion 

n1odcl of the ga.lact ic bulge and obt.<tin the following re~ult ·: the galactic bulge form · by 

Lh c st.ar bur. t, (.he time. cale of which is~ 1.0 Gyr. One of the prcclict iou of their results 
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i. that, thP element ratio . uch as [0 / Fe] remain high for metal-rich sl.ars lwmusc of I h ~ 

short formation time :cale of the bulge. Due to tho delay of Type l a su pernovae cxplo~iou. 

the mctallicity of the bulge ·tars is mai11ly origiuated in Type 11 superuovae. The onc-zoll<' 

C'hpmical evolu1 ion model as Matteucci. Romano, & 1-lola.ro (Hl99) can predi ·t 1 he cheillical 

properties of the galactic bulge. however, th chemical and dynamical model is 1W1uired to 

predicl the dymtmical propertie of the bulge. ln this ub. <'Cli<)ll , w use our high re ·olurion 

formation model of the galaxy I o study the formati011 of the galaclir bulge. 

A. presented in Figure 12 , t he over 60 % stars located near th galactic ceuter formed 

during first 0.5 Gyr of t he evolu tions. Figure 15 shows that the ste llar density plots of rir~t. 

0.5 Gyr. The two clumps J.uerge during t = 0.4 - 0.5 Gyr. This merging of the clumps 

cau e. t.hc star burst a~ shown in the SFR plots (Figure 10). Tlte eHimated formation ti1ue 

scale ( ~ 0.5 Gyr) is horter than the chemical e,·o lution model of he bu lg' b.v ;vJatLeucci , 

Romano, & !vlolaro (1999) . 

According to the prediction of Matteucci, Romano. & \lolaro (1999), we sele ·t th~ Lru0 

bulg · stal' fro111 the tars near the galactic cenrer (R < 2 l(pc) by the fo!Jowing conditions: 

• [Fe/H] > -2 and [0 / Fe] > 0.3 

T he mass aud number of tltc true bulge stars Arc 1.3 x 1010 M0 and , 9L respectively. 

We compare the metallicity distribution of these tars with t h ' observatiou of K-ginn i 

stars McWilliam & Rich (1994) in F igure 16. Our results reproduce the wide mcLallicity 

di stribution of the bulge stars. This wide distribution is C'au. ed by the strong star bur:t. 

However. tbe number of metal-rich stars ([.Fe/H] > 0) in om model is fewer t han the 

observation . This result is expected since t il' best fit model of Matteucci, Romano, & 

Molru·o (1999) is that there are more massive sttu·s thau the IMF u eel in our code. Our 
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model adopt Lhe the power-low type IMF as 

(4.5) 

where x ~he index of l;hc LMF and we set :r: = 2.35 in the present s~udy. In i\latLeucci. 

Rotltauo, ~ 1\lolaro (1999), they reported that the peak metallicity of tlw clistri.bulion 

func t ion in their model depended on the value of x. To match the observation of McWilliam 

& Hiclt (1994), they concludeclt.hat the a llowed range of x was 2.1- 2.35. Thus, by chru1ging 

the shape of the I\IF andjor adopting a time-dependent livlF are possible so lu tions of 

the problem that thrre are fewer .uu111hrr of metal-riclt stars Ln our model. ln the current 

model , th parameter related to this problem is the size of the feedback radius (RJ ). We 

will rctmn to lhi. poinr in lhe next sect ion. 

In .Figure 18 , we plot the average velocity and the velocity dispersion of the bulge 

stars. The bulge sta rs are substantia!Jy rotationally supported as t.he galactic bulge. The 

rotational speed of the bulge st.ars is ~ 160 - 230 km s- 1, which is smaller than the 

rotational speed of the disk st.ms (~ 270 km s-L). This means that the anguiM momentum 

of t he bulge is lost during merging proces . Figure 19 compare the mean velocity dispersion 

for the bulge ~wrs as a function of [Fe/T-1] with the observationilJ re ults of Minniti (1996). 

Except thP mctallicity range [Fe/H] = [-1,0], our model i similar to the obsenation. 

Om model repTOcluce t he chemicft! and the dy namical properties o f the galactic bulge. 

I Ve con ·Jude. i bnt t.he galactic bulge has formed by the sub cluJ 1p merger in the proto 

g;llaxy. The merger eveut c;tuses the star bnrst and such high SFR is responsible for the 

wide mnge m i;tlli city distribution of the observed bulge tars. 

4.3. Properties of the disk stal's 

[n this sub ect ion, we show the propertiCi of the di k stars in our model. 
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Th - stellar surface deu~ it:v of the disk stars shows t he exponentia l proJile as shown in 

Figure 20. T he ca le length of the stPllar di. k at t = 5 Gyr is~ 5.0 1\ pr. This ,·aim• is li tt le 

larger Lha n the ouserwd . cale length of he Galaxy. 

Yoshii & Sommcr-Larsen (19 9) a rgued that t he exponent ia l su1·facr profi le obse r\'l'd 

in disk ga la;dcs can be naturally c.,xpla ined by t,he Yi. rons l' ' 'oinl ion in lhe gas disk. Tlw~· 

have shown that t he exponcut ia l pro fil e is obtained if lh(' vi. cons t ime bcale is l'O lnpara bl <' 

to the star formation t inw . cale. O ne of the ph,v ical mechanis ms that prod ncr the dsrou~ 

e\·oln t iou in a gas disk i the local gravitat ionnl instabiu ty (Toomrc Hl64). Since the 

. ta r formation processes are also related to the gravitational instabil ity in the ga · di~k . 

~;he assumption that, the viscous t ime scale is comp<trab le to t he tar fonuatiou t ime oca!P 

is plausible (Yoshii & Sommer-Larsen 1989) . T hE' \'h ;ous au g;ul a r mom u1 um t ra nsfer 

red istri bu tes th e angular momentum in t he gas disk. After t he viscous cvolu t iou, t he 

gas di sk shows the exv onen t ial pro fil e and i.he rotational velocity of t he disk sho11·s a Hat 

rotatio11 curve. If the effect of the ~;tar formation is incorpora t 'd, t he results a re not changed 

Saio & Yoshii (1990). A shown in he Figure 9, the gravita tiona l inst abili ty occurs iu our 

numerical simula tions . We note the numerica l angul a r moment um tntnsfer. \Ve adopt the 

shear free vi cosity formulation as descri bed in Section 2. Nav<trro & Steim11etz (19Di) 

have pre ented t he numerical experiments of t he effect of t he numericftl angula r molJ1entll lll 

transfer . They evolved the gas dis k wi th cl iff rent formul ation of an a rt ifi cial l'i, CO "ity trrm 

and t raced t he ch anges of half angula r momentum rad ius (RJ : the angula r momentum 

inside RJ equals to the hal f o[ the tota l angular momentum of the disk) . The RJ is c:ha ugl'd 

by [actor of two if t!te standard art ific ial viscosity term is u~cd . Oa the other hand , th<' re 

was no Yi olen t angular momentum t ransfer duo to the shear Eree <trtifi cia l viscosit,y lerm 

witrLin the Hubble t ime. Consequen t ly, the adop t ion of t he shear fr ee <Lrlificial vi~cos i ty 

formul ation suppresses the numerical angula r momeut- um t ransfer . T hu, , we coucluclc that 

t be viscous evolu tion of the gas disk occur in our nu111 eri cal m odel. . uch (' \'O iul ion in t ln• 
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gas disk produce the exponential profi le of the stellar disk. 

[u Figure 21, we present t he relation between the rn -•talli city and the radiu within the 

disk. The soucl clot represent our resul t a nd t he straight liJlP shows the observed gradient 

(~ - 0.065 dex !<pc- 1) in Maci 1 & Quireza (1999). T ltis ob en ·ed gradient: is obta ined by 

<l.Vcraging th e di k plane1<1ry nebular, Hil regions. ann young . ta rs obsen·alions. T here i, a 

sp r ad in the obserw d relation and t he spread i. ~ 1.0 dex. Although such spread cauuot 

be rPproduct>d by 1 ht> one-zone chemical evolu t ion model, our resul t ~haws the spread as th t> 

obsc rvMion. Sin re th ~o licl dots in F igure 21 are the aYeragl'd value at ear:h location. rhc 

spread ( ~ 0.5 dex) is smaller than t he obserYation. T he I rue dispers ions at each location 

range from 0.3 - 1.3 dex. 

Wr select lhe sola r cy lim lcr star (rom disk stars and comp<tre t he propert ies wit h 

observations . T he solar cy liJJdcr tars a re defined a 

• 7 < R < 8 l<pc am! IZI < 1.5 I<pc. 

I n Figure 22. we compare Lhe metallicity distribu tion fun ction with the observed one 

of Edv:uclsson et a!. (1993). In our resul ts, there a re more metal-poor stars than the 

ohscrvat.iou. The frac tion of s la rs tlutr is mcLal poore r than [Pe/H] < - 1.0 is ~ 10 % in 

om model. The fact tha·t th1n-e >u e few metal-poor s tars nea r the sun is called ''G-clwarf" 

problem. Al though Lhe standard one,zone chemiral eYolntion model predicts th e ha lf of 

rhe sta rs is mel a! poorer tban [Fe/H] < - 0.5, only 2 % of the stars ncar the oun <u·e 

metal poorer than [Fc/ H] < - 0.6 (Sommer-Larsen 1991) . This failure originates !'rom 

thr incorrrct as. umptions u. eel in t,be st~ndard one-zone chemical evolu t ion model. These 

assumptions a rc tha t 1: the gas is ini t ially meta l-free , 2: closed box model a nd 3: constant 

yield. Th as. umption 1 hat t he chr.mical evolut,ion near the sun proceeded in a closed box 

manner iB thought to be incorrect. While Lhc gas eli k forms, the star formation in the d isk 
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occurs and the chemica l en richment near the suu proce ds. That is . the [n-fall of gas•·~ 

occurred in the lyna1nica l picture of the formation of the Galaxy (L<lrson 1972). lf we 

incorporate the in-fa ll of gases inlo the chemical evolutio11 IIIOd<'l, the '·G-rlwarf" ' prohlt•JJI 

is resoh·cd (Pagel 1997). Another possibility is proposed that the• mct<ll-cmithrd gases arP 

ejec ted by the ga lactic wind dur to the bulge formation (J<opp<•n !:,:. Arin10to 1990). This 

meanR tltn the pre-enri ·hmcnt has occurred bcforP the fo rmation of the gas disk (Truran !:,:. 

Cameron 1971). 

ln our dynamical and chemica l model, the in-fall a llll the pre-emichrncnt of gases a rr 

properl y trcntrd within l'hr numerical accuracies. Although we usc lhe Eixed metallicity 

y ield as the one-zone r hPmical evolution modeL this is not critical to the "G-chmrf'' 

problem. 'To solve llw "G-d1ntrf' problem in our model, tlw gases sho uld be more metal 

rich before t h gas disk format ion. Thus. a parameter r lated to the "G-dwarf' problrm iu 

our model is the size of the feedback radius (RJ) as uoted before in sectiou -1.2 . T he rPsultb 

preseuted in this sect ion an' obla iucd with Rr = 0.5 J(pc. Thi value is ~oamr \'a ln c· as llw 

grav itational softeuing length : [nee the numericalresolutiou in our code is limi ted b:> tlw 

gravitatioual soften ing length. We will return to thi point in the next sectiou. 

Figure 23 shows the relat ions betll'een [0/Fe] and [F<'/ H] for the soln.r cy linder stars. 

The ·olicl dots are our result and the white squares are tlu-• observational data fr0111 :\iss'n c•t 

al. (1994); Edvard son el a l. (1093); Gratton (199 1); B11rbuy & Erclelyi-Mendl's (1989). 

Our results match the observat ion quantitatively. In our resu lts, the tum oYer due to til<' 

Type Ia supernol'a explosion i, obYious. The upper lirni t of [0/Fe] for the metal-poor regiul t' 

come· [rom the use of the fixed metallicity yield and the 1·alue coJTPsponds to the ratio 

between Fe and 0 Tabl 1 in hapter 2. Due to the insbUltaneous rcc ·cling ap proximntiou 

adoptecl[n t lw standard one-zone chemical evolution model, ucu an one-zone modd cannot 

produce be observed dispersion in the relation bl'twe n [0/Fc] and [Fe/H]. lu contrast, uur 

83 

model ,' bow t h dispersion of [0/Fe] v . [Fc/ H] relation . 

Figure 2-1 shows the agc-mc ta llicity rrlat.ion for the sola r cylind r r stars. The ob ervcd 

relation o r Edvards. on N nl. (1993) is shown in the whito squares. O ur results a re almost 

cousistent with the obsrrvation except in the metal-poor regime. 

From the 1-arious comparisou bet ween numerical result and llw obserYational data , we 

ronclucle that our model can quantitatively reproduce the chem ical properties of the eli k 

stars. Howc·1-cr, t.hr "G-dwarf" problem is not compl tely oh·rd in thr r urrent model. By 

choooing different feccl lJnck radius may be the solu t ion to this mismatclt. 

4.4. Properties of the halo stars 

The properties of halo stars arc wt'll ob crved by the ha lo g.l obular clusters. FI·om such 

obscJ'\'at ious, tlw ste llar drnsity profile of t he halo is expressed to be T-3·5 (Harri 1976). 

ThP w mp<t rison bf• l wrPn our nurnPrical resul t and this fact is shown [n Figure 25. The 

stellar den ity of our model is well fit ted by the obs<'n ·ed profilr. We infer tha t the halo 

fie ld stars and the halo globular dusters a re t he ame populations. In chapter 3, we present, 

1hc s innda t.iou of the globular rlu. tcr fornmtion and concluclr t hat t he globular cluster 

formation is IIO\ cnlcieut i11 Lhr prolo-galaclic erw[ronmenL. N>unely, t he fail ed globuln.r 

dusters may become t hr fi eld halo s tars. Thi speculation is supported b~, our numerical 

model. 

From thP ob. ervation of tbe metallicity of the halo globul <ll. clu. trrs, there is no 

corre la t io11 brtwcc11 t bc m Lallici1.y of a s ta r and it s position (S -arlp & Zinu 197 ) . From 

this fact. 1 hey have ro11cluded that the forrnatio11 of the Galaxy is not the ordered collapse 

as proposed by Eggen , Lynden-Bell , & Sandage (1962) . In the CDM scenarios, the 

s tructure format.ioll procr(•d, swchMtil:a lly. Thu , the structure formation in the CDM 
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scenario predicts Lhat no correlation between the m taJlicity of a star and , it:; posil ion and 

kinematics . 

T he result of our model is shown in Figure 26 and 27. 13y in tPgraling t he rbi t of 

randomly selt•cted stars. we estilllate eccent ri city of the sLurs a~ hiln1 c · Yo ·hii (199 ). 

In Chi ba & Yosltii (199 ). Lhey present lw distribution fnnclion of the cccenl ri r ity of' i.h r> 

sam ple stars, wh.icb lul\·e the predstl proper motion obta in ed by t he H ippWIIT08 astronwtry 

a t.ellil.e. We integrate Lbc orbil of t lw s lected stars in the fixed polf'ulial of lh r> dark 

matter pari ides. From the orbit of the stars, the cccent r.i city (e) is . t im a ted as 

Tma."'( -?'min 
e=- , 

1'max + rrnln 
(H) 

wherli' tbc 1'ma< and r"'1" arc the maximum and rninimll!II di stance from t he galactic center. 

T he left pa nel of Figure 26 bows the relation between tbe estimated e and the rnetalli ril.v 

([Z/Z0 ]) . The right pa uel of Figure 26 shows the relation between thP estiJH <tted e and llw 

~'max · A expected , therP is 110 correlat ion between the eccentricity an cl ol he r quanti t il's. 

Figure 27 sholl's the norma lized e-dist.ri bu t ion funct ion for the halo stars. T h<' Jnctal-rich 

sta rs (-2 < [Z/ Z0 ] < - 1) contain more fract ion of high eccemric sta rs lim n metal-poor 

stars ([Z/ Zd < - 3). Thi trenrl is rep orted in Chiba & Yoshii (199 ). Thus, the kinemat ics 

of the halo sta rs in ow· model a re quali tatively imilar co the halo stars of t l1e Galax.' ·· 

5. Discussion 

5.1. Dependence on the initia l conditions 

The init ial condition used in the previous sec tion io elec ted b ' the following. 1 rategy. 

We g •nerale a bout 50 density field reali zations and pi -k up a spherica l region from the 

re<llization. Then we follow theN-body evoluLion of the chuk matt er particles. Front t be 

resul t of the evolu t ion of the dark mat Ler particles. we select t he siugle halo model a t Z ~ 
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2.5 . 39 of realiza t ions are the single halo model and others a re t ho mul t iple halo models. 

T hus, th l'\rc are many number of caudidat.es for the init ia l condition. As noted previously, 

we srlPct three models (model A, B and C) from 50 spherical regions. l\,lodel A and Bare 

. iugle-halo models and the res ul ts pre •nled in the prli'vions sect ion are obt a iJWd with t he 

nJ odel A. Model C is a double-halo model Lha t is investigated as a comparison wit h the 

models A and B. Figure 2 . how tbe projected dark matter density a t Z ~ 2.5 fort he three 

models. 

\Vr compare 1 he SF'R as a funct ion of time for t hese three models in Figure 29. 

The evolu t ion of fir t 1 Gyr refl ects the d ifferent merging his tory of each modf• l. For t he 

sin gle-halo models (model A and B ), the evolu t ion of SFR after Lh ·• di sk formation around 

I ~ 2 Gyr i · qu asi-static: s ince the star formation mainly occuTs in the eli ·k plan(\. On 

th<> other han d, tbe S F'R of t he double-ha lo model (model C) increase a t I. ~ -l Gyr. This 

increase in lhr SFR i caused by t he merging of lwo ha lo . To clea rly see t he early merging 

hislory of each model, wr select sta r. loca ted near the ga lactic center (R < 2 l<pc) , which 

arc the spherical compoMnl. as the g<llactic bulge, plot the star forma t ion hi t ory for t hCl e 

. t.ar iu F igure 30. T he resul tf'd number of STAR particles and mass for each model a rc 

ummarizcd in Tahl!.' 3. A~ shown in t'i gure 29, each model shows different star forma t ion 

bisl.ory. The model A rapid]~, reaches th~ peak val uP a• I. ~ 0.4 Gyr. This pe<lk corresponds 

I o t h0 11Jergir1g event as uot;ed Lu Section 4..2. In contrast , t lw mod c.! B shows compambl0 

p11ak value (,wic >Lt, t ~ 0. 5 and 0.9 Gyr. This means tha t he model B is more dumpy 

initi a l condition I hau the model A. The SFR for the tnodel C increases most slowly and 

become almost cou. (an t around t = 0. 5 - 1.2 Gyr. 

I t is interesting to S0' t he metallicity dis tribu t ion function for th0se cent ra l star . !a 

Figure 31 , 1ve show t.hP mPta lli city distribution function for each model. Qnali taLively 

speaking, all models show the wide distribution function as the galactic bulge in .·pi te 
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of the ,-ery diffen•nt star formation history. As noted pre,·ionsly (Section 4.2), a ·t rong 

tar-burst caused by sub-galactic mergers produces Llw wide distribution function. Thi,; 

pro e · is natmal cons~quCII<'C of t.he CDM initial roHt!itiou. Howe,·cr, the posit.iuu of lilt' 

peak value reflects lh<' difl'ereut star formation history. Spt•cifical!,,-, the model A. shows 

double peak distributiou in contrast with other ntodl'!s. This donh!P pr·ak is explaim•d i>y 

thC' chemical enrichment due to Type Ia supernOY<\ explosions. ln Figure 32, we scpar;tlrly 

plot the distribution function of the Yery old. tars (t < 0.5 Gyr) unci other , tars. In t hP 

present mot!el , the fir t Type Ia supernova occ-ur. t ~ 0.5 Gyr (srt? Figure 5 of hapter 2). 

Hence. the stars that are yottnger than t ~ 0.5 Gyr are chemic-al ly ontaUlinnted by Typ<' 

Ia supemovae. :'>iamdy, the higher p •ak ([Fc/I-I] ~ 0.3) is n•spoHsiblc for the starH Lltat 

have conta.minaLecl by Type Ia supemovac. In Lh.P modf•! B and C, Lite time duration of the 

slar formation is longer than the model A. so that the double peak i& not achie,-erl. Front 

the e rPsults , we expect that if the formation time scale of I h<• ga lact i,· bulge i short r I han 

0.5 Gyr, the distribution function show a double peak t!istributiou. Actually, the current 

observed distribution function of the bulge (:\fc\Villiam & Rich 199-!) is a double peak. 

However, Lhis point nePds more obsen·ation u in a -m class telescope. AI o, tht• lime 

scale of first Type Ia supernovae from the star formation (tsNta) is still f\mbiguou. siucc the 

progenitor model of Type Ia supernovae is con trover ·ial (Branch t'l al. 1995). l."sing the 

c!Jemical evolu tion model in the solar neighborhood , Yoshii T. ujimoto & 1\omolo (l!JDG) 

condud •d that the range is confined within ts:o~ta = 0.5 - 3 Gyr. We uote that our vain 

of tsNla = 0.5 Gyr is shorter thau the ,-alue (~ 1 Gyr) adoptrd in \lalteucci, Romauo. &: 

~lolaro (1999). 

As a result of th' different evolution. each mod PI ohows a rlilferem sLellar >tructure no 

pre.ented in Fi!,'ltrc 33. The upper panels of Figure 33 show the projected. nrf:ace density 

of gase for each mot!cl. Although the model A and B Jw,·e Lhc ga · disk, t ht•1·~ is no ga. 

disk i11 the model C. \\'hen we compare the modf'l A and B. tl1c gas disk of the modf'l A i:; 

th iner than the model B. Although both models are the ingle-halo model , the evolution of 

the model A is less stochastic than the model B. For the model B, the time scale of global 

star formation is shorter tban the model A as showu in Figure 34. Th is figure show, the 

mass fraction of gases in the total baryon mass as a function of limP for lhr mod I A (solid 

line) and B (clashed line). The gas fraction of the mod PI B reach s the plateau Yalue around 

t = 2 G,vr. In contrast. i he model A takes long time, ~ 4 Gyr, to reach th plateau ,-alu •. 

;\am ely, the consnmpt ion of gasrs in the model B is rapid due to the more frequent uwrgers 

1 han the model A. Hence•. tht• 1nod I A , hows the prominent gas and the stPilar disk as 

shown in the lower panels of Figure 33. This figme presents the projected surface density of 

star for each modrl. Thr resuiL<•d stellar system of the model Band C show more spherical 

shap'; t,han t be modrl A. Tll('Se results are caused by the several merging eveui dming the 

eYolu tion. The difference bt'tween the model B and C is whether lhe gas disk exists. 

To stmlmarizr, earb model shows a different gas and stellar structure as <l consequf'nce 

of a different evoluLion history. i.e. a merging history. \\"e can staie that each model A. 

B. C correspond to n spiral galaxy, an elliptical galaxy that has a gas diE k , and a normal 

t• llipt ic:al g<Liax~'- The merging history of Lhe model depend on the typical initial condition . 

That. is, the numerical result~ like presented here strongly depend on the initial conditions. 

ln other word , the Yarie y oft h galaxy morphology might be naturally c>..--plained by the 

vari ty of the tnitial conditions. \Ve note that t he ignored physics tn the pres nt study., nch 

as t hr ,ffect of xi em a! t idal firld and/or radiation Ji Ids, <Liso affect the det rmination of 

t hr morphology of ga lax iPs. 

5 .2. Dependence on numerical parameters 

Tbc:re ar a number of numerical parameters in the present numerical tllodel. In thi 

lh sis, we mainly concern the chemical properties of the stel lar ornponeuls , o lhat we 



only investigate the influence of tile feedback paramct rr Rj t.o the dtc•mical propertil'S elf 

star. AB noted in ('Ct.iott .J.2 and .J.3, tit!' mismatch between the nutucrical results and 

the obscn·ations may be ·olvcd by changing Llte size of R1. We expect that a lar •c•r R1 

leads the formation of more metal-rich stars. To sec how the ~izc of R1 affects the rPst.tlt, , 

we redone the calculations of model A 11·ith larg r R1 = 0. 1\p('. The resu lt for R1 = 0.8 

Kpc model is allliOSL incli tinguishable from R1 = 0.5 T\pc tnodt'l . Figurr 30 rompares t.hr 

metallicity distributiou function of solar cylindl'r stan; for R, = 0.5 Kpc , R1 = 0.8 Kpr 

and t he observed one of Edvardsson et a!. (1993). T he fraction of the stars arouud [Fe/1-1) 

= -0.6 increases a little. Also , the fraction of the tars I hat i. 111ore metal-rich than [Fe/ 11) 

~ -0.2 i. not much changed. Since t.he gas particle in t he SP H method arc con(•en(nttt•d 

itt the hlgh density regions , merely increasing the feedback radiu docs not drastically afl'(•c·t 

the chemical enrichment hist.ory. Hence, the adoption of R1 = 0.5 1\ pc, which equ<lls to 

the graYitational softc11 ing length. is optimal choice of i.hr current model. From t hi~ fact , 

we expect that more high resolu tion model is required to qualitalivl'iy model the chemical 

properties of the Galaxy. 

5. 3. Comparison w ith p revious res ul ts 

In the previous studies, such a, Katz (19D2) and SteinnH•tz & ~hill er ( l994, UJ9:i). 

various structural properties arc mainly concerned and their re. ull. are almofft wnsistent 

with the ~tructura l properties of the Galaxy. However, tho e predous studic · lack t IH' 

propPr tr<'atment or the clwmical evolution. ln thi · chapter. we tnainly comparf' llw dwmi<'al 

propertirs of star with the obsen·ational f<tcts of the Galaxy becau. c our nntneriral codP 

treat the cltemical evolu tion of the gas properly. In our cock. the chrmical evolu tion tt10dc•l 

incorporates the ff ct of stellar winds, Type Ir upcrnovae, and Type !a upl't'IIO\'ac aud 

we follow t he chemical (•volution of totaltlt 'tal (Z), iron (Fr) and oxygen (0). The (ir I 
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proper treatment of chemical evolu tion in the SPH method i demon t rated in R.aiteri, 

\"illata, & Navarro (1996). The ' model t ile formation of the Galaxy and compare the 

chemical propcrtic: of s tars with the observational facts of the Galaxy. Their model uses 

even smaller numbrr of particles than Katz (1D92). 

:'\avarro & \\'hlte (HJ93) investigated the depeudrncr on the Yariou, mt.merical 

paranlC'ter in SPH simu lations . B~· computing the adiabatic collapse of a ga sphere with 

diffcrrnt number of particles, t l)('y concluded that at lea t 300 particle are required to 

proprrly model lh<' fonuation of galaxi . Thi conclu. ion is applicable to the dynamic or 

the mod el. Hence, the smaller number of particles used in the prrvi tts studies like Katz 

(1992) is sufficient beotuse they only concern the dynamical prop rt:ic of spiral gala.xies. 

However. t lt e bigh resolution is essentia l for lhe chemical evolu t ion in the numerical model 

Iii«· ours. Th reason is t hat t he actual feedback rad itts i comparable to the radius of the 

supernom remnants(< 100 p ). Although whether the resolution u. ed in th e present model 

is. uffi cient is not knmm. the result· presented in this chapter are the fir t high resolution 

Lhree-dimen ional ch£'mical ~nd d,vnamlral model of t lte Galaxy. The re ults presented in 

tlt(' prc\'iou sl"ction shol\' that the nnmbN of clwmical properties of the Gala..,:y can be 

rrproduced by our numeric<Li mod£'!. H we want to obta.inmorP quantitatively similar model 

to t II•' Gal<lxy, we ha,·c LO invrstigale t.hc wide range of numrrical parameters a.ud/or Lbe 

iuitial condi tions. 

l\'avarro & Whi te (1993) reported Lhat the energy fredback scheme strongly affects 

t be resul t of llw calcul ations. ln t heir method. t h • energy ejected by star. i · distribmed to 

urighbor gas particles mostly as a thcnn<tl energy aud the rPst is distributed as a velocity 

pNturbntion to the ga. panicles; the fraction of the energy iu a ki11etic form (!kin) i a free 

parameter. They si tltulatP the formation of a galaxy with t.hP SPH method that incorporate. 

Lhe star formRt.i on rrcipcs. In t heir rcsnlt.s , the resul ted stellar mass strongly depend on the 
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mlnc of !kin: the stellar mas. is chauged by factor of ten. lu our GRAPE-SPH code, lht• 

ejected energy by star is distributed to ucighbor ga.~ particles in a pure thennal encr!\.1'· 

Tbltt is. we set !kin = 0 in the present tucly. This is becausL' t he izr ou r numerical tnodc·l 

are mailer than those of Navarro & Wh.ite (1993). To sec how the bpe('ific ener 'Y fcedbal'k 

. chcme affect resulls. wP will require a b.igher rrsolutiou mod<'l. Al~n , higher resohttiou 

model will be requirPd to properly mod l the detailed . tru ·t·ure of thl' Galaxy :uch as the 

formation and e\·olution of Lhc thin disk compotwnt (the scale lcugth of t.he tltiu disk of t.hc• 

Gal~'()' is"' 0.5 l<pc). 

6. Summary 

In tlti chapter, we present ihe re ult. of high resoluliOII simulations of the fonuaLiou 

of the Gala.-xy. 

First, we introduce the "probability criterion" and explain the meaning of the star 

formation parameter C. From the definition of C. we can interprPt the meaning of C a: 

follows: 

• larger C means lower threshold densicy. 

• smaller C means higher threshold den ·ity. 

Namely, t.he changing the value of C may lead different global star formation history. To S<'(' 

how C affects a star formation history, we evol\'c a ph 'J'ical top hat owr-clens' region of 

mixtnre of dark matter and gases with different value of C. The result of the calculations 

indicates that C = 0.1 and G' = 1.0 galaxy r!'semble the late type and the early type galax~·. 

respectively. Changing the star formation parameter C leads t he diffrrent strucLttrc <UJd the 

kinematics of the r ulted galaxies. The used mtmber of particles in these ca.lcu lations is 
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too small to make detail comparisons between our re. ull s and Lhe srveral properties of the 

G<.1laxy. In particular, to properly modrl the chemical evolntion of thP Galaxy, we have to 

use largc>r number of particles. Thus, we have done the much higher resolution simnl<u.ions 

of formitlion of the Gala;o..-y as follow . 

To efficiently generatr thr proper initial condiTions, we adopt the path integral met hod 

to generate a 3 CJ <)Ver-den. e region. \Ve compute 50 O\'er-clensc spherical regions and 

follow the clark matter evolution of rach ·phcre. At appropriate rPclshift, we examine the 

properties of each halo and sP IPcl the desired halo for hydrodynamical simulations. The 

results of low re. olution hyclrodynamic!tl imulation. indicate Lhat the formation epoch of 

the ~as disk is ~ 2 Gyr (Z ~ 2.5) from t.he beginning. vVe select t he si.nglc halo model 

at Z ~ 2.5 since if tlw two dominant halos e.-xi t at this Lime, the disk wiJI lw dcstmycd 

by the major merger eYcut. \\ 'e select two single-halo mod I (model A and B) and one 

double-halo model (model C) a. a compari on. Once we select some halo model, w restart 

the h.rdrodynamical :'>/-body simulation from Z ~ 25. 

Then, w·c pr eut the rc. ult of the evolnt.ion of model A Rnd the detailed cornpari on 

bet wePH t ht' model galaxy Rnd the number of obson·ational fRet of Lhe Galaxy. By 

categorizi ng Llw stdl<lr compoucnl. with the mctallicity and age, om model gala.-...-y consists 

of th ree components as tlw Galaxy. Each stellar component shows quanlit.alivPly similar 

proper t ies with the Galaxy. 

The early c·volution of model A rr,·Pa ls that the mo t bulgP stars form during tile 

mrrgrr t''·ent that occnrred in 1 be region of deepest potential. r\s a result of the strong star 

burst iudnced by the mc•rg r, the mPtallicit.y distribution of the bulge component bccomP 

wid(• as the ohsrrnltion. From this result , w concludr• that the galactic bulge can be 

fornwcl by llw sub clump merg r in the proto galaxy. 

For the disk stars, th agr-rnetallicity relation and t he rnetal li city gradient of our 
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nnmericalmodelmatch very well with t he obscrmtion. Howl'wr. the mf'talllcit,y di 'tribut io11 

function of our re ults shows loo much melal-poor stars tha11 the metalli<:ily distribution 

function for olar neighborhood st:ars. The p rojected sudace densi ty of disk stars is well 

fitted by the exponent.iaJ profi le. Such exponent ial profile might be prod uced by t bt~ viscous 

evolu tion in the gas disk. 

For tl11• hal o stars , the density profile of the halo . tars shows ,.-J.5 profil e as liH• 

observed density profil e of the halo globular clusters. r\ s expected fwlll the struclnn• 

formation in the CD i'vl scenario, there is 11 0 correlation between the metallicity of a star 

a.ud, its pos ition and kiucmat ics. The distribut·ion function of the estimated •ccen tricity of 

Lhe halo star. is qualitatively ·imilar to the observed di t ribu tion function. We conclur.lr• 

that the kinematics of the halo stars are qualitatively reproduced by our numerical rnodel. 

To summarize , our high-resolu t ion Jtumerical mudd of the Galaxy reprodnre · t he 

number of observational propert ies of t he Galaxy. In particular. the formatio11 proces es 

of the galactic bulge is naturally explained in the CD:\1 cosmology. Howe,·cr , our model 

galaxy has too much metal-poor stars than t he Galaxy. The reason for thi mismatrh 

wit h the observa tions a re either a specific ini ial condit ion aucl(or the incorrect numerical 

modeling. To discriminate the origin of the 111ismatch. we ll'ilJ hHve to construct. the e,·~ u 

lligher resolution model and explore the pararne er space of several uu111 crical param<'ter -. 
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ca 

0.1 

0.5 

1.0 

Tablt; 1. Dynamical properties of the model gahxies. 

0.587 

0.710 

0.771 

spin (A) 

0.70 

0.52 

0.44 

1'\oi;P. - " C represents 1 he star fo rmation paramet.er. 

b This coltn:nu sbo\\'. tlte ratio of X and Z axis velocity dispersion. 

< TlH' ,·t ellar uta. s at t = 5.0 Gyr. 
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stellar mass c 

4.2 X lOlO .\/0 

5.4 X 10 10 J\!0 

4.6 X 1Q10 .A£0 



Table 2. The lllU!lhrr of STAR particles and mass for each component for thl' liJOdcl A. Tab](' 3. Tlw number and mass of STAR particles near the galacti c center [or the th r P 

rnod~ ls. 

Component Number .\Ia s 
.\lode! :'\umber .\las. Ax('raged nn~.> 

halo 17.900 1.29 X !OLO .\!;:; 7.20 X l05 .'f. 

disk 36. -1 2.06 X lOlO .\/ . 5.5 X 10'' M. 
A 16,191 1.74 X 1010 M" 1.07 X 106 M ;, 

bulge 16,219 1.74 X 1010 Mr;; 1.07 X 106 M. B 19.03 3.11 X 1010 A/0 1.63 X 106 J\10 

c 22.561 2. 70 X 1010 JJ0 1.20 X 106 M~ 
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Fig. 1. The star !'ormation probabilii , (P) as fl function of density of gasr .. The so lid a11fl 

dashed line. corrPsponcl to " = 1.0'' and "C = 0.1 .. , respcctil·cly. 
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Fig. 2. The SFR as a fnnrt ion of lime for C = 0.1 and C = 1.0 galaxies. The dotted and 

solid \im•s correspo nd to C = 0.1 and C = 1.0, resper t i,·ely. 
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Fig. 3. - Tl1e projected su rface density of stars for C = 0.1 (left panels) and C = 1.0 (right 

panel. ) . The upper and lower panels orrespond to the edge ou view ami race 0 11 vi(•w. 

re. prctively. The size of the panel i 20 kpc x 20 kpc. 
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2.00 2 .20 2.40 2.60 2.80 

F ig. 4.- The evolut ion of tile dark marter pctrticle · (projected Lo X-Z plane). The nunJber 

lor·atrd at tile bouom of the each panel is the elapsed t ime !'rom the beginning of the 

evolutions in 0.1 Gyr. The size of the all paucls is lOOKpc x lOOKpc. 
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Fig. 5.- This figure shows tile radial density profile of lhc clark matter par id0. for diffcr\'nt 

epoch . TltP solid line corresponds to t = 1 Gyr. The olhcr lines correspond lo t = 2, 3, I, 

aud 5 Gyr. 
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2.00 2.20 2.40 2.60 2.80 

Fig;. G. - Thr eYOiu tion or lhe gas particlP (projected to X-Z plnnr). The number located 

at the bottom of Lh • each p;mel is the elap. cd time from the beginning of the . ,·olutions in 

O. l Gyr. The seal of lhe panel is changed from t he top ro"· to the third row. From tbe top. 

lhl' panr l in the each row corresponds to 70I<pc x 701\pc. 501\.pc x 50Kpt· and 30Kpc x 

30 l(pc;. 
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Fig. 7.- The projected gas den ity imnge at t = 5 Gyr. The left and right panel ·how.· the 

edge on and face on view, respectively. The size of the panel is 20I<pc x 201\.pc. 
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Fig. 8.- The projected st •liar density image at t = 5 Gyr. The left and right panel shows 

t;he edge on and fac<' on vic~w, re. pect ively. The . ize of t he panel is 20Kpc x 20Kpc. 
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Pig. 10. - The total SFR. as >t fun rtion of time. 

Fig. 9.- T he graviLationall y unstable region wi~hiu the ga disk is ~bown in red. The sizt· 

of the panel is lOI<pc x JOKpc. 
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Fig. 11.- The wlocity distribution functi on for three populat ions i shown. The solid. 

da ·bed and dotted lines correspond to the bulge, halo and disk stars. 
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Fig. 12. - T he evolution of a star format ion history for three populations, e.g .. ha lo, bulge, 

and disk sta rs. The SFR , which is di vided by the total . tell ar mass of each populat ion . as a 

fnn ct ion of time is shown. The solid. claslwd Rnd dotted liues correspond to lhe bulge. halo 

aud di k tars. 
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Fig. 13. - The metallicity distribution function for three populations is sholl"n. Tlw solid. 

dashed aud dotted lines con·c. pond to the bulge, halo and disk s tars. 
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Fig. l..J. - The projectrd particle po itions at t = 5 G T for three components is shmm. 

Prom the left panel. the mclal-poor stars. the metal-ri h and oi l stars. and the young stars. 

Tht' $i~<' oft he pan <'I i. 20Kpc x 20l~pc. 
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0.20Gyr 0.30Gyr 0.40Gyr 0.50Gyr 

Fig. 15.- T he pr jectcd slellar dt' nsity for the fir t 0.5 G~T of the e\·olu t ion. ThP uur11brr 

located aL the bottom or the each panel is the elapsed time in G.vr. During t = O . .J. - 0. - G.\T. 

two clumps rnergc Logetbrr. 
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Fig. 16. The mctalli city distribulion funclion or the bulge stars. The ·olid line is our 

rnodel and the d>\Shcd lin e is I he observed eli t.ribution. 
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Fig. 11.- The star formation history of the true bulge . t.!u·s. Each pr•ak apperu·pd in I he 

plot may correspond to a merger event. The two highest peaks are caused by tlw merfiPI 

event of two dominant clumps. 
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Fig. 1 .- The nwan ,-e!oc it y and the ,·clarity dispersion for the bulge sLar . Tbe upper and 

lower lin s arc the mean velocity and velocity disper. ion, rcspPcliwl.v. 
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Fig. 20.- The projec t c I s l ell ar surface density profile for disk sta rs is shown. The scale 

l<> ngt II of the Px pom•n t ia l profi le is~ 5 Kpc. 
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model A model 8 model C 
rig. 2 .- Th projec ted dark mattrr d nsity image at t = 3 Gyr for three model. Thr 

IllOdd A and B an• th 'inglc-halo model and the modrl C is Lhc double-halo modrl. The 

·i<:r of I he panrls is 200Kpr x 200Kpc. 

124 



0 

0 2 4 

t (Gyr) 

Fig. 29.- T lJC FR as a function of Lim<' for the lllodel A (solid ), B (dashed ). aud C (dot ~d). 
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Fig. 30.- T he SFH of the central stars a a function of time for the modrl A ( ·olid), B 

(dashed), and C (doted). 
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Fig. 33.- The projected density of gases (upper panel) an I . tars (!owN pan PI ) for thr mod I 

A. B, aucl C. From tlH• left column. each column corresponds to t!Jc model A, B, and C, 

resperliYcly. 
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and B. 
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Chapter 5 

Conclusion 

In t his dHtptcr , I . umntarizP. t he re ·ults of my numerical simulat ions of lh formation and 

dlf'mical-dynamical CYolu t ion of lhc Gala.xy and the globu lar clusters. 

1. Summary 

1.1. SPH method 

First, l drscribr 0 11"11 uumcrical code for the format ion of stellar sy t 'ms a nd present 

tlt e results of uumbcr of tesL ca kula.Lions. I adopt the SPH method to mode.! t he formation 

of st.r lla r .\'Stems. The SPll fonuulalion of Navarro & White (1993) is used to implement 

t he SPH method. lust• the smoothing leugth that can ,·ar~· spatially and eYolve wi th a. time. 

The equa i io11 of motion is in tegrated with a second order scheme. To simu late the formatiou 

of a stella r sy. tem from gases, the 'PH code treats three di fferent particl<'s as clark. ga 

Hnrl slar particle .. T he graYity between these part icles i computf'cl by lhe pecial purpose 

co tnputPr :RAPE to accclcmte calcul ations (GRAPE-SP H code). This GRAPE-SPH code 

incorporate. the ,·arious ph_vsica.l proc<•sscs associaLcd with Lh.e form aLion of stellar s.vstems: 
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radiative cooling of gas0.s. star formation, c1wrgy feedback fronl slars induding StPllar win'b 

and . upemovac , and cht'mical C'nrichment by starb. For l11C' l'\'olut ion of tlw nwl;tl-fre<' 

cloud, I soh·c Lhe rate equation of hydrogen and IJ<'lium plasma to fnll ow tl1c formal ion 

and destruction of f-1 2 nlolcr-uks. For Lhe eYolution of t lw lll~t<d-l'nriehl'd cloud, lus(' ll1C' 

metallicity dPpe>ndcnt cooling function to olve the encrg,,· C'quation. Tlw fl·<·dback proc<'"' 

i implPmcnt ed self-consistently. Tu the GllAPE-SPH code. the chemical e\'Olutiou of total 

mela l (Z), iron (Fe) and oxygen (0) are con1pured. At last. owu GR .. -\PE-SPH codl' is an 

up-to-dat.e SPH impl<•nwntation for the formation of stelhtr systems. The number of test 

Clllculations indicates that Lhis SPH implementation reproduces the amtlytic olntion and 

the numerical results by previous authors. 

1.2. G lobular cluster formation 

li~iug own GRAPE- PH code. I iuve:,Jigate t.ht• fnnn ation processes uf the gJoiJnlar 

dusters. For the proces e of globular clusters formation , on ly t he qualiLfltil·c scenflrios haw 

been discu sed previously. ln this thesis. I present the first attempt o simulat<' tlw glolmlar 

cluster fonnaliou !Ising own GRAPE-SPH code. 1 as. mnc that , in the collapsing galaxy. 

isothermal co ld douds form t.l1rough thermal condensations and b('COJnP proto-globular 

clouds (PG ). Wi t h t his assumpt ion. the size of the PGC is obt<tit1!'d by mt•anH of the lill<'<ll' 

stabili ty analysis. Usi ng these res11lts, I compute the evolution of the iuner r<'gitJII of t lH· 

PGC starting from ,·m·ious initial rftclius R,. The results of the calculations a.rc ·u Jnm arizt•d 

as foUows: 

1. [n order for the globular cluster-like system to form from a metal-free PGC, tlJC initial 

concentmtion of the PGC must be large enough. 

2. lt is required thftt the metalli<'ity of a PGC is high enough to produce tbr globulur 
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cluster-like systen1. Thr rrquired metall icity is est imat ed to be [Fe/ H] ~ -2. 

3. In all cas('s, the slwll like structure of the gas forms . Although the .tar forn1atiou 

occu rs in the shell, the :elf- -nri bment is not . ecn too cur. 

1.3. Formation of the Galaxy 

All previous uumPriml morll'ls of the formation of the Galaxy lacked the proper 

treatnJCnt of Lhr cht'mica l f'Yolution <111d/or the required pat ial resolutions. ln this thesi s, 

I present the results of detailed model of the formation and e,·olution of the Galaxy using 

own GRAPE- 'PH code. 

By introducing thr "probability criterion'', f can control the global ~tru· formation 

histor.v by one numerical p;munctcr C. The meaning of Cis interpreted as follows: 

• larger C means lower threshold den ity. 

• maller C lllNJns higher threshold den ity. 

To see ltow afl'ects a star formation hi story. I evolve a spherica l top bat, over-dense 

region of rnixt.m·e of clark matter and gases with different va lues of C. The resu lt of the 

calrulations iudicates that C = 0.1 and C = 1.0 galnxy resemble the late type and the 

P;uly type galax~·. rl'sprctively. TllP. e results are cau ed by thr different star format ion 

history dur to t.h diff~rent va lur of C. The used number of particles in tbese calcu lations 

is loo small to make dctailPd compari ous between our results and t.he everal propPrtie of 

thP Galax~·. Especially, t.o properly moue! the clJCmical evolu tion of th Galaxy, the larger 

llt lmhcr of particles is rrquircd. Thus, I have done the much higher resolul ion si.mulatious 

of fornMt. ion of t liC' Galaxy as fo llows. 
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To efficiently generate the proper initial con !ilion ·. I adopt the pat l1 int egral uwLhod 

to generate a 3 a ovcr-dPHtie region. By computing the dark maLtl'r evolution of nach 

pherical region, we examine the properties of the rc ultcd hillos and so l ~ct t hc• debircd lmlo 

for hydrodyHamical . imulatio11s. I select two single-halo models (model A aud B) and ouc• 

double-halo modrl (model C) as a comparison. 

Thrn , I present the rctiult of the eYolution of model A ;wd tht• detailrd comparisous 

between the model galaxy and the number of ob erYationnl fac ts of tltr GH iaxy. By 

categorizi ng the stell ar components with Llw metallicity aud age, we lind thnt the model 

galaxy consists of thrPe components as the Gala.xy. Each stellar component shows 

quantita\'.iv>ly similar properties 11·itb the properLies of t he Galaxy. 

The ear ly evolution of model A reveal that the most bnlgt• stars form during tltt• 

merger event that occurred in the region of deepest potential. B('nllJHe of the stroug star 

bur t induced by Lhr nwrger. the metallicity distribution of bulge t'<Jillpo ttPut becomes wide 

as the obserYation. From this result. I co11dude that the galartir bulg can be fon11NI by 

the sub clump merger in the proto galaxy. 

For the disk stars, t h agc-ml•tal licily relation and the rn tallicity gradient of t he model 

galax matcl1 wry well with t he ob ervation. Howe1·Pr. the mctalli ciLy rli.srributiuu funcLi011 

of the model ga laxy shows too much metal poor stars than the metaJlkity dis I ribuLioJJ 

funct ion for solar ncighuorhood stars. The projected surface den. ity of disk stars is wPII 

fit ted b~· the Pxponential profi le. Th is exponential profile i. produced by the l'isco1ts 

evolution in t he gas di. k. 

For the halo star., the den ity profi le of the halo tars shows a r - 3·5 profik as the 

obse.~·yed density profi le of outer halo. As expected from th~ strunurP formaticm t h('ory 

iJl the CDl\.1 cosmology, there is no correlation between the melal.licity of a star and . it s 

posit ion and kinematics. Th dis I ribution function of Lbc est imated c 'C ntrici ty of the 
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ha lo stars i qualitatiwly imilar to the obserYed distribution function. I conclude that our 

nuJMrical model qualitatively reproduce t he kinematics of the halo stars. 

2. Implicat ion to the formation of t he Galaxy 

lisiug the results of om llllrTIPrical simulations, I he formation process of t.hr Galaxy is 

snm 1n arized HS follows: 

l. In the proto-galactic rloud, the fir t stars (populat ion III star ) form in th<> small 

·lump . At tl1i stage, the proLo-galactic gas includes !it t! ' heavy metal , o that the 

globular cluster formation is not effic ient. The Lars formed during this time are the 

halo stars . 

2. ThP small dumps nwrgP grad uall y and produce larger clumps. Simu iLancously, the 

population III :t<1rs Pjecl hem·y ITI('tal in to t lw IS~!. Accordingly, the PGC includes 

. omr hc;n0· tnet<ll to be ab l to cool effic iently. Some PGC eventually form the halo 

globular dust<•n; <'Inc! ot h rs fail. The failed globular clusters become the halo open 

dustrrs r tlw halo tar6. 

3. :\ fell' large chllllflS arc vcntually form b.Y the merging of clumps. Snell cltuups merge 

in t he galactic ccnt0r a ut! the st rong star bnrsL occurs. Th(' stars form d during this 

stagP arc t h bulge sta rs. 

-1 . • \ft er the bulg - formation, the extended and low-den:it y gases collapse to !Pad thC' 

fonnatiou or i he gati eli k. In the ga disk, t he high-density cloud i produced due to 

Uw local gravi la t ion a! instabilit")' to form the sLellar disk. 

5. Owing to the p;r~tvi tat i o nal inst ability, the vi. rous red i:lribuLion of the angular 

JTI 01110ntum occurs in the gas disk. After the rrdist ri but,iou of the angulnr momentum. 
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the exponential snrface density profile of disk is arehivccl . 

\fy high-resolution nuHJCrical model of the Ga la:-.:y rcproclut·Ps the numb r o[ 

observational properties of the Galaxy. Esp cially, thP foruJmion process of tht• ~alat:tic 

bulge i naturally explained in the CD~! cosmolog.v. Howc,·cr, Lilt' model ~a l a.x~· has 

too much metal poor tars than the Gala;-.:y. Th' rrabons for thi Jnismatl"h with Llw 

obs rvatious arc eit!Jer a typical initial condition or thP iucOJT(•ct llUIIICrical moc!Piing. To 

im·cstigate the origiu of thi. JlJismatch. we should consLrncL tile r•,·eu hig!Jer rcsolutiOJJ 

model and explore th paralllcler space of several numerical IJaranH'ters. if we wnuL to 

obtain more quanlilali,·~l.y similar l!lOdel to Lhe Galaxy, l haYe t·o invcsJ,igatc the wide ruugc 

of numerical parametc~rs and /or the iuitial conditions. Also, l1ighcr rc olutio11 model "·ill be 

rPquired to properly 1110drl the detailed structure of tlw Galaxy such as the r rwatiou aud 

CYO!ul. ion of Lile Lhiu disk COillpOncnt. 
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Appendix 

A. Remote GRAPE system 

The Remote-GRAPE is the !iiJI·ary. which we have developed for our GRAPE-SPH 

code, to speed up the ealcu latious. In this section. we briefly describe the Rernot.e-G !lA PE 

and show Lhc results of a performance analysis. The details of the implcweulatiun are 

pre ented in :\lakasato. rvlori & Nomoto (1997). Currrntly. the I\ernotc-GRAPE library is 

adopted for the GRAPE-3AF ystem only. Howe,·er, the adoption of Lhr Rcmotl'-GRAPE 

library Jor a newer GRAPE system .is trai.t-forward. 

A.l. General performance of GRAPE-3AF system 

The GRAPE-3AF system (Okumura et al. 1993) has proccs ors on one board, and 

th GRAPE board is connected to a ho t com puLer via V:\!E (V· rsa i\lodule Europe) bus. 

The proccs or chip is designed to calculale gravitational force with a Plummer sofLcuiug. 

N r - r · 
f (r ;) =-G :L m1 (r <.'+f2JJ.5 . (A1) 

j 1) 

Dming t he force calculation, GRAPE-3AF can construct neighbor listH Rill1 1tlt.aneously 

(Fukushige et a l. 1991 ; Okumura ct al. 1993). Tl.te size of the buffer for neighbor Usts i~; 

1024x4byte, which limits the maximum munber of neighbors per bo~ud. 
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In this section, we pre. cnt general performance of GRAPE-3AF sy tem, which is nsed 

in onr cal.cu lations. ln our it e, we have two GRAPE system. One is a old configuration 

that t he GRAPE boards are counectecl to Sun SPARC Classic (hereafter Cia. sic) via Ava! 

Data S\'A-JOO V1lE int erface. Other is a newer configuration that t.i"te GRAPE board are 

ronnect.ed to a PC (Pentium Pro 200 i\IHz; hereafter PC), which runs the Linux operations 

syst<'m. via Bit3 PCI-V:\JE com·mter interface. 

Firs t, we describe the performan c of the "Classic" configuration. Iu FigurCl Ia (1 ft) 

and lb (right), ". present the relation between the P t.ime a nd number of particles, 

N . for different numlwr of GRAPE boards. Figure la !tows the ca. e that calculates only 

gravit._Y (hcn'>lftrr Ca ·e G). whi le FigmC' 1b show he case that calru latcs both gravity and 

m•ighbor listR (Case GN). The particle. used in rhese experiments are randomly disLribut;cd 

within the calcu lation region and the. izc of the region r h11.nges wiLh N to make th number 

density of part iclcs a lmost constant. The average number or neighbor partici(•s is almost 

ronst.aut (~ -10) for Hny 1\'. In Case G, the perform<lllce is dramatically improved by 

itt tTea:ing the numb r of board . In Case Gl\". howc,·er, tbe use of larger numb r of boards 

does not sigu ilicantl.v improve the performance. This is because the speed of the \'111E 

bus is too slow to rC'Hd neighbor lists [or large N with many boards. aucl the calcu lations 

required to con truct neighbor lists on t he host, computer i. rather costly work for the 

C lassic. 

\\'c compare the performances of GRAPE system with different host computt•rs. We 

u e Classic aud PC as the com pari on. Figure 2a and 2b show ca:es G and GN, rc pectivcly, 

when· tht' solid and dotted lines represent the cases of Classic and PC, respecti wly. For 

CasP G. , ~ltc• computa t ion on host. computer (in short, construction of n ighbor lists) is 

longc'r than Ca.'e G. Thtts the speed of the ho ·t com puLer appa rently ~tfi"ect tl.te performance. 
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A.2. The motivation to develop the Remote-GRAPE 

As meutioncd above, a GRAPE-3.<\F C<Lll effici ently calndale gr:t,·il.n.L ionn.l fo1·cr 

bet\n•f'n particle::,. and construct neighbor lists. In . PH lllC'lhod. ph_vsical quantities al 

one position a re calcu lated by till!Oot hly <Wcragiug orer nrighbor panicles. Thus. SPH 

simu la t ions a re essentially equivalent to \-body simulation "·ith complt•x. short range 

"force" . The usc of GRAPE for Su•oothed Particle H.rdrodynamirti (GR..\PE- Pl-1) can in 

principle grear\_,. spree! up the calculation on \\"S. 

In G ftAPE-SPH we can use GR.A.PE for calcu lat ing gnlYitatioual force and searching 

neighbor particles . . -\ ll other calculations are performed on Lh 0 host workstation (\\ 'S) 

which is direct ly connect('(] to GRAPE. The current bottlenl'ck of t he perfonllHU<'P of 

GRAPE-SPH is the slow host computer, while the choice of th host computer is limi tP<I 

b • the interface of GRAPE-3AF. Steinmetz (1096) summari zed the perfo rmance of 

G H.APE-SP H in his tab le 1 for one GRAPE-3..\F board and un PARC Station 10 '" 

a ho r compu ter. He showPd that about 80 % (N ~ 60000) of computing time is sprnt· 

ou ~b e hydrodynamkal and ILliscdlaneous calculation., and only ~ 20 % is pent 011 tht• 

GRAPE part. This implie that a higher perfonnan ·e i obtai ned if we cw use a faster \\ 'S 

w calculate the SP H part. Our approach to solve this problt•ln i. to d vclop Urt• software 

which a llows us to use any computer connectrd W t h<' network as a host of GGAPE. T h is 

lllakes it possible to use a host computer of any vendors and of any pt>rform::wce. Por I his 

pUJ·pose. we adopt the Pa rallel Virtual '.lachine as a ba" i. of the cod0. 

Th Parall el Virt ua l ~lHchine (P V:\,1) is a oft11·arc t hat enable us to develop a highly 

portable parall<'l program 11·itb the meti age-pas ing style (Geist et. al. 1994). Wt' can so lw• 

large compu tationa l p1·oblems by using a heterogeneous collect ion of computers as a singll' 

varallel computer . In PVM. subroutine'. to end and recPin' mcssag<'s can be ca lled from C 

language or Fortran . Here the message mean that the dat.a which a re n<·'Pd •d for ~o lving 
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the problenJ. We name the li brary " Remole-GRAPE" . The details oft he ilnplementarion 

are prcscmed in the sed ion 3 of' \<LkHsa.(o. ~Iori & :\omoto ( 1997). 

From here, w<' C'all a machine on wh ich the main program run, as a master machine 

or master side, and a machine which is connected physically to CRAPE boards as a slave 

n1nc!Jinr or slave id r. Also we call the program which nuts on th ma~t cr machine as 

rm1ster task and the program which runs on t!Jc sla,·c machine as slave: la. k. Figure 2 of 

Chap! er 2 . haws thr concept of our method. 

A .3. P erforman ce of SPH w it h Remote-GRAPE 

In thi: ·rction , wr present the rc ult~ of a performance <tnalysis for GRAPE-SP H with 

R~mote-GRAPE. Thr grneral performance of R emotc-GRA PE s ·stem is prescnled in the 

sect ion ..J of \ aka.·ato, ~Ior i & :\omoto (1997). 

In order LO sre lhe acwal advamage of SPH "·ith Remote-GRAPE (hereafter Case 

Pl-l-RGX) , wP lllake a co1nparison 11~th I he performHucc of SPH thatusrs usual GRAPE 

on t hr slave machine ( ase SPH-G~) . \\"e summarize tlH• test cases for GRAPE-SPH iu 

Table I. T l! c r()sul t pres~n t Pd in l ili s SPC tions are obtained with the fo llowing configurat ions; 

the mast<'r machine is DEC A lph fl station 600 5/266 (cJ. iu t92/ fp02: 292. /433 .5), and the 

sla ,·c machine is Sun SPARC Cia sic with fh·e GRAPE-3AF board . HereaJter all value a re 

obtained l'ro tn t iming on tb se mach ines, a nd the t iming i not CPU timr but clapsedtimP. 

fn Table 2. \YC show t he conJputing time spent in mrious parts of t he calculation prr 

tcp, namely, grad ty and n •igbbor {tGRAPE), SPH (t ru) . and mise (lmi•c), where IGR.APE is 

the ti me to calculate gra,·ily and neighbor lists, and tsrn a nd 101 isc are, resprcti ,·rly, thosP 

f'or SPH calculation. and rniscPIIaneous ca lculations. The t ime spent on the host computers 

( I ·pn + miar = tsl' ll + tmisc) , which bas been rh.e bottleneck ol' Lhe pcrfor111ance in prc,·ious 
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GR..'\.PE-SPH (Svin met7 19!)6). differs 20 times bl'twe<'H two cas!'s. ln Casl' Pl-!-RC:\". 

we com pare l anAPB · tsp 11 . and l.mioc for largt"r N in FigurPS 3a :md 3b. For the adopted 

configuration, the t imc spent for gravi ty and neighbor pari orc11pii'S Lh~ largest fracti on or 

the total time (i.e .. ~ 80 %) . a11d the fraction. · of the t.hreP parts are almost indepcudcnt 

of N . The l:u·ge fraction of lcllAPE make the total time pl'r slep be "' 4 Limes short(•r i11 

Case SPH-RG" thru1 Cast• SP H-G!\ d spite the usc of th<' 20 1i11ws faster host complll ('r. 

This implies that in Case SPH-RG~. the bottle-neck or th perfOrt118liCC is IJ (lW t lw IGnAPE 

part rather Limn tlw tsp 11 pait. ~amely, if w' can use rast••r mastrr machine, it is bel tcr 

to calculate the neighbor lis Is by '·master" macltiur and usc the RciiJOI c- .RAPE for >uly 

gravity. 

One of the best 9d,·a11 tag<' of using the Remote-GH APE library in thP GR..-\I'E-S PJI 

code is that we can compute the bydrodynamical part and gravity purt in p;>ra lld . Tlu• 

F igure 4 preseut the Jlow-chart of I his parallel method. \\' ith thi · parallel method, \\'l' can 

O\'erlap t iP calculaLion of gnwity (tcRArE) and hydrodynamic (tspu). This nwluJs thai 

t he total computation time become (7) 

7 = max(taRAPE:, lsru) ..L lmiS<· (.-\ 2) 

From results iu the previous paragraph , in the Case SP H-RC::">I 7 is rcpn• ent cd a. 

T = tcRAP8 + lmbc· 

T l1t1 . '"e would better to construct the neighbor lists on thP nmslcr side in t lw pandiPI 

method. We examine the parallel method and present 1 h<' n•. ul t. in Figw·c .j. wlwre th' 

oHd and dashed liJJes ~orrespond to the Case PSPH-RG and Case SPl-1-RGN. respc•ctiYcly. 

In he Case PSPH-RO , th<' neighbor lists are const ructed on the master side b~· using t lJ c 

Tree method .. Th enhancement of Ute performance is rather dramatically. In Table :3 . 

we present comparison of Case PH-G N, SPH-R.Gl\. and PSPH-RG for N ~ 10000. T IJ r 
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p cr form~uce of casr PSPH-RG i: 3 timPS faster than ca c SPH-RGJ\'. 10 times than case 

, PJ-1 -G:\'. llowevcr, if we usc the Tree methods to const ruct neighbor lists , 1he clustering 

ol ate of part icles apparently affect thr performance. ln I he ta.>c of lhr PH simul ation 

inducling the star formation recipe. the munber of ga$ particles drcrease because of the 

com•t•rsion of g& par1ides to slar particles during the evolutions. Thus, in such a actual 

c~lcu l at ions, the clustering is not <t very serious probl m. 

At last. the best perform ance i: obtained by the following configuration 

• We have to u. c the slat c-of-th e-arl maclline for the master side. This will gTeat ly 

speed up the calculation of hydrod~·n amical parts. 

• l..i ·ing a faster in terconnect bel ween th Jay and the ma. 1 er. T lw 11se of t he 100 

Basr-T twtwork i. 2 t imes faster than the 10 Base-T network (;\akasato. :\Iori & 

;\omolo 1907). 

• car ·h ing rite nPighbor lists on master machine. 

• Last ly. th<' parallrl 111C'lhod double the performance of the code. 

A.4. Summary 

\\'r cl •sctibc the Remote-GRAPE Jilmuy and analyze it perfonnancc. It allows us to 

usc GR.-\P E-3.-\ with the comput er which is not directly con nect.ccl to GHAPE. Tim . we 

ca u nsr the state-of- t he-;u-t compnt!c'r as a host computer. \.Ve anal.vze the p(•rformance of 

original GRAPE systr·m in somP rletH il as ummarized below: 

1. lf we calculate only grav ity force~, the use of larger mnnber of board, lead: to higher 

perfonnau cr. 
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2. In calculating both graYily and neighbor lists . however, the computation required on 

host WS i larger than the former case, so that the iuncas<• of number of the boanb 

is lcs advantageous. 

3. The speed of the host \\"S dramatically change the pcrfonunnn· of GRAPE systr• JH . 

In the actual application. the performance of our SP!-l code usiug R('rnotc-GRAPE 

is 3- 4 t imes fa t<'r lhan the SPH code using original GRAPE ou tht• slaw madline. \\'p 

can g t further high (10 times than the SPH ou slave marhiue) performance hy using tlt<· 

parallel method with Remote-Gil APE to calculating only gravity. This improv meal allow 

u to model the formation of stellar system with high resolutions. 
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TablP 1. Dt•scription of test cases for GRAPE-SPH. 

Cast' Gravi ty 1'\eighbor lists SPH part Parallel" 

SPI-1-Gl'\ sla,·e sJaye slave X 

SPl-1-IlGI\ . lave I aYe mastt'l' X 

PSPll-RG . lave master master 0 

i\'ote. "s l;we'' and ·'master·· in Pach col umn represrnt rc pectively that the part is done 

on ·',[ave" or '·master" JnHchinc. 

"Thi, column indicates whPI her parallPI or not. 
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Table 2. Comparison of thr prrformance of PH code with u. unl GRAPE (S-G:\) and 

Remote-GRAPE ( -RG;'\1). 

Case N" 

SPH-G~ 5000 2.1 (14) 12.1 (8·1) 0.3 (2) 1-1.5 

SPH-RGN 5000 3.3 (83) 0.6 (17) 0.02 (0) 3.9 

SPH-G:'J 10000 4.2 (15) 23.1 (83) O.G (2) 27.9 

SPH-RG\' 10000 6.2 (83) 1.2 (16) ON (1) 7.4 

Nolc. - • N is th number of gas particles. 

b taR.APE, lsPH, and t,;5c ar> t he elflp.ed time in gnt1·ity plu: n<' ighbor, sph, and misce ll nnrous 

parl, rcspeci il·cly, and thei r percentage arc given in par0nthe. is. Total iH the LOta l elapsNI 

time for ouc step. 
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Table 3. Colllparison of the prrformance of Case SPH-GN , Case SP H-RGN and Case 

PS-RG 

Cas 

SP H-G.'\ 

Pll-RG:'>I 

PSPH-RG 

Note. - The elapse timt> for one step is shown. N ~ 10000. 
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Total sec 

27.9 

7...1 

2.5 

- - ~- ~--- --



a 
[ N 

u 

N N 

Fig. 1.- (a) left: T lw CPL; time as a function of thP nutnher of partidt• · N in ndculating 

only gravitational force (Case G). The five ·olid line~ corre~poncl to thr number of GR. PE 

boards of 1 to 5 from top to bottom. (b) right : The CPU I imc ru a function of the nutttbrr 

of particles .V in calcu lating both gmvitational force and neighbor lists ( as(' G:'\). lu Goth 

panels, the GRAPE boards are contwct cl to SPARC Classic. 
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Fig. 2.- The CP timr as a function of .1\r where SPAR.C Class ic (solid) ftnd Pentium Pro 

p (clotted) arc used a a host compulN of GRAPE. The number of GRAPE board is three 

for both rna ·hine. (a) kft : Case G. (b) right : Case GN. 
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30000 D misc ~~ - • sPH - D GRAPE 
L__ -20000 

10000 -
5000 -

0 10 15 20 25 0% 100% 

Fig. 3.- The performance of our SPH code using Remor.e-GTIAPE (case SPH-RG:'\) for 

different N. (a) left : Tile elapsed time. (b) right : The fraction occupied by differeJJl part 

of the code. 
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master slave 

decide time step 

send positions ~ recieve positions 

SPH calculations GRAPE calculations 

receive data .. send accelerations 

update positions 

fig. •1. The fJ ow-chart of Lhc pnral!f•l method. The master ma chine aud slave machine 

do I he hatched tasks (SPH calculations and GRAPE calculations) at the same time, i.e. , in 

J)l'tra ll r l. T l1is makes dm1ble the speed of t he calculations . 
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Case PS-RG ­
Case S-RGN ---­

Case RG 
Case RGN ····· 

10 ;:.<-;;.::::·::..-.:.-:::.·:.~~~--
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Fig. 5.- T lw elapse Li me per sLep as a function of N in ase PSPll- RG (solid liue) nnd 

SPH-RG:"< (dashed line) . The dotted Rnd hart-dashed lines correspond respccliYely to ca.' (' 

G and case G:"< . 
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